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Abstract

The solar atmosphère is constituted of highly magnetized plasma. Magnetic fields play a

key rôle in understanding various active phenomena in the solar atmosphère, such as flares,

filaments and prominences, and coronal mass éjections. Various nonlinear force-free field ex

trapolation methods developed in the past years and vector magnetic fields obtained by so-

phisticated spectro-polarimeters provide a totally new view on the solar magnetic fields and

associated activities and phenomena. In this thesis, we perform a detailed study on the solar

active régions and active phenomena via observations and force-free field modelling. First, we

discuss the polarisation observation and the validity of magnetic field inversion codes. Then,

we analyze in detail the three dimensional magnetic field structure of active régions and fila

ments. We systematically discuss the observation of polarization profiles, the Stokes inversion

of magnetic fields, the analysis of vector magnetic fields in the photosphère, and extrapolations

of magnetic fields to upper layers. Based on these, we further analyze the mechanisms of solar

flares, filaments/prominences, and coronal mass éjections, and the relationships between them.

Finally, we obtain the new results as follows.

Using the two inversion codes (UNNOFIT and MELANIE) based on the Milne-Eddington

solar atmospheric model, we build and compare vector magnetic maps obtained by two spectro-

polarimeters, of which one is the ground-based Télescope Héliographique pour TEtude du

Magnétisme et des Instabilités So/mms'/Multi-Raies (THEMIS/MTR) and the other is Solar

Optical Telescope/Spectro-Polarimeter (SOT/SP) on board Hinode. To this end, we adopt the

observation of a facular région within the active région NOAA 10996 on 2008 May 23, and find

consistent results concerning the field strength, azimuth, and inclination distributions. Because

SOT/SP is free from the seeing effect and has better spatial resolution, we are able to résolve

small magnetic polarities with sizes of 1" to 2", and we can detect strong horizontal magnetic

fields, which converge or diverge in négative or positive facular polarities. These findings

support models which suggest the existence of small vertical flux tube bundles in faculae. A

new method is proposed to get the relative formation heights of the multi-lines observed by

MTR assuming the validity of a flux tube model for the faculae. We found that the Fe i 6302.5

Â line is formed higher than the Fe I 5250.2 Â line.

We study the three-dimensional magnetic field configuration of the two-ribbon flare in the

active région NOAA 10930 on 2006 December 13, using the optimization method for nonlin

ear force-free field (NLFFF) extrapolation and the photospheric vector magnetic field with high
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spatial resolution obtained by Hinode SOT/SP. The magnetic topology can be described as a

highly sheared core field and a quasi-potential envelope field of magnetic arcades. The core

field clearly shows some dips supposed to sustain a filament. Free energy release in the flare,

calculated by subtracting the energy contained in the NLFFF and the corresponding potential

field, is 2.4 x 10:n ergs, which is about 2% of the energy in the potential field before the flare.

We also calculate the shear angles, defined as the angles between the NLFFF and potential

fields, and find that they become larger at some paiticular sites in the lower atmosphère after

the flare, while they become significantly smaller in most places implying that the whole config

uration gets doser to the potential field. The Ca il H line images obtained with the Broadband

Filter lmager (BFI) of the SOT and the 1600 Â images with the Transition Région and Coronal
Explorer (TRACE) show that the pre-flare heating occurs mainly in the core field. These results

provide evidence in support of the tether-cutting model of solar flares. In addition, we study

the corrélation heights, which indicate the formation height of Extrême Ultraviolet (EUV) lines

in the active région using observations from the EUV Imaging Spectrometer (EIS) on board

Hinode. After solving the line blending problem between the He il 256.32 Â and Si x 256.37
Â lines by the double Gaussian curve fitting, we find that the transition région lies higher in a
strong magnetic area. In a pre-flare heating area, there possibly exist multi-thermal loops as

implied by comparing the Doppler velocity and the magnetic field on the solar disk.

We compute the three-dimensional magnetic field of the active région NOAA 10767 in

order to study the magnetic configuration of active région filaments. The NLFFF model is

adopted to compute the magnetic field above the photosphère, where the vector magnetic field

was observed by THEMIS/MTR on 2005 May 27. We propose a new method to remove the

180° ambiguity of the transverse field. We then analyze the implications of the preprocessing

of the data by minimizing the total force and torque in the observed vector fields. This provides

a consistent bottom boundary condition for the NLFFF model. Then, using the optimization

method to compute the coronal field, we find a magnetic flux rope along the polarity inversion

line. The magnetic flux rope aligns well with part of an Ha filament, while the total distribution

of the magnetic dips coincides with the whole Ha filament. This implies that the magnetic

field structure in one section of the filament is a flux rope, while the other is a sheared arcade.

The arcade induced a left-bearing filament in the magnetic field of négative helicity, which is

opposite to the chirality of barbs that a flux rope, having a magnetic field of the same helicity

sign, would induce. The field strength in the center of the flux rope is about 700 Gauss. An

Ml.l flare occurred in the same active région. TRACE observations of the flux rope or filament

éruption show a strong writhing motion of the erupting structure, suggesting that the flux rope

converted some of its twist into writhe during the éruption. After calculating the twist of the

pre-eruptive flux rope, we find that it is in very good agreement with thresholds of the helical

kink instability found in numerical simulations. We conclude that the activation and rise of

the flux rope were triggered and initially driven by the kink instability. We also estimate the

height distribution of the decay index of the external magnetic field before the éruption with

a potential field. The decay indices stay below the threshold for the “torus instability” for a

significant height range above the erupting flux rope. This provides a possible explanation for

the confinement of the éruption, hence for the absence of a CME.

With three-dimensional magnetic fields, we further study the magnetic topology and helicity

injection associated with different solar activities. First, we find that magnetic null points hâve

a close relationship with coronal bright points. The linear structure of a null point is described
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by the spine and fan. Magnetic reconnection in the spine and fan produces coronal bright

points. Second, since magnetic null points are not necessarily présent in ail régions, we study

the quasi-separatrix layer (QSL) associated with the M 1.1 flare on 2005 May 27, and find that

the ultraviolet flare ribbon of the flare coincides well with the intersection between the QSL

and the photosphère, while hard X-ray (HXR) sources at the peak of the flare seem to coincide

with the foot-points of the erupting helical structures, which indicates a high possibility that

HXR sources can be produced efficiently in the flux rope. Finally, the relationship between the

évolution of the twist of a flux rope and the helicity injection is studied. They hâve a positive

relationship with each other. Helicity injection by both horizontal motions, such as twisting

and shearing, and vertical motions, such as flux emergence, could increase the twist and cause

an éruption of a flux rope, which leads to the formation of CMEs.

Keywords: Sun: activity — Sun: atmosphère — Sun: corona — Sun: magnetic fields
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TITRE DE LA THÈSE: Etude du Champ Magnétique à Trois
Dimensions de l’Atmosphère Solaire et

de l’Activité Associée

SPÉCIALITÉ: Astronomie: Physique Solaire

DOCTORANT: Yang Guo

DIRECTEURS: Prof. Mingde Ding et Dr. Brigitte Schmieder

Résumé

L’atmosphère solaire est constituée de plasma hautement magnétisé. Le champ magnétique

joue un rôle clé dans la compréhension des différents phénomènes actifs dans l’atmosphère

solaire tels que les éruptions, les filaments, les protubérances et les éjections de masse coro-

nale. Au cours des dernières années, de nombreuses avancées ont été faites dans ce domaine

grâce au développement de nombreux codes non linéaires d’extrapolation des lignes de champ

magnétique dans la couronne avec l’hypothèse de champ sans force (NLFFF) et aux mesures du

champ magnétique vectoriel obtenues par des spectro-polarimètres très sophistiqués. Cela nous

a donné une vue complètement nouvelle du rôle du champ magnétique dans les phénomènes

actifs de l’atmosphère solaire. L’objectif de la thèse que nous présentons ici est de montrer ce

rôle en étudiant quelques exemples tant d’un point de vue observationnel que théorique. Pour

chacune des études que nous avons faites, nous présentons en premier les observations po-

larimétriques en étudiant systématiquement les profils des raies polarisées, puis nous calculons

le vecteur champ magnétique au niveau photosphérique après avoir validé les codes d’inversion

des paramètres de Stokes (SQUV). Ensuite les codes NLFFF d’extrapolation nous permettent

de connaître le vecteur du champ magnétique en tout point de la couronne et d’ analyser en

détail les structures magnétiques à trois dimensions des régions actives y compris celles des

filaments. En partant de ces résultats nous discutons les différents mécanismes qui ont pu pro

duire les éruptions, les filaments/protubérances et les éjections de masse coronale observés,

ainsi que les relations qui peuvent exister entre eux. Voici les principaux résultats obtenus pour

chacun des cas.

Nous avons utilisé deux codes d’inversion des paramètres de Stokes (UNNOFIT et MELANIE)

basés sur le modèle d’atmosphère appelé “Milne-Eddington”. Ces codes nous ont permis de

reconstruire le vecteur champ magnétique à partir des observations polarimétriques, obtenus

par deux magnétographes vectoriels, le télescope français au sol, le “Télescope Héliographique

pour l’Etude du Magnétisme et des Instabilités Solaires/Multi-Raies” (THEMIS/MTR) installé

aux Iles Canaries et le spectro-polarimètre (SP) du télescope SOT (Solar Optical Telescope)

embarqué sur le satellite japonais Hinode. Pour cette étude, nous avons utilisé les obser

vations de la région faculaire NOAA 10996 obtenues le 23 Mai 2008 simultanément avec

ces deux instruments et avons comparé les résultats obtenus avec les deux codes d’inversion

cités plus haut. Nous avons contasté un bon accord entre eux. Nous avons trouvé des his

togrammes semblables de la force du champ magnétique, de son azimuth et de son inclinaison.
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Comme le télescope SOT n’a pas de problème lié à la turbulence de l’atmosphère terrestre et

a une meilleure résolution spatiale nous avons pu résoudre des petites polarités magnétiques

de l’ordre de la seconde d’arc et nous avons pu détecter des champs magnétiques horizontaux

convergents et divergents dans les polarités négatives et positives respectivement. Ce résultat

est un bon test des modèles des facules qui suggèrent l’existence de bouquet de tubes de de flux.

Une nouvelle méthode, sans utiliser d’équations de transfert de rayonnement, est proposée pour

déterminer l’altitude relative de formation des nombreuses raies observées par le MTR en sup

posant la facule formée de bouquets de tubes de flux évasés. Nous avons trouvé que la raie de

Fe I 6302.5 est formée plus haut que la raie Fe I 5250.2 Â.

Comme deuxième exemple, nous avons étudié la configuration magnétique à trois dimen

sions de la région NOAA 10930 ayant produit l’éruption du 13 décembre 2006. Nous utilisé un

code d’extrapolation non linéaire en champ sans force (NLFFF) basé sur le principe d’optimisation

et les données provenant de Hinode/SOT/SR La topologie magnétique peut être décrite par un

champ central très cisaillé enveloppé par un champ en arcades quasi-potentiel. Le champ cen

tral montre clairement des creux dans ses lignes de champ qui peuvent soutenir un filament.

L’énergie libre libérée lors de l’éruption est calculée en soustrayant l’énergie contenue dans

le champ force free non linéaire et celle du champ potentiel. 11 est montré qu’elle est égale à

2.4 x 10,u ergs soit à peu près 2 pour cent de l’énergie du champ potentiel avant l’éruption.
Nous avons aussi calculé les angles de cisaillement définis par l’angle formé entre la direction

du champ potentiel et le champ NLFFF. Nous avons trouvé que cet angle devenait plus grand à

certains endroits dans la basse atmosphère avant l’éruption et redevenait, de façon significative

faible dans toute la configuration quand elle redevenait presque potentielle après l’éruption. Les

images obtenues dans la raie du Ca il H avec le filtre à large bande passante (BFI/SOT) et celles

à 1600 Â obtenues avec le satellite Transition Région and Coronal Explorer (TRACE) montrent
que juste avant l’éruption, la partie centrale de la région est chauffée. Ces résultats donnent une

preuve que l’éruption s’est produite suivant le modèle appelé “tether cutting” des éruptions, à

savoir par la reconnection progressive des arcades sous la région centrale créant une nappe de

courant sous cette région cisaillée. Nous avons étudié par corrélation les altitudes de formation

des raies ultra-violettes dans lesquelles cette région a été observée par le spectromètre EUV

(EIS) à bord de Hinode. Après la correction du mélange de raies dans le domaine de longueur

d’onde de la raie de l’He il 256.32 Â par la raie Si x 256.37Â en utilisant deux gaussiennes,
nous avons trouvé que la zone de transition chromosphère-couronne se situe à une altitude plus

grande dans les zones de fort champ magnétique. Dans la région de chauffage avant l’éruption,

il existe des boucles à différentes températures comme l’ont indiqué les mesures de vitesses

Doppler et du champ magnétique comparées à celles du soleil calme.

Dans une troisième partie nous avons calculé le champ magnétique à trois dimensions de

la région NOAA 10767 pour étudier la configuration magnétique des filaments de la région.

Un modèle à champ sans force non linéaire a été utilisé pour calculer le champ magnétique

au dessus de la photosphère, où le champ vectoriel a été mesuré par le magnétographe MTR

de THEMIS le 27 Mai 2005. Pour cette étude nous avons dévelopé une nouvelle méthode

pour résoudre l’ambiguité de 180 degrés du champ transverse. Ensuite nous avons discuté

l’implication de la préparation des données sur les résultats du champ vectoriel qui est basée

sur la minimisation du champ total et de la torque. Cette étape permet d’avoir de bonnes

conditions aux limites pour le modèle sans force non linéaire. La méthode utilisée est la même

que précédemment, basée sur l’optimisation, et elle nous a permis de mettre en évidence la
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présence d’un tube de flux le long de la ligne d’inversion du champ magnétique. Le tube de

flux correspond bien à une partie du filament observé dans la région active en Ha tandis que la

majorité des creux des lignes du champ magnétique coincide avec l’ensemble du filament Ha.

Cela implique que la structure magnétique d’une section du filament est un tube de flux, tandis

que l’autre section est une arcade cisaillée. Les arcades indiquent un filament de chiralité

gauche et qui correspondent à une hélicité magnétique négative, ce qui est opposé à ce que

donneraient les directions (i.e. chiralité) des structures fines des pieds du filament au sein du

tube de flux de même hélicité magnétique. La force du champ au centre du tube de flux est

d’environ 700 Gauss. Une éruption de classe Ml.l dans l’échelle des éruptions en rayons

X s’est produite dans cette même région. Les observations de TRACE du tube de flux et

de l’éruption du filament montre un mouvement en forme de vrille de la structure éruptive,

suggérant qu’une partie de la torsion du tube de flux a été convertie en vrille pendant l’éruption.

Après avoir calculé la torsion du tube de flux avant l’éruption nous avons trouvé un bon accord

avec les seuils de l’instabilité de kink dans les simulations numériques. Nous avons conclu

que l’activation et la montée du tube de flux étaient produites par une instabilité de kink. Nous

avons estimé la variation avec l’altitude dans plusieurs directions, de l’indice de décroissance

du champ magnétique externe avant l’éruption, avec le champ potentiel. Ces indices restent en

dessous du seuil de “l’instabilité de tore” dans un domaine d’altitude significatif au dessus de

l’altitude du tube de flux. Cela explique que cette éruption reste confinée et non éruptive, donc

qu’il n’y a pas d’éjection de masse coronale.

Connaissant les champs magnétiques à trois dimensions de cette région, nous avons ensuite

étudié la topologie magnétique et l’injection d’hélicité associés aux différents phénomènes ac

tifs solaires. Tout d’abord nous avons trouvé que les points nuis magnétiques ont une relation

étroite avec les points brillants coronaux. La structure linéaire d’un point nul est l’éventail et

son épine. Les reconnections magnétiques dans l’éventail et l’épine produisent les points bril

lants. Par ailleurs il n’y a pas forcément des points nuis pour tous les phénomènes actifs, il faut

aussi considérer les volumes étroits appelés “quasi séparatrices” (QSL). C’est ce que l’on a mis

en évidence pour expliquer les rubans observés en UV par TRACE lors de l’éruption M1.6. Les

rubans coïncident avec l’intersection des QSL et la photosphère tandis que les sources de ray-

onnnement X-dur (HXR) émis au pic de l’éruption Ml.l semblent coïncider avec les structures

éruptives hélicoïdales. Cela indique une forte probabilité que les source HXR soient produites

plus efficacement dans le tube de flux. Finalement la relation entre l’évolution du nombre de

tours de torsion magnétique et l’injection d’hélicité a été étudiée. Il y a une relation positive

entre elles. L’injection de l’hélicité par les mouvements à la fois horizontaux et verticaux, les

mouvements de torsion, de cisaillement produits par une émergence de flux par exemple peu

vent accroître la torsion et causer l’éruption du tube de flux ce qui conduit à la formation des

éjections de masse coronale (CME).

Mot-clé: Soleil: activité — Soleil: atmosphère — Soleil: couronne — Soleil: champ

magnétique
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Chapterl Introduction

1.1 Solar Magnetic Field

1.1.1 Why Do We Study Solar Magnetic Field

The unique location of the Sun in the universe for human beings détermines its high status

in scientific research. The Sun is the only star that can be spatially resolved. Its extraordinary

huge apparent brightness provides the opportunity to measure polarizations of magnetically

sensitive spectral lines accurately. On the one hand, that is the primary way to infer magnetic

fields on the Sun. On the other hand, polarization measurements ask for sufficient photon

fluxes to achieve high signal-to-noise ratio, while they hâve been highly resolved in spatial and

spectral dimensions. Therefore, only the Sun could afford the photon budget if high spatial and

spectral resolutions are required .

The Sun is an astrophysical plasma laboratory that provides exclusive plasma parameters

(particle density n and température T) compared to other artificial or natural plasma such as

intergalactic, interstellar, and interplanetary plasma, ionosphère, discharging gas, magnetic or

inertial confinement thermonuclear plasma, solid plasma such as métal and semiconductor,

white dwarfs, and neutron stars. The interaction between plasma and magnetic fields on the

Sun in different zones poses a sériés of problems of basic physical interest, for instance, self-

excited dynamos, magneto-convection, radiative transfer in magnetized plasma, and magnetic

reconnection (Solanki et al. 2006).

Most of spectacular phenomena or activities on the Sun are associated with magnetic fields,

such as sunspots, faculae, spiculés, plages, coronal loops, coronal bright points, filaments or

prominences, coronal mass éjections, flares, and so on. The existing big problems on solar

physics are ail related to magnetic fields, for example, how the solar magnetic fields are gener-

ated by the solar dynamo, how the corona is heated to millions of degrees, how coronal mass

éjections and flares are triggered, and how the fast and slow solar winds are accelerated. With-

out magnetic fields, the Sun could not be such rich and colorful, neither any problems raised
above could be solved.

The Sun is the main source of energy for the Earth except the relatively weak energy source

from the radioactive decay of radionuclide on the Earth, the residual energy of the planetary

accretion when the Earth formed, and the tidal energy produced by the gravitational potential

energy of the Sun-earth-moon System. Therefore, the climate change on the Earth must be

linked with the Sun’s energy output. The problem is how much it dépends on the energy output

variations besides greenhouse gases, aérosols, and soot. Observations and models do show a

significant contribution of solar variation to the climate change (Bond et al. 2001; Hansen et al.

2005). The solar irradiance variation is modulated by the magnetic activity on the Sun. The

short period of the effect is partially clear, but the long duration variation still needs further
studies.

The space weather is another important research field, which is largely influenced by the

solar wind and solar energetic particles that are closely related to solar magnetic fields. The
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height of the magnetosphere is affected by the speed and density of the solar wind and the

interplanetary magnetic field brought by the wind plasma, which interacts with the magneto

sphere and ionosphère and generates geomagnetic storms, substorms, Van Allen radiation belt

scintillations, disturbances in the ionosphère, aurora and geomagnetically induced currents on

the Earth’s surface. Solar energetic particles together with coronal mass éjections could also

inject particles and energy into the magnetosphere, ionosphère and upper atmosphère. The

space weather becomes more important in the modem society because it could cause physical

damage to electronics and change software commands aboard a spacecraft, threaten the life

of astronauts through léthal dosages of radiation, affect microwave communications, overload

electric power grids, and induce currents in pipelines.

Finally, the Sun provides an irreplaceable sample to study magnetic fields and associated

activities on other cool stars. Only on the Sun do we get the necessary information on the

physics related to magnetic fields from its interior to the outer atmosphère, from spatial scales

of hundreds of kilometers to the global size, and from time scales of very short interval to

thousands of years. For example, X-ray and extreme ultraviolet (EUV) émissions are often

observed on other cool stars having coronae outside, the explanations of these émissions usu-

ally get insights from similar phenomena on the Sun. Gao et al. (2008) proposed a magnetic

reconnection model between two neighbor stars to explain the periodic flaring in the binary Sys

tem YY Gem, while magnetic reconnection has been extensively applied to solar observations

(Priest & Forbes 2000).

In the following Section 1.1.2, we will présent a description of the solar structure in the

interior and discuss the magnetic field génération in the Sun. In Sections 1.1.3 and 1.1.4, the

solar polarization observations and magnetic field inversion from Stokes profiles are discussed.

We review the magnetic field structures and activities in different layers of the solar atmosphère

in Section 1.1.5, where the difficulties in measuring reliable magnetic fields in the solar upper

atmosphère are also discussed. The whole picture of the Sun will give us a clear context of the

central topic of this thesis, which is aimed at the following topics: (i) to measure the vector

magnetic fields on the photosphère including removing the 180° ambiguity in the transverse

components, (ii) to dérivé the three-dimensional magnetic field in the solar atmosphère, and

(iii) to understand solar phenomena and activities from the magnetic structures in combination
with other observations.

1.1.2 Solar Interior and the Magnetic Field Génération

The quasi-steady State of the Sun can be understood by the classical theory of stellar struc

ture and évolution without considering its rotation and the effects of magnetic fields. The

contraction of gravity is balanced by the gradient of gas pressure. Energy output is supplied by

the nuclear fusion in the core. From stellar évolution calculations, the Sun can radiate for about

10 billion years through its whole life. The nuclear time scale tnu « 1 x 101() years is much
longer than the Kelvin-Helmholtz time scale £kh ~ 3 x 107 years for the Sun. The Kelvin-

Helmholtz time scale tells us that the Sun would émit ail its gravitational potential energy at its

présent luminosity LQ within 30 million years if there were no nuclear reactions. According

to the virial theorem (see Section 2.3 in Bohm-Vitense 1989) for a hydrostatic star, the internai

or thermal energy is half of the gravitational potential energy. So the thermal time scale of the

Sun, i.e. the time needed to émit its internai energy at the rate of Lq, is of the same order of

2
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£kh-

The force balance of the solar interior in hydrostatic equilibrium can be described as

Mr) _ Gm(r)p(r)
i o 5 V ^ J

dr rz

where p(r) is the gas pressure, p(r) is the mass density at a radial distance r from the stellar

center, G is the gravitational constant, and m(r) is the mass contained in a sphere of radius

r. The mass distribution m(r) is related to the density distribution p(r) by dm(r)/dr =

47rr2p(r). In the solar interior the perfect gas law, p = pp/(RT), is applicable, where p is the
average molecular weight per particle and R is the gas constant. If the gradient of gas pressure

disappears, a mass element on the solar surface is accelerated only by gravity: d2r/di =

—GMQ/r2. Using an order-of-magnitude estimate, it takes tff « (^/(GMq))1/2 = 1600 s
to collapse to its core, where fff is the time scale of free fall. In the hydrostatic assumption, local

departures from equilibrium are restored at the Sound speed cs = (7p/p)1^2, where 7 = cv/cy
is the ratio of the spécifie heats at constant pressure and constant volume. The hydrodynamic

time scale thy, which indicates the time for a small perturbation travels through a distance of

solar radius RQ at the speed of cs, is of the same order of magnitude as the free fall time scale

iff (Schrijver & Zwaan 2000). Since tnu £kh thy ~ rif, the Sun is in mechanical and

thermal equilibrium through most of its life.

In a spherical symmetry simplification and thermal equilibrium State, any change of energy

flux L at a radial distance r is due to the energy génération and lost at the same place, which is

expressed as

where e(r) is the rate of nuclear energy génération per unit mass and e^r) is the energy lost

with the neutrinos. In the solar interior, the energy is either transported by electromagnetic

radiation, or by convection together with radiation. If the energy flux L is only transferred by

radiation in a layer, it is in radiative equilibrium (RE). The température gradient is expressed as

where kr is the Rosseland mean opacity (see Section 2.3.1 in Schrijver & Zwaan 2000) and a

is the Stefan-Boltzmann constant.

However, when we corne to the convective zone, électrons combine with other ions, and

the opacity increases rapidly. Therefore, radiation is absorbed more easily and the tempéra

ture gradient |dT/dr| exceeds the gradient in an adiabatical blob |(dT/dr)ad|, which is the

Schwarzschild criterion for the convective instability. The convection becomes more efficient

for the energy transport in this case and radiative equilibrium does not apply. The tempéra

ture gradient in the convective zone can be approximated by |(dT/dr)acj| except the top part

just below the photosphère, where radiation becomes notable again. If we know further the

dependence of p, p, e, eu, kr and 7 on p, T and the Chemical composition of the Sun, the so

lar structure can be constructed by Equations (1.1)-(1.3) with the boundary conditions at the

center, where L(0) = 0 and m(0) = 0, and at the surface, where T(RQ) and p(Rq) can be

= 47Tr2p(r)[e(r) - eu(r)], (1.2)

(1.3)
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determined from observations and a model atmosphère of the Sun.

Although helioseismology provides more and more information on the solar interior, we

still need to resort to models of the solar structure for details. The solar core extends from the

center of the Sun to about 0.25Æ©. It has a density of about 150 g cm~3 and a température
of about 1.5 x 107 K. Half of the solar mass is contained in the core. The nuclear fusion in

the core produces 99% of the total power in the Sun. The radiative zone is located above the

solar core and below the convective zone. It extends from 0.25Rq to about 0.7Rq. The density

drops by two orders of magnitude from about 20 g cm-3 to 0.2 g cm-3, while the température
drops from about 8 x 10() K to 2 x 10f> K. The energy is mainly transferred by electromagnetic
radiation in the radiative zone.

The tachocline is a layer between the radiative zone and the convective zone. The central

position of the tachocline is located at about 0.707?© with a thickness not more than 0.057?©,

which is computed from helioseismology measurements (Basu et al. 1994; Basu & Antia 1997;

Charbonneau et al. 1999). The radiative zone rotâtes as a solid body, while the convective zone

has a differential rotation as the fluid in the photosphère with the pôles rotating slower than the

equator doing. Therefore, the tachocline is a rotational shear layer, which is supposed to be

the location where solar dynamo opérâtes (Choudhuri 1990; Parker 1993). On the one hand,

the great shear of rotation velocities in the tachocline provides a mechanism to pull poloidal

(0 direction) magnetic fields into the toroidal (0 direction) direction. On the other hand, effi

cient solar dynamos cannot be located in the convective zone, since magnetic buoyancy would

transport magnetic fields to the photosphère within a couple of solar rotations.

In the convective zone as well as the solar atmosphère that will be discussed in Section 1.1.5,

the magnetic field évolution can be described by the magnetohydrodynamics (MHD) approxi

mation. Maxwell’s équations that describe the electromagnetic field include the Ampère’s law,

V x B = fjtoJ,

the solenoidal nature of the magnetic field,

V • B = 0,

the Faraday’s law of magnetic induction,

V x E =
<9B

~dt'

and the Gauss’s law of the electric field.

V E = 0.

(1.4)

(1.5)

(1.6)

(1.7)

where B is the magnetic field, J is the current density, and E is the electric field. We hâve

omitted the displacement current and free charges in the above équations. In addition, we hâve

the Ohm’s law for a moving conductor,

J = cr(E + vxB), (1.8)

where v is the plasma velocity. Combining Equations (1.4), (1.6), and (1.8), we can eliminate
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J and E to get the induction équation,

— = V x (v x B) + r/V2B,
ot

(1.9)

where 77 = is the magnetic diffusivity and supposed to be constant if we neglect

its dependence on T and p. The dimensionless ratio of the advection term to the diffusion

tenu on the right-hand side of Equation (1.9) is defined as the magnetic Reynold’s number,

Rm — LV/p, where L and V are the characteristic scales of lengths and velocities. Since

the length scale and electric conductivity are very large on the Sun, Rm is very large in the

convective zone and the solar atmosphère, except the places close to magnetic nulls and current

sheets during magnetic reconnection.

In most parts of the convective zone, convective flows dominate magnetic fields. Many

studies show that convective flows tend to concentrate magnetic fields (Parker 1963; Weiss

1964); consequently, magnetic fields are distributed intermittently as flux tubes in the persistent

convecting fluids. When a magnetic field is accumulated to the equipartition field strength Beq,

the Lorentz forces could act back on the plasma and hamper the flows. Beq = (popv2)1^2
is the field strength that contains magnetic energy density equal to the kinetic energy density.

The ratio between the gas pressure and the magnetic pressure is the plasma /?(= 2pop/B2).
Since the magnetic field could exert pressure on the plasma inside a flux tube, the density

p and température T inside are less than that outside because of the hydrostatic equilibrium.

Therefore, the flux tube is buoyant and may emerge through the photosphère and form a bipolar

active région.

1.1.3 Observations of Stokes Profiles

People had recorded the magnetic phenomena on the Sun far before they realized the mag

netic nature of them. Ancient Chinese astronomer Gan De1 noted a sunspot observation in his
star catalog more than 2000 years ago. Sunspots hâve been more and more regularly observed

after the invention of télescopes by Galileo in the early of 17th century. The apparent motions

of sunspots on the solar disk indicate that the Sun is rotating; the different angular velocities at

different latitudes are served as an approach to measure the solar differential rotation (Newton

& Nunn 1951; Balthasar et al. 1986). George E. Haie first measured the Zeeman splitting in

sunspots with a Fresnel prism and a Nicol prism. It shows that sunspots are made up of large

magnetic fields (Haie 1908).

The magnetic fields on the Sun are usually measured from the polarized light that is de-

scribed by the Stokes parameters /, Q, U and V. From the Maxwell’s équations, the electric

field and magnetic field components of a light beam may be described as

E(*,i) = Eoe«fe-"‘>
B(z,l) = kxE(j,t), ’

where k is the wave vector and normal to E(2, £), u is the angular frequency of E(z, t) on the

xy-plane perpendicular to k, and the light propagates along ^-direction. Equation (1.10) is for

^ttp://en.wikipedia.org/wiki/Sunspot
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Reference

Direction

e,, >

Source

Telescope Retarder Polarizer Spectrometer

Figure 1.1 An illustrative sketch of a prototype instrument for measuring the Stokes profiles (after Figure

1.9 in Landi Degl’Innocenti & Landolfi (2004)).

a monochromatic wave. The electric field at 2 = 0 is described as

Ex(t) = Ex cos(ut -<j>i)

Ey(t) = E2cos(o;f-02). '

We hâve used Eqx — Eié1^1 and Eqv = E2^2. The polarization State of the monochromatic
wave is fully described by the four real scalars Ei, E2, (f> 1 and <f>2.

The monochromatic wave does not exist in the real world. In a quasi-monochromatic wave

approximation, where the incohérent monochromatic light beams in a wave packet vary in a

narrow range of wave numbers (6k k) or wavelengths (<5A C À), a set of average intensities

over the measurement time can be defined to measure the polarization State. These intensities

are the Stokes parameters:

/ = (El) + (El)
Q = (El) - (El)
U = 2(ExE2 cos(0i - <f>2))

V = 2(E\E2 sin(>i - <f>2)).

(1.12)

An important différence between the quasi-monochromatic wave and the monochromatic wave

is that the former is no longer fully polarized. The total intensity may be greater than the

polarized intensity, i.e., I2 > Q2 + U2 + V2.

In general, an instrument System dedicated to measure the Stokes parameters includes a

telescope, a polarization modulator, a spectrometer, and a detector (Figure 1.1). Since the

detector can only record intensities, the polarization modulator changes the polarization State

of incoming light in a controlled way, such that the Stokes parameters can be retrieved by

the combination of the intensities. Polarization modulators may be constituted of retarders

and polarizers. An idéal retarder splits the incident light beam into two orthogonal polarized

components, retards the phase of one component, and combines the two beams finally. It will

change the polarization State of the incident beams in general, but there are two sets of Stokes

parameters that are not changed, which are the eigenvectors of a retarder. Depending on the
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polarization of eigenvectors, retarders are divided into linear, circular, and elliptical types. In

a retarder the light beam with the electric vibration along the fast axis travels faster than that

with the vibration along the slow axis, but both beams travel along the optical axis. The final

beam combines the two electric vibrations bearing a phase différence 6. There are also linear,

circular, or in general elliptical polarizers depending on the polarization State of transmitted

light from natural light. An idéal linear polarizer is transparent to the electric vibration along

the acceptance axis but opaque to the vibration perpendicular to it.

There are many ways to measure the Stokes parameters. We show here only one example

to give an intuitive expérience of how they are measured. Landi DeglTnnocenti & Landolfi

(2004) showed that the signal D recorded by the detector as shown in the prototype instrument

in Figure 1.1 can be written as

D(a, (3, S) = - [7 + (Q cos 2a + U sin 2a) cos 2 ((3 — a)

— (Q sin 2a — U cos 2a) sin 2 ((3 — a) cos <5+ (1-13)

V sin 2 ((3 — a) sin<5],

where a is the angle between the fast axis of the retarder and the reference direction defined as

the æ-direction, (3 is the angle between the acceptance axis of the polarizer and the rr-direction,

and ô is the phase différence generated by the retarder. For the measurement of the Stokes

parameter V, we could set a quaiter wave plate (<5 = 90°) at a — 0° and the detector records

different signais according to (3:

D'(/3) — -(/ + Qcos2/3 + V sin 2(3). (1.14)

The Stokes parameters 7, Q, and V may be retrieved by

7 = 7/(0°) + TT (90°)

Q = D'{0°) - D'(90°) (1.15)

V = D'(45°) - D'(135°).

When we try to measure the linear polarization, the retarder can be removed (ô = 0), or, its fast

axis can be set to be parallel to the acceptance axis of the polarizer (a — (3).

D"(0) = - (/ + Q cos 2/3 + t7 sin 2/3) . (1.16)

The Stokes parameters 7, Q, and U may be retrieved by

7 = D"(0°) + D"(90°)
Q = 7y'(0o) -£>"(90°) (1.17)

U = 77" (45°) — 77"(1350).

In the practical measurements, polarization signais are sensitive within a narrow wavelength

band. And useful physical information can only be derived from line profiles. Therefore, a

spectrometer or a narrow band filter are always incoiporated in the instrument System to mea

sure the full Stokes profiles at particular wavelengths. Consequently, instruments for measuring

magnetic fields are generally divided into two types, i.e., spectro-polarimeters and filter mag-

7
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netographs. For instance, Spectro-Polarimeter in the Solar Optical Telescope (SOT/SP; Ichi-

moto et al. 2008) aboard Hinode and the French-Italian ground-based solar telescope THEMIS

{Télescope Héliographique pour TEtude du Magnétisme et des Instabilités Solaires; Lôpez

Ariste et al. 2000; Bommier et al. 2007) on the Canary Islands belong to the former, while the

Michelson Doppler Imager (MDI; Scherrer et al. 1995) aboard SOHO and the Helioseismic

and Magnetic Imager (HMI; Scherrer & HMI Team 2010) aboard SDO belong to the latter.

Spectro-polarimeters record the full Stokes profiles at much more wavelength points (~ 112 for

SOT/SP) so as to achieve a very hight polarization accuracy (~10~3 for SOT/SP) compared to
magnetographs. But they can only record the profiles along a slit for one exposure. Therefore,

it is necessary to Scan along the direction perpendicular to the slit to cover a field of view of

interest. Filter magnetographs could cover a larger field of view within a short exposure time,

but the sampling points (for instance, 6 for SDO/HMI) in the wavelength are limited, which

limits the accuracy of Stokes parameters and may cause the saturation problem that the signal

does not respond linearly to the magnetic field strength when it is relatively large.

1.1.4 Magnetic Field from Stokes Inversion

Polarization indicates anisotropy of physical conditions in the source, such as the presence

of magnetic fields, electrical fields, température gradients and other factors. For the magnetic

field measurements on the Sun, polarized lights associated with the Zeeman effect and the

Hanle effect are most commonly considered. The Hanle effect describes the modulation of

scattering polarization by magnetic fields, which depolarize (i.e., reduce the degree of polariza

tion) and rotate the polarization of scattering light. Detailed treatment of the Hanle effect can

be found in Stenflo (1994) and Landi DegFInnocenti & Landolfi (2004). Due to our interest

in deriving magnetic fields in the photosphère, only the Zeeman effect is considered here. A

common way to measure magnetic fields is to study the polarization génération in magnetic

fields, to establish a model that describes the line formation in the solar atmosphère, and to fit

the modelled line profiles with the observed profiles by adjusting the free parameters including

the information of magnetic fields.

In magnetic fields, atomic energy levels split into sub-levels with the splitting proportional

to the magnetic field and the Landé factor:

A = çjPbB, (1.18)

9j = 1 +
J{J + 1) + S (S + 1) — L{L + 1)

2J(J + 1)
(1.19)

where A is the splitting, gj is the Landé factor of an atom with the LS coupling scheme,

PB = 9-27 x 10~24 J T-1 (joule per tesla) is the Bohr magneton, J. L, and S are the quantum
numbers corresponding to the total angular momentum, the total orbital angular momentum,

and the total spin, respectively.

For the normal Zeeman triplet due to electric dipole transitions, there are three compo-

nents in the émissions with different wavelengths and polarization States. The wavelength of

the <j+ component with AM = +1 (M is the magnetic quantum number) is shorter than the

unperturbed line. The a+ émission is in general elliptically polarized. In particular, it is left-
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handed circularly polarized along the direction of the magnetic field (positive ^-direction), i.e.,

the electric vibration rotâtes counterclockwise if observed against the positive ^-direction (or

along the négative ^-direction). And it is right-handed circularly polarized along the négative

z-direction. The wavelength of the a~ component with AM = — 1 is longer than that of the

unperturbed line. It has an opposite polarization along the 2>axis to the cr+ émission. But when

we observe on the xy-plane, both the cr+ and a~ components degenerate to the linear polariza

tion; especially, they are both perpendicular to the ^-direction. Finally, the 7r component with

AM = 0 has a wavelength equal to that of the unperturbed line and is always linearly polar

ized. The electric vibration is always parallel to the ^-direction; therefore, we cannot observe

the 7r émission along the ^-direction due the transverse nature of the electromagnetic wave.

In order to establish a model of the line formation in the solar atmosphère, it is necessary to

solve the radiative transfer équations for Stokes parameters, which are four first-order ordinary

differential équations with a coefficient matrix for absorption and émission. The coefficient ma

trix is determined by the populations on different atomic energy levels and Chemical species,

which should be solved by statistical equilibrium équations in the general case of non-local

thermodynamic equilibrium (NLTE). However, the statistical equilibrium équations are dépen

dent on the radiation field that would be solved by the radiative transfer équations at the same

time. The problem forms a close loop, which is usually solved by an itération method until the

final State is converged.

For a spectral line that forms in the photosphère, the local thermodynamic equilibrium (LTE)

assumption is adopted, where the source function is approximated to the Planck function. The

excitation and ionization of an atom can be described by the Boltzmann and Saha formulae,

respectively. The absorption coefficients are determined by the local température. It is not nec

essary to solve the statistical equilibrium équations anymore. The classical Unno-Rachkovsky

solution (Unno 1956; Rachkovsky 1962) présents an analytical profiles for the emergent Stokes

profiles through a magnetized atmosphère with the Milne-Eddington (ME) model, which is a

further simplification on the thermal structure of the photosphère. It assumes that the Plank

function is linear in the optical depth r with B(r) = B0 + Bit, and factors that affect the

radiative transfer do not change along the depth, such that the vector magnetic field B, line

strength r]0, Doppler width AXD, damping constant a, and Doppler velocity v are constant

along the radiation path. More strictly speaking, these factors are constant along the line for

mation région and over the whole resolution element except the source function (Socas-Navarro

2001).

Finally, the observations of Stokes profiles can be fitted by the Unno-Rachkovsky solutions

by adjusting the free parameters listed above (Auer et al. 1977). Usually, the Levenberg-

Marquardt algorithm (see Section 15.5 in Press et al. 1988; Marquardt 1963) is adopted to

minimize the x2 that indicates the discrepancy between the modelled and the observed profiles.

Given some guess values of the free parameters to start, the Levenberg-Marquardt algorithm

tries to progress a step forward by calculating the partial dérivatives of the analytical profile

with respect to the free parameters and to decrease the x2 at the same time. The step will repeat
until the least x2 has been reached. Due to the nonlinearity of the least-square fitting, there
is no guarantee that the minimum x2 is the absolute minimum. It is better to set the initial

guess as close as possible to the true values and try different initial guesses to check the final

convergence. The inversion techniques were further improved by considering the magneto-

optical effects and the damping that produces Voigt profiles (Landolfi & Landi Degl’Innocenti
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1982; Landolfi et al. 1984; Skumanich & Lites 1987). A detailed comparison between two

widely used Stokes inversion procedures based on the Unno-Rachkovsky solutions will be

presented in Chapter 2, where more spécifie implémentations of the codes can be found.

1.1.5 Solar Atmosphère and Magnetic Field Structures

In the solar atmosphère, the plasma and magnetic field are closely coupled with each other.

On the one hand, the radiation (and conduction) tums out to be important again in the energy

transfer mechanism because the opacity of the atmosphère becomes smaller compared to that

in the convective zone. On the other hand, magnetic fields play an important rôle in structuring

the thermodynamic and hydrodynamic behaviors of the plasma in the solar atmosphère. A

self-consistent solution of the full physical State of the solar atmosphère (température, density,

velocity, magnetic field and their time variations) should consider the radiative transfer in NLTE

and the MHD effects at the same time. However, the équations are nonlocal and nonlinear, so

that they can only be solved analytically or numerically in practice with approximations under
different conditions.

For instance, in order to dérivé the VAL models (Vernazza et al. 1973, 1976, 1981) for

the quiet Sun, one-dimensional hydrostatic approximation is adopted. For a given température

distribution versus height, the authors solve the équations of statistical equilibrium and radiative

transfer of spectral fines and continua to détermine the ionization and excitation State of each

atom. Then, the emergent spectrum can be computed and compared with observations. The

final semi-empirical temperature-height distribution is determined by trial-and-error. Semi-

empirical models hâve been applied to flares, prominences, and sunspots (Machado et al. 1980;

Fang 1988; Ding & Fang 1989). In some cases, people need to model the solar atmosphère

by considering the radiative transfer in a moving medium (e.g., Mihalas & Mihalas 1984).

The theory of radiation hydrodynamics in an unsteady flow has been developed to get a self-

consistent, time-dependent, NLTE solution for the solar atmospheric model, but still in one-

dimension (Carlsson & Stein 1992, 1995, 1997, 2002). A common shortcoming in the above

modelling is that the magnetic field is neglected. It is acceptable in the VAL models because

they are one-dimensional hydrostatic models without considering the energy équation. In the

radiation hydrodynamic models, one assumes that the magnetic fields constrain the motion of

the plasma, and do not contribute to the energy equilibrium. We hâve noted that the radiative

transfer and thermal conduction hâve been considered to solve the full MHD équations in three

dimensions (e.g., Martinez-Sykora et al. 2008).

In order to incorporate magnetic fields and to solve the radiative transfer of polarized light,

solar atmospheric models also need to be simplified. For the analytical Unno-Rachkovsky solu

tions, a model in LTE with unrealistic physical parameters is assumed such that the température

structure is described by the Milne-Eddington model, and the vector magnetic field B, veloci-

ties and opacity parameters (fine strength 7?0, Doppler width AXD, and damping constant a) do

not change along the radiation path. Keller et al. (1990) adopted a flux tube model to describe

the thermodynamic structure by including the MHD équations. The Stokes profiles are calcu-

lated using the LTE code that allows the parameters changing along the height (Beckers 1969;

Solanki 1987). More flux tube models based on various assumptions hâve also been proposed

but LTE is always assumed in solving the radiative transfer équations (Sanchez Almeida et al.

1996; Sanchez Almeida 1997; Bellot Rubio et al. 1997, 2000; Frutiger & Solanki 1998). The
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method has been improved for NLTE conditions by considering a nonlinear source function

for the line, but keeping the linear source function for the continuum the same as that in the

Milne-Eddington model (Lites et al. 1988). Socas-Navarro et al. (2000) considered a full NLTE

treatment of Zeeman line transfer without atomic polarization by solving statistical equilibrium

équations and Stokes vector transfer équations. The thermal, magnetic, and dynamic properties

along the height can be derived by means of nonlinear least square fittings of the synthesized

Stokes profiles with observed ones.

The NLTE models together with an inversion technique can be used to dérivé the magnetic

fields in the chromosphère using spectral fines formed there, such as the Mg I b fines at 5172.7

and 5183.6 Â (Lites et al. 1988) and the Ca il fines at 8498.0 and 8542.1 Â (Socas-Navarro et al.

2000). The He i triplet at 10830 Â has been adopted to measure the magnetic field in the upper
chromosphère and the base of the corona combining the Zeeman effect and the Hanle effect

(Solanki et al. 2003; Lagg et al. 2004). The magnetic field measurement in the corona can be

performed via the observation of résonance scattering of the Fe XIV 5303 Â fine (Arnaud 1982)
and the O VI 1031.9 Â fine (Raouafi et al. 2002). Direct observations of the Zeeman effect in

the corona are performed by the Fe xm 10747 and 10798 Â fines (Lin et al. 2000, 2004) and
other infrared fines (Judge 1998; Brage et al. 2000). Besides optical and infrared fines, radio

observations provide another way to infer magnetic fields in the upper solar atmosphère (e.g.,

Brosius & White 2006, and references therein).

The difficulties in measuring coronal magnetic fields fie in that the émissions and field

strength are much weaker in the corona than that in the photosphère and chromosphère. Most

coronal magnetic fields are measured off the limb in order to increase the signal-to-noise ratio.

Additionally, the high température in the corona produces a wide fine width that covers the

splitting by the Zeeman effect. Therefore, the Zeeman effect is difficult to be measured accu-

rately. This situation is improved in the infrared wavelength band because the fine splitting is

proportional to A2:

SX = 4.67 x 10“13gjÀ2i7, (1.20)

which is derived from Equation (1.18), where the wavelength and magnetic field are in units

of Â and gauss, respectively. Finally, the observed intensities are intégrations along the line-
of-sight direction. One must incorporate an inversion technique to correctly interpret the ob

servations. Despite the aforementioned difficulties, prototype instruments hâve been designed

dedicated to observe the coronal magnetic fields, such as the Coronal Multi-channel Polarime-

ter (CoMP; Tomczyk et al. 2008) and Solar-C1.

Magnetic fields display various structures and play different rôles in the solar atmosphère

from the inner to outer domains. In the photosphère, flux tubes of intrinsically strong field with

1-2 kG constitute the magnetic network. The flux tubes are mostly vertical due to the buoyancy,

and they cover only a small fraction of the photosphère, i.e., the filling factor is small (~5%).

When a bundle of flux tubes form a relatively small structure, such as a facula, it appears bright.

On the contrary, it looks dark if the size is as large as a sunspot. The plasma /?(= 2p0p/B2) in
the photosphère is a little bit less than 1 but greater than 0.1 in a flux tube, while the gas pressure

dominâtes the magnetic pressure outside where it is almost free of magnetic field. For the ratio

between the magnetic and kinetic energy density, B2/(popv2), it reaches 10 in a typical flux

*http://www.solar.ifa.hawaii.edu/SolarC/index.html
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tube and around 1 elsewhere on the solar surface (see Section 2 in Solanki et al. 2006).

In the chromosphère, flux tubes start to fan out along the height due to the drastically de-

crease of the plasma density and pressure. Thus, the filling factors increase with height while

the intrinsic field strengths decrease since the conservation of magnetic fluxes. The flux tubes

merge with the adjacent ones with the same polarity in the chromosphère or connect back to the

photosphère with the opposite polarity. The nearly horizontal fields at the merging level form

the magnetic canopy and are supposed to support the dark fibrils observed in the Ha line core.

The plasma (3 decreases rapidly to much less than unity in the chromosphère (Gary 2001). And

it remains much less than unity in the transition région and the lower corona. In these régions,

the magnetic field Controls the plasma motion. While the plasma pressure plays a minor rôle in

the force balance of the magnetic field. A very common feature in the corona is the magnetic

loops appearing in active régions observed by EUV spectral fines. A comprehensive review on

coronal loops can be found in Reale (2010).

In summary, although measurements of magnetic fields in the chromosphère and the corona

hâve been deeply improved, it still needs further developments both in theory and observation

to provide accurate and routine data. Since photospheric magnetic fields are now widely ob

served by various ground-based and space-bome instruments, and since the magnetic fields are

in a low (3 environment in the upper chromosphère, the lower corona, and the transition région

between them, a force-free field extrapolation technique provides an alternative way to infer the

magnetic fields in the upper solar atmosphère. Especially, we will see that various nonlinear

force-free field extrapolation methods hâve been developed, which, together with vector mag

netic fields obtained by sophisticated spectro-polarimeters, provide a totally new view on the

solar magnetic fields and associated phenomena and activities.

1.2 Force-Free Field Extrapolations

1.2.1 Theory

The momentum équation of MHD reads

<9v

p~dt + p(pv ' V^v = ~ + J x B + pg, (1.21)

where ail the denotations hâve the common meanings. Note that ail the variables are functions

of time and space, in which the gravity g = ——r if we consider a problem well above the

solar surface. Many phenomena on the Sun are observed to keep steady for a long time, such

as sunspots, filaments/prominences, coronal loops and so on. In these cases, the problem can

be approximated by a magneto-hydrostatic equilibrium solution to Equation (1.21), such that

0 — -Vp + J x B + pg. (1.22)

If the gravity is balanced by the gradient of the gas pressure, and since the plasma (3 is much

less than unity, i.e., the gas pressure can be neglected compared to the magnetic pressure,

Equation (1.22) is further simplified to

J x B = 0.
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The general solution to Equation (1.23) is that the current is parallel to the magnetic field, i.e.,

HoJ = aB. Combining it with the Ampère’s law (Equation (1.4)), we hâve

V x B = aB, (1.24)

where a is a scalar function varying with space. From the vector identity V • (V x B) = 0, we

hâve V • (aB) = V • (V x B) = 0. Since V • (aB) = aV B + B Va and V • B = 0, the

gradient of a along a field line does not change:

B • Va = 0, (1.25)

so that a keeps constant along each field line, but it may change from one to another.

Potential Field

The simplest solution to Equation (1.24) is assuming a = 0. Thus, the current density is

zéro and V x B = 0, which allows the magnetic field to be expressed as

B = — V<3>, (1.26)

where is the magnetic potential satisfying the Laplace’s équation due to V • B = 0, i.e.,

V2$ - 0. (1.27)

If a proper boundary condition is supplied, the solution to the Laplace équation exists and is

unique. Since we know the normal dérivative of the potential, Bz = —d$/dz, on the boundary,

it becomes the Neumann problem for the Laplace équation. In general, there are the following

ways to solve the problem, such as the Green’s function method, the Fourier expansion method,

and the spherical harmonie décomposition method (Sakurai 1989). In the Green’s function

method, the potential above the photosphère is regarded as contributions of magnetic sources

on the photosphère (Schmidt 1964):

= à / F^ïds' (L28)
where r and r' are the location vector of and B'z, respectively, and ds' is the area element as-

sociated with B'z. The intégration is performed on the observation domain on the photosphère.
The magnetic field at the location r is thus obtained by Equation (1.26).

The Fourier expansion method applies to a semi-infinite volume bounded by x G [0, Lx], y G

[0, Ly], and 2 G [0,00]. The solution to Equation (1.27) is written as (Teuber et al. 1977)

$(x,y,z) =-A00z + Amncos cos e~kmnZ, (1.29)
(m+n)^0 \ Lx J \ Lv /

where kmn = y/(m/Lx)2 + (n/Ly)2. The expansion coefficients are derived by considering
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the boundary conditions — = Bz on the photosphère and — = Bav for z —> oo:

L X Ly

Aoo = Bav = J J Bz(x,y,0)dxdy,

Bz(x,y,0)dxdy,

x=0 y=0

Lx Ly

^mO —
7rmL,

cos

x=0 y=0

Lx Ly

( rmvx\
VW

(1.30)

A-On —
ttuL,

x=0 y=0

L,
cos ( T^~ ) Bz(x,y,0)dxdy,

Lx Ly

Am.rt. —
7vLxLykmn

COS

x=0 y=0

f mnx
VX~

Tiixy

cos ( -j— ) Bz(x,y,0)dxdy.

In practical computations, the harmonie sériés in Equation (1.30) are calculated via the Fast

Fourier Transform (FFT). Then, the magnetic potential is obtained by inverse FFT and the

potential magnetic field vector is thus obtained through Equation (1.26). The solutions derived

by the Green’s function method and the FFT method are équivalent if Lx,Ly —+ oo or if the
boundary for the Green’s function method is periodically extrapolated to infinity.

The spherical harmonie décomposition method for solving the Laplace’s équation applies

to a larger area on the Sun where the curvature cannot be neglected. Schatten et al. (1969)

introduced a spherical source surface at a distance Rs from the Sun’s center, where the field

fines are radial, to simulate the effect of the solar wind on the magnetic field. Therefore, the field

vectors are purely radial at Rs, which indicates that <ï> is a constant on the source surface. This

constant can be selected as 0. The solution of the Laplace’s équation in spherical coordinates

(r, O1, (p) (where 6' stands for colatitude) in the domain Rq < r < Rs is

oo l

$(r,0',4>) = £ £ [Afr1 + Bmr-(l+i)]y-m(ÉI/j^)j (i.31)
1=0 m=—l

where the coefficients Am and B™ are determined by the boundary conditions at RQ and Rs.

The spherical harmonie functions Y{n{d',<p) = C^P^^cos 6')eirn<^, where C\m are normal-
ization constants based on l and m, and P/m(cos^/) are associated Legendre functions. Please
refer to the appendix in Schrijver & De Rosa (2003) for a detailed déduction of the coefficients

and the final magnetic field. Further information about spherical harmonie expansion of the

Laplace’s équation can also be found in Altschuler & Newkirk (1969) and Altschuler et al.

(1977).

Linear Force-Free Field

For linear force-free fields in which a is constant throughout the space, Nakagawa & Raadu

(1972) showed that the magnetic field can be expressed as

B = V x V x (Pez) + aV x (Pez), (L32)

where ez is the unit vector along ^-direction and P is a scalar function satisfying the Helmholtz
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équation

(V2 + a2)P — 0. (1.33)

The bottom boundary of Equation (1.33) is the normal field that is usually observed on the

photosphère. Chiu & Hilton (1977) showed that the solution to the linear force-free field of a

semi-infinite space is not unique if only the normal field on the bottom boundary is provided.

Based on the Green’s function method, Seehafer (1978) proposed one possible solution for

the constant a problem

oo ri
(~ymn

2^ \
m,n=1 Amn

7Tm f 7rmxN
Tmn j COo

2X V Bx y
oo n

^ \ C
m,n=1 ^mn

7m . (' Ttmx\
Tmn sm ^, Lx J

7rn . /7rmx\ (nny
jcos VTTa— sin

By

:)j-
7rm ( 7Tmx

a—— cos —— l sin

Lx V Bx

imy\

Bz= E cmne rmn" sin
m,n—1

. (7Tmx\ . (imy
" )sm 1^7

7rny

Lu
+ (1.34)

where \mn = 7r2(m2/L2 + n2/L2y) and rmn — \/Xmn ~ Q-2- The coefficients Cmn are
computed by the bottom boundary considering the third équation in (1.34):

Cr

x=0 y=0

Bz(x,y,0)dxdy. 0-35)

The solution given in Equation (1.34) has a close relationship with that given by Nakagawa &

Raadu (1972) based on the FFT method. If the bottom boundary condition in a: G [0, Lx] and

y G [0, Ly\ is extrapolated to æ G [—Lx, Lx] and y G [—Ly, Ly\ according to Bz(-x, y, 0) =
—Bz(x,y, 0) and Bz(x,—y, 0) = —Bz(x,y, 0), the solution of Nakagawa & Raadu (1972)

is recovered to Equation (1.34). Both solutions are periodic with, however, different periods,

which are 2Lx and 2Ly for the solution of Seehafer (1978) and Lx and Ly for that of Nak

agawa & Raadu (1972). The uniqueness of the solution requires iqi < tt^/im+1m
and \a\ < min(27r/Lx, /Ly) for the solutions of Seehafer (1978) and Nakagawa & Raadu
(1972), respectively. In addition, the solution of Seehafer (1978) does not require the net mag-

netic flux on the bottom boundary to be zéro, while that of Nakagawa & Raadu (1972) does.

Chiu & Hilton (1977) presented a more general solution based on the Green’s function

method, where the magnetic field components are given by intégrations on the infinité bottom
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boundary:

( x-x'dT y-y' \
+ ai

oo

B (x,y,z)= J
R dz R

y — y'dT x — x'
— aT-

R dz

_dT_ _ £
V ~dR R

R
Bz(x',y',0)dx'dy', (1.36)

where R2 — (x — x')2 + (y — y')2 and

T — — cos(ar) — — cos(û:2:),
Rr R

(1.37)

where r2 — R2 + z2 is the squared radius vector. In practical applications, observations are

restricted within a limited régions. If the magnetic fields outside are weak, they are assumed to

be 0. Thus, the intégrations can be performed in a finite area.

Equation (1.24) with constant a can also be solved through Fourier transforms (Alissan-

drakis 1981). Let the Fourier transform of the magnetic field be Bx(u, v, z), By(u, v, z), and
Bz(u, v, z) at the height z, where u and v are variables in the frequency domain. The solution

of the transforms is assumed exponentially decreasing with z, i.e.,

B(w, v, z) = e~fc2B(u, v, 0), (1.38)

where k is to be determined. By the Fourier transform of Equation (1.24) with constant a and

using the dérivative theorem, one can obtain

aBx — kêy — î2'kvBz = 0,
kêx + OiBy + i2iruêz = 0, (1-39)
i27rvBx — i2iruBy + aBz = 0.

The condition for the existence of solutions is that the déterminant of the coefficients is zéro.

Thus, k can be determined as

k = ±y/d7T2q2 — a2, (1-40)

where q2 = u2 + v2. Combining Equations (1.38), (1.39), and (1.40), the Fourier transforms

of B at any height 2 can be expressed in terms of that on the bottom where z — 0:

~B(u,v,z) = G(u,v,z)êz(u,v, 0). (1.41)

The magnetic field is finally obtained using the convolution theorem of Fourier transform:

00 00

B(x,y,z)= J J G(x -x',y -y',z)Bz(x',y',0)dx'dy'i (1.42)
— OC —OO

where G is obtained by the inverse Fourier transform of G. Alissandrakis (1981) pointed out
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that for q > |a|/(27r) and k > 0, the final solution is the same as that derived by Nakagawa &

Raadu (1972).

The solutions of the constant a problem degenerate to the potential field when a — 0 for

both the Green’s function method and the Fourier transform method discussed above. They are

widely used because of their relatively simple mathematical expressions and because the ex

trapolations based on these models only ask for the normal component of vector magnetic fields

on the bottom boundary. However, many studies show that a is usually not zéro or constant

based on comparisons between extrapolated magnetic fields with observed EUV coronal loops

(Wiegelmann & Neukirch 2002; Schrijver et al. 2005), or with direct measured magnetic fields

in the upper chromosphère (Solanki et al. 2003; Wiegelmann et al. 2005b). Direct calculations

of a from vector magnetic fields also show that it changes within an active région (Régnier

et al. 2002). These facts require a more realistic model to reconstruct the coronal magnetic

field, where a varies in the whole space. The force-free équation is thus nonlinear and needed

to be solved with different numerical methods.

1.2.2 Numerical Methods for the Nonlinear Force-Free Field

A number of reviews hâve presented comprehensive and clear descriptions on the existing

numerical methods for resolving the nonlinear force-free field équations, such as Aly (1989),

Sakurai (1989), Amari et al. (1997), Démoulin et al. (1997), McClymont et al. (1997), Chapter

5 in Aschwanden (2005), and Wiegelmann (2008). We will describe the basic concepts and

équations of different methods for integrity in the following text. They include the Grad-Rubin

method, the upward intégration method, the MHD relaxation method, the optimization method,

and the boundary element or Green’s function-like method.

Grad-Rubin Method

The Grad-Rubin method was first proposed for problems in fusion plasmas (Grad & Rubin

1958) and applied to coronal magnetic fields by Sakurai (1981). Further developments hâve

been made by Amari et al. (1997, 2006), Wheatland (2004, 2006), and Inhester & Wiegelmann

(2006). The basic idea is to décomposé the force-free équation and solenoidal équation into

two parts, and solve the force-free function a and magnetic field B iteratively. First, at each

itération step n, the force-free function a is solved by the hyperbolic équation:

B(n) • Va(n) = 0, (1.43)

with the boundary condition a^n\x, y, 0) = cto at either the positive polarity with Bz0 > 0 or
the négative polarity with Bz0 < 0. The initial condition B(()) can be specified as the potential
field calculated from Bz0. The magnetic field in the volume is updated by the elliptic équation:

V xB^1* = a(n)B^, (1.44)

with V B(n+1) = 0 and the boundary condition Bin+l\x, y, 0) = Bz0 on the whole bottom
surface.

Vertical Intégration Method

This straightforward method has been presented by Nakagawa (1974) and further developed

by Wu et al. (1985, 1990), Cuperman et al. (1989, 1990), and Song et al. (2006). The force-free
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function a on the photosphère can be written via the 2; component of the force-free équation
V x B = qB:

<*{x,y,Q) J_ (dBy dBx\
Bz\dx dy ) ' (1.45)

Combining the solenoidal condition of magnetic fields, the force-free équation, and the fact

that a is constant along any field line in force-free fields (Equations (1.5), (1.24), and (1.25)),

the dérivatives of Bx,By, Bz and, a along the height z can be written as

dBx

dz

ÔBy
dz

OiBy +
dB,

— —OlBx +

dx

dB,

dy

dBz dBx dBy
dz dx dy

da _ 1 f dot da\
dz Bz \ x dx y dy ) '

(1.46)

If the vector magnetic fields, i.e., Bx, By, and Bz, are known at the bottom where z = 0, the
intégration of Equation (1.46) along z tells the vector magnetic fields and a at dz. The a-

parameter at height dz can also be calculated by Equation (1.45). The process can be repeated

until the needed height has reached.

Although the vertical intégration method is relatively easy to implement compared to other

methods, it is an ill-posed problem due to the elliptic nature of the above équations and the

Cauchy boundary conditions where both the magnetic fields and their dérivatives hâve been

specified (Low & Lou 1990; Wu et al. 1990; Démoulin et al. 1992). The solution above the

boundary does not dépend on the boundary data continuously. Small changes on the boundary

and little errors in the intégration would cause divergent change in the extrapolated field. Efforts

hâve been made to regularize the problem by smoothing the force-free function a (Cuperman

et al. 1990) or smoothing both field components and a (Démoulin et al. 1992). Song et al.

(2006) proposed a new method to regularize the method, where the partial differential équations

are reduced to ordinary ones by approximating the magnetic fields with smooth continuous

functions. Spécial cares hâve to be taken in calculating a along polarity inversion lines (Bz =

0), where a is mathemadcally infinité from Equation (1.45). Please refer to Wu et al. (1990),

Cuperman et al. (1990), and Démoulin et al. (1992) for further details.

MHD Relaxation Method

The MHD relaxation method solves the time-dependent, dissipative, and résistive MHD

équations to seek an equilibrium State. For example, Chodura & Schlueter (1981) adopted this

method to establish magneto-hydrostatic equilibria. Considering the dissipative and résistive

terms, the momentum balance équation and magnetic induction équation are reformulated to
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ap

-=Vx(vxB) V X (77J), (1.48)

where D(v) is the dissipative term. It is the function of velocity, which is written as either the

friction form that D(v) = —w (e.g., Yang et al. 1986; Roumeliotis 1996; Valori et al. 2005),

or the dissipative form that D(v) = V • (i/pVv) (e.g., Mikic & McClymont 1994; McClymont

& Mikic 1994; McClymont et al. 1997; Amari et al. 1996, 1997). The free parameter v can be

set properly to accelerate the dissipative process. As argued by Roumeliotis (1996) and Valori

et al. (2005), the résistive term is important for successful reconstruction of the final magnetic

field, since the field connectivity or the magnetic topology may change from the initial State.

If only the force-free field is considered and the friction form of D(v) = — w is used,

Equation (1.47) is reduced to

v = -J x B.
v

(1.49)

The initial condition is given by the potential field or linear force-free field obtained from only

the normal magnetic field Bz. Then, the bottom boundary is replaced by vector magnetic fields

that are usually from observations to build a stressed initial State (Valori et al. 2005). The

stress step can also be established in multiple steps by adjusting the bottom boundary gradually

(Roumeliotis 1996). The initial State of v is obtained by Equation (1.49) and the magnetic field

in the computation volume evolves according to Equation (1.48). Once the System of équations

evolves to a steady State, the final magnetic field is force-free. Roumeliotis (1996) adopted the

vector potential représentation of the induction équation:

dA

dt
— v x B — 77J, (1.50)

where the solenoidal condition is guaranteed automatically, while this condition is taken care

by a diffusive approach in the implémentation of Valori et al. (2005).

Optimization Method

The optimization method was proposed by Wheatland et al. (2000). For a given initial

State of magnetic fields and boundary conditions, the basic idea is to minimize the objective

functional as follows

L = [ [B~2 | (V x B) x B |2 + | V • B |2] dV. (1.51)
Jv

If L evolves to zéro by an evolutionary procedure, the force-free condition and the solenoidal

condition are fulfilled simultaneously. Thus, the force-free field with given boundary conditions

are obtained. Differentiating Equation (1.51) with respect to an itération parameter t, one

dérivés
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where

F = V x (n x B) - et x (V X B) - V(f2 • B) + fi(V • B) + 02B,

n = 5"2[(V x B) x B - (V • B)B],

(1.53)

The second term in the left hand side of Equation (1.52) vanishes if the magnetic field does

not change on the boundary, i.e., ^ = 0 on the surface S. The functional L is guaranteed to
decrease monotonically if B in the volume is evolved according to

c)B

where y > 0 is an arbitrary free parameter.

The optimization method requires ail the boundary data to be fixed during the evolutionary

procedure. The bottom boundary data are given as vector magnetic fields observed on the

photosphère. However, the boundary data are not available in practice for the latéral and top

boundaries of a rectangular box in the Caitesian coordinates. They are usually specified as

potential or linear force-free fields. Wiegelmann (2004) implemented the optimization method

with a weighting function to minimize the boundary effects where data are not known. The

objective functional is rewritten as

L — [ w(x, y, z) [B~2 | (V x B) x B |2 + | V • B |2] dV, (1.55)
Jv

where w(x, y, z) is the weighting function that decreases from unity to zéro in a buffer région

close to the latéral and top boundaries. The weighting function in the physical domain other

than the buffer région is always equal to unity. The magnetic field B is evolved according to

<9B -

Ht ’

F = w(x, y, z)F + (Oa x B) x X7w(x, y, z) + (ftb B)Vw(x, y, z),

fi^r2[(VxB)xB],

nb = B~2{(V- B)B],

(1.56)

where F has been defined in Equation (1.53). Including the weighting function, McTiernan has

implemented the optimization method both in IDL1 and FORTRAN languages (Schrijver et al.
2006; Metcalf et al. 2008). Unlike the finite différence scheme used in the above codes, Inhester

& Wiegelmann (2006) implemented the optimization method with a finite element scheme.

Boundary Element or Green’s Function-Like Method

Yan & Sakurai (2000) introduced the boundary element method into the nonlinear force-

free field extrapolation using the Green’s theorem (Courant & Hilbert 1962). The magnetic

Jhttp://sprg.ssl.berkeley.edu/~j imm/fff/optimization_fff.html
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field expressed in the boundary intégral équation is written as

cB(xo,yç),zo) =
s

(1.57)

where c is a constant that varies according to the location of the calculated magnetic field. On

the boundary surface c = 1/2, and c = 1 in the volume above the surface. The reference

function Y is defined as a diagonal matrix:

where r is the distance between the fixed point (xq,i/o,zq) and another point in the volume

including the boundary S. The parameters Ax, Xy, and À2 are determined by the volume inté
gration:

Yan & Sakurai (2000) proposed an itération method to solve the above équations. Given

a reasonable initial condition of the magnetic field in the volume above the boundary and the

À-parameters on the boundary, Equations (1.57), (1.58), and (1.59) are solved iteratively until

the final magnetic field converges. However, this method is relatively slow due to the volume

intégration of Equations (1.59). Thus, the computation time of magnetic fields in the whole

volume scales to N6, where N is the grid points in one dimension. Yan & Li (2006) proposed a
simpler method to calculate the reference function Y, so that the volume intégration is avoided

with that method.

1.2.3 Boundary Condition

For a rectangular computation box in the Cartesian coordinate System, the bottom bound

ary for nonlinear force-free field extrapolations is specified by vector magnetic fields that are

usually observed in the photosphère. The latéral and top boundaries can be assigned to the

potential or linear force-free fields in the optimization method, while they are treated in dif

ferent strategies for the other methods. There are three major problems that hâve to be solved

properly before photospheric vector magnetic fields can be used for nonlinear force-free field

extrapolations. First, the 180° ambiguity of the transverse component of the vector magnetic

field has to be removed. Secondly, the projection effect has to be corrected if the magnetic field

is not observed close to the solar disk center. Finally, the magnetic field in the photosphère

with a high plasma (3 is incompatible with the assumption of a force-free magnetic field in the

corona; therefore, it has to be preprocessed.

The 180° ambiguity problem arises from the symmetry of the linear polarization generated

by the normal Zeeman split, i.e., opposite orientations of the transverse magnetic field generate

the same linear polarization. The problem has to be solved by additional physical assumptions

of the magnetic field itself, for instance, assuming that the observed field is close to a modelled

one and the orientations change as smoothly as possible (Metcalf et al. 2006, and référencés

therein). Following this strategy, the existing algorithmes for removing the 180° ambiguity try

(1.58)

Yp[\pBp — a2Bp — (Va x B)p]dV = 0, with p = x,y, z. (1-59)
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to minimize some physical quantities, such as the angle between the observed and modelled

magnetic fields, the vertical gradient of the magnetic pressure, the vertical current density,

the total current density or the divergence of the field, or the combination of the quantities
aforementioned.

If the magnetic field is observed far from the solar disk center, the projection effect décom

posés the magnetic field vector into the line-of-sight and the transverse components in the ob

served image plane coordinates, and distorts the géométrie shape of observed area. Therefore,

correction for the projection effect should consider two aspects. One transforms the magnetic

field components in the image plane coordinates Bç, Bv, and Bç to those in the heliographic
coordinates Bx, By, and Bz at a given position (£, 77). The other corrects the géométrie shape of

the observed area. The magnetic field components are transformed as below (Gary & Hagyard

1990):

/ Bx(Ç,r}) \ / an an a13 \ / B^rj) \
By(Ç,rj) = fl2i a22 a23 Bv(^rj) , (1.60)

V Bz(Ç,r)) J \ O31 032 O33 / \ #<(£,??) /

where the matrix éléments are given by

an = — sin Bq sin P sin(P — Lq) + cos P cos(L — Lq)

012 = + sin Bq cos P sin(L — Lq) + sin P cos(L — Lq)

013 = — cos Bq sin(P — Lq)

021 = — sin P [sin Po sin P cos (P — Lq) + cosPsin(P — Lq)] — cos B [cos Bq sin P]

a22 = + sinP[sinPoCosPcos(P — Lq) — sinPsin(P — Lq)] + cos B [cos Bq cos P]

023 = — cos Bq sin B cos (L — Lq) + sin Bq cos B

031 = + cosP[sinP0sinPcos(P — Po) + cosPsin(L — Lq)] — sin B [cos Bq sin P]

032 = — cosP[sinPocosPcos(L — Lq) — sinPsin(L — Lq)] + sin P [cos Po cos P]

033 = + cos P cos Bq cos(L — Lq) + sin P sin Po,

where (P, L) and (Po, Lq) are the heliographic latitudes and longitudes of the position (£, 77)
and of the solar disk center, respectively. The angle P is the azimuth of the projection of the

north pôle of solar rotation axis on the solar disk, measured counterclockwise (eastward) from

the north point of the image plane, which is usually the projection of the north pôle of the Earth
rotation axis on the solar disk.

Next, we hâve to map (f, 77) with (x, y) to correct the géométrie distortions by the projection

effect. The image coordinates (£, 77) is related to the heliographic coordinates (x, y) by

Ç) = (C“ Cl2)(XV (1.61)
v J v °2i c22 ) V y J

If we assume both coordinates are referred to the center of the image (PC,LC), the matrix
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éléments can be expressed in the first order approximation:

eu = cosP[cos(Lc — Lo)] — sinP[sinPosin(Lc — Lo)]

c12 = cos P[— sin Bc sin(Lc — L0)] — sin P[cos Pq cos Bc + sin P0 sin Bc cos(Lc — Lo)]

en = sin P[cos(Lc — Lo)] + cos P[sin P0 sin(Lc — L0)]

C22 = sin P[— sin Bc sin(Lc — Lq)] + cos P[cos Pq cos Bc 4- sin P0 sin Pc cos(Lc — Lq)].

As pointed out by Molodensky (1969, 1974), Aly (1989), and Sakurai (1989), vector mag-

netic fields on the bottom boundary hâve to satisfy the force-free and torque-free conditions in

a well isolated région in order to be consistent with the force-free field assumption in the ex

trapolation volume. In an isolated région, ail field fines originating from the bottom boundary

fall back on it again. The isolation condition requires that the flux is in balance, i.e.,

[ Bz(x, y, 0)dxdy = 0. (1.62)
Js

However, the flux balance is a necessary condition for the isolation of the magnetic field, but

it is not a sufficient one. This point implies that it is better to enlarge the field of view than to

eut a smaller région in order to fulfill the isolation condition. The force-free condition on the

bottom boundary requires that

/ BxBzdxdy = / ByBzdxdy = 0,
Js (1.63)

[ (Bl + B°y)dxdy = [ B2zdxdy.
J s J s

And the torque-free condition on the bottom boundary requires that

/ yBxBzdxdy = / xByBzdxdy.
Js Js

On the photosphère the force-free and torque-free conditions are not well fulfilled in an

isolated région since the plasma (3 is close to unity (Gary 2001). We may adopt the vector

magnetic fields measured in the force-free upper chromosphère as the boundary, such that the

force-free and torque-free conditions are better satisfied. However, the chromospheric vector

magnetic fields are less accurate than that in the photosphère and are not routinely observed.

Thus, the forced photospheric boundaries need to be preprocessed. Analogy to the optimization

method, Wiegelmann et al. (2006b) proposed a functional Lprep that adds up the square of the

net force, the net torque, the déviations between the preprocessed and observed data, and the

smoothness condition:

Bldxdy,
(1.64)

Lprep — fJlLl + M2L2 + M3L3 + HaLai
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where

L:i — E (B* - B'tf + £ (8y
. p p

BîbsŸ+E (B* ~B°bs)2
p

Lt E (ABx)2 + (AB„)2 + (ABzf .
- P

(1.66)

The summations are performed on the bottom surface over ail the grid nodes p. The two

dimensional Laplace operator (A) smooths the magnetic field components within 5x5 points

at each point p on the surface. The functional Lprep is minimized by the Newton’s method. A

method to dérivé the weighting parameters pn (n = 1,2,3,4) is given by Wiegelmann et al.

(2006b). Once Lprep is minimal, the boundary data hâve been processed to be consistent with

the force-free and torque-free conditions, and they are properly smoothed while do not differ
too much from the observed data.

1.3 Solar Activities

1.3.1 Flares

A solar flare is a sudden brightening in the solar atmosphère. The energy source is the

non-potential magnetic fields that carry free energy in the upper solar atmosphère. The free

energy is released by magnetic reconnection, which is a topological restructuring process of a

magnetic field caused by a change in the connectivity of its field fines (see Introduction in Priest

& Forbes 2000). A big flare can release more than 1032 erg of energy in tens of minutes. They
are converted to the radiation energy in various wavelengths, thermal and non-thermal energy

in the plasma and accelerated particles, and gravitational potential energy and kinetic energy

of plasma material. Thus, the central topic on the flare research focuses on how the magnetic

energy is stored in the corona and released by magnetic reconnection into various forms.

Magnetic fields emerging from below the photosphère are dragged by horizontal motions

such as twisting and shearing because of the line-tied footpoints on the photosphère. The mag

netic energy and helicity are injected into the solar atmosphère by the continuing convective

motions. Measurements of the magnetic energy and helicity injection rates require knowledge

of the vector velocity field (in addition to the vector magnetic field) in the photosphère, which
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is usually derived by various tracking algorithms with time sériés of magnetic fields (Schuck

2006, 2008). We will présent a more detailed study on the three dimensional magnetic config

uration associated with a flare in Chapter 3 and on the magnetic helicity injection in Chapter 7.

The stored magnetic energy in the solar atmosphère is not easy to release via only the magnetic

diffusion. According to the estimate in Priest & Forbes (2000), the magnetic diffusivity in the

corona is approximated to 77 ~ 109T-3/2 m2 s-1, where we obtain rj — 0.35 m2 s-1 taking
a température T — 2 x 106 K. The time-scale Td for a magnetic diffusion in a length-scale
L is approximated to Td = L2/r]. Taking a typical length L = 6 x 104 km, we finally get
Td = 3 x 108 yr, which is an unreasonably long time for the real energy release process in the

corona. However, if the diffusion région is sufficiently small and the resistivity is anomalously

large, the reconnection can be fast enough to release the energy needed for powering a flare.

There are mainly three mechanisms taking effect in accelerating non-thermal particles, i.e.

direct current electric field accélération, stochastic accélération, and shock accélération. Mag

netic reconnection produces a suitable environment for particle accélérations. Strong electric

fields and highly turbulent flows are commonly formed in current sheets. Shock waves are often

présent in the out-flowing jets from reconnection site. Non-thermal particles energized from

these environments generate hard X-ray (HXR), 7-ray, and radio émissions through different

secondary radiation mechanisms. Please refer to Section 13 in Priest & Forbes (2000) and Sec

tion 11 in Aschwanden (2005) for more details on the particle accélération and non-thermal

émission mechanisms. Although magnetic reconnection is necessary for converting magnetic

energy into thermal and non-thermal energy in the plasma and accelerated particles, and also a

probable trigger for the éruption of magnetic flux ropes, there is no evidence showing that it is

the driver of the full éruption. We will discuss the éruption mechanism in Section 1.3.3.

Because of the diversity of flares, it is helpful to classify them into subcategories. Accord

ing to the projection corrected area of a flare at the peak of its Ha flux, flares are divided into

five classes, i.e., S, 1, 2, 3, and 4, which correspond to <3.0, 3.0-7.6, 7.6-18.3, 18.3-36.4,

and >36.4 x 108 km2, respectively. Each class is further divided into three levels based on

the brightness of the flare, i.e., faint (F), normal (N), and bright (B). In another way, accord

ing to the soft X-ray flux at 1-8 Â measured near the orbit of the Earth, flares are classified
into A, B, C, M, and X-classes, which correspond to peak fluxes exceeding 10~8, 10“7,10~ü,
10“5, and 1CT4 W m-2, respectively. The above classifications are based on the magnitude of

flares. While based on different physical mechanisms, they can be divided into two types, com

pact flares and two-ribbon flares. Compact flares evolve within a small volume at a relatively

low height with a short duration and high energy density; two-ribbon flares hâve an extended

volume at a relatively high place with a long duration. Compact flares are usually explained

by the magnetic flux emergence model (Heyvaerts et al. 1977; Yokoyama & Shibata 1995).

The pre-existing magnetic flux reconnects with the newly emerged one from below the photo

sphère, which forms a current sheet. The impulsive phase takes place when the current sheet

rises to a critical height, where the current density exceeds the value for the onset of plasma

micro-instabilities.

The process of a two-ribbon flare is usually described by the CSHKP or the standard flare

model (Carmichael 1964; Sturrock 1966; Hirayama 1974; Kopp & Pneuman 1976), which

has been extended in various ways in the following studies. Before the occurrence of a flare,

a core field with highly sheared field lines or a magnetic flux rope lies below the overlying

arched envelope field. Due to the onset of magnetic instabilities, the core field starts to rise
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and stretches the envelope field to form a current sheet below it. The magnetic reconnection in

the current sheet converts the magnetic energy into kinetic and thermal energies of plasma and

particles, which propagate along the reconnected field fines below the reconnection site and

generates soft X-ray loops and HXR sources both at the apex and at the footpoints of the loops.

The magnetic reconnection site moves upward as the reconnection proceeds, which generates

new soft X-ray loop shells outside the older ones that hâve cooled down to EUV and Ha loops.

The intersection of the loop System with the chromosphère and transition région displays the

pattern of flare ribbons. The éruption of the magnetic flux rope above the reconnection site may

propel plasma into the interplanetary space and form CMEs if the éruption is not confined to
the low corona.

However, there is one puzzling problem in the observations of flare ribbons and HXR

sources at the loop footpoints. When flare ribbons observed in ultraviolet (UV) and Ha bands

appear as elongated brightening ribbon structures on both sides of a polarity inversion fine of

the associated line-of-sight magnetic field, ribbon-like HXR sources were reported in very rare

cases (Masuda et al. 2001; Liu et al. 2007a; Jing et al. 2007). Most HXR sources appear as

compact point-like sources. The problem of lacking radiation sources in HXRs is explained by

that électrons are most efficiently accelerated in particular loops due to fast reconnection rate;

therefore, weak HXR émissions cannot be recorded by présent HXR instruments with limited

dynamic ranges (Asai et al. 2002; Temmer et al. 2007; Miklenic et al. 2007). But the reason

is still not clear why the reconnection rate is fast in that particular site. Naturally, we would

like to know where the HXR émissions are produced exactly in the frame of the standard flare

model. Therefore, we will conduct a detailed study on the magnetic structure accounting for

flare ribbons and HXR sources and their relationship in Chapter 7.

1.3.2 Filaments and Prominences

Solar filaments and prominences are cooler and denser plasma suspended by magnetic fields

in the solar corona. The typical électron température of a prominence is about 4300-12000 K

and the typical électron density is about 109-10n cm~3, which are 100 times cooler and denser

than the plasma in the coronal surroundings. The two ternis, filament and prominence, refer

to the same object observed on the solar disk and off the limb, respectively. A filament on

the solar disk appears dark in Ha or EUV fines, since it absorbs the bright émissions in the

background but emits less. On the contrary, a prominence looks brighter than the dark sky.

In the following text, we will use both terms alternatively. Following Engvold (1998), we can

divide different filaments into three types. Active région filaments form in an active région

with strong magnetic fields. They usually fie lower in the corona (< 10 Mm) than the quiescent

filaments, which appear in remnants of active régions with a weak magnetic field background

and could reach a height of about 100 Mm. The third type of filaments is the intermediate

filaments that form between active régions and decaying unipolar-regions. Extensive reviews

on filaments can be found in the textbooks of Tandberg-Hanssen (1995), Schrijver & Zwaan

(2000), Aschwanden (2005), and so on. The latest reviews on the current State of the filament

research are given by Labrosse et al. (2010) and Mackay et al. (2010).

Non-eruptive filaments could last for a few days to several months in the hot corona. A

central problem in the filament study is to understand its equilibrium State and structure, which

requires the measurements of the full sets of plasma parameters. Magnetic fields and other
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physical parameters (such as électron température, density, microturbulent velocity, gas pres

sure, hydrogen ionization ratio, and flow velocity) of filaments are determined from spectral

diagnostics and NLTE modelling. UV and EUV observations show that a prominence-corona

transition région lies between the cold prominence core and the hot corona. There are various

models of this transition région for its fine structures (Pojoga 1994). High resolution observa

tions reveal fine fibrils inside filaments or prominences. The fibrils are supposed to be along

the local magnetic field line. Magnetic structures of filaments play a key rôle in understanding

the formation of filament material, the structures of filament plasma, and their dynamics.

Magnetic fields of filaments and prominences are usually inferred from the Zeeman effect

and the Hanle effect, which hâve been discussed in Section 1.1.5. The He i triplets at 5876 Â
(He D3) and 10830 Â are most widely adopted to measure filament magnetic fields (Bommier
& Sahal-Brechot 1978; Bommier 1980; Lin et al. 1998a; Paletou et al. 2001; Lopez Ariste &

Casini 2002; Léger & Paletou 2009). The polarization of the Ha line provides another approach

to infer filament magnetic fields (Landi Degl’Innocenti et al. 1987; Bommier et al. 1989; Lopez

Ariste et al. 2005), but the radiative transfer of Stokes parameters in this optical thick line has

not been fully understood. The magnetic field strength is about 3-15 G for quiescent filaments

and 10-100 G for active région filaments. Kuckein et al. (2009) reported a so far highest field

strength of about 600-700 G for an active région filament. The magnetic fields in both types

are almost horizontal and bears an acute angle with the spine of a filament.

The filament magnetic structure can be approximated as a force-free field if the plasma

P is small, where the plasma flows mainly along the associated field fines and the gravity

is neglected. Flux rope models that fie horizontally along polarity inversion fines hâve been

proposed by both linear force-free field modelling (Aulanier & Démoulin 1998; Aulanier et al.

1998; Mackay et al. 1999) and nonlinear force-free field modelling (Yan et al. 200la,b; Régnier

et al. 2002; Régnier & Amari 2004; Canou et al. 2009; Canou & Amari 2010). We will présent

a detailed nonlinear force-free modelling on the filament magnetic structure using the optimiza-

tion method in Chapter 5. Another method to construct the nonlinear force-free field model is

to insert a non force-free flux rope into a potential field, and to relax the configuration with a

magnetofrictional mehod (Mackay et al. 2000; Mackay & van Ballegooijen 2006, 2009; Bobra

et al. 2008; Su et al. 2009). Magnetic dips form naturally in a horizontal flux rope, which is

supposed to support the filament material.

The sheared arcade model is another type of magnetic structure with dips in bipolar mag

netic field régions. A highly sheared arcade can be formed by shearing motions in the photo

sphère along the polarity inversion fine (Antiochos et al. 1994; Aulanier et al. 2002; DeVore

& Antiochos 2000; DeVore et al. 2005). The différence between a sheared arcade and a flux

rope is that the latter displays an inverse polarity, i.e., the component of the filament magnetic

field perpendicular to its spine has a direction opposite to that of the potential field, while the

sheared arcade shows a normal polarity. However, the sheared arcade model proposed by the

aforementioned authors has both normal and inverse polarities in the filament channel. We like

to regard the inverse polarity paît as a flux rope, too, since there is no basic différence between

that part and a flux rope. On the other hand, dipped arcades can be formed in quadrupolar

magnetic fields (Aulanier & Démoulin 1998).

If the weight of the filament plasma cannot be neglected, it would exert forces produced

by the gravity and the gradient of gas pressure on the field fines and induce electric currents
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that are not parallel to the magnetic field. To this end, magneto-hydrostatic models hâve been

constructed by many authors (Kippenhahn & Schlüter 1957; Kuperus & Raadu 1974; Malherbe

& Priest 1983; Hood & Anzer 1990; Heinzel & Anzer 2001 ; Low & Zhang 2004; Low & Petrie

2005). The models listed above are purely theoretical, which do not consider observed magnetic

fields of a filament or prominence. Early attempts on the modelling incorporating magnetic field

observations were made by Anzer (1972) and Démoulin et al. (1989). Using a method proposed

by Low (1992), filament magnetic fields hâve been modelled by linear magneto-hydrostatic

extrapolations from line-of-sight magnetograms observed in the photosphère (Aulanier et al.

1999, 2000; Aulanier & Démoulin 2003; Dudlk et al. 2008).

Observations show that the filament plasma is highly dynamic with horizontal and/or verti

cal motions (Schmieder et al. 1991; Lin et al. 2003; Berger et al. 2008; Schmieder et al. 2010).

Roughly speaking, the plasma motions in active région filaments are mainly horizontal along

field fines, while that in quiescent prominences hâve both motions since the magnetic fields

there are weaker, which cannot dominate over the plasma flows. In a recent research, Berger

et al. (2010) measured the structure, velocity, and density of the newly discovered plumes in

quiescent prominences observed by Hinode/SOT. The plumes appear dark in the optical band of

the Ca il H line and the Ha line. They are supposed to be formed by the Rayleigh-Taylor insta-

bility at the boundaries of buoyant cavities emerging into quiescent prominences from below.

This fully dynamical image challenges the static models of quiescent prominences.

The plasma material suspended by field fines in the hot corona is now commonly suggested

to corne from the denser chromosphère. It cannot be condensed from the ambient corona since

there is not sufficient mass at this height. For instance, a typical prominence contains about 10%

of the entire mass of the corona (see Section 6.4.3 in Aschwanden 2005). The chromospheric

mass can be injected into the corona by magnetic reconnection at the footpoints (Wang 1999;

Chae et al. 2001 ), or, it can be levitated to that height by rising magnetic fields that trap material

in the dips. A more intriguing mechanism is the évaporation and condensation model (Poland

& Mariska 1986). Assuming a heat source concentrating at the footpoints of a flux loop, the

chromospheric material is heated up and evaporated to the apex of the loop. If the heating scale

height is much less than the loop length, the evaporated material could cool down effectively.

Thus, the energy balance in the corona is dominated by the radiative losses, which increase with

increasing density and with decreasing température for T > 105 K (Hildner 1974; Colgan et al.

2008). It forms a positive feedback that the condensation would keep going until the plasma

in the corona cools down to the chromospheric température. The pressure decreases with the

decreasing température; therefore, more material is pushed up from the chromosphère along

the magnetic loop to increase the density. The filament formation has been simulated based

on the évaporation and condensation model by many authors (Antiochos et al. 1999b, 2000;

Karpen et al. 2001, 2003, 2005, 2006; Karpen & Antiochos 2008; Xia et al. 2011).

Filaments may disappear due to the évaporation or drainage of plasma material or due to the

éruption of the associated magnetic structures caused by MHD instabilities. The energy balance

in a filament has not been fully understood, which involves conduction, radiative loss, and

background heating. Especially, the background heating may be associated with the magnetic

field, some heating mechanisms taking effect at certain circumstances, such as MHD waves and

Joule dissipation, may evaporate or drain the plasma material. In another way, the magnetic

structures suspending filament plasma may undergo a kink and/or torus instability to erupt

from the corona, and push the plasma into the interplanetary space. During this process, most
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plasma fall back to the solar surface along the magnetic field Unes and usually display a helical

structure. The filament éruption process is often associated with a flare and/or a coronal mass

éjection, which has been discussed in more detail in Sections 1.3.1 and 1.3.3, respectively.

1.3.3 Coronal Mass Ejections (CMEs)

CMEs are one of the most spectacular activities on the Sun, which eject about 1014-101(> g
of plasma from the solar atmosphère to the interplanetary space. They hâve been extensively

observed by many satellites and ground-based instruments in the white-light, X-ray, EUV, and

radio bands since the 1970s. A typical appearance of CMEs is the structure with three parts,

a bright leading edge, a dark void below with lower density, and a bright core with higher

density in the dark void. The bright core is thought to correspond to the associated erupted

filament. The three-pait structure is not obvious in some CMEs. But the magnetic flux rope

may still be présent while the plasma material is not condensed there. The three-dimensional

structure is crucial in determining the physical parameters of CMEs, such as their density, mass,

velocity, accélération, and energy. The measurements of ail the above parameters dépend on the

geometry assumption of a CME, since ail the observations bear a projection effect. A method

to infer the three-dimensional structure is the inversion of the white-light polarization (Moran

& Davila 2004; Dere et al. 2005; Moran et al. 2010). Another method is the reconstruction

of observations from two separated viewpoints provided by the Solar TErrestrial RElations

Obsetyatory (STEREO) twin satellites, where one is ahead of the Earth and the other is trailing

behind in their orbits (e.g., Mierla et al. 2010; Wood et al. 2010).

The density and mass of CMEs can be measured by white-light, radio, and UV observations.

The white-light of CMEs arises from the Thomson scattering of free électrons to the photo

sphère émission. The problem has been solved forwardly to détermine the émission intensity

from the density distribution and inversely to détermine the density distribution from the émis

sion density (Billings 1966). Radio émissions of CMEs corne from the thermal bremsstrahlung

of électrons, whose brightness température is proportional to the square density and the line-of-

sight scale of the CME (Gopalswamy & Kundu 1992). The density can also be inferred from

UV spectra by line ratios sensitive to the density, by the émission measure method of optically

thin plasma, or by the ratio of collision excitation rate coefficient to the radiative scattering rate

(Ciaravella et al. 2000, 2001). Once the density is determined, the mass is estimated as the

density multiplying the volume, which is usually approximated by the spherically symmetric

geometry assumption. Most studies give the mass of CMEs in the range of 1014-1016 g.

The CME occurrence rate /cme is about 0.5 per day in the solar minimum and about 6

per day in the solar maximum (Gopalswamy et al. 2003). The mass loss rate due to CMEs

is estimated by mcME/cME/(47ri?Q) « 10“14-10~12 g cm-2 s-1 in the solar minimum and
1.2 x 10~13-1.2x 10“11 g cm-2 s-1 in the solar maximum. The velocity of a CMEis measured
by the time dérivative of the height-time curve at its bright leading edge. Typical velocities lie

in the range of about 100-2000 km s-1. With the mass and velocity of a CME, its kinetic

energy can be estimated. The potential energy is then computed by the mass distribution with

height. The magnetic flux and magnetic energy in CMEs are determined by the assumption of

flux conservation and measurements of magnetic flux near the Earth. By this method, Vourlidas

et al. (2000) found that the total energy does not change, but the magnetic energy is converted

into the kinetic and potential energy as the CME propagates.

29



Chapter I Introduction

CMEs hâve a close relationship with erupted filaments. Many authors report that most

CMEs are associated with erupted filaments (e.g., Webb et al. 1976; Gilbert et al. 2000; Gopal-

swamy et al. 2003). A magnetic flux rope may be the common structure of both phenomena.

On the one hand, most models for the formation of a filament require the existence of a mag

netic flux rope (Section 1.3.2). Some models only ask for an arcade, but a flux rope can be

formed during its éruption. Under some circumstances, the filament material cannot be con-

densed in the corona, which could explain those CMEs without erupted filaments. On the other

hand, an erupted magnetic flux rope may be confined to the lower corona to form a confined

éruption (see Chapter 6), which could explain those erupted filaments without CMEs. As the

argument in Priest & Forbes (2002), ail CMEs correspond to eruptive flares, since faint X-ray

loops are always formed even in a quiescent région although Ha ribbons may not be observed.

Therefore, a CME is always associated with a “flare”; however, it is not correct on the contrary.

The central problem in the CME modelling is that how it is accelerated. Theoretical models

focus on the loss of equilibrium (Kuperus & Raadu 1974; van Tend & Kuperus 1978; Démoulin

& Priest 1988; Forbes & Isenberg 1991) or the torus instability (Bateman 1978; Kliem & Tôrok

2006). In the loss of equilibrium model, a line current is inserted in the corona, which is

constrained by the magnetic tension of the extemal background field. An image current is

introduced below the photosphère to simulate the rigid boundary of the photosphère due to its

high inertia. Thus, the repulsion force generated by the two line currents balances the magnetic

tension downward. The equilibrium can be broken down by either the increase of electric

current or the decrease of magnetic tension. The loss of equilibrium ejects the flux rope and

probably a filament upwards and stretches the overlying field fines, which forms a current sheet

just below the fine current or flux rope (Forbes & Isenberg 1991). If only the idéal MHD without

magnetic reconnection in the current sheet is considered, the flux rope can only rise to a new

equilibrium point shortly above the previous one. On the contrary, if magnetic reconnection is

introduced in the current sheet, the flux rope is allowed to erupt from the Sun (Lin & Forbes

2000).

When the current path in the corona is deformed to shapes other than a straight fine, espe-

cially to a semicircle, a Lorentz self force will be présent due to the poloidal magnetic field

generated by the electric current. This force points from the inner center of the current ring

to the outside. Kliem & Tôrok (2006) studied the expansion instability of a toroidal current

ring. It is found that if the extemal poloidal magnetic field Bex decreases fast enough along

its major radius R, such as — <91n.Bex/<91n R > 3/2, an instability occurs, which is termed as

the torus instability. Démoulin & Aulanier (2010) pointed out that the loss of equilibrium and

the stability analysis are two different views of the same physical mechanism and the repulsion

forces working in both the straight fine current and the circular current hâve the same origin.

Lin et al. (1998b, 2002a) studied the flux rope model considering the curvature in the view of

the loss of equilibrium. Flux rope models hâve been constructed based on the same mechanism

for prominence éruptions and CMEs (Chen 1989, 1996; Chen & Krall 2003).

There are various mechanisms to build up the State that leads to the loss of equilibrium

or the torus instability. Ail the mechanisms hâve two effects essentially, one is to increase

the electric current in the flux rope, and the other is to decrease the background magnetic

field. The mechanisms are divided into two categories, the idéal process without magnetic

reconnection and the résistive process with magnetic reconnection. But some mechanisms may

hâve both idéal and résistive processes at the same time. Horizontal and vertical motions in the
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photosphère could inject energy and helicity into the corona (Chae 2001; Kusano et al. 2002;

Nindos & Zhang 2002). These include the shearing, twisting, converging motions, and new

magnetic flux emergence. The electric currents or, equivalently, the twists of the magnetic flux

rope increase to a critical value to induce various MHD instabilities, which trigger and drive

the magnetic flux rope éruption. For instance, the helical kink instability is supposed to trigger

and initially drive the éruption (Sakurai 1976; Fan & Gibson 2003; Tôrok et al. 2004); while

the torus instability or the loss of equilibrium provides the mechanism for many CME models

as discussed above. We will discuss in more detail both mechanisms in Chapter 6.

During the development of various MHD instabilities, magnetic reconnection may occur

in the core field. The reconnected core field has higher sheared or twisted field lines, which

accelerate the éruption. This is the main idea of the tether-cutting model (Moore & Labonte

1980; Moore et al. 2001). The magnetic fields of opposite polarities near the polarity inversion

line in the photosphère may disappear by the flux cancellation, which is also supposed to build

an appropriate State for the éruption (Green et al. 2011). As pointed out by Aulanier et al.

(2010), the flux cancellation and tether-cutting reconnection do not trigger CMEs in bipolar

magnetic fields, but are key mechanisms to build up a flux rope, which is suitable for the torus

instability to trigger and drive a CME. In the breakout model, magnetic reconnection could

occur at the top of a flux rope to trigger its éruption (Antiochos et al. 1999a). Alternatively, the

reconnection-favored new emerging flux below or at the side of a flux rope could also induce

the éruption (Chen & Shibata 2000). Both the breakout model and the new emerging flux

model adopt the magnetic reconnection to decrease the magnetic tension, which is in favor of

the development of the loss of equilibrium.

CMEs hâve a close relationship with Moreton waves (Moreton & Ramsey 1960), EUV

waves discovered by SOHOIEIT (Thompson et al. 1998), coronal dimming (Sterling & Hudson

1997), and He I 10830 Â waves (Gilbert et al. 2004). Delannée & Aulanier (1999) first linked

EUV waves to the magnetic field reconstructing during CMEs. An MHD model for the EUV

waves associated with CMEs can be found in Chen et al. (2002, 2005), where they proposed

that EUV waves are formed by successive stretching of closed envelope field lines driven by an

erupting flux rope, and the Moreton wave is the leg in the chromosphère of the piston driven

shock formed by a CME. However, it is still under debate whether the brightening is mainly

caused by température change (e.g., Delannée et al. 2007, 2008) or by density enhancement

(e.g., Wills-Davey & Thompson 1999; Chen 2009). The coronal dimming is explained as the

mass loss due to the CME. Finally, the interplanetary CMEs internet with the solar wind and

produce shocks and solar energetic particles, which are the major source of the space weather.
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Chapter II Magnetic Field Observations and Inversions:

Application to a Facular Région

2.1 Introduction

Faculae are bright plages observed in Ha or photospheric lines. They are considered as

magnetized régions constituted of a bundle of thin vertical flux tubes with a magnetic field

strength of thousands of gauss and a size of tens to hundreds of kilometers (Zwaan 1987).

Similar values for field strength and size of the flux tubes hâve been found by analyzing the

ratio of Stokes V signais in the Fe I 5250.2 Â, Fe I 5247.1 Â, and Fe I 5232.9 Â lines, for
a spatially unresolved photospheric network (Stenflo 1973). The flux tubes are located at the

boundaries of granules and bundled by the convection flow. Since the pressure of the solar

atmosphère decreases with height, the tubes expand and the magnetic field strengths decrease

to compensate the pressure decrease. The network field expands rapidly with height and forms

a canopy above the intemetwork région. Similarly, the faculae would be bundles of flux tubes

expanding with height.

In order to dérivé the three-dimensional (3D) magnetic structure of these features, we re-

quire multi-line spectral polarimetry. On the other hand, to résolve the fine structure, we require

high spatial resolution. The French-Italian ground-based solar telescope THEMIS (Télescope

Héliographique pour l’Etude du Magnétisme et des Instabilités Solaires) on the Canary Islands

(Lopez Ariste et al. 2000; Bommier et al. 2007) and the Japanese space borne satellite Hinode

(Kosugi et al. 2007) provide this ability. THEMIS is designed to be free from the instrumental

polarization, since the polarization analyzer is located at the primary focus. It is also char-

acterized by the multi-line spectroscopy capability in the MTR (Multi-Raies) grid mode that

ensures the best co-spatiality. The beam exchange technique of MTR increases the polarimet-

ric accuracy as the flat field errors are minimized. Solar Optical Telescope (SOT) aboard the

Hinode spacecraft is not affected by the Earth’s atmospheric seeing effect. It observes diffrac

tion limited images with 0.2" - 0.3" resolution by its 50 cm aperture optical telescope. The

Spectro-Polarimeter (SP) behind SOT observes the full Stokes profiles of two magnetically

sensitive lines Fe I 6301.5 Â and Fe I 6302.5 Â (Ichimoto et al. 2008; Shimizu et al. 2008;

Suematsu et al. 2008; Tsuneta et al. 2008). With its high performance, breakthroughs in differ

ent topics related to photospheric fields hâve been obtained by SOT: the détection of horizontal

fields over granules and the hidden turbulent magnetic flux (Lites et al. 2007), the birth of small

flux tubes with kilo-gauss field strength (Nagata et al. 2008), and the discovery of transient

horizontal magnetic fields in quiet sun (Ishikawa et al. 2008).

The aim of this chapter is: (i) to demonstrate that the two spectro-polarimeters THEMIS/MTR

and Hinode SOT/SP, and the two Stokes profile inversion codes give consistent results, and (ii)

to study the magnetic structure of faculae. We observe a facular région, build and compare vec-

tor magnetic fields using the full Stokes profiles of multi spectral lines observed by two spectro-

polarimeters (MTR and SOT/SP) and fitted by two inversion codes. We find concentrations of

magnetic flux with converging and diverging transverse field vectors in high angular resolution

magnetograms observed by SOT/SP. Finally, we use a flux tube model to get a qualitative view
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Table 2.1 Instrumental characteristics for different lines of THEMIS/MTR and

Hinode SOT/SR The data were observed on 23 May 2008.

Line Scan duration

(UT)

Dispersion

(Â/pixel)

Pixel size

(arcsec)

MTR Cal 6102.7 Â 16:44:03- 17:38:55 0.0130 0.800, 0.236

MTR Fe I 6302.5 Â 16:44:03- 17:38:55 0.0125 0.800, 0.233

MTR Fe I 5250.2 Â 16:44:03- 17:38:55 0.0111 0.800, 0.230

MTR Na Di 5895.9 Â 16:44:03- 17:38:55 0.0130 0.800, 0.232

MTR Ho 6562.8 À 16:44:03- 17:38:55 0.0144 0.800, 0.226

SOT/SP Fe I 6302.5 À 14:30:05- 15:01:38 0.0215 0.297, 0.320

on the formation heights of two Fe I lines. The multi-line capability of THEMIS/MTR and the

high angular resolution of SOT/SP complément each other in this study. The description of the

observations and the methods of data analysis are given in Section 2.2. The results are pre-

sented in Section 2.3. We discuss the magnetic field gradient according to the flux tube model
in Section 2.4. The conclusions are drawn in Section 2.5.

2.2 Observations and Data Analysis

2.2.1 Instruments and Observations

The faculae in the active région NOAA 10996 (N 10° W32°) were simultaneously observed

by THEMIS and Hinode. THEMIS/MTR scanned the région from 16:44-17:38 UT and Hinode

SOT/SP from 14:30-15:01 UT, on 23 May 2008. The heliocentric angle for the observed région

was « 34°. We plot the full field of view of SOT/SP and THEMIS/MTR in Figure 2.1. Both

instruments Scan the solar surface from east to west. THEMIS/MTR recorded the two beams

on the same CCD caméra using a grid in order to avoid problems of co-spatiality. The grid had

empty space (15.5") between the bars, along the slit (æ 120"). The grid bars were covered with

three 8" steps along the slit (which was north-south). The next step was to move the telescope

towards the west with a step size of 0.8". The scan of the région (110" x 104") was obtained

within about one hour. The characteristics of THEMIS/MTR are given in Table 2.1.

The three photospheric lines observed with MTR were selected because they are ail normal

Zeeman triplet lines (formed by transition between energy levels with J — 0 and J = 1).

Moreover, their Landé g factors are rather large, 3.0, 2.5 and 2.0 for Fe I 5250.2 Â, Fe I 6302.5
Â, and Ca I 6102.7 Â, respectively. For both reasons, these lines in the visible spectrum hâve
good magnetic sensitivity. They are also well adapted to the UNNOFIT inversion, which can

treat only normal Zeeman triplet lines. For the other lines we hâve UNNOFIT2 (Bommier

et al. 2007), but generally their Zeeman sensitivity is lower and the inversion fails to converge

in pixels with poor signal-to-noise ratio.

The fast map mode of SOT/SP provides us with a relatively high cadence of 3.8 s per

position of the slit, and a spatial resolution of « 0.3" per pixel after binning on flight. The

width of the slit was 0.16", and the length was reduced to 164"/2 for this study. The scan of

the région (145" x 82") was obtained within 30 minutes. We selected a central part of the active
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SOHO MDI 23-May-2008 17:12:29.450 UT

Figure 2.1 Full fields of view of SOT/SP (dashed rectangle) and THEMIS/MTR (dotted rectangle). The

solid rectangle dénotés the région that we select to study the magnetic field in detail. The background is
part of the full disk 96 min magnetogram observed by SOHO/MDI.

région, where data were observed with good quality both by SOT/SP and MTR (solid rectangle

in Figure 2.1), to perform a detailed analysis.

2.2.2 Inversion Procedures and Bisector Method

How can we extract the vector magnetic field from the full Stokes profiles? It needs two

steps. The forward problem answers how the line forms for given magnetic fields in the pho

tosphère of the Sun, by solving the radiative transfer équations for polarized radiation (Unno

1956; Rachkovsky 1962; Jefferies et al. 1989). The inversion problem extracts the magnetic

field and other physical parameters by fitting the observed line profiles with the theoretical line

profiles obtained in the first step (Landolfi & Landi Degl’Innocenti 1982; Skumanich & Lites

1987).

Ail the raw spectra of THEMIS are calibrated by spectral destretching, dark current sub

traction and fiat field correction (Bommier & Rayrole 2002; Bommier & Molodij 2002) before

polarimetric analysis and inversion. In Table 2.1, we list the observational characteristics of

five of the major fines that we hâve used within the wavelength range of MTR, and of the Fe

I 6302.5 Â fine of SOT/SP. The /, Q, [/, and V profiles of SOT/SP are obtained by adding

and subtracting the raw spectra after calibration with the standard data analysis packages for

SOT/SP in Solar Software (SSW) (Ichimoto et al. 2008).

We use the UNNOFIT inversion code (Landolfi & Landi Degl’Innocenti 1982; Bommier
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Table 2.2 Free parameters fitted in UNNOFIT and MELANIE.

UNNOFIT MELANIE

Zeeman splitting AÀh

Inclination angle 0

Azimuth angle 0

Line strength 770

Doppler width AÀd

Damping parameter 7

Line wavelength Ào

Field strength B

Inclination angle 0

Azimuth angle 0

Line strength 770

Doppler width AÀd

Damping constant a

Doppler velocity v

Parameter of source function b Source function gradient B\

Filling factor a Stray light fraction /

Macro-turbulence velocity vm

et al. 2007) to fit the line profiles of Ca 1 6102.7 Â, Fe I 6302.5 Â, and Fe I 5250.2 Â observed
by THEMIS/MTR. The data obtained by SOT/SP are fitted by two inversion codes, Le. by

UNNOFIT and by the code developed by Hinode team based on MELANIE (Milne-Eddington

Line Analysis using an Inversion Engine; Socas-Navarro (2001)). UNNOFIT and MELANIE

use the Levenberg-Marquardt algorithm to achieve the least x2 fitting of the observed profiles
by the model profiles. The model profiles are given by the Unno-Rachkovsky solution based on

the Milne-Eddington approximation for the solar atmosphère. Including the magneto-optical

and damping effects, ail parameters needed to synthesize the theoretical Stokes profiles are

listed in Table 2.2. The damping parameter 7 and damping constant a are related by a =

7/(47tAÀd). The parameter of the source function b is defined by b — fiBi/Bo, where fi is

the cosine of the angle between the normal to the solar surface and the line of sight (LOS), and

B(t) = Bo + Bit, where r is the optical depth. Bommier et al. (2007) introduced the filling
factor in UNNOFIT as follows:

Im, Qm, Um, and Vm are the Stokes parameters in magnetic fields. Iq is the intensity of the quiet
sun. They hâve the same physical conditions except for the presence or absence of magnetic

fields. So the profiles of Iq in UNNOFIT are calculated using the radiative transfer équations

with the same parameters as used for Jm, while ignoring the magnetic fields. Note that /q in
MELANIE is given by the average intensity profiles within the whole field of view excluding

active régions, and it is usually recognized as the stray light (Skumanich & Lites 1987), whose

fraction / is relative to the filling factor a as a = 1 - /. Ail the magnetic field maps that

are plotted in the figures of this chapter hâve been multiplied by the filling factors. They are

aB for UNNOFIT inversions and (1 — f)B for MELANIE inversions. These local averaged

magnetic fields are the only determined quantifies, since the intrinsic field strengths and filling

factors cannot be determined separately as shown by Bommier et al. (2007). From now on, we

will use B instead of aB to represent the local average field strength for concision. But we

(2.1)
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should keep in mind that ail field strengths and field components, such as the LOS magnetic

fields, hâve been multiplied by the filling factors.

The magnetic fields of the Na Di line profiles observed by THEMIS/MTR are calculated

by the formula (Semel 1967) as follows:

<5A = 4.67 x 10-13feffA2J5LOs , (2.2)

where gef;= 1.33 for the Na Di line, and the units of wavelength and magnetic field are Â
and gauss, respectively. The formula shown in Equation (2.2) is different from the weak field

approximation, where the LOS magnetic field is calculated by V oc BLosff- Equation (2-2)
remains valid even for strong fields (Bommier et al. 2005). We determined the Zeeman shift <5A

by a bisector method using the middle point of a chord with a length of 2AÀ, which connects

the equal intensity points of a line profile. The wavelength différence of the middle points of

the I + V and I — V profiles is the Zeeman shift 6A (Berlicki et al. 2006), and AA represents

the wavelength différence from the line core approximately. We obtain the magnetic fields for

AA = 0.08 Â, 0.16 Â, 0.24 Â, and 0.32 Â in the Na Di line.

2.2.3 Coalignment

In order to compare the magnetic field characteristics, we hâve to co-align the images in dif

ferent wavelength bands and by different instruments. The observations in different wavelength

bands of MTR hâve offsets between each other. The pixel sizes for these wavelength bands also

differ slightly, which requires an interpolation to the same pixel resolution before coalignment.

Also, the instruments observe only partial régions of the solar disk; hence pointing errors cannot

be avoided. We use the magnetic map of the Michelson Doppler Imager (MDI; Scherrer et al.

(1995)) as the basic reference frame, since the full-disk observation ensures the accuracy of the

MDI coordinates by comparing the position of solar limbs (Guo et al. 2009). Firstly, we make

a coarse alignment of the MTR and SOT/SP magnetic maps referred to the MDI magnetic map

that has the closest observation time. The so-called feature identification method is employed,

where several points sharing common features on the two images are selected consecutively

to détermine the shifts between them. Next, the magnetic maps of MTR are interpolated to a

common spatial resolution, which is that of Fe I 6302.5 Â here. The magnetic map of SOT/SP
is différendal ly rotated to the middle observation time of the MTR scanning and interpolated.

Finally, the fine alignment is done by correlating each image with the Fe l 6302.5 Â magnetic
map, and finding out the position where two images hâve the largest corrélation coefficient.

We présent in Figure 2.2 some of the co-aligned maps of the LOS magnetic fields in the

selected field of view, shown by the solid rectangle in Figure 2.1. For MTR, magnetic fields

hâve been calculated for the Ca I 6102.7 Â, Fe I 6302.5 Â, Fe I 5250.2 Â, and Na Di 5896

Â fines, and for the SOT/SP Fe I 6302.5 Â fine. For the Na Di fine we hâve calculated four

magnetic maps at AA = 0.08 Â, 0.16 Â, 0.24 Â, and 0.32 Â. Only one Na Di magnetic map for
AA = 0.08 Â is shown Figure 2.2 as an example. We draw two cuts in each magnetic field map
in order to perform a detailed comparison of the field distributions in the subséquent sections.
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Figure 2.2 LOS magnetic fields of THEMIS/MTR Fe I 6302.5 Â, Na Di 5896±0.8 Â, and SOT/SP Fe
I 6302.5 Â in the solid rectangle région as shown in Figure 2.1. The Ha intensity map is shown in the
bottom panel. Some slices are drawn and denoted by the solid lines on the magnetic field images, which
will be used in Figures 2.6 and 2.8.
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2.2.4 180° Ambiguity Removal

The transverse component of the magnetic field vector has an intrinsic 180° ambiguity.

We hâve to remove this ambiguity before we can transform the magnetic field to the local

heliographic coordinates for a better understanding of the magnetic field structure. Metcalf

et al. (2006) reviewed different existing methods that aim to remove the 180° ambiguity. A new

method based on the fields measured at two different heights and the divergence-free nature of

the magnetic field has been recently proposed by Crouch et al. (2009) and is currently under

development.

In this work we adopt the method of non-potential magnetic field calculation, developed by

Georgoulis (2005) and Metcalf et al. (2006). This method iteratively compares the observed

magnetic field vectors with the model field B = Bp + Bc in the heliographic coordinates

System, where the potential component Bp is calculated by potential field extrapolation and

the non-potential component Bc is calculated by the direct and inverse Fourier transforms of

the vertical electric current density Jz (Chae 2001; Georgoulis 2005). We use the improved

version of the non-potential magnetic field calculation method (Metcalf et al. 2006), where the

vertical electric current density Jz is updated in every itérative step based on the intermediate

ambiguity solution B. Jz is calculated by means of Ampère’s law. The field of view for the

potential and non-potential magnetic field is padded with zéros to allow for a more accurate

implémentation of the Fourier transform.

2.2.5 MTR Ha Observation

We plot the intensity map of the facular région at the line center of Ha 6563 Â in the bottom
panel of Figure 2.2. The Ha map is not precisely aligned with the magnetic field map, but the

alignment is sufficient for a qualitative comparison. The comparison shows that dark filaments

are located between positive and négative magnetic polarities. The Ha intensity increases in

the régions of magnetic field concentration. This can also be found in the Hinode SOT/BFI

(Broadband Filter Imager) Ca il H line intensity map. It is still not fully understood why

faculae are brighter than a normal quiet sun région. One possible explanation is that the optical

thickness is smaller in magnetic tubes than in the external photosphère. This effect allows us to

see deeper and hotter layers (Strous 1994). Keller et al. (2004) hâve performed a 3D simulation

of non-grey radiative magneto-convection to explain the origin of this phenomenon. Hasan &

van Ballegooijen (2008) suggest that the bright features are heated by the dissipation of short

period magneto-acoustic waves in magnetic flux tubes.

2.3 Results

2.3.1 Magnetic Field Maps and Histograms

Magnetic maps of MTR Ca I 6102.7 Â, Fe I 6302.5 Â, Fe I 5250.2 Â and SOT/SP Fe I
6302.5 Â are shown in Figure 2.3. Ail magnetic field parameters hâve been transformed into
a local solar coordinate System. The arrows are plotted for the transverse fields with strength

larger than 50 gauss, which is the limit of the transverse field accuracy (Ichimoto et al. 2008).
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Figure 2.3 Vector magnetic fields of THEMIS/MTR Ca I 6102.7 Â, Fe I 6302.5 Â, Fe I 5250.2 Â, and
SOT/SP Fe I 6302.5 Â in the solid rectangle région as shown in Figure 2.1. The 180° ambiguity has been
removed by the non-potential magnetic field calculation method and the fields hâve been transformed into

the heliographic coordinates. Backgrounds are the vertical fields, white (black) is positive (négative).
Arrows are the horizontal fields. The threshold of the plotted arrows is 50 gauss. The circles in the
bottom panel dénoté the régions of divergence and convergence of the arrows.
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The results obtained from MTR show that in the régions of strong concentrations, the magnetic

fields are almost vertical. The horizontal components are typically less than 50 gauss; therefore,

only a few arrows appear in these régions. In the central part of the facular région the arrows

could correspond to the footpoints of Ha fibrils that appear in the bottom panel of Figure 2.2

between the two bright régions.

The fields obtained by SOT/SP show more detailed features. The horizontal vectors at

the inner edges of the strong field concentration régions also indicate that this région could

correspond to footpoints of the Ha fibrils. In large concentrations we can detect many small

cells with horizontal fields pointing towards and away from the center of négative and positive

polarities, respectively; see the circles in the bottom panel of Figure 2.3. This indicates the

existence of expanding flux bundles rooted in these cells, supporting the canopy model.

The histograms of the field strength, azimuth, and inclination angles that hâve been trans-

formed into the heliographic coordinates after the 180° ambiguity removal are shown in Figure

2.4. There are two peaks that appear in each of the histogram of the azimuth angle. The plots

are in the range of —180° to 180°, since the ambiguity has been removed. The histograms

of the inclination angles obtained from MTR Fe I 6302.5 Â and Fe I 5250.2 Â clearly show
that the magnetic fields are mainly vertical in the local solar surface plane, and the inclination

histograms of SOT/SP Fe I 6302.5 Â show depaitures from the vertical direction. This is due
to the expansion of the flux tube and the high spatial resolution of SOT/SP. MTR observes the

average value indicating mostly the vertical component.

The inclination angles measured by the THEMIS/MTR Fe I lines are more vertical than that

measured by the Ca I 6102.7 Â line. There are several possible explanations for this différence.
First of ail, the uncertainties of the angle measurements may account for it. Bommier et al.

(2007) found that azimuth and inclination angles can only be determined within the accuracy

of 10° to 20°, due to the polarimetric accuracy of THEMIS/MTR. Secondly, the magnetic fields

obtained by different lines aie formed at different altitudes and the Ca i line could be formed

at greater atmospheric heights than the other lines, where the magnetic field is more inclined.

Finally, the Ca I 6102.7 Â line may not be formed in local thermodynamical equilibrium (LTE),
whereas UNNOFIT is based on the Milne-Eddington model of the atmosphère which assumes

LTE. In that case the magnetic fields obtained from the inversion of the Ca I 6102.7 Â line

would hâve large uncertainties.

2.3.2 Comparison of Magnetic Fields Observed by THEMIS/MTR and

SOT/SP

Hinode observes seeing-free images with better quali ty and provides finer structures in this

facular région than ground-based instruments. It makes sense to compare the data from Hinode

SOT/SP and THEMIS/MTR. In order to make the comparison reliable, we treated the Stokes

profiles of SOT/SP with both UNNOFIT and MELANIE. The comparison results are shown

in Figure 2.5. The magnetic fields obtained by UNNOFIT and MELANIE inversion codes are

found cohérent, especially for LOS components. Yet, the absolute values obtained by UN

NOFIT inversion code are generally larger than that by MELANIE inversion code, which can

be explained by the different free parameters considered in the two inversion codes, especially

the different methods of the computation of the filling factors. Only a few points violate the
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Figure 2.4 Histograms of the product of field strengths and filling factors, the azimuth, and inclination

angles in the régions as shown in Figure 2.2 in the heliographic coordinates System. Only the fields

where the field strength is greater than 50 gauss are included. The azimuth angles are measured counter-

clockwise from the north direction viewed towards the Sun and the 180° ambiguity has been removed.

The inclination angles are referred to the vertical direction of the solar surface. 0° is away from the Sun
center and 180° is towards the Sun center.

42



Chapter II Magnetic Field Observations and Inversions: Application to a Facular Région

SOT/SP Fe 6302.5 Â Bz SOT/SP Fe 6302.5 Â Bx SOT/SP Fe 6302.5 Â By

Figure 2.5 Scatter plots show the comparisons of Bz, Bx, and By obtained by UNNOFIT and MELANIE
inversions and SOT/SP observation in the field of view of the solid rectangle shown in Figure 2.1.

0 5 10 15

Length (arcsec)

Buos along the Black Cut

Figure 2.6 LOS magnetic field distribution along the white cut (left column) and along the black cut

(right column) observed by SOT/SP (solid line) and MTR (dashed line). Top panels display the fields
obtained by the inversion of the original SOT/SP observed profiles, while in the bottom row the Stokes

profiles were convolved by a 3" x 3" 2D boxcar function at each wavelength before inversion. See text
for details.

positive corrélation relationship, and most of them appear in the weak magnetic field régions.

The structures are clearly shown in the top row of Figure 2.6, where the LOS magnetic fields

obtained by SOT/SP and MTR Fe i 6302.5 Â are plotted along two selected cuts. The abso-
lute value of SOT/SP LOS magnetic fields reaches about 1200 gauss, while the one of MTR is

about 300 gauss. The sizes of the structures are about 1" to 2" with SOT/SP if we define them

as the full-width at half-maximum of the absolute value of the field strength variation along a

cut, which are comparable to previous direct measurement (Müller 1994; Daras-Papamargaritis

& Koutchmy 1983). These values should correspond to the sizes of the bundles of flux tubes.
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Table 2.3 Formation heights at the line center of Fe I 6302.5 Â and Fe I 5250.2 Â.
The heights are measured from T5000 = 1.

Method Formation height (km)

Fe 1 6302.5 Â Fe 1 5250.2 Â

Atmosphère model

Bommier et al. (2007) 262 210 Maltby et al. (1986)

Bruis et al. (1991) 232 259 VAL-C

Sheminova (1998) 404 440 Holweger-Müller

The sizes determined by the observation of MTR in the same région are larger. The magnetic

fields observed by SOT/SP are obtained by the MELANIE inversion. We hâve already shown in

Figure 2.5 that MELANIE and UNNOFIT give consistent inversion results. However, consid-

ering that MELANIE has been optimized for SOT/SP data by the Hinode team, we still use the

MELANIE inversion resuit for the SOT/SP data to be compared with the UNNOFIT inversion
resuit of MTR data. The time différence between the two observations is about 2 hours. We

hâve checked the évolution of this région by four sets of magnetograms taken on the same day,

and we found no evidence for a decreasing trend in the field strengths.

The différence of field strengths can be understood by the différence of pixel sizes (0.3" for

SOT/SP and 0.8" for THEMIS/MTR),and by considering the seeing effects and the photometric

accuracy. THEMIS observes on the ground, where the atmosphère of the Earth blurs, distorts

the observed images, and decreases the spatial resolution. We adopt a convolution process

to simulate the seeing effect on the Stokes profiles observed by SOT/SP. Each Stokes profile

is reconstructed after a convolution of each wavelength image by a 3" x 3" two-dimensional

(2D) boxcar function sampled at the SOT/SP pixel size. The photometric accuracy of MTR is

«3x 10~3 (Lopez Ariste et al. 2000) and it is « 10-i for SOT/SP (Ichimoto et al. 2008). We
add a random noise with a normal distribution in the field of view and with a standard déviation

of 3Ic x 10~3 to each Stokes profile of SOT/SP at each wavelength. Ic is the continuum
intensity. Then the MELANIE inversion is applied. The distributions of the LOS magnetic

fields on the selected cuts are shown in the bottom row of Figure 2.6. Both the field strength

and the size of the magnetic concentration feature of the degenerate SOT/SP LOS magnetic

field map are comparable to what MTR observed.

2.3.3 Formation Heights of Ca i and Fe i Lines

Some simulated formation heights of Fe I fines are listed in Table 2.3. The heights are

measured from r50oo = 1, and r50oo is the optical depth at the wavelength of 5000 Â. Ail the
calculations adopt the LTE assumption, but with different atmosphère models. Bommier et al.

(2007) employed the quiet sun photospheric reference model (Maltby et al. 1986), extrapolated

downwards beyond —70 km to —450 km below the r5ooo = 1 level. Above —70 km, this model

is very similar to the quiet sun VAL-C model (Vemazza et al. 1981). Bruis et al. (1991) adopted

the VAL-C model, and Sheminova (1998) assumed the Holweger-Müller model (Holweger &

Müller 1974). The formation heights show some discrepancies. The calculation of these heights

dépends on the choice of the physical parameters, such as the température, magnetic field, and

microturbulent velocity. We would need the formation altitudes of fines by using the response
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Figure 2.7 Scatter plots of the LOS magnetic fïelds obtained by THEMIS/MTR Fe 6302.5 Â vs. Fe
5250.2 Â (left panel) and by MTR Fe 6302.5 Â vs. Ca 6102.7 Â (right panel). The data points are in the
field of view of the solid rectangle shown in Figure 2.1.

function to magnetic field perturbations (Vitas, private communication). It is not in the scope

of this chapter. However, we propose another way to dérivé the relative formation altitudes of

the lines by using the assumption of the flux tube model in the faculae.

In order to hâve a quantitative comparison of the LOS magnetic fields obtained by the

different lines of THEMIS/MTR, we produce scatter plots, shown in Figure 2.7. The plots

show that for each pixel the LOS magnetic fields obey the following relation, except for some

weak field pixels that we will not consider, because they are not in facular concentrations:

|£lOS,6102.7| > I^LOS,6302.5 | > | ^LOS,5250.2 | (2.3)

Presently, we hâve measured the magnetic field strengths in different lines. In the following

sections we will use the LOS magnetic field, but not the strength, for two reasons. First, the

field in the région is mainly vertical and the région is not so far from the solar disk center.

Secondly, only the LOS magnetic field can be computed for the Na Di line. In the flux tube

model the tube expands and the magnetic field strength decreases with height. Equation (2.3)

would indicate that the formation height of Fe i 5250.2 Â is the highest one, and the Ca i 6102.7
Â is formed below the Fe i 6302.5 Â.

We can also test this assumption of the flux tube model by measuring the full-width at half-

maximum of the absolute value of the field strength variation along a eut in the image. We

analyzed the LOS magnetic fields along the selected cuts presented in Figure 2.2. They are

plotted in the top row of Figure 2.8. The full-widths at half-maximum follow the relations:

^LOS,6102.7 > ^LOS,6302.5 > ^LOS,5250.2 • (2.4)

ïn the flux tube model we expect that the structure with the smallest width would be formed at

the lowest height. Equation (2.4) is in contradiction with what Equation (2.3) implies. We can
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Figure 2.8 LOS magnetic fields along the white (left column) and black (right column) cuts as shown
in Figure 2.2. Top row shows the distributions for Ca I 6102.7 Â (dotted), Fe I 6302.5 À (dashed), and
Fe I 5250.2 Â (dash-dotted). Bottom row shows for Na Di 5896 Â with AÀ = 0.08 Â (solid), 0.16 Â
(dotted), 0.24 Â (dashed), and 0.32 Â (dash-dotted).

use the measurements of the magnetic field along the Na Di line wings, where the relative for

mation heights of each wavelength hâve already become known, to explain this inconsistency.

2.3.4 Magnetic Field Gradient in the Na Di Line Wings

We hâve computed the fields at different wavelengths in the line wing of Na Di 5896 Â,
Le. AÀ = 0.08 Â, 0.16 Â, 0.24 Â, and 0.32 Â. The LOS magnetic fields along the white and
black cuts as shown in Figure 2.2 are plotted at the bottom row of Figure 2.8. We measured

the full-widths at half-maximum of the structures, which peak at 6" to 12" in ail the plots of

Figure 2.8, and we found the foliowing relation:

WlOS,5896±0.08 > WlOS,5896±0.32 • (2.5)

The magnetic features observed in the line core hâve a larger size than that in the line wing.

This resuit is consistent with the flux tube model assumption. Let us analyze the magnetic field

strength variation along the Na Di profile.

From the bottom row in Figure 2.8, we got the following relation of the magnetic fields

obtained in the core and wing of Na Di (AA = 0.08 Â and 0.32 Â respectively):

|-BlOS,5896±0.08| > |-#LOS,5896±0.321 , (2.6)

The fields in the line core of Na Di are stronger than those in the line wing. We found a similar

contradiction by using Ca I and Fe I fines. Such a behavior for the Na Di fine has been reported
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Figure 2.9 Sketch of a flux tube model and the parameters for the flux tube. Im, Vm, and Bm are
the Stokes parameters and LOS magnetic field at the flux tube center. I, V, and B are the observed

parameters convolved with the quiet sun région. The intensity of the quiet sun is 7q. The half-widths of
the tube and the spatial resolution are denoted by waa and s, respectively. Ail the parameters except s
dépend on the wavelength position AA from the line center of Na Di 5896 Â. Left and right panels show
observations at the edge and at the center of the flux tubes, respectively.

by Berlicki et al. (2006) and Mein et al. (2007).

2.4 Discussion

2.4.1 Magnetic Flux Tube Modelling

Mein et al. (2007) resolved this contradiction by a 2D magnetic flux tube model. They

computed theoretical profiles of the Na Di line in an atmosphère where flux tubes and quiet

sun régions coexist side-by-side in a pixel. First, they showed that the increase of magnetic field

strength with height can be explained by a pure geometrical effect at the edge of flux tubes. For

one pixel with a size of 2s, where s is the half-width of the spatial resolution, a smaller quiet

sun région should be considered at higher levels than at lower altitudes (left panel of Figure

2.9). Secondly, it should be explained by the combination of small filling factors with slopes of

the Stokes profiles at the flux tube center (right panel of Figure 2.9). In fact, the measurements

of Stokes parameters and magnetic field (/, V, and B) are obtained by THEMIS with a spatial

resolution, 2s, much larger than the expected size of the flux tube sections 2waa- Mein et al.

(2007) studied this effect on the Stokes profiles by using flux tube models with different sizes.

On the one hand, the filling factor of the lower formed line is smaller because the size of the

flux tube is smaller. On the other hand, the Stokes I profile slope dépends on the atmosphère

model. In the line wing, the absolute value of the profile slope is larger in the quiet sun than

that in the flux tube center. It is reversed in the line core. Assuming that Jq(AA) and /In(AA, 0)
are the intensifies in the quiet sun région and magnetic flux tube center as denoted in Figure
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2.9, we hâve the following relationship for |AA| >0.24 Â:

! dJq(AÀ) | <9/m(AÀ. 0)
1 d\ 1 1 d\

and for AA <0.24 Â:

,a/q(AA) ^ ÔIm(AA,0)
1 d\ 1 < 1 <9A

(2.7)

(2.8)

The ratio r(AA, 0) of the profile slope between the quiet sun and flux tube région is larger in

the line wing than in the line core, where

r/A,01 dIq(AX) ,d
r(AA,0)-—dX~'—dX—' (2.9)

Mein et al. (2007) derived the following équation from a simpler but comprehensive model,

where the magnetic field in the flux tube is constant at the same height:

gm(AA,0)

B(AX, 0)
1 + r(AA, 0) • (s/wAj - 1) . (2.10)

The half-widths of the tube and the spatial resolution of the instrument are denoted by waa

and s, respectively, as shown in Figure 2.9. Bm(AA, 0) and B(AA, 0) are the LOS magnetic

field in the flux tube center and the synthetic magnetic field convolved with the quiet sun région

within the spatial resolution 2s, respectively. B(AA, 0) corresponds to the observed magnetic
field.

B(AA,0) has a négative relationship with the ratio r(AA, 0), which is larger in the line

wing, and a positive relationship with waa, which is smaller in the line wing. So T?(AA, 0)

will become smaller at lower altitudes after convolving the profiles of the flux tubes with the

profiles originating from the quiet sun.

The discussion above is for a single flux tube, whose size may be smaller than the spatial

resolution of SOT/SP (0.3"). In this case, each of the peaks Al, A2, B1, B2, and B3 measured

by SOT/SP shown in Figure 2.6 is constituted by a bundle of smaller flux tubes. Mein et al.

(2007) showed that the sizes of the flux tube bundle still increase with height in a multi-flux

tube simulation. Further, Equation (10) still holds, Le. a combination of Stokes profiles in quiet

and active régions may reverse the field strength variation with height.

2.4.2 Relative Formation Heights of the Fe I, Ca I, and Na Di Lines

The results of Equation (2.6), in contradiction with the half-width relation, are now ex-

plained by the small filling factor of the magnetic field and the différence of slopes of the

Stokes I profiles observed in quiet sun and in the flux tube. We believe that these effects will

also affect the Ca I and Fe I fines. Thus, we suggest that the formation altitude of Ca I 6102.7

Â is higher than that of Fe I 6302.5 Â, which forms higher than Fe I 5250.2 Â. The forma
tion height of Ca I 6102.7 Â is comparable to the one where the fine wing of Na Di forms.
Nevertheless, we should still keep in mind that the magnetic fields obtained by Ca I 6102.7 Â
were computed in LTE and the Milne-Eddington approximation, which may be not adéquate
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for this line. The results for the two Fe I Unes are more reliable; however, the formation height

of a line varies along the line profile itself. In addition, the magnetic inversion makes use of

the whole profile, which forms at different altitudes. Nevertheless, if Fe I 6302.5 Â forms at
greater heights than Fe I 5250.2 Â at each wavelength from the line center, this relation will be
conserved by the inversion.

2.5 Conclusions

In this chapter we hâve compared the vector magnetic fields obtained from the THEMIS/MTR

multi-line observations and Hinode SOT/SP observations for a facular région. Two inversion

codes, Le. UNNOFIT and MELANIE, were adopted to détermine the field strength, azimuth,

and inclination angles in this région from the full Stokes profiles. The 180° ambiguity was re-

moved by the non-potential magnetic field calculation method (Georgoulis 2005; Metcalf et al.

2006). The magnetic fields in the faculae are found to be mainly vertical. We résolve small flux

tube bundles in the faculae with converging and diverging horizontal components of magnetic

fields in négative and positive polarities, respectively. The maximum field strengths observed

by SOT/SP (1200 gauss) are four times larger than those obtained from MTR. The sizes of

the détectable facular details are found to be about 1" to 2" for SOT/SP, while they are larger

when measured by MTR. Nevertheless, we conclude that MTR and SOT/SP give consistent

results conceming the characteristics of the fields, particularly for the inclination and azimuth

histograms. The différences between the field strengths are reduced to a factor of « 1.5 if the

Earth’s atmospheric seeing effects are taken into account.

The assumption of the conservation of magnetic flux in the expanding flux tube model has

been used to dérivé the formation heights of the Unes observed with MTR. We also consider

the opposite effect on the magnetic field strength gradient that is generated by poor spatial

resolution compared to the size of the flux tube (Mein et al. 2007). Fe I 6302.5 Â forming
at greater heights than Fe I 5250.2 Â can be compared with some simulated results listed in
Table 2.3. It is consistent with the calculation by Bommier et al. (2007) obtained by solving

the radiative transfer équation.

The combination of the high spatial resolution of SOT/SP and the multi-line observation

of THEMIS/MTR allowed us to hâve a 3D view on the flux tubes in faculae. To get a quan

titative model, one would need to calculate more complété and reliable formation heights of

the fines using response functions. The formation height of different magnetically sensitive

fines is an important parameter in the new 3D method to résolve the 180° ambiguity, where the

divergence-free nature of magnetic fields is used. Removing the 180° ambiguity is necessary to

built vector magnetic fields, which are used as the boundary condition for nonlinear force-free

field extrapolations to get the fields in the corona.
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Chapter III Magnetic Field Structures in an Active Région: the
2006 December 13 Flare

3.1 Introduction

The magnetic field configuration is essential for us to understand the solar explosive phe-

nomena such as flares and coronal mass éjections (CMEs). By examining the coronal X-ray

structure before eruptive events observed by the Yohkoh soft X-ray telescope (SXT; Tsuneta

et al. 1991), Moore et al. (1997, 2001) depicted the field configuration associated with two-

ribbon flares and CMEs. The 3D field configuration before flares can be divided into two parts,

an envelope field and a core field. This division is arbitrary, because the boundary between

them is never so Sharp. The core field is highly sheared and twisted, while the envelope field

straddling above the core field is less sheared. The SXT observations revealed that the core field

has a sigmoidal structure (Rust & Kumar 1996; Sterling & Hudson 1997; Moore et al. 1997,

2001). This fact was also observed in EUV wavelengths (Liu et al. 2007b). The S-shaped or

reverse S-shaped structure traces the sheared and twisted core field lines, and the ends of the

field lines are rooted in the opposite polarity zones. The envelope field is arch-like and strides

over the polarity inversion line and the core field. The footpoints of the envelope field in the

photosphère are more distant from the inversion line than that of the core field.

Based on observations and theoretical studies, Hirayama (1974) proposed an inverted Y

model for the eruptive events, which was modified by Moore & Labonte (1980) and elaborated

by Moore et al. (2001) recently. Before the explosion, the field configuration consists of an

envelope and a core field as described above. When the sheared core field begins to reconnect,

the twisted flux rope erupts and the denser chromospheric material or the filament rises. This

éruption process is explosive. During the éruption, the closed arcade envelope field is opened

and stretched, so that the legs of the envelope field get close and reconnect. The lower paî t of

the re-closed envelope field forms the post-flare arcade, and the upper part is blown out to form

the CME. This is the standard tether-cutting model for the eruptive events. There are, however,

also many flares without filaments or CMEs.

An X3.4 flare occurred on 2006 December 13 in the active région NOAA 10930. It gives

us a good sample to study the magnetic configuration and reexamine the tether-cutting model.

By analyzing the data obtained with Michelson Doppler Imager (MDI; Scherrer et al. 1995)

and the Transition Région and Coronal Explorer (TRACE; Handy et al. 1999), Zhang et al.

(2007) showed the following characteristics for this active région: development of magnetic

shear, appearance of ephemeral régions, and fast rotation of a sunspot. This région has also

been observed by the Solar Optical Telescope (SOT; Ichimoto et al. 2008; Shimizu et al. 2008;

Suematsu et al. 2008; Tsuneta et al. 2008) on board Hinode (Kosugi et al. 2007). The data from

Hinode, with a high spatial resolution and high cadence, show us a detailed temporal change

of the active région (Kubo et al. 2007). The two umbrae of positive and négative polarities

collided with each other within the interval of about 7 days, during which small flux régions

emerged and merged. The polarity inversion line became tortuous and complicated. After the

major flare, these features disappeared or became less obvious, and the polarity inversion line
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appeared smoother and flatter. A careful examination of the vector magnetic field observed by

the Spectro-Polarimetry (SP) manifests the change of field directions before and after the flare.

Based on the high spatial resolution observation of the full polarization parameters (/, Q, U,

& V) by the SOT/SP, we can dérivé the photospheric vector field through the inversion of Stokes

profiles (Unno 1956; Stenflo 1985; Lites et al. 1988) and after removing the 180° ambiguity

of the transverse field component (Metcalf 1994; Metcalf et al. 2006). After that, we consider

to dérivé the 3D vector field from the 2D vector field. There are some extrapolation methods

that aim to recover the coronal magnetic field (Amari et al. 1997; McClymont et al. 1997;

Wiegelmann 2008). In the corona, we adopt the force-free assumption that P = 2fiop/B2 <C 1,
where p is the plasma pressure and B2/{2/xo) is the magnetic pressure. A force-free field is
described by the following équations:

where a is the force-free function. a = 0 corresponds to a potential field and a = const

refers to a linear force-free field. In this work, we consider the more sophisticated nonlinear

force-free field in which a varies with space. We adopt the optimization method developed

by Wheatland et al. (2000) and Wiegelmann (2004). Quite recently, Schrijver et al. (2008)

computed 14 different NLFFF models with four codes and different boundary conditions for the

same active région. They found that preprocessing and smoothing of the bottom boundary data

are necessary to dérivé reasonable results. The energy release related to the 2006 December 13

flare was computed to be ~ 1032 ergs.

Taking advantage of the high-resolution data from Hinode and TRACE, and the robust op

timization extrapolation method, we study the change of the 3D field configuration related to

the occurrence of the X3.4 flare. The results are then used to check in paiticular the tether-

cutting model. We describe the observations and the optimization method in Section 3.2. The

results are presented in Section 3.3, while in Section 3.4 we give our discussions and draw our
conclusions.

3.2 Observations and Data Analysis

3.2.1 Observations of Hinode/SOT and TRACE

The SOT/SP on board the Hinode obtained the line profiles of two magnetically sensitive

Fe fines at 6301.5 Â and 6302.5 Â and the continuum nearby. The total spectral coverage is
from 6300.8 Â to 6303.2 Â, and the spectral resolution is 30 mÂ with wavelength sampling
of 21.6 mÂ. The I, Q, U, and V parameters are obtained by adding and subtracting the raw
spectra. We use a nonlinear least-square fitting procedure to fit the Stokes profiles based on

the Milne-Eddington model (Socas-Navarro 2001; Kubo et al. 2007), which yields the intrinsic

strength of the field, B, the filling factor, /, the inclination respect to the fine of sight, 7, and

the azimuth angle, 9. The line-of-sight component of the field is obtained by Bz — Bf cos 7,

and the transverse component is defined as Bx — Bf sin 7 cos 9 and By = Bf sin 7 sin 0. The
180° ambiguity of the azimuth angle is removed with the acute angle method (Wang 1997;

Wang et al. 2001; Metcalf et al. 2006). We compare the observed field to the extrapolated

V x B = aB ,

V • B = 0 ,

(3.1)

(3.2)
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Figure 3.1 Line-of-sight magnetic field for NOAA 10930. Observation time is from 20:30 to 21:33 UT on

2006 December 12. North is up and west is to the right. White (black) pixels refer to positive (négative)
polarity. The spatial resolution is about 0.3". The dotted fines are longitude and latitude grids. The
dash-dotted rectangle marks the FOV used for the extrapolations (as shown in Figure 3.2). The dashed

rectangle marks the FOV for the TRACE and SOT/BFI images (as shown in Figure 3.7).

linear force-free field by requiring that —90° < A9 < 90°, where A# is the angle between the

observed transverse and the extrapolated transverse components. Note that the reference linear

force-free field is extrapolated by using the Fourier transform method with the line-of-sight

field Bz as the boundary condition.

The field of view (FOV) along the slit is 164", and the slit width is 0.16". In the fast map

mode, the spatial sampling is 0.295" x 0.317" and the time cadence is 3.2 sec. Scanning

perpendicular to the slit direction makes an observation of an area within a range of ±164".

Figure 3.1 shows the latest observation of the line-of-sight magnetic field before the X3.4 flare.

This active région is located in the south-western part of the solar disk. The FOV that we select

to make extrapolation is 164" x 164" centered at the midpoint of the scanning, which means

that we use ail the data points along the south-north direction but half of the points along the

east-west direction.

The Broadband Filter Imager (BFI) observed Ca il H 3968.5 Â images with a time cadence
of 2 min and a space sampling of 0.108". The FOV is 218" x 109", which is smaller than

that of SP. The Ca il H line is sensitive to température of ~ 104 K, thereby it is used to study
the chromospheric heating. We also use the TRACE 1600 Â images with 0.5" pixel resolution,
which provide information of the heating in the upper chromosphère and the transition région.

3.2.2 The Extrapolation Method

We choose the NLFFF extrapolation method to reconstruct the 3D coronal field. The force-

free field obeys équations (3.1) and (3.2). Note that the potential field and the linear force-

free field cases do not apply to active régions, in particular flare-producing régions, in which

nonlinearity of the a-parameter dominâtes. Schrijver et al. (2005) showed that nonpotentiality

of the active région field occurs when a new flux emerges, or when rapidly evolving opposite

Bz 12-Dec-2006 20:30:05.255 UT

200 250 300 350 400 450

X (arcsec)
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polarity régions are in contact, which is rather similar to this case we study. In addition, Régnier

et al. (2002) found that the force-free function a usually changes in space. A comparison of

potential, linear, and nonlinear force-free field models with directly observed 3D magnetic

loops (Wiegelmann et al. 2005b) and with Ha images (Wiegelmann et al. 2005a) revealed

that nonlinear models are necessary for an accurate magnetic field reconstruction. Therefore,

potential and linear force-free fields are not adéquate and underestimate the free energy residing

in the magnetic fields in the active région.

Several numerical methods of the nonlinear force-free field extrapolation hâve been de-

veloped so far, such as the Grad-Rubin based method, Greens function like method, mag-

netofrictional (MHD relaxation) method, optimization method, and upward intégration method

(Wiegelmann 2008). Schrijver et al. (2006) made a blind test of the six algorithms based on the

above methods (except for upward intégration method), and compared the resuit with analytical

solutions. They found that the optimization method proposed by Wheatland et al. (2000) and

coded by Wiegelmann (2004) is the fasted-converging and best-performing algorithme

Wiegelmann (2004) introduced a weighting function in the optimization method. The ap-

proach is to minimize the objective function,

where oj(x,y,z) is the weighting function. Without the weighting function (u — 1), this

method is reduced to the case proposed by Wheatland et al. (2000). In practice, to recover the

coronal field, only bottom boundary conditions aie available. Thereby, we use the potential

extrapolation of the line-of-sight field at the bottom boundary to get the values at the side and

top boundaries. In addition, we introduce the weighing function to minimize the side and top

boundary effects.

According to the code test by Metcalf et al. (2008), when the codes are applied to the forced

photospheric boundary data, the reference field is not well recovered. But preprocessing of

the photospheric data improves the resuit. In fact, the photospheric boundary data are usually

noisy and not consistent with the assumption of a force-free field. Therefore, such data should

be preprocessed to agréé with Aly’s criteria (Aly 1989) and the smoothness condition before we

peiform the extrapolation. Such a preprocessing routine has been developed by Wiegelmann

et al. (2006b). In this paper, we take advantage of the routine to preprocess the observed

photospheric boundary data before the extrapolations.

3.3 Results

3.3.1 Magnetic Configurations

Based on the optimization method, we use the vector field observed by SOT/SP to compute

the 3D vector field (Bx, By, Bz) in a box of 128 x 128 x 128 grids. Magnetic field lines are
defined as

L x y, z) [B~2 | (V x B) x B |2 4- | V • B |2] dV , (3.3)

dr x B = 0 , (3.4)
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Figure 3.2 Extrapolated 3D magnetic field at a preflare time (top row; 20:45-21:15 UT, 2006 December
12) and a postflare time (bottom row; 04:45-05:15 UT, 2006 December 13). The left images are for top

view, while the right images are for side view with different angles. The gray-scale images correspond

to the line-of-sight field overlaid with contour levels. The polarity inversion line is denoted by the green
color. See text for details about the field fines.
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where dr = (dx,dy,dz). Equation (3.4) can also be written as follows for convenience of

numerical intégration:

We plot the field fines in Figure 3.2, where the top rows are extrapolations from the data ob-

served from 20:45 to 21:15 UT on 2006 December 12, and the bottom ones are the results from

the data observed from 04:45 to 05:15 UT on 2006 December 13. For the sake of revealing

the topological and geometrical features clearly, we dénoté the field fines with different colors.

Blue, red, and black fines represent the three fine Systems of different connections, which may

play different rôles in this two-ribbon flare. The main features of the results are described as

follows:

1. Basically, the field fines are divided into two parts: the core field, which is low-lying

(denoted by blue color) and the envelope field, which is high-lying (denoted by red and

black colors). The envelope field can further be divided into two parts: the lower envelope

field (red), rooted on the concentrated positive polarity and connected to the dispersive

opposite polarity, and the higher envelope field (black), striding over the polarity inversion

fine and forming a long arcade. We term the surface between the core field and the lower

envelope field the lower interface, and that between the lower envelope field and the

higher envelope field the upper interface.

2. The core field is highly twisted and sheared before the flare. The angle between the field

fine and the polarity inversion fine can be less than 20°. The height of the field is down to

thousands of kilometers and even to the chromospheric level. After the explosion, the core

field evolves towards the potential field, but some non-potentiality still exits. Especially,

the nearer the footpoint is to the polarity inversion fine, the more highly sheared the field
fine is.

3. Before the explosion, the lower envelope field is ~ 1 x 104 km high, and the higher one
is up to ~ 2 x 104 km high. These field fines are nearly perpendicular to the polarity
inversion fine, which shows that they are less twisted and sheared and close to a potential

field. After the explosion, the higher envelope field can be as high as 3 x 104 km, while
the potentiality of the field remains.

4. We do not find clear evidence showing the sigmoid features in this extrapolation. As

Moore et al. (2001) showed, a sigmoid has an oppositely curved elbow on each end,

which extends out of the envelope field. Opposite to the extended elbow structures of the

sigmoid, the core field in this case is only twisted and sheared, and totally enwraped by

the lower envelope field.

5. We find dips in the pre-flare core field as shown in Figure 3.3 (top row). Basically, the

dips are distributed along the polarity inversion fine. The dips are supposed to sustain a

filament that has been observed by the Ha spectroheliograph at the Paris-Meudon obser-

vatory. From the top left panel of Figure 3.3, we find that the twist of the field fines is

about 1 turn. These features can still be found after the explosion.

dx dy dz ds
(3.5)

56



Chapter III Magnetic Field Structures in an Active Région: the 2006 December 13 Flare

Figure 3.3 Magnetic field fines showing dips in the core field before the flare (top row) and after the flare

(bottom row). The left column is for side view from west to east, the middle column for edge-on view
front south to north, and the right column for side view from southeast to northwest on the solar surface.

To reveal the dip feature clearly, we arbitrarily enlarge the vertical size by 4 times.

3.3.2 Magnetic Energy Release

In addition to the data observed on 2006 December 12 (20:45-21:15 UT) and on December

13 (04:45-05:15 UT), we select more data to calculate the magnetic energy and check its évo

lution. The two more time periods are 04:05-04:35 and 15:45-16:15 UT on December 12. The

magnetic energy is defined as

E =

The free energy of the NLFFF is then defined as

(3.6)

AE = Enifff - Epot , (3.7)

where En\m and Epot are the magnetic energies of the NLFFF and the potential field, re-

spectively. The potential field holds a minimum energy for a given line-of-sight photospheric

magnetic field. An estimate of the free energy defined above is helpful to understand the energy

release in the eruptive phenomena.

The results of magnetic field energy are listed in Table 3.1. The release of free energy during

the X3.4 flare is about 2.4x 10:u ergs, about 2% of the potential field energy at 20:45-21:15 UT.
The free energy released is one order of magnitude smaller than the results of Schrijver et al.

(2008). The change of free energy held in the NLFFF is displayed in Figure 3.4, where the

flare duration is also marked. We find that the energy release occurs continually throughout the

évolution of the magnetic field, while it is explosive during the occurrence of the flare and CME.

After the explosion, the free energy is not released completely. There is still some free energy

left. Schrijver et al. (2008) also derived the free energy using different codes. In particular,

when using the algorithm of Wiegelmann (2004) with preprocessing and smoothing, the energy
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12 Dec, 2006 13 Dec, 2006
Time

Figure 3.4 Temporal change of free energy in the NLFFF. The flare time is denoted by a vertical bar. The
plotted free magnetic energy is normalized by the energy of the potential field before the flare (1.2 x 1033
ergs). The error bars show the uncertainties of the free energies.

Table 3.1 Potential field energy, NLFFF energy, free energy, force-free measure, and

divergence free measure.

Date Time

(UT)

Epot -Ë’nlfff AE h Ld LT
(1.2 x 1033 ergs) a (G2Mm'2)

2006 Dec 12 04:05-04:35 1.11 1.25 0.14 2.01 0.92 0.14

2006 Dec 12 15:45-16:15 1.05 1.19 0.14 2.04 1.03 0.13

2006 Dec 12 20:45-21:15 1 1.11 0.11 2.27 1.15 0.13

2006 Dec 13 04:45-05:15 0.97 1.06 0.09 2.68 1.25 0.14

Notes.

a This is the potential field energy at 20:45-21:15 UT on 2006 December 12.

seems to increase after the flare. The reason is that they incorporated a potential transversal field

to enlarge the FOV of the SOT/SP data. This assumption leads to a discontinuity of the a value

that is zéro in the potential field but obviously non-zero in the SOT/SP field. In fact, if using the

current-field interaction method by Wheatland (2006, 2007), the energy is indeed to decrease

after the flare (Schrijver et al. 2008).

To show if our results are quantitatively reliable, we check the degree of convergence to a

force-free and divergence-free State for the extrapolated fields. We define the intégral of the

Lorentz force and the magnetic field divergence as foliows Schrijver et al. (2006):

Lf = — f B~2 | (V x B) x B |2 dV ,
Jv
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Ld = - J \ V B\2dV . (3.9)
The magnetic field and length are in units of Gauss and Mm, respectively. We list the results

in Table 3.1. Both the values of Lf and Ld converge to a reasonably low value, although they

aie higher than that calculated in cases using analytical models as boundaries (Schrijver et al.

2006). This may be caused by the noise in the real measurements and the complexity of this

active région. In the last column of Table 3.1, we also show the divergence free measure for the

corresponding potential field, L[Jot, for comparison.

We also need to estimate the uncertainties of the free energies. To this end, we adopt a

Monte-Carlo method. As described in Tsuneta et al. (2008), the sensitivity of the SP is 1-5 G

in the line-of-sight direction and 30-50 G in the transverse direction. We take the maximum

value, say, 5 G for Bz and 50 G for Bx and By, as the standard déviations of the boundary
uncertainties. First, we generate three sériés of pseudo random numbers in normal distribution

as the artificial errors for Bx, By, and Bz. The standard déviation of random errors is 5 G

for Bz, and 50 G for Bx and By, as described above. Then, we superimpose the artificial
errors to the observed magnetic field and redo the 180° ambiguity removing, the preprocessing

and smoothing, and the extrapolation. The same process is repeated 10 times for each of the

four observing intervals. Finally, we calculate the standard déviations of the free energy that

is also shown in Figure 3.4. The standard errors are found to be within 8% of the free energy.

In particular, we increase the number of simulations to 30 for the time interval 20:45-21:15

UT in order to check its effect on the results. We find that the standard error changes slightly

from 0.0058 to 0.0060 (normalized to the pre-flare potential field energy, 1.2 x 1033 ergs). The
différence is within ~ 3.3%.

Taylor (1974) showed that the minimum magnetic energy State is a linear (constant-a) force-

free field for a given magnetic helicity, which is conserved in idéal MHD and approximately

conserved during reconnection (Berger 1998). Therefore, the free energy AE calculated here

is regarded as upper limit of the energy released during the flare if no free energy was injected

during the interval of two successive magnetic field observations.

3.3.3 Shear Angle Changes

We select the data observed on 2006 December 12 (20:45-21:15 UT) and on December 13

(04:45-05:15 UT) to calculate the shear angle 6, which is defined as

cos 0 =
Bpot ’ Bnlfff

Bpot 11 Bnifff
(3.10)

The parameter Bpot is the potential field extrapolated with the line-of-sight magnetic field, and
Bnifff is the NLFFF extrapolated with both the line-of-sight and the transverse components

(Wiegelmann 2004). We calculate the shear angle 6 at some selected points. These points

are projected along the polarity inversion line before the flare as shown in Figure 3.5, but at

different altitudes. And the corresponding sample points removing the effect of solar rotation

after the flare are also marked in Figure 3.5. These points are geometrically fixed. Note that

after the flare, the corresponding points may deviate slightly from the polarity inversion line

that underwent some deformation during the flare.
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.4-.+ T-k pre-flare

post-flare

Figure 3.5 Positions of the sample points (numbered 1-20 from left to right) projected on the photosphère

selected to calculate the shear angles. The top and bottom panels show the contours of photospheric
magnetic field before and after the flare, respectively. The dotted line is the polarity inversion line.

Figure 3.6 plots the shear angles at different heights, which reveals the following facts.

First, the maximum shear angle before the flare is about 93°, and it is about 100° after the flare,

both of which appear in a shallow layer close to the photosphère. Second, the shear angles

become smaller when the altitude gets higher. This means that the field is less deviated from

the potential field at high altitude. Third, the shear angle before the flare is larger than that

after the flare, except for the shallow layer mentioned above. In this spécial layer the maximum

shear angle increases by ~ 53°. This may be caused by the rotation of the sunspot, the new

emerging flux, or magnetic field reconnection related to the flare. Besides this, the shear angle

throughout the active région decreases significantly. This is similar to the results of Li et al.

(2000) who found that the average shear of the flares associated with high shear decreases after

the flares. We estimate the uncertainties in the shear angles using the same method as that for

the free energy described in Section 3.3.2. The error bars plotted in Figure 3.6 show that the

calculated shear angles in the central région of the core field are reliable.

3.3.4 TRACE 1600 Â and Ca il H 3968.5 Â Images

The TRACE 1600 Â images observed before the 2006 December 13 X3.4 flare are plotted
in Figure 3.7 (top row). These images show the UV brightening fines in the pre-flare phase.
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Figure 3.6 Shear angles at the sample points (Figure 3.5) with different altitudes. The dotted line rep-

resents the shear angle before the flare, and the solid line represents that after the flare. The error bars

show the uncertainties in the shear angles.
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Figure 3.7 Top: TRACE 1600 Â images before the December 13 flare. Bottom: Ca il H images observed
by the SOT/BFI. Ail the images are in a FOV of 80" x 60" centered at the heating area. North is up
and west is to the right. The main heating area is between the two sunspots nearly along the polarity
inversion line.
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The UV émission, containing contributions from UV continuum, C I and Fe il, is sensitive

to températures of (4.0-10.0) x 103 K. It originates from the chromosphère and the transition
région—relatively low atmospheric levels. The brightening area is mainly between the two

sunspots and along the polarity inversion line. Considering the 3D magnetic configuration

analyzed in Section 3.3.1, we judge that the preflare heating took place in the core field first.

The Ca il H images are also displayed in Figure 3.7 (bottom row). The Ca il H line is

sensitive to températures of 104 K, which can reflect the chromospheric heating. About two
hours before the flare onset (bottom left) , the bright loops seen in the Ca il H images were

along the highly sheared core field fines, almost parallel to the polarity inversion fine. During

the évolution of the magnetic field (e.g., Kubo et al. 2007), the plasma in this core field région

brightened up intermittently. During the onset of the flare (bottom right), the two flare ribbons

were firstly formed on both sides of, but nearly parallel to, the polarity inversion fine in the core
field area.

3.4 Discussion and Conclusions

Based on the 3D magnetic configurations before and after the flare éruption, and the heating

pattern in the core field région, we find that the 2006 December 13 flare can be explained

in ternis of the tether-cutting model proposed by Moore & Labonte (1980) and Moore et al.

(2001). Before the explosion, the sheared and twisted core field fines fie almost horizontally

under the lower envelope field. The core field fines form some dips to sustain the active région

filament, which is tortuous and discontinuous and seems to pass though both the lower and

higher envelope field.

The core field fines begin to reconnect because of photospheric motion (such as sunspot

rotation) and/or emerging flux, both of which are very obvious in this event (Zhang et al. 2007;

Kubo et al. 2007). The photospherically driven tether-cutting reconnection was discussed by

Moore & Roumeliotis (1992). Chen & Shibata (2000) presented numerical simulations of

CMEs and flares triggered by new emerging flux. We depict the reconnection process of the

first step in Figure 3.8(a). The feet of magnetic fines with opposite polarities are getting doser

to each other because of the rotation of the sunspot or the emergence of new flux. Thus, the

field fines reconnect when they touch each other. In fact, this early flare phase is similar to

that described by Aschwanden et al. (1999), in which the connectivity of magnetic polarities is

exchanged between the four loop footpoints. Wang & Shi (1993) suggested a two-step recon

nection process, in which the first step takes place in the lower atmosphère. Recently, Moon

et al. (2004) reported more observational evidence showing that magnetic reconnection in the

lower atmosphère is related to filament éruptions and flares based on observations from MDI,

TRACE and Big Bear Solar Observatory. Some more evidence can also be found in Zhang

et al. (2001), Kim et al. (2001), and Colman & Canfield (2001).

The reconnection in the lower atmosphère is key to triggering the whole two-ribbon flare.

It starts the upward motion of the filament (e.g., Sterling et al. 2007). When the filament

rises explosively, the envelope field is opened and stretched out, producing a current sheet

below. Then, magnetic reconnection between envelope field fines occurs, which is the typical

two-ribbon flare process. High energy particles accelerated in the reconnection site precipitate

along the field fines into the lower atmosphère, forming the two flare ribbons. In this process,

the lower envelope field reconnects first, followed by the higher one, which is proved by the
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Figure 3.8 Sketch of the magnetic field configurations of the December 13 flare. The four panels repo

sent four different stages of the flare. The green dashed line is the polarity inversion line. The hatched

région refers to the filament passing through both the envelope field. The blue dashed lines in panel (a)
are core field lines before the reconnection, while the blue solid lines are lines after the reconnection.

The lower envelope field reconnects first and the higher one reconnects later. The core field becomes less
sheared after the flare.
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évolution of the ribbons. We show this process in Figures 3.8(b)-3.8(c). The progressive

reconnection is seen from the movie of the X-Ray Telescope (XRT) on board Hinode, which

shows that the loops brighten gradually from the core field to the west. This process is shown

from the activation of the filament, which lises first in the core filed région and then extends to

the west gradually.

The fact that the shear angle in a particular layer in the photosphère becomes larger after

the flare than before the flare may provide more evidence in favor of the tether-cutting model.

However, in general the core field becomes less sheared after the flare (Figure 3.8(d)). On

the other hand, reconnection of the envelope field forms a CME, which is observed by the

Large Angle and Spectrometnc Coronagraph on board the Solar and Heliospheric Observatory

(SOZ/O/LASCO). The relationship between the CME and the flare is worth being studied.
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Formation Heights of Extrême Ultraviolet Lines

4.1 Introduction

The corrélation height, defined as the height at which the corrélation coefficient between the

Doppler velocity of extreme ultraviolet (EUV) fines and the magnetic field inclination reaches

its maximum, can be used to represent the formation altitude of EUV fines (Tu et al. 2005a,b).

There are two reasons for this. On the one hand, the magnetic field Controls the plasma motion

in the transition région and corona, where the low (3 condition takes the responsibility. The

plasma moves mainly along the magnetic field fines. Therefore, the line-of-sight component of

the velocity should be proportional to the cosine of the angle between the magnetic field fines

and the fine of sight, or the magnetic field inclination. Consequently, the absolute value of the

Doppler velocity has a positive corrélation with the value of |Bz/B\, where B is the magnetic

field strength and Bz is the line-of-sight component. Note that the cartesian coordinate System

is adopted here. On the other hand, the EUV fine intensity from an optically thin plasma is pro

portional to the intégration fy G(T)n2 dV, where G(T) is the contribution function for plasma
with température T and ne is the électron density (Watanabe et al. 2007). Although the volume

V has a spatial extension, the contribution function G(T) peaks sharply at a température Tmax.

The fine émission is mostly from the plasma with température Tmax. Therefore, we can take

the height where the température reaches Tmax as the EUV fine formation altitude.

The formation heights of EUV fines are very important for us to understand the structure

of the solar upper atmosphère, which has been simulated through three-dimensional MHD nu-

merical modeling (Gudiksen & Nordlund 2005) and synthesis of coronal émission fines (Peter

et al. 2004). However, it is difficult to deduce the formation height from observations. The first

effort has been made by Tu et al. (2005a) who studied the transition région fines in the quiet

Sun by the corrélation method. Tu et al. (2005b) further proposed the funnel model for solar

wind origin. Marsch et al. (2006) studied the structure of the solar transition région in a polar

coronal hole, and found that the corrélation heights differ in the open magnetic field région and

the closed one even for the same émission fine. Marsch et al. (2004, 2008) and Wiegelmann

et al. (2005c) studied the link between plasma flows and magnetic fields in the active régions

and in an équatorial coronal hole, respectively. The émission heights of coronal bright points

derived from the corrélation of Fe xn intensity enhancement and the magnetic fields hâve been

discussed in Tian et al. (2007). With the corrélation method, Tian et al. (2008) studied the

sizes of transition région structures in coronal holes and the adjacent quiet Sun. Moreover, the

magnetic field structure of quiet Sun and coronal holes has been investigated with the help of

a potential field model in Wiegelmann & Solanki (2004) and compared with transition région

and coronal EUV images.

The corrélation method mentioned above needs the combination of observed EUV fines and

three-dimensional magnetic fields, the latter of which are usually obtained by force-free field

extrapolation of the measured fields in the lower solar atmosphère, such as the photosphère.

In previous papers a linear force-free field (LFFF) model (Wiegelmann & Neukirch 2002) or
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Table 4.1 EIS émission lines, average Doppler velocities, and average values of x2 f°r the line
profile fîtting in three selected régions.

Ion Wavelength log Tmax Average Doppler Velocitya Average x2 a

(Â) (km s-1)

He nb 256.32 4~9 4L8 A3 TX3 L6 53 33

He IIe -12.9 1.7 -2.7 0.5 0.4 0.5

Fe viii 185.21 5.6 -21.9 1.6 -5.2 0.3 0.3 0.3

Fex 184.54 6.0 -27.5 1.2 -13.8 0.4 0.7 0.6

Fe xib 188.23 6.1 -15.4 -1.0 -9.9 2.5 12.4 10.1

Fe XIe -25.3 -9.7 -14.4 0.5 0.3 0.5

Fe xiii 202.04 6.2 -24.3 -4.0 -10.9 0.3 0.4 0.4

Fe xv 284.16 6.3 -11.8 -5.3 -1.7 0.7 2.0 1.2

Notes.

a The values in the three columns are calculated for Régions 1-3, which are defined in Figure 4.5.

b The average velocities and x2 for this line are calculated by single Gaussian curve fîtting.

c The average velocities and x2 for this line are calculated by double Gaussian curve fîtting.

potential field model was adopted. Recently, a new nonlinear force-free field (NLFFF) opti-

mization method was proposed by Wheatland et al. (2000) and implemented by Wiegelmann

(2004), which has been widely used for the extrapolation of three-dimensional magnetic fields.

The NLFFF extrapolation method is more accurate for magnetic field reconstruction especially

in active régions (Schrijver et al. 2006; Metcalf et al. 2008), where the magnetic fields are

highly sheared and twisted, the electric current is large, and the force free parameter a usually

changes through the space. The potential field and LFFF model are inadéquate for these active

régions. A review on this topic can be found in Wiegelmann (2008).

In this chapter we study the corrélation heights between the Doppler velocity of EUV lines

and the magnetic field inclination in an active région with the observations of EUV Imaging

Spectrometer (EIS; Culhane et al. 2007) and Solar Optical Telescope (SOT; Tsuneta et al. 2008;

Suematsu et al. 2008; Ichimoto et al. 2008; Shimizu et al. 2008) on board Hinode (Kosugi et al.

2007). In particular we adopt the NLFFF optimization method implemented by Wiegelmann

(2004) to extrapolate the three-dimensional magnetic fields. Three subregions with different

characteristics are selected in the active région for this study. The details of data analysis

and image coalignment are described in Section 4.2. Results are presented in Section 4.3.
Discussion and conclusions are made in Section 4.4.

4.2 Observations and Data Analysis

4.2.1 EIS Doppler Velocity Fitting

We select six EUV émission lines as shown in Table 4.1 to calculate the corrélation heights.

The six émission lines cover a relatively large range of formation températures from the tran

sition région to the corona. They were obtained by the EIS 1" x 256" slit scanning from west
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Figure 4.1 Examples of the Gaussian curve fitting of the six EIS émission lines. Two Gaussian curves
are adopted to fit the He il and Fe xi lines because they are blended with the Si X 256.37 Â and Fe xi
188.30 Â lines, respectively. The other four EUV émission lines are fitted by a single Gaussian curve.
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Figure 4.2 EIS He II 256 Â velocity maps fitted by single Gaussian curve (left panel) and double Gaus-
sian curves (middle panel). The velocities that excess 40/-40 km s-1 hâve been set to the top color
(Red/Blue) in order to make the velocity field pattern stand out. The Ca II H image (right panel) shows
that it has similar configurations with the He II 256 Â velocity maps. The Ca il H image observed by
SOT/BFI is created artificially to match the EIS map in time. See text for details.

to east during 19:07-23:46 UT on 2006 December 12 in the active région NOAA 10930. The

exposure time is 30 s for each slit. We apply the standard EIS procedure to calibrate the data.

The fines are fitted with single Gaussian curves. Figure 4.1 shows an example of the Gaussian

curve fitting for different EUV émission fines at a selected position. The Doppler velocities

can be calculated by the fine center shifts. When determining the center of a spécifie fine, two

instrumental effects should be taken into account. One is the slit tilt, because the EIS slit is

not perfectly parallel to the pixel array of the CCD. The other is the orbital variation, which is

caused by thermal effect on the instrument and follows a sinusoidal behavior. To remove the

former, we subtract the Doppler shift taken early in the mission (regarded as purely due to the

tilt effect) from the current one. To remove the latter, we first set a rest fine center position for

each raster which is taken to be the average of the Southern part (a relatively quiet région) of

each slit. Then the time variation of the rest fine center relative to its theoretical position in

laboratory is obtained. After the above steps, we can finally construct the Dopplergrams for
each fine.

The average values of x2 in the fine profile fitting in some régions of interest, which will

be defined in Section 4.2.4, are shown in Table 4.1. They are relatively small for Fe vm,

Fe x, Fe xm, and Fe xv fines compared to He il and Fe xi fines in ail the régions, since
the latter two fines are blended with other fines. The He il 256.32 Â fine is blended with

the Si x 256.37 Â fine, especially in active régions and magnetic loops. Therefore, we use a
double Gaussian curves to fit the two components with only one assumption that the blueward

component corresponds to the He il fine. The Fe xi fine is a doublet at 188.23 Â and 188.30
Â (Young et al. 2007a). We also fit it by double Gaussian curves assuming that the 188.23
Â component fies blueward. Note that the double Gaussian curve fitting is sensitive to the
sélection of initial values, in particular the fine center wavelengths. Here, we set them to be the

rest wavelengths of each fine. The fitting yields seven parameters, including the amplitudes,

widths, and central wavelengths for both components, and a shared background. Figure 4.1

shows the double Gaussian curve fitting for the two fines of He il and Fe xi.

The resuit of double Gaussian curve fitting for the He il fine is shown in Figure 4.2 and

0 500 1000 1500 2000

Intensîty (Arbitrory Units)

BFI 12-Dec-2006 21:02:06<-20:07:38 UT

260 280 300 320 340

X (orcsecs)
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Table 4.1. We find that the average velocities are more blue shifted compared to the resuit from

single Gaussian curve fitting, as expected. In particular, the x2 values are much smaller in the
former case as shown in Table 4.1, implying that the fitting goodness is significantly improved.
The resuit for the Fe xi 188.23 Â line is similar to the He il line.

The non-Gaussian line profiles of EIS in this active région hâve been repoited by Imada

et al. (2008), who fitted the Fe xiv 274.20 Â line in the arcades during the ftare. Asai et al.
(2008) performed the first spectroscopic observation of an MHD fast mode shock wave during

the flare using double Gaussian curve fitting of the lines. Here, we analyze the fines before the

flare.

4.2.2 Magnetic Field Extrapolation

The active région NOAA 10930 has been studied by many authors (Kubo et al. 2007; Zhang

et al. 2007; Jing et al. 2008; Schrijver et al. 2008; Wang et al. 2008). Guo et al. (2008) ex-

trapolated the three-dimensional magnetic field using the NLFFF optimization method and

studied the configuration, energy release and shear angle changes in this active région. The

photospheric vector magnetic fields are obtained by fitting the polarized spectrum observed by

SOT/SP (spectropolarimeter), which scanned the southwestern part of the solar disk from 20:30

to 21:33 UT on 2006 December 12. In the fast map mode, the spatial sampling of SOT/SP is

about 0.3". The spectra are fitted by a nonlinear least-square fitting procedure based on the

Milne-Eddington model. The 180° ambiguity of the azimuth angle is removed by comparing

the observed field to the extrapolated LFFF field (Wang 1997; Wang et al. 2001; Metcalf et al.

2006). The top left panel in Figure 4.3 shows the full field of view (FOV) of the magnetic field

observed by SOT/SP. We select half of the FOV and sample them to 128 x 128 grids by 4 x 4

binning due to the limitation in computations. Then the boundary data are preprocessed by a

preprocessing routine developed by Wiegelmann et al. (2006b). The final extrapolation resuit

by the NLFFF optimization method (Wheatland et al. 2000; Wiegelmann 2004) is shown in the

bottom left panel of Figure 4.3.

We adopt the potential field model to extrapolate the magnetic field in a larger FOV, because

the extrapolation height of SOT/SP magnetic field is limited to ~110 Mm and the potential field

model needs only the line-of-sight component of the field, which can be obtained in the MDÏ

full disk observations. The FOV of MDI data used for extrapolation is shown in Figure 4.3 (top

right), but the data in the area corresponding to the FOV of the top left panel are replaced by

SOT/SP magnetic fields. This is because that the MDI data suffer from the saturation problem,

which is discussed in detail in a previous paper (Moon et al. 2007). We extrapolate the fields

with the Fourier transform method (Alissandrakis 1981; Gary 1989) in this larger FOV that is

four times the FOV used in the NLFFF method. The boundary data are sampled to 256 x 256

grids with spatial resolution of ~1.2". So the extrapolation height is ~220 Mm. The three-

dimensional magnetic field is shown in Figure 4.3 (bottom right). In order to calculate the

corrélation heights, we hâve to align the EUV images with the SOT/SP images. This is done

by correlating the two set of images and finding the offsets between them.
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Figure 4.3 Top left: The FOV of the magnetic field observed by SOT/SP from 20:30 to 21:33 UT on 2006

December 12. The dashed square dénotés the FOV in which the NLFFF extrapolation is performed. Bot-

tom left: The three-dimensional magnetic field extrapolated by the NLFFF model for the dashed square
shown in the top left panel. Top right: The FOV of MDI magnetogram for potential field extrapolation

observed at 20:51 UT on 2006 December 12. The dashed square is the same to that in top left panel.

Bottom right: The three-dimensional magnetic field extrapolated by the potential field model. Note that
only the région in the dashed square is shown.
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4.2.3 Coalignment of Hinode Observations

EIS covers two wavelength bands, i.e., short wavelength (SW) band (170-211 Â) and long
wavelength (LW) band (246-292 Â), which are recorded by two CCDs, respectively. Images on
the SW CCD hâve an offset of 16"-20" northward and 2" westward compared to that on the LW

CCD (Young et al. 2007b). We correct for the offsets in SW images by applying a fixed value

of 16" in the north-south direction and 2" in the east-west direction. We also need to align the

SW and the LW images with the magnetograms. The main idea is to align ail the images by

EIS and SOT with that by EIT (EUV Imaging Telescope; Delaboudinière et al. 1995) and MDI

(Michelson Doppler Imager; Scherrer et al. 1995) on the Solar and Heliospheric Observatory

(,SOHO). The full disk images by EIT and MDI enable us to align them by comparing the

limbs. The accuracy is close to their spatial resolutions. Since the EIS and SOT observations

are within partial disk, we cannot get the absolute coordinates of the solar disk center. However,

after being aligned with the MDI images, ail the coordinates are referred to the true solar disk

center.

The SOT/SP magnetogram is aligned with the MDI magnetogram as follows. First of ail,

the two images are interpolated to the same resolution, always to the better one. Then, we select

two slit images to do the corrélation because the MDI magnetogram was observed during the

scanning time of the SOT/SP one, i.e., 20:30-21:33 UT. The slit image of SOT/SP that has

the closest time to the MDI observation is correlated with the MDI slit images in different

positions. Finally, the offset is found for which the two slit images hâve the largest corrélation

coefficient. The uncertainty of the coalignment is about 2.0".

The EIS Fe xil 195 Â image is aligned with the EIT Fe xn 195 Â image with the corrélation
method too. Then the EIT 195 Â image is aligned with the MDI magnetogram by comparing
the limbs. Reading the coordinates of the east, west, south, and north pôles on the solar limb

in the MDI magnetogram, we calculate the coordinates of the disk center and find that the

coordinates provided by MDI are correct. But the EIT 195 Â image taken at 23:49 UT on the
same day, which is the closest to the EIS observation, shifts 4.0" westward and 6.0" northward

in the coordinates provided by the standard software. The uncertainty of the shift is ~2.6",

which is the resolution of EIT images. Finally, The offset between the EIS Fe xn 195 Â image
and the MDI image is found. The total uncertainty is ~5.2".

The EIS He il 256 Â velocity map is aligned with the SOT/BFI (Broadband Filter Imager)
Ca il H image, the SOT/SP and MDI magnetograms consecutively. We find that the red shift

région of the He II velocity map has similar configurations with the heating région of the Ca il

H image as shown in Figure 4.2. Note that the Ca il H image was observed every 2 minutes, but

the EIS map was constructed from raster scanning during about 4.5 hr. We need to reconstruct

a Ca il H image in the exactly same manner as the EIS map. To do so, we eut the Ca il H

images at each time into slices along the slit. We pick out the slice with the same position

and time as each slit in EIS scanning observations. Then we adopt a feature identification

method to align them, i.e., select points with similar features alternately from the two images.

Usually we select five points from each image to calculate an offset and repeat it 10 times to

estimate the uncertainties. The average offsets in the x- and ^/-directions are 4.3" and —7.8",

with errors of 1.7" and 1.2", respectively. Next, the Ca il H image is aligned with the SOT/SP

magnetogram with the identification method, too. The offset in the x-direction is —0.6" with
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Figure 4.4 Offsets of images observed by different instruments with respect to MDI. Positive values in

the parenthèses show that image shifts to east or south, while négative values to west or north. The error

bars are also plotted, both in the east-west direction and the north-south direction.

an error of 0.4", and that in the y-direction is — 7.1" with an error of 0.4". Because the SOP/SP

magnetogram has already been aligned with the MDI magnetogram, the EIS He il velocity

map can be aligned with the latter with total uncertainties of 4.1" and 3.6" along the x- and

y-directions, respectively.

We plot the offsets of ail images with respect to the MDI image in Figure 4.4. If we adopt the

offsets between SW and LW images given by Young et al. (2007b), we only hâve to align one of

them with MDI magnetograms. Then the other can be aligned automatically. But here we align

both with independent methods to check the offsets derived by us and by them. The LW and

SW images hâve the same offsets with respect to MDI magnetogram within the uncertainties,

which indicates our results are coincident with theirs.

4.2.4 Corrélation Heights and Error Estimation

We select different régions to calculate the corrélation coefficients that are plotted in Figure

4.5. Different from quiet Sun régions, the environment in active région is quite inhomogeneous.

It is necessary to select different subregions to calculate the corrélation heights. The high

spatial resolution observations of Hinode provide us the possibility of doing so. The subregions

are selected according to spatial patterns of the magnetic fields and velocity fields; so their

shapes are not necessarily regular. Région 1 mainly concentrâtes on the négative magnetic

polarity région and the blue shift area of He il 256 Â. Région 2 is on the east side of the
polarity inversion line corresponding to the foot points of some lower loops and the red shift
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Figure 4.5 Height distributions of the corrélation coefficient for the He il 256 Â line in different subre-
gions of the active région NOAA 10930. The white polygons labelled with Régions 1-3 (left column)
show the areas selected to calculate the corrélation coefficients. The distributions in middle and right

columns are calculated by correlating the magnetic field inclination with the Doppler velocity, which is
obtained by single and double Gaussian curve fitting, respectively. The distributions in top to bottom

rows are obtained in Régions 1-3, respectively.
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area of He il 256 Â. Région 3 is within the projection area of the higher closed magnetic
loops. The corrélation coefficient distributions are calculated by correlating the magnetic field

inclination with the Doppler velocity, which is obtained by single (middle column) and double

(right column) Gaussian curve fitting in Figure 4.5, respectively. The height is less than 5 Mm

in Région 2, but more than 20 Mm in Régions 1 and 3. For different fines listed in Table 4.1,

the corrélation heights can be calculated with the same method.

There are errors in the image coalignment, which also cause errors in calculations of the

corrélation height. As mentioned in Section 4.2.3, there is an offset between SW and LW EIS

images. Moreover, different fines in the same band hâve internai pointing shifts, which are 0.5"

in the x-direction and 1" in the ^/-direction for SW and 3" in the x-direction and 4" in the y-

direction for LW as shown in a preliminary research by Deb1. Taking into account these facts,
the errors in the image coalignment are 7.7" in the x-direction and 8.2" in the ^/-direction for

SW except for Fe xil 195 Â. They are 7.1" in the x-direction and 7.6" in the ^/-direction for LW
except for He II 256 Â. The errors of the corrélation height are estimated by the following way.
First, we artificially shift the EIS velocity map relative to the magnetic field Bz image within

the range of coalignment errors. Then, the corrélation heights are calculated for each case (here,

we select 1" x 1" grids). Finally, we get a grid of corrélation heights with different corrélation

coefficients. The final corrélation height for one spécifie fine is estimated as the average of the

heights with corrélation coefficients greater than 0.07, and the error is the standard déviation of

these heights.

4.3 Results

The average formation height of He il 256 Â in région 2 is lower than that in Régions 1
and 3. In comparison, the mean magnetic fields in Région 2 and 3 are one order of magnitude

weaker than that in Région 1. This implies that stronger magnetic fields correspond to higher

formation heights of EUV fines. For Régions 2 and 3, the mean magnetic fields are almost the

same, but the Doppler velocity patterns are different, which show mainly red shifts and blue

shifts, respectively. This means that down flows tend to make the formation height lower. In

summary, the corrélation heights are different in various régions even for the same fine He il

256 Â because of different physical conditions.

The corrélation height versus log Tmax is plotted in Figure 4.6, where the EUV fine forma

tion température, Tmax, is listed in Table 4.1, and the errors of formation heights are derived

using the method mentioned in Section 4.2.4. In Région 1, shown in Figure 4.6 (top left), there

are no points for Fe VIII and Fe xv, since we cannot find the heights with corrélation coeffi

cients greater than 0.07. A possible reason is that the real formation height of Fe xv exceeds

the NLFFF extrapolation domain, which is about 110 Mm in height. For Fe vm we still do

not know the reason. The corrélation heights for ail the EUV fines can be obtained in Région

1 by the potential field extrapolation in Figure 4.6 (top right), which can reach about 220 Mm

in height. For the régions studied here, the heights for the same fine calculated with different

extrapolation methods differ slightly within the errors. Also, the heights calculated by the po

tential field give a similar height versus log Tmax relationship compared to that calculated by

NLFFF. However, the NLFFF gives less uncertainties for the corrélation heights and makes the
results more confirmative.

1http://msslxr.mssl.ucl.ac.uk :8080/eiswiki/wiki.j sp?page=FitsPointing
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Figure 4.6 Corrélation heights versus log Tmax for Régions 1-3. The magnetic field is extrapolated with

the NLFFF model except for the top right panel, in which the potential field model is used. The dotted
fines are the linear fitting of the height-log Tmax relationship.

Région 2, shown in Figure 4.6 (bottom left), is a pre-flare heating area. Massive downflows

can be seen in the EIS velocity map (Figure 4.2). Ail the EUV fines are formed within a smaller

range of heights. The température structure is complicated in this area. There is no clear height

versus log Tmax relationship in Région 2, while there are positive relationships in Région 1 and

Région 3 (bottom right) as shown in Figure 4.6 . But the température in Région 3 lises more

quickly. For example, log Tmax = 6.3 corresponds a height of ~90 Mm in Région 3, compared

to > 100 Mm in Région 1. This is probably due to the higher magnetic field strength in Région

1, which seems to suppress the température increase with height. Therefore, the EUV fine

formation height is affected by not only the magnetic topology but also the field strength.

We also plot the linear fitting of the height-log Tmax relationship for Régions 1 and 3 in

Figure 4.6. These curves provide a quantitative description of how the température varies with

height in the corona.

4.4 Discussion and Conclusions

The EUV fines in an active région are formed at different heights according to the physical

conditions of the magnetized atmosphère in situ, including the velocity, density, température,

and magnetic field. In this chapter we examine some of these factors with the corrélation height

method by aligning images observed by SOT and EIS. In paiticular, we find that the transition

région, where He il 256 Â is formed, fies higher in areas with strong magnetic fields.

Results from Région 2 show that the EUV émission fines are formed within a relatively nar-
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row height range in the pre-flare heating loops. A possible scénario is that this région contains

coronal loops that are multithermal. Kjeldseth-Moe & Brekke (1998) hâve shown that some

active région loops contain mixtures of plasma of different températures. Multithermal plasma

has also been found in the transequatorial loops (Brosius 2006). Ail these researches are based

on the analysis of the co-spatial émission lines on the solar limb. While we find a similar resuit

by analyzing the EUV émission lines projected on the solar disk and correlating the Doppler

velocity and magnetic field.
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Chapter V Magnetic Field Structures of a Solar Filament: Flux

Rope and Dipped Arcade

5.1 Introduction

The magnetic field plays a key rôle in structuring the plasma in the corona, for instance

in coronal loops and in filaments (or prominences).1 Filaments hâve a dominant field compo-

nent along their axis and are located above the inversion line of the radial component of the

photospheric magnetic field, so in between two photospheric polarities. One traditionally dis-

tinguishes two types of magnetic configurations supporting filament material, according to the

sign of the horizontal magnetic field component within the filament and orthogonal to it: if it is

oriented such that it points from the positive to the négative photospheric polarity (located on

both side of the inversion line), the configuration is called “normal,” otherwise it is “inverse.”

Quadrupolar configurations can be either normal or inverse with respect to the central inver

sion line, depending on whether one refers to the outer or to the inner photospheric polarities,

respectively.

Since filament plasma is typically a hundred times cooler and denser than the coronal sur-

roundings (Tandberg-Hanssen 1995), while the observed velocities in prominences are much

lower than the free-fall speed, a force is required to support the dense plasma against gravity.

The Lorentz force can provide such stable support given that the plasma is located in mag

netic dips. Dips are présent in quadrupolar fields, or in bipolar fields that contain a flux rope,

or at least highly sheared field fines located below a strong arcade field. The first model in-

volving a quadrupolar field was derived by Kippenhahn & Schlüter (1957, see their Sections

4 and 5), while Kuperus & Raadu (1974) first introduced a twisted flux tube. Both models

hâve an inverse configuration. Indeed, it is relatively difficult to build a magnetic model with

dips and a normal configuration, since deforming locally the top of an arcade by the gravity of

dense plasma results in an unstable equilibrium (Kippenhahn & Schlüter 1957, their Section

3). One possibility to create a dip in a bipolar force free field is to bend down the top of a very

sheared arcade with the downward magnetic tension of a strong overlying arcade (Antiochos

et al. 1994), but then the configuration still mostly comprises inverse polarity dips (Aulanier

et al. 2002). More recently, Low & Zhang (2004) hâve obtained analytical solutions for both

normal and inverse polarity configurations by solving the magneto-hydrostatic équations. For

reviews of various prominence models, see, e.g., Démoulin (1998) and Mackay et al. (2010).

Magnetic dips hâve been inferred from vector magnetic field observations in the photo

sphère (Lites 2005; Lôpez Ariste et al. 2006; Okamoto et al. 2008). Unfortunately, the observa

tions cannot confirm if these dips are associated with a twisted flux tube or an arcade, because

vector magnetic fields are currently not available for the chromosphère and the corona, although

attempts to measure the magnetic fields above the photosphère hâve been made (Judge 1998;

Lin et al. 2000; Liu & Lin 2008).

Therefore, coronal magnetic fields aie usually extrapolated from the magnetic fields ob-

1 Since “filament” and “prominence” refer to the same physical structure, seen on the solar disk and at the limb, respectively,
we will use both terms altemately.
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served in the photosphère. Since the dynamic évolution of the corona is dominated by the

Lorentz force, and since coronal structures like loops and prominences are observed to be sta

ble over relatively long time periods, force-free equilibria are computed for this purpose. The

MHD momentum équation then reduces to J x B = 0, i.e. electric currents are parallel to the

magnetic field. Using Ampère’s law, J = (V x B)//i0, where is the permeability of the

free space, the force-free field is expressed as V x B = qB, where the force-free parameter

a is a function of space. If a is permitted to vary over space, the resulting force-free field is

nonlinear (NLFFF), whereas for constant a,VxB = aB reduces to a linear équation, yielding

a linear force-free field (LFFF). Setting a — 0 yields a potential field. Since the magnetic field

is divergence-free, V • B = 0, a is always constant along a given field line, i.e. B • Va = 0.

NLFFF extrapolations require full vector magnetic fields as input at the boundary, whereas

potential and LFFF extrapolations can be performed using merely the normal (line-of-sight

(LOS)) component of the magnetic field.

Three-dimensional magnetic configurations containing a flux rope hâve been constructed

and discussed in detail using LFFF models (Aulanier & Démoulin 1998; Aulanier et al. 1998;

Mackay et al. 1999) or linear magneto-hydrostatic models (Aulanier et al. 1999; Aulanier &

Démoulin 2003; Dudik et al. 2008). Another approach is to insert locally a non force-free

flux rope into an extrapolated potential field, then to relax the configuration with a magneto-

frictional relaxation technique to a nonlinear force-free State (e.g., Mackay et al. 2000; Mackay

& van Ballegooijen 2006, 2009). Applications of this flux rope insertion method can be found

in, e.g., Bobra et al. (2008) and Su et al. (2009).

A more sophisticated approach is to use photospheric vector magnetograms as boundary

conditions for the computation of nonlinear force-free fields in the corona, since, in active

régions, in particular with complicated magnetic field structures, the force-free parameter a

usually changes in space (Régnier et al. 2002; Schrijver et al. 2005).

The presence of a flux rope in extrapolated coronal fields hâve been reported by several

authors, who used different NLFFF extrapolation algorithme: Yan et al. (200la,b) found a flux

rope with high twist of ~ 3 tums and they studied its évolution before and after an X5.7 flare.

Régnier & Amari (2004) found three flux rope Systems in one active région with different twists

of 0.5-0.6 turns for two cases and 1.1-1.2 turns in one case. Recently, Canou et al. (2009) hâve

reported a flux rope in an emerging flux région with a twist of about one tum.

On the other hand, magnetic structures with dipped arcades hâve been reported in both

quadrupolar and bipolar magnetic fields. There are two different types of quadrupolar magnetic

arcades. One is the so-called FBP/FX arcade as labelled in Figure 3 of Aulanier & Démoulin

(1998), and the other is the arcade in the so-called wire model (Martin et al. 1994; Martin 1998).

The main différence between them is that an FBP/FX arcade is rooted in the main polarities,

while an arcade in the wire model is rooted in the parasitic polarities. A highly sheared arcade

in a bipolar field was modelled by Antiochos et al. (1994). The polarity of the filament field

orientation is essentially inverse, however, there exist a few normal polarity dips as well in

this model. That was briefly mentioned in Antiochos et al. (1994), and analyzed in details in

Aulanier et al. (2002).

The question whether or not stable flux ropes are présent in the corona is important not

only for the magnetic structure of filaments and prominences, but also for the understanding of

the initiation mechanisms of filament éruptions and coronal mass éjections (CMEs). Several
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theoretical CME models require the presence of a flux rope prior to, or at the onset of, an

éruption (e.g., Forbes & Isenberg 1991; Torok & Kliem 2005; Fan & Gibson 2007), whereas

others assume that the preeruptive configuration is that of an arcade, and that a flux rope is

formed later on, during the éruption process (e.g., Antiochos et al. 1999a; Moore et al. 2001).

Since NLFFF extrapolations require vector magnetic fields, a 180° uncertainty in the di

rection of the transverse field is always présent (the so-called 180° ambiguity). This is due

to the fact that opposite orientations of the transverse magnetic field generate the same linear

polarization. In order to remove the ambiguity, some physical assumptions must be made. To

this end, ail commonly used algorithms minimize some physical quantities, such as the an

gle between the observed and modelled magnetic fields, the vertical gradient of the magnetic

pressure, the vertical current density, some approximations to the total current density or the

field’s divergence, or the combination of the quantities listed above (Metcalf et al. 2006, and

référencés therein).

Another problem is that vector magnetograms measured by some instruments, such as

Télescope Héliographique pour l’Etude du Magnétisme et des Instabilités Solaires/Multi-Raies

(THEMIS/MTR), hâve a too small field of view (FOV) to fully cover large active régions, so

that an imbalance of magnetic flux is often présent. Even the self-consistent nonlinear force-

free solution proposed by Wheatland & Régnier (2009) suffers from this flux imbalance prob

lem. In particular, the imbalanced flux reduces the absolute value of the force-free parameter a

in the régions where field fines connect outside the FOV of observed vector fields.

Finally, Metcalf et al. (2008) hâve shown that Lorentz forces and small-scale structures in

the photosphère affect NLFFF extrapolations severely, while preprocessing, i.e. removing those

forces and structures of the bottom boundary, improves the final resuit.

Due to the nonlinearity of the force-free équation, it is difficult to find analytical solutions

for NLFFF, except for a class of axis-symmetric semi-analytical solutions derived by Low &

Lou (1990). Therefore, several numerical methods hâve been developed, such as the Grad-

Rubin, upward intégration, MHD relaxation (magneto-frictional), optimization, and boundary

element (Green’s function like) methods (Wiegelmann 2008, and référencés therein). In this

study, we adopt the optimization method proposed by Wheatland et al. (2000) and implemented

by Wiegelmann (2004). This method has been adopted to calculate the free energy évolution

during flares (e.g., Guo et al. 2008; Jing et al. 2009).

Using the Low & Lou (1990) solution, Schrijver et al. (2006) hâve tested six NLFFF al

gorithms. They showed that the optimization method is able to recover the force-free field in

the whole calculation volume if ail the boundaries are specified, and to recover the lower inner

région to a good degree if solely the bottom boundary is supplied. Furthermore, using the the

oretical coronal flux rope models by Titov & Démoulin (1999) and Torok & Kliem (2003), it

has been recently shown that NLFFF extrapolation codes are capable of reconstmcting signifi-

cantly twisted flux ropes, as well as topological features of active région magnetic fields, with

a high degree of accuracy (Valori et al. 2005; Wiegelmann et al. 2006a; Valori et al. 2010).

Here, we extrapolate the coronal magnetic field in active région NOAA 10767, using the

NLFFF optimization method, to construct the three-dimensional magnetic configuration for

a filament before its éruption. The vector magnetic fields are computed from observations

obtained by THEMIS/MTR. The 180° ambiguity of the observed transverse fields is removed

by adopting the principle that the fields change smoothly at the photosphère. We find a flux
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rope with a twist of ~ 1.4 tums. The relationship between the magnetic fields and the filament

is examined. We find that the flux rope only accounts for a paît of the filament, while the total

distribution of the magnetic dips coincides with the whole filament.

This chapter is organized as follows: the observations, the method to remove the 180°

ambiguity, and the preprocessing of the boundaries for the NLFFF extrapolation are described

in Section 5.2; The extrapolated magnetic fields and the flux rope are analyzed in Section 5.3;

The discussion and conclusions are presented in Section 5.4.

5.2 Observations and Data Analysis

5.2.1 Observations of THEMIS/MTR

Active région NOAA 10767 was observed by THEMIS/MTR from 9:54-10:41 UT on 2005

May 27. THEMIS (Lopez Ariste et al. 2000; Bommier et al. 2007) is a French-Italian ground

based telescope being operated on the Canary Islands of Spain. The telescope was designed

to be instrumental polarization free because the polarization analyzer was put at the primary

focus. THEMIS/MTR scanned the solar surface from east to west by a 0.5" x 120" slit with a

step size of 0.8". The Stokes profiles were observed for five spectral fines, however, only the
profiles of the Fe 6302.5 Â and Ha 6562.8 Â fines were used in this study.

At each slit position, the two Stokes profiles I±S (S = Q, U, and V) for each spectral fine

were recorded simultaneously on two different CCD caméras, for example, (I + V)ti.ccdi and

(/ — V)ti,ccd2- The beam exchange technique was adopted, which means that within a short

period At, the Stokes profiles / T S were recorded again, for example, (/ — U)ti+At,ccDi

and (/ + k0ti+At,ccD2- The beam exchange technique increases the polarimetric accuracy
because it rules out the effects of the différences between the two channels of the beams. Ail

the raw Stokes profiles were calibrated by the spectral de-stretching, dark current subtraction,

and fiat field correction (Bommier & Rayrole 2002; Bommier & Molodij 2002).

The I, Q, U, and V profiles were obtained by adding and subtracting the calibrated I ± S

profiles. We adopted the inversion code UNNOFIT (Landolfi & Landi DeglTnnocenti 1982;

Bommier et al. 2007) to fit the Stokes profiles around the Fe 6302.5 Â fine. UNNOFIT uses
the Levenberg-Marquardt algorithm to make the least x2 fitting of the observed and modelled

profiles, which are given by the Unno-Rachkovsky solution based on the Milne-Eddington ap

proximation of the thermal structure of the solar atmosphère. We hâve compared the magnetic

fields in a facula obtained by both UNNOFIT and MELANIE (Milne-Eddington Line Anal

ysis using an Inversion Engine; Socas-Navarro 2001; Skumanich & Lites 1987), and found

consistent results with the two inversion codes (Guo et al. 2010c).

A paît of the full disk magnetogram observed by Michelson Doppler Imager (MDI; Scherrer

et al. 1995) in Figure 5. l(a) shows a larger FOV than that of THEMIS/MTR. We can see the sur-

rounding magnetic environment out of the vector magnetic field observed by THEMIS/MTR,

which is shown in Figure 5.1(b). There is another active région in the northem hemisphere.

Moreover, some positive polarities are présent towards the east and south of the THEMIS/MTR

observed région. This indicates that the observed vector magnetic field does not cover an iso-

lated région. The heliocentric angle in the center of the THEMIS/MTR FOV is about 9°. It is

a good approximation to take the LOS as the 2-axis of the extrapolation box.
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Figure 5.1 Magnetic fields for active région NOAA 10767 on 2005 May 27. (a) Part of the full disk
magnetogram observed by SOHOIMDl. White/black corresponds to positive/negative polarity. The

solid rectangle dénotés the full FOV of THEMIS/MTR. (b) The vector magnetic fields observed by
THEMIS/MTR in the Fe 6302.5 Â spectral line. The 180° ambiguity of the transverse fields is not
removed, so only arrows without arrow heads are used to represent the transverse fields.

5.2.2 The 180° Ambiguity Removal

We tried three different algorithms, namely the acute angle method, which compares the

observed transverse field with a linear force-free modeled field (Wang et al. 2001), the non-

potential magnetic field calculation method (Georgoulis 2005), and the itérative method devel-

oped by the group at University Hawai’i Institute for Astronomy (Canfield et al. 1993; Pevtsov

et al. 1995; Leka & Skumanich 1999). However, none of them removed the ambiguity entirely.

Each algorithm created some discontinuous borders separating two smooth solution domains,

while there was no observational evidence showing that there existed such discontinuous bor

ders. Moreover, the borders appeared at different places using the different algorithms, which

indicates that the borders are created artificially, which is most probable due to the complexity

of the active région. In paiticular, the transverse fields were highly sheared in the ambiguity-

unresolved régions, where the assumptions of the three algorithms above are not adéquate. The

magnetic field obtained after removing the ambiguity by the non-potential magnetic field cal

culation method is shown in Figure 5.2(a) as an example. In Figure 5.2(b), the absolute value

of the force-free parameter \cx\ — fj>o\Jz\/\Bz\ is shown, where a small eo = 0.1 G has been

added to \BZ\, in order to avoid singularities. Large values of \a\ are located mainly along the

inversion line of Bz, except for some values along the borders where transverse fields change

abruptly.

In order to solve this problem, we hâve developed an interactive code, adopting the assump-

tion that the magnetic fields change as smoothly as possible in the whole active région, which

implies that the LOS electric current density, \JZ\, has to be minimized in régions of abrupt

changes of the transverse field. Our method is described in the following.

A map of \JZ\ within the THEMIS/MTR FOV is displayed in Figure 5.3(a). Firstly, we se

lect a région which is enclosed by large \JZ\ values where the transverse field changes abruptly

(Figure 5.3(b)), and flip the vectors to the opposite direction. The resuit is displayed in Fig

ure 5.3(c). However, the vectors along the border of the selected région may still not change

smoothly (see the oppositely directed transverse fields in Figure 5.3(d)). We therefore select
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THEMIS/MTR Fe 6302.5 Â 27-May-2005 10:17 UT
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THEMIS/MTR Fe 6302.5 Â 27-Moy-2005 10:17 UT

X (arcsec)

Force—free parameter a 27—May—2005 10:17 UT

Figure 5.2 Vector magnetic fields and the absolute value of the force-free parameter a in a sub-region
of the THEMIS/MTR FOV after removing the 180° ambiguity. (a, b) Using the non-potential magnetic
field calculation method. (c, d) Removing the ambiguity by additionally flipping the transverse fields of
panel (a) in the région enclosed by large LOS currents (see Figure 5.3 and text for details). The transverse
and LOS fields are represented by arrows and gray levels, respectively.
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Figure 5.3 Absolute value of the LOS current \JZ \ (gray levels) and the transverse magnetic fields (ar-
rows) in the process of removing the 180° ambiguity. (a) The dashed contour represents the inversion

line of the LOS magnetic field Bz. The solid rectangle dénotés the FOV of panels (b) and (c). \JZ \ is
larger in darker régions of the gray-scale image, (b) The dark (gray-scale reversed) région is selected
to flip the transverse fields. (c) The transverse fields in the dark région hâve been flipped. The solid
rectangle marks the FOV of panels (d) and (e). (d) The dark région is selected, where the transverse field

will be flipped if it makes an obtuse angle with the defined direction denoted by the larger arrow. The
white régions inside the dark (gray-scale reversed) région show the strongest \JZ\. (e) The transverse
field in the selected région has been changed. (f) \JZ \ after removing the 180° ambiguity by repeating
the operations shown in panels (b)-(e).

sufficiently small boxes along the border, such as the box shown in Figure 5.3(c), and zoom in as

shown in Figure 5.3(d). Now we can select a région that contains only tens of points, and define

a local direction denoted by the larger arrow in Figure 5.3(d). The transverse field vector will

be flipped to the opposite direction if it makes an obtuse angle with the defined direction. The

resuit is shown in Figure 5.3(e). Secondly, the steps shown in Figures 5.3(c)-(e) are repeated

along the border that encloses the gray-scale reversed (dark) région in Figure 5.3(b), until ail

the transverse field vectors along the border change smoothly. Finally, the steps shown in Fig

ures 5.3(b)-(e) are repeated, until ail the transverse fields in the régions of abruptly changing

vectors enclosed by large \JZ \ are flipped. The final map of | Jz\, where ail these large currents

are removed, is displayed in Figure 5.3(f).

We apply the above procedure to the magnetic field for which the ambiguity has been pre-

liminarily removed by the non-potential field calculation method (Figure 5.2(a)). The 180°

ambiguity removal of this active région is highly improved by our method, since the transverse

field vectors change more smoothly (Figure 5.2(c)). Still, there remain some régions of rel-

atively large currents, which cannot be removed by our method. This seems plausible, since

the spatially partly unresolved magnetic field evolved while THEMIS/MTR scanned this very

dynamic active région. Furthermore, it is possible that there were indeed abruptly changing

transverse fields in the true magnetic configuration.
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5.2.3 Preprocessing of the Boundary Data

In the NLFFF model, the boundary condition is necessarily force-free and torque-free in a

well isolated région, for which ail field fines are closed within the model domain (Aly 1989).

But these criteria are usually not satisfied in real data, because the observed magnetic field is

not well isolated, and because the field in the photosphère is not force-free. This implies that

the extrapolation results dépend on how the uncompensated magnetic flux connects with the

flux outside of the observed field région, i.e. the reconstruction problem does not hâve a unique

solution (Wiegelmann et al. 2006b). In principle, the force-free and torque-free intégrais are

exactly valid for the force-free field, if taken over the entire boundary surface of any volume

(for example, ail six boundaries of a rectangular box). However, because the latéral and top

boundaries are a priori unknown, we hâve to rely on the assumption that the effects of these

unknown boundaries are small enough to be ignored, which requires that the bottom boundary

is well isolated and flux balanced.

In order to simulate a force-free boundary on the bottom layer, we adopt the preprocessing

routine developed by Wiegelmann et al. (2006b), which minimizes the total force and torque. It

also smoothes the magnetic fields observed in the photosphère, while it requires that the fields

only change within the measurement accuracy. Considering that the circular polarization is

measured more precisely than the linear one, the preprocessing of the LOS magnetic fields Bz

is only modified by the smoothing in a local area of 5 x 5 grid points for the case studied here.

The force-free and torque-free conditions, as well as the smoothing are used to preprocess the

transverse fields Bx and By. We suppose here that the force and torque outside the observa
tion^ FOV hâve much smaller contributions than the ones inside it. Although the force-free

and torque-free terms are global, the terms constraining the preprocessed data within the ob

servation accuracy and the smoothing term guarantee that the preprocessing on Bx and By has
a local behavior.

Observationally, however, the bottom boundary is not always guaranteed to be isolated from

other active régions and the magnetic flux is not always balanced. This is because accurate

vector magnetic field measurements require a high spectral resolution, which is a burden that

limits the spatial and temporal resolution, as well as the FOV. In order to enlarge the FOV, so

to enclose an isolated bottom boundary, one could embed the vector magnetic field into larger

FOV observations, such as LOS magnetic fields observed by MDI. But this would yield an

inconsistent boundary for a nonlinear force-free model, since the LOS fields do not contain any

currents to provide the information for the correct field fine connections (DeRosa et al. 2009).

Altematively, one could eut out a smaller flux balanced FOV from the vector data and use it as

the bottom boundary. But this would not solve the problem either, since the flux balance is a

necessary condition for a well isolated magnetic field, but not a sufficient one. In doing so, one

would lose more further field fine connections, and the side boundaries would affect the inner

région more. For these reasons, we decided to apply the preprocessing to the magnetic fields
within the full FOV of THEMIS/MTR.
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5.3 Results

The preprocessed bottom boundary is submitted to the optimization code to perform the

NLFFF extrapolation. The principle of the method is to minimize the objective function,

where u(x,y,z) is the weighting function (Wheatland et al. 2000; Wiegelmann 2004). The

three-dimensional magnetic field is computed in a box of 529 x 260 x 260 grid points in the

Cartesian coordinates with a uniform cubic grid, where Ax = Ay = Az « 330 km is the

spatial resolution. We hâve checked the convergence of the code, which has reached a steady

State that defined as %r/L < 1.0 x 10~4 for 100 consecutive itération steps.

Selected field fines of the extrapolated région are plotted in Figure 5.4(a). The red field fines

outline the main connectivity. We find a flux rope oriented along the polarity inversion fine in

the center of the FOV (shown by field fines in different colors). Different views on the flux rope

are displayed in Figures 5.4(b)-(d). Orange field fines outline the sheared arcade overlying the

flux rope. The field fines become increasingly less sheared with respect to the inversion fine

with height above the bottom boundary. We estimate the twist in the flux rope to be ~ 1.4

turns. The height of the apex of the highest rope field fines above the bottom boundary is about

1500 km. We hâve tested the extrapolation with higher grid resolutions in ^-direction, where

Az = Ax/2 = Ay/2 and Az = Ax/4 = Ay/4. The twisted field fines are recovered in both
cases, however, the codes with different spatial resolutions do not reconstruct the flux rope up

to the same physical height, but to almost the same number of grid points. It is currently not

clear to us what causes this numerical effect, which requires further study. However, the facts

that the code finds twisted field fines for ail three resolutions, and that the vector data show

bald patches along the polarity inversion fine at their location (see below), strongly supports

the realness of the flux rope.

Magnetic dips are présent in the extrapolated flux rope. Dips along the magnetic field fines

aie defined by B • VBZ > 0 and Bz = 0. Bald patches are dips which aie tangential to the

photosphère. They define séparatrices where current sheets are typically présent (Titov et al.

1993). Bald patches can be recognized from the 180° ambiguity removed vector magnetic field

map in Figure 5.2(c): they are located where the transverse fields hâve a component normal to

the inversion fine, pointing from the négative polarity to the positive one. Some bald patches

are also visible in Figures 5.4(c) and (d): they are located where the red, dark blue, and green

field fines are tangential to the bottom layer (more precisely, since the boundary data hâve

some noise, the intégration of the field fines staits from a point slightly above the inversion

fine, «1/10 of the mesh size).

In the following subsections we check the degree of force-freeness and divergence-freeness

of the extrapolated magnetic field. Then, we study the relationship between the flux rope and

the filament as observed in Ha. Finally, we provide additional evidence for the existence of the

flux rope.

L (5.1)
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Figure 5.4 Selected magnetic field fines of the active région (red) and the flux rope (mixed colors). (a)
Top view on the whole observed région. The LOS magnetic field Bz is displayed by both the gray-scale
image and contours. White (black) image stands for Bz > 0 (Bz < 0). (b) Top view on the magnetic
flux rope. Different colors are used to outline the twist of the field fines. Red, dark blue, and green
field fines are calculated by integrating from three selected points slightly above the inversion fine into
both directions. Orange field fines are selected close to the magnetic flux rope. (c, d) Side views on the
magnetic flux rope. The vertical scale is enlarged by a factor of 3.
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Figure 5.5 (a) Contours show the sine of the angle between the magnetic field and the current density at

the bottom layer (Equation (5.3)). The iso-surface marks locations with 40% of the peak of the electric

current density in this volume. The rectangular box is selected to calculate the metrics measuring the

force-free and divergence-free State of the modelled magnetic field (see text and Table 5.1 for details).

The colored field fines of the flux rope are the same as in Figure 5.4. (b) Same as panel (a), but without

the iso-surface and viewed from above. The blue dash-dotted fine represents the polarity inversion fine
of Bz.

Table 5.1 Metrics for the NLFFF extrapolation with the optimization method.

Boundarya £/£potb (CW sin#)c d/ii>d
WP 1.36 0.28 4.9 x 10"3

MP 1.10 0.47 5.7 x 10"3

NP 1.01 0.68 5.1 x 10“3

Notes.

a WP: Wiegelmann’s preprocessing and smoothing on the observed

FOV (Wiegelmann et al. 2006b); MP: Wiegelmann’s preprocessing and

smoothing on the flux balanced FOV embedded in the MDI magnetogram;

NP: no preprocessing, no smoothing and no embedding.

b Energy contained in the NLFFF divided by the potential field energy for
the same Bz distribution at the photosphère. The energies are calculated

in the selected volume shown in Figure 5.5.

c Current-weighted average of the sine of the angle between the electric

current density and the magnetic field, as defined by Equations (5.2) and

(5.3).

d The unsigned average of the fractional flux change \fi\ — |(V •
B)i|/(6^/Ax), where Ax is the grid spacing of the cubic mesh. Both
(CW sin0) and (\fi\) are averaged over ail grid points in the selected vol
ume shown in Figure 5.5.
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5.3.1 The Force-free and Divergence-free State

We now test whether the magnetic field has reached a truly force-free State. The current-

weighted average of the sine of the angle between the current density and the magnetic field is

used as the force-free State metric (Wheatland et al. 2000):

(CW sin#)
Ej Ji Sin

Ji

where

sin 9i =
Ji X B;

JiBi

(5.2)

(5.3)

The summation is realized within the subdomain shown in Figure 5.5(a), which spans over

80 x 80 x 5 grid points labelled with the index i. For a perfectly force-free field, the current

density and the magnetic field are parallel to each other at each grid point, i.e. (CW sin #) = 0.
In Table 5.1, we list (CW sin#) for different bottom boundary conditions of the extrapolation

(see below). For the extrapolation discussed in the previous subsection, (CWsin#) = 0.28,

which corresponds to an angle of ~ 16°. We plot sin#; at the bottom layer and the electric

current density around the flux rope in Figure 5.5. Typically, sin#; is smaller where J; is

larger, and the large values of J; usually appear along the flux rope. We select 60 points inside

the flux rope and compute (CWsin#), which is 0.09 implying an relatively small angle of
~ 5°.

Another metric for the extrapolation resuit is the degree of divergence-freeness of the mag

netic field. To this end, the unsigned average of the fractional flux change, (|/;|), is calculated,

where |/;| = |(V B);|/(6E?;/A:r). For the extrapolation discussed above, (|/;|) is about
4.9 x 10~3 in the selected volume (Table 5.1). For comparison, (|/;|) is 4.8 x 10“5 for the Low
& Lou field calculation, averaged over ail grid points of the extrapolation domain (Wheatland

et al. 2000), and it is 5.0 x 10~4 for the extrapolation of preprocessed and smoothed photo-
spheric data generated by the flux rope insertion method (van Ballegooijen et al. 2000; van

Ballegooijen 2004), using the optimization method (Metcalf et al. 2008).

In order to test which is the best way to choose and preprocess the bottom boundaries, we

hâve made two more extrapolations and calculated their force-free and divergence-free metrics

(see Table 5.1). In the first case, the vector magnetic fields observed by THEMIS/MTR are

embedded in an MDI magnetogram (Figure 5.1(a)). The transverse components outside the

rectangle are adopted by a potential field extrapolation using the LOS magnetic fields obtained

by MDI in the FOV shown in Figure 5.1(a). We define the flux balance parameter, e/, as

EAS

Then, e/ is 0.02 for the combined magnetogram, which is much better than €/ = -0.47 for
the FOV of THEMIS/MTR only. After that, the preprocessing and smoothing is applied to this

flux balanced bottom boundary, and the preprocessed vector magnetic field within the FOV

of THEMIS/MTR is used as the boundary conditions for the extrapolation. In the second

case, the vector magnetic fields observed by THEMIS/MTR are neither embedded in an MDI
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magnetogram, nor preprocessed, i.e. used directly as boundary conditions.

From Table 5.1, we can see that the force-free measure of the magnetic field extrapolated

with the embedded, flux balanced boundary is worse than for the boundary preprocessed and

smoothed full FOV of THEMIS/MTR. This indicates that embedding the vector magnetic field

into an inconsistent larger FOV decreases the quality of the extrapolation in our case. The

preprocessing and smoothing helps the extrapolation to converge to a force-free State in both

cases. If the magnetic field is not preprocessed, the extrapolated field does not vary much from

the potential field {E/Evot — 1.01 is very small), and (CWsinfl) = 0.68 is relatively large
(see Table 5.1). We cannot recover the flux rope any more in this case. The preprocessing and

smoothing is therefore crucial for the successful NLFFF extrapolation from the photospheric

vector magnetic fields in our case. The divergence-free measure always keeps at the accuracy

of the magnetic field measurements for ail three cases.

5.3.2 Comparison Between the Magnetic Field and the Ha Filament

The Ha line center image observed by THEMIS/MTR in Figure 5.6(a) shows the filament

at the location where we find the flux rope. Towards the Southwest, an arch filament System is

présent, indicating the emergence of new magnetic fields from the convective zone. We overlay

the extrapolated field with the Ha image in Figure 5.6(b). The accuracy of the alignment can be

guaranteed below one pixel, since the spectra of Fe 6302.5 Â and Ha 6562.8 Â were recorded
by THEMIS/MTR simultaneously. The images constructed by these two fines mismatch each

other only because of their slightly different pixel sizes. This is corrected by interpolation of

the Ha image to the spatial resolution of the magnetic field map. From Figure 5.6(b), we can

see that the flux rope aligns with the filament very well. However, it accounts only for a part of
the filament.

We calculate the magnetic dips, using a horizontal/vertical grid size of ~330 km, and over

lay them with the Ha fine center image, as shown in Figure 5.6(c)-(e). The field fines starting

from the dips are integrated in both directions up to a filling height of 300 km, or, to a local

maximum if the field fine starts to descend before it reaches this height. It can be seen that the

locations of the dips aie very well aligned with the filament over ail its length. The western

part of the filament does not coincide with the flux rope, but with the dips along the sheared

field fines. The transverse field at these dips has a component orthogonal to the spine of the

filament, pointing from positive to négative Bz, i.e., the field has normal polarity. In the eastem

part of the dip distribution area, along the flux rope, the field has inverse polarity. So, there are

both normal polarity and inverse polarity magnetic structures supporting different parts of one
filament.

A two-dimensional section in the western paît of the région (x 6 [—60.0", —50.0"], y —

-114.7", and z G [0.0", 1.0"]) is selected, and the field fines are integrated from some sample

points on this section. The field fines are plotted in Figure 5.6(f) and they span over a quadrupo-

lar région. Figure 5.6(g) reveals that the dips along the arcade field fines, at x = —56.7" and

x = —52.0", hâve a bald patch and X-point below them when they are viewed in two dimen

sions, respectively. They corresponds to the so-called FBP and FX configuration as labelled

in Figure 3 of Aulanier & Démoulin (1998). In a quadrupolar magnetic field, the notion of

normal/inverse polarity dépends on which reference polarities are used. If we use the parasitic

polarity below the local dip, an FBP configuration is inverse. Or, if we use the main polari-
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Figure 5.6 (a) Filament observed in the Ha line center by THEMIS/MTR. (b) Overlay of the Ha image

and the extrapolated magnetic field. The colored field fines are the same as in Figure 5.4. (c-e) Dips
(green “+” signs) found in the extrapolated magnetic field (calculated with a grid spacing of ~330 km
in the vertical direction). The red field fines starting from the dips are integrated in both directions

up to a filling height of 300 km, or to a local maximum if they start to descend before that height.
Different panels show different viewing angles. The contours represent the LOS magnetic field Bz. (f)
The orange field fines start from selected dips and are integrated until they go out of the box. The red

field fines in the western part are integrated from randomly distributed sample points on the section at
x G [—60.0",—50.0"], y — —114.7", and z G [0.0", 1.0"]. The gray-scale image shows the LOS
magnetic field Bz. (g) Edge-on view on the red field fines shown in Figure 5.6(f).
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ties where the entire field line is rooted, the FBP configuration is normal. We prefer the latter

définition. For the sheared field fines (not in quadrupolar magnetic fields), the configuration is

preferentially normal. These sheared arcade with normal polarities could partly be associated

with the model in Antiochos et al. (1994), even though the latter incorporâtes a majority of

inverse polarity dips.

It is also worth to note that the dips are located not only along the main body of the filament,

but also at latéral extensions, called feet or barbs (located around [x, y] = [—90", —125"] and

[-60", -100"] in Figure 5.6(c), in the arcade paît of the filament). The organization of the
barbs implies a left-bearing filament, which is defined as follows. Viewed from either side of
the filament, the barbs on the side doser to the observer veer from the filament axis to the

left (Martin et al. 1994; Martin 1998). Such latéral extensions were previously associated with

small polarities having the opposite field sign to the dominant polarity on both sides of the fila

ment (Aulanier & Démoulin 1998; Aulanier et al. 1999). Recently, Mackay & van Ballegooijen

(2009) found such latéral dip extensions in a NLFFF model with small magnetic polarities of

both sign. In our case, the polarities are not small, rather the latéral dip extensions appear

where the photospheric inversion fine is strongly bent (Figure 5.6(a)). Another différence to

earlier models is that the latéral dip extensions are not due to the deformation of a twisted flux

tube, but are présent in an arcade (Figure 5.6(f)). This implies that these latéral dips hâve a

normal (rather than inverse) configuration (just as the part of the filament between these latéral

extensions).

We do not find dips in the area above [x, y] « [—95", —115"] although filament material
is located there. Several reasons may account for this. First, we find large currents in this

région as shown in Figure 5.5. The fields do not change continuously in some places, therefore

the force-free field extrapolation may not recover the resuit accurately enough in this région.

Second, from Figure 5.4(c), we can see that the western foot of the flux rope becomes vertical.

Then dips cannot be found although the field fines are still twisted there. Third, the field fines

aie only integrated up to the filling height of 300 km, which is empirical, while the plasma

could flow away along the field fines. This may also explain the gap between dip distribution

and the filament material. Finally, the NLFFF model does not consider gravity and thermal

pressure gradients, which may alter the distribution of the magnetic dips, since the gravity can

locally amplify the depth of the dips, and induce new ones in the surrounding field. It is also

worth to note that the filament does not follow the polarity inversion fine, and passes on the

north side of it in this area where we do not find dips.

The local magnetic helicity in our studied région is négative, as apparent from the left-

handed flux rope and the left-skewed overlying arcades (an arcade is left-skewed if it bears

an acute angle anticlockwise from the associated polarity inversion fine when viewed from

the top). Furthermore, the filament chirality as inferred from the extrapolated magnetic field

is dextral, since the axial field component along the whole filament points to the right when

viewed from the positive magnetic polarity région. Note that this “axial field chirality” (dex-

tral/sinistral) is different from the “barb chirality” (left-bearing/right bearing) as defined above.

In order to obtain the latter also for régions where no barbs are présent, or aie not visible due

to the limited resolution of the Ha image, we use the orientation of the field fine segments

around the dips (shown in red in Figure 5.6(c)) as a proxy. It can be seen from the figure that

the “barbs” are right-bearing (resp. left-bearing) in the flux rope (resp. arcade) paît of the ex

trapolated field along the filament. Finally, as mentioned above, we find inverse (resp. normal)
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Table 5.2 Comparison of patterns and magnetic structures of the filament with a
theoretical model.

Filament Feature Eastem part Western part Wire modela

Axial field chiralityb Dextral Dextral Dextral

Filament barb chirality0 Right bearing Left bearing Right bearing

Magnetic field configuration Flux rope Arcaded Arcaded

Magnetic field geometry Dip Dip Fiat

Magnetic field orientation Inverse Normal Inverse

Filament field helicity sign < 0 < 0 > 0

Overlying arcade helicity sign < 0 < 0 < 0

Notes.

a Referred to Martin et al. (1994) and Martin (1998).

b The chirality of axial magnetic field is defined as follows. Sitting and viewing
a filament from the main positive magnetic polarity, if its axial magnetic field
component points to the right/left, the filament is dextral/sinistral.

c The chirality of filament barbs is defined as follows. Viewed from either side
of a filament, if the barbs on the side doser to the observer veer from the filament

axis to the right/left, the filament is right bearing/left bearing.

d The arcade in our studied filament includes the quadrupolar FBP/FX arcade
(x 6 [—70", —50"]; Figure 5.6(f)) and the bipolar sheared arcade with normal
polarity (x € [—90", —70"]; Figure 5.6(f)). Both arcades are rooted in the main
polarities. An arcade in the wire model is rooted in the parasitic polarities.

configuration in the flux rope (resp. arcade) dips in the field. These findings are summarized,

and compared with the prédictions of the arcade-type wire model for filaments (Martin et al.

1994; Martin 1998) in Table 5.2.

It is found that in the observed filament, both sections hâve opposite barb chiralities for the

same axial field chirality (due to inverse versus normal magnetic field orientations within the

dips), and that neither section is consistent with the properties of the wire model ail together

(since this model does not incorporate dips, and it requires an opposite helicity sign in the

filament fields).

5.3.3 Magnetic Fields in the Flux Rope

In order to confirm the existence of the flux rope, we décomposé the magnetic field compo-

nents in a flux rope reference frame and study the distributions of these components. The most

important issue of the décomposition is to détermine the axis of the flux rope. Two assumptions

are made: the flux rope between points 1 and 3 in Figure 5.7(a) is oriented horizontal and tan

gent to the inversion line. Then, we fit the inversion line between points 1 and 3 by a third order

polynomial, shown by the solid curve in Figure 5.7(a). Point 2 is used as an example to show

how the flux rope reference frame is defined. As shown in Figure 5.7(a), the p- and ^-directions

are tangential and orthogonal to the fitted inversion line at point 2, respectively. The directions

at points 1 and 3 can be defined similarly.

We décomposé the magnetic field into p-, v-, and ^-direction components as shown in Fig-
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Local Coordinate System of the Flux Rope

-130-120-110-100 -90 -80

x (arcsec)

Distributions of Bp (), Bv (A), and Bz (*)

Figure 5.7 (a) Local coordinate System of the flux rope. The dash-dotted line marks the polarity inversion

line. In order to approximate the horizontal orientation of the flux rope axis, a third-order polynomial

is fitted between points 1 and 3 to the inversion line. The central point 2 is then selected and the p-

and v-direction are defined as tangential and normal directions, respectively. (b) The distributions of

Bp, Bv (the horizontal magnetic field components in the local coordinate System), and Bz along the
^-direction at point 2. Square, triangle, and asterisk symbols dénoté Bp, Bv, and Bz, respectively. The
larger symbols at z = 0 represent the original data before preprocessing. The smaller symbols are the

preprocessed and extrapolated data.

ure 5.7(a), and plot their distributions along the height (z:-direction) at point 2 in Figure 5.7(b).

The distributions of BP,BV, and Bz at points 1 and 3 are very similar to that at point 2. The

component parallel to the flux rope, Bp, increases first with height until the axis of the flux

rope, then it decreases. The strength of Bp on the axis is ~700-800 G, which is almost equal

to the total field strength B, because Bv and Bz are close to zéro there. At any height, Bp is

larger than Bv and much larger than Bz, showing that the flux rope is almost horizontal and not

very strongly twisted along the inversion line. Bv changes its sign when it crosses the axis of

the flux rope, which is a clear evidence that the field fines rotate around the axis. Bz is always

close to zéro because the magnetic field is almost horizontal at the sample point. The origi-

nally observed magnetic fields on the bottom boundary (before preprocessing) are also shown

as larger symbols in Figure 5.7(b). The largest différence is ~25% for the Bp component.

The increase of the magnetic field strength from the edge to the center of the magnetic flux

rope is a simple conséquence of the force balance, as follows. The Lorentz force can be written

as

J x B = i(B • V)B — V (5.5)

In the force-free equilibrium State, namely J x B = 0, the magnetic tension compensâtes the

gradient of the magnetic pressure such as

B2

~R
d{B2/2)

dn
= 0,
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where B = Bt, and t is tangential to the field line. The normal unit vector n is defined as

n/R = dt/ds, where R and s are the radius of curvature and the arc length along the field line,

respectively. For the flux rope, B2/R is a nonzero positive number, hence, the strength of the

magnetic field must increase from edge to the center to compensate the magnetic tension.

5.4 Discussion and Conclusions

The computation of the coronal field from vector magnetic fields is still in the development

stage, in particular in trying to obtain high temporal, spatial, and spectral observations, as well

as removing the intrinsic 180° ambiguity. Regarding the NLFFF extrapolation itself, better

algorithms to treat the problem and new methods to get consistent boundary conditions are still

under discussion. We hâve made advances on two main steps of the process.

Firstly, we hâve tested three methods to remove the 180° ambiguity. Since none of the re-

sults was fully satisfactory, because discontinuities in the field orientation were always présent,

we hâve developed a new method which succeeds to provide a cohérent orientation of the mag

netic field through ail the magnetogram, except for some small régions where abrupt changes

of the transverse field could not be fully removed (see Section 5.2.2). This step is fundamental

for a successful extrapolation.

Secondly, the vector magnetograms measured by THEMIS/MTR often hâve a too small

FOV to include ail the magnetic field related to an active région. This field of view limitation is

also présent with some other vector magnetographs. This implies a non-negligible imbalance

of magnetic flux in many cases. For the analyzed active région, we show that embedding the

vector magnetogram in a larger LOS magnetogram to résolve the flux imbalance introduces

inconsistencies in the computed field (since the LOS field has no information on electric cur-

rents). We found that it is better to do the preprocessing of the data on the original FOV of

the vector magnetogram. In particular, the metrics used to test the results are best in this case

(Table 5.1).

Our extrapolation results show that the field fines connecting to areas outside the box mostly

originate from the négative polarity, and that field fines from this polarity do not connect to the

région where we found the flux rope (Figure 5.4(a)). The size of the flux rope is relatively small

compared to the FOV of THEMIS/MTR. The rope fies in the center and ail its field fines are

closed within the FOV. Ail these factors prevent the flux rope from being significantly affected

by the flux imbalance of the bottom boundary.

To further test our results we compute the magnetic dips. When viewed from above, their

spatial distribution superposes well with the observed Ha filament (Figure 5.6(c)). The dips

of the flux rope reproduce the thin part of the filament (its eastern part), while dips in arcade

field fines describe very well the broad latéral extent of the filament’s western paît. This is

a successful test of our extrapolation, and it also confirms that Ha filaments are supported in

magnetic dips.

The studied filament has a complex magnetic structure, formed paitly by a flux rope and

partly by a dipped arcade, and it is located above a very bent (S-shaped) inversion fine. This

strong bending has similar effects as small parasitic polarities located in the corridor of other

filaments, as it also induces the création of latéral extensions of dips. We found that these

extended dips correspond to the feet, or barbs, of the Ha filament (Figure 5.6(c)). Since these

latéral extensions are located in dipped arcades, their chirality is opposite to the one présent

94



Chapter V Magnetic Field Structures of a Solar Filament: Flux Rope and Dipped Arcade

in a flux rope. More precisely, in the analyzed configuration the magnetic helicity is négative

and the latéral extensions are left bearing, while they should be right bearing in a flux rope

configuration (as shown in previous studies). We cannot test this for the studied filament, since

no latéral extensions are présent in the région of the flux rope. However, we can already see

that, in a magnetic field with the same helicity, the chirality of the pattern arranged by the

field line segments around the dips in the flux rope is right bearing, and that of the arcade is left

bearing (Figure 5.6(c) and (f)). Therefore, flux ropes and arcades preferentially induce opposite

chirality for the filament barbs and feet in the magnetic field with the same helicity.

However, it was generally assumed that the magnetic structure of a filament is either that of

an arcade or that of a flux rope. Therefore, if one observes opposite barb chiralities in different

parts of one filament, one might wrongly conclude that the magnetic field has also opposite

helicity in these parts. In some cases where both right bearing and left bearing barbs are found

for one filament (e.g., Chandra et al. 2010), the helicity sign for the associated magnetic field

may be the same, while one part of the filament is supported by a flux rope, and the other by an

arcade.

Active région filaments lie lower in the atmosphère than quiescent ones. The heights of the

top dips range from ~1500 to 5000 km for the studied filaments. However, extrapolation runs

with different grid resolutions in ^-direction give different heights, which needs to be further

studied. Also, we do not include the gravity of the filament plasma here. How much the gravity

would affect the height of magnetic dips is still an open question. The answer needs more

sophisticated modelling like nonlinear magneto-hydrostatic models (Wiegelmann & Neukirch

2006) or even full MHD simulations, as well as précisé estimations of the plasma density within
the filament.

The magnetic field strength in the rope center is ~700 G, which is larger than findings

in previous measurements or modelling of active région filaments by Wiehr & Stellmacher

(1991), Aulanier & Démoulin (2003), and Sasso et al. (2007), where field strengths of 150,

40, and 380 gauss hâve been obtained, respectively. However, recently Kuckein et al. (2009)

reported ~600-700 G for an active région filament, obtained from analyzing the full Stokes

profiles in the He I 10830 Â spectral région. Our resuit is consistent with their values.

In summary, our magnetic field extrapolation permits to understand the complex shape and

structure of the observed Ha filament. The good agreement between the locations of the mag

netic dips and the filament is a further successful test of the method developed. About 2 hours

after the time for which the presented extrapolation was obtained, an M 1.1 class flare occurred.

The magnetic flux rope is located at the place where the éruption was initiated. Our resent

results will be the base of further research to understand the initiation of this éruption.
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Mechanism of a Confined Eruption

6.1 Introduction

Filament (or prominence) éruptions, coronal mass éjections (CMEs), and flares are different

manifestations of large-scale explosive energy release events in the corona (Priest & Forbes

2002). They are closely related to each other, which becomes clear from the magnetic nature

of these phenomena. A highly sheared magnetic field or a magnetic flux rope is a favorite

configuration both for the support of filament material and for the pre-eruptive phase of CMEs

and flares (Antiochos et al. 1994; Torôk & Kliem 2005; Fan & Gibson 2007). The éruption of

this core field is usually traced by filament éruptions, and it stretches the overlying envelope

field and forms a current sheet below it (Moore et al. 2001). Magnetic reconnection in the

current sheet converts the magnetic energy into kinetic and thermal energies of plasma and

particles, which propagate along the reconnected field fines below the reconnection site and

generate flare ribbons and “post-flare” loops. Above the reconnection site, a magnetic flux rope

is ejected, propels plasma into the interplanetary space, and forms CMEs.

Although filament éruptions, CMEs, and flares are often simultaneously observed, solar

éruptions can occur without significant flaring (if the magnetic field in their source région is

weak), without a filament (if none has formed in the core field prior to the éruption), or both.

Additionally, there are cases where the éruption does not evolve into a CME, so-called confined

(or failed) éruptions. It is believed that an éruption is confined if the overlying field is too strong

(Moore et al. 2001) or does not drop sufficiently fast with height above the photosphère (Tôrëk

& Kliem 2005).

While this general scénario for solar éruptions is now widely accepted, there are still some

unresolved problems, in particular it is not yet well understood how éruptions are initiated

and driven. Accordingly, a variety of physical mechanisms hâve been suggested and a large

number of theoretical models hâve been developed (for a recent review see, e.g., Aulanier

et al. 2010). Although these models hâve been successful in reproducing essential features

of solar éruptions, they mostly still lack quantitative initiation thresholds that could be tested

against observations. A noticeable exception are models based on idéal magnetohydrodynamic

(MHD) flux rope instabilities. Although thresholds provided by these models are not unique,

but dépend on the details of the considered configuration, they typically fie within a relatively

narrow range, making a comparison with observations or coronal magnetic field extrapolations

meaningful.

The helical kink instability (hereafter Kl) has been suggested as an initiation mechanism

early on, based on the often observed helical deformation of erupting prominences (Sakurai

1976). It requires the presence of a flux rope prior to éruption and occurs if the rope twist

exceeds a certain threshold, yielding a helical deformation of the rope by converting some of

its twist into writhe (e.g., Torok et al. 2010). The critical twist is typically of the order of 1-2

field fine windings. For a line-tied, cylindrically symmetric flux rope model, a critical twist

angle of 2.57T (1.25 field fine windings) has been found analytically by Hood & Priest (1981).
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For arched flux rope models, being more realistic for the solar corona, Fan & Gibson (2003)

and Torok et al. (2004) found values of 3.07T and 3.57T, respectively, in numerical simulations.

Estimations of magnetic twist exceeding these thresholds were indeed reported for unstable

prominences by Vrsnak et al. (1991) and Romano et al. (2003). Further evidence for the Kl

triggering éruptions has been observed for both confined éruptions (e.g., Ji et al. 2003) and

CMEs (e.g., Williams et al. 2005).

Although the Kl can yield an upward accélération of a coronal flux rope (Fan & Gibson

2003; Torok et al. 2004), it is unlikely to account for the huge expansion of CMEs, i.e., for a

full éruption. Based on this limitation, and on the fact that the majority of erupting prominences

do not exhibit a significant helical deformation, Kliem & Torok (2006) suggested the torus

instability (hereafter TI) as the main driver of CMEs in their rapid accélération phase. The

instability is driven by the hoop force (or Lorentz self-force) of a bent flux rope. It occurs if

the restoring force due to the interaction of the flux rope current with an external magnetic

field Bex (the field produces by sources other than the flux rope current) decreases faster during

the expansion of the rope than the hoop force itself. The instability threshold is therefore

determined by the slope of Bex, which can be quantified by the “decay index,”

n = —d\nBex/d\nR, (6.1)

where R is the flux rope major radius. The exact threshold dépends on a number of factors,

but is (if non-circular flux rope shapes are considered as well) expected to lie in the range

1.1 ^ nc 2 (Bateman 1978; Kliem & Torok 2006; Schrijver et al. 2008; Démoulin &

Aulanier 2010). Values of ~ 1.5 and « 1.9 hâve been found in numerical simulations of the

TI for line-tied flux ropes (Torok & Kliem 2007; Aulanier et al. 2010, and Fan & Gibson 2007,

respectively).

In this chapter, we check the theoretically predicted éruption thresholds for both instabilities

in a confined éruption that was accompanied by an M-class flare, using models of the pre-

eruptive coronal magnetic field. Such analysis has been done so far only separately for the Kl

(e.g., Savcheva & van Ballegooijen 2009) and the TI (Liu 2008). A magnetic flux rope présent

in the source région shoitly before the éruption has been found in a NLFFF extrapolation by

Guo et al. (2010d). We use this model to estimate the flux rope twist, and we use a potential

field extrapolation to estimate the decay index of the external magnetic field. In the following,

we présent the observations and describe our analysis in Section 6.2. Our results are given in

Section 6.3, and we draw our conclusions in Section 6.4.

6.2 Observations and Data Analysis

The event we study here took place on 2005 May 27 in AR NOAA 10767. An M 1.1 flare

occurred between about 11:53 and 12:40 UT (peaked at 12:30 UT). The flare was fully covered

by TRACE (Handy et al. 1999) in the 1600 Â band, which is sensitive to températures of (4.0-
10.0) xlO3 K, with a cadence of ~30 s (Figure 6.1). The région contained a filament that was

observed prior to the flare by THEMIS/MTR (Bommier et al. 2007) as shown in Figure 6.1(e).

Observations of the Stokes profile for the Fe 6302.5 Â line by the same instrument were used
by Guo et al. (2010d) to dérivé the vector magnetic field of the région at 10:17 UT, which was

then used to perform a NLFFF extrapolation, employing the optimization method (Wheatland
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Figure 6.1 (a-c) TRACE 1600 Â images on 2005 May 27 (the gray scale is reversed). Solid, dashed,
and dash-dotted contours dénoté positive and négative polarities, and the polarity inversion line of the

line-of-sight magnetic field observed by THEMIS/MTR, respectively. The contours were rotated to the
respective times of the TRACE images. RI and R2 in panel (b) dénoté the two flare ribbons. (d) The same
TRACE image as in panel (c), with the contrast in the top part of the erupting structure being enhanced.
The arrows indicate the apparent direction of rotation, (e) The filament observed in the THEMIS/MTR
Ha line at 10:17 UT. (f) Magnetic flux rope and some overlying arcade field fines (orange) from the

NLFFF extrapolation, overlaid on the Ha image.
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Figure 6.2 An axis curve x(s) and a secondary curve y (s) to illustrate how the twist between two curves
are defined. Refer to Berger & Prior (2006) for more details.

et al. 2000; Wiegelmann 2004). The extrapolation revealed the presence of a magnetic flux

rope which coincided with the eastem part of the filament (Figure 6.1(f)), while an arcade

configuration was found for the western paît of the filament. We refer to Guo et al. (2010d) for

further details on the extrapolation.

The AR started to brighten from the east to the west as shown in Figures 6.1(a)-(c). We

identify two flare ribbons in Figure 6.1 (b). The early brightening région at 12:07 UT (Figure

6.1 (a)) coincided with the location of the extrapolated flux rope. Afterward, the éruption dis-

played an ascending and helically deforming rope-like structure, whose top part was located in

the western paît of the AR (Figures 6.1(c) and (d)). The morphological évolution is character-

istic of the Kl, thus supporting the existence of the flux rope found in the NLFFF extrapolation.

The apex of the observed rope rotated counterclockwise about the direction of ascent, corre-

sponding to left-handed twist (e.g., Green et al. 2007), which is in agreement with the sign of

twist found in the extrapolated flux rope (Guo et al. 2010d).

It is apparent that the final position of the top part of the observed rope-like structure was

located significantly to the west of the location of the extrapolated flux rope. This may be

explained by asymmetries in the overlying field, yielding a strongly nonradial rise of the rope,

or by a growth of the flux rope length due to reconnection of sheared arcade fields in the west

of the AR during the 2 hr between the extrapolation and the end of the éruption.

The observations suggest that the rise of the flux rope terminated at a relatively low height in

the corona, i.e., that the éruption was confined. In order to check this, we looked at SOHOILASCO

(Brueckner et al. 1995) data. Two CMEs were observed close to the time of the flare, appear-

ing in the LASCO/C2 field of view at 11:50 and 16:06 UT, respectively. The first one appears

somewhat too early to be in line with the flare, and the second one is too late. Furthermore, the

apparent angular widths of the two CMEs were 48° and 38°, respectively, while the flare oc-

curred very close to the disk center (located at S08E04), which indicates that the two relatively

naiTow CMEs did not originate from the flare région. However, it is possible that a CME origi-

nating from the disk center is missed by a coronagraph (e.g., Zhang et al. 2010). We therefore

also looked at SOHO/EYT (Delaboudinière et al. 1995) data. Unfortunately, the limited datasets

available for the day of the flare did not allow clear conclusions. We found no indications for a

CME related to the flare in the data available.

In order to check whether the éruption might hâve been triggered by the Kl, we compute the
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Figure 6.3 (a) Line-of-sight magnetogram obtained by SOHOIMDI. The white magnetic field fines depict

the extrapolated potential field. The black rectangle dénotés the field of view of panel (b), (b) The TRACE
171 Â image observed at 11:10 UT overlaid with selected field fines.

twist of the extrapolated flux rope. Since the rope has no simple symmetry, the commonly used

expression for the twist angle of a cylindrically symmetric flux rope is not appropriate here.

We therefore use expressions for arbitrary shaped field fines from Berger & Prior (2006). For

a smooth axis curve, x, with arbitrary geometry and no self-intersection, the twist density of a

secondary curve, y, about the axis is defined by

d$

ds

1 M N dV(s)
-T(s) • V(.) x (6.2)

where s is the arc length from an arbitrary starting point on the axis curve, T(s) a unit vector

tangent to x(s), and V (s) a unit vector normal to T(s) and pointing from x(s) to a point, y (s),

on the secondary curve (see Figure 6.2). The twist angle follows from intégration along the

curve.

In order to study the conditions for the occurrence of the TI, we consider a larger volume of

the magnetic field above the AR. To this end, we compute the potential field in a volume of size

635" x 635" x 635", using the Greens function method (Chiu & Hilton 1977). As boundary

condition we use the line-of-sight magnetogram observed by SOHOIMDI (Scherrer et al. 1995)

at 11:11 UT. Following Fan & Gibson (2007) and Aulanier et al. (2010), we use the potential

field (Bp) as a proxy for the extemal field (Bex), since the latter cannot be straightforwardly
derived from the total magnetic field provided by the NLFFF extrapolation.

Figure 6.3(a) displays the full field of view of the extrapolated potential field, which shows

some trans-equatorial field fines connecting NOAA 10767 with NOAA 10766 in the northern

hemisphere. Selected field fines from a smaller field of view are overlaid on a TRACE 171

Â image at 11:10 UT in Figure 6.3(b). The filament can be seen as the dark feature at æ E

[—110", —40"], y G [—140", —100"], constrained by overlying arcade field fines. The potential

field fines match the bright TRACE loops well, except for some highly sheared loops in the core
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Figure 6.4 (a) A third-order polynomial (solid curve) fitted to the polarity inversion line (dash-dotted

curve) between points 1 and 3. The line segment perpendicular to the polynomial at point 2 represents

the projection of a 2" x 2" square, which is perpendicular to the bottom surface (for better visuality
we stretched the line segment by a factor 2.5). The square is the projection of a rectangular box with

80 x 80 x 5 grid points just above the bottom layer. (b) Sample field fines of the flux rope. The black

fine depicts the computed axis, (c) Distance along y-direction from the selected field fines to the polarity

inversion fine. The distribution is only plotted between points 1 and 3. (d) Distance along ^-direction

from the selected field fines to their average heights.

of the AR.

6.3 Results

6.3.1 Twist Number and Decay Index

In order to measure the twist of the extrapolated flux rope, we first hâve to locate its axis.

For this, we assume that the part of the rope between points 1 and 3 in Figure 6.4(a) is oriented

horizontally and tangent to the polarity inversion line. An objective function is defined to
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Figure 6.5 Height distributions of the magnetic field decay index, —d\nBp/d\nh, from five selected
origins as shown in Figure 6.1(e). The magnetic field is from the potential field extrapolation at 11:11
UT.

evaluate how well these assumptions are fulfilled:

pP3 rP3
F= \y(x) - yp(x)\dx + / \z(x) - za\dx, (6.3)

Jpi Jpi

where y(x) and z(x) are the Cartesian coordinates of the projection of a field line on the xy-

plane and x2:-plane, respectively, yp(x) is the y-component of the polarity inversion line, and
za is the average height of a field line. The intégration is performed between points 1 and

3. The first term measures how close the projection of a field line on the xy-plane is to the

polarity inversion line. The second one measures how close a field line is to its average height.

The smaller the F, the better the above assumptions are fulfilled. We calculate 80 x 80 field

fines, uniformly distributed over a 2" x 2" vertical square that is perpendicular to the polarity

inversion fine at the approximate center of the flux rope (point 2). We then define the axis as

the field fine for which F is minimal (shown in black in Figure 6.4(b)-(d)). The two integrands

in Equation (6.3) are shown for some sample field fines in Figures 6.4(c) and (d), respectively.

Once the axis is determined, the twist of a field fine about the axis can be calculated by

integrating Equation (6.2) along the axis. We average the twist of the field fines which pass

through the 2" x 2" square and which are longer than the axis, to quantify the twist of the rope.

This average twist is ~1.8 tums (3.67T in radian). The individual twist of some selected field

fines is noted in Figure 6.4(b). The average twist is comparable to the critical twists for kink-

unstable coronal flux ropes of 1.5 and 1.75 tums found by Fan & Gibson (2003) and Torok

et al. (2004), respectively.

Next, we estimate the onset criterion for the TI. As in previous studies of line-tied flux
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Figure 6.6 Sketch of the different grid resolutions in the ^-direction. The resolution in x- and y-directions

always keeps the same.

ropes, we approximate R in Equation (6.1) by the height above the photosphère, h (see also

Torok & Kliem 2007; Fan & Gibson 2007; Aulanier et al. 2010). The height distributions of

the approximated decay index, d ln Bp/d ln h, are plotted in Figure 6.5 up to a height of 160",
starting from five selected origins at the photosphère which are shown in Figure 6.1(e). For

ail locations, the decay index first increases and then decreases with height, reaching a local

maximum at h « 40", before it starts to increase again almost linearly from h « 60-90)". It

can be seen that it stays always below the critical slope of nc « 1.9 found by Fan & Gibson

(2007) for ail points, and always below nc « 1.5, found by Torok & Kliem (2007) and Aulanier

et al. (2010), for points 3-5, i.e., in the western part of the AR, where the top part of the erupting

structure was observed. Since we do not know the height the erupting structure has reached,

we roughly estimate the maximum height required for an erupting flux rope in our event to be

susceptible for the TI. This height is reached when the ascending rope has obtained a semi-

circulai' shape (Chen & Krall 2003; Kliem & Torok 2006). To do so, we conservatively assume

that the pre-eruptive flux rope spanned over the whole area covered by the flare ribbons, which

is about 100" (between RI and R2 in Figure 6.1 (b)). This yields a maximum height of 50", far

smaller than the height range shown in Figure 6.5.

6.3.2 Extrapolations with Different Vertical Grid Resolutions

In the following, we study how different grid resolutions in the optimization code affect the

extrapolation results in the définition of the flux rope, especially in the calculation of the twist

numbers. Four cases, where the spatial resolutions along the height are -, 1, 2 and 4 times that

along the horizontal plane, will be tested with the Low and Lou’s analytical NLFFF solution

and applied to the active région NOAA 10767. The sketch of the different grids is shown in

Figure 6.6. Only different resolutions in the ^-direction are considered, while Ax and Ay keep

the same and equal to each other in ail the four cases.

To test the performance of these codes, we préparé four analytical solutions with the four

different spatial resolutions (Az = 2Ax = 2Ay, Az = Ax = Ay, Az = -Ax = ^Ay,
and Az — \Ax — \Ay) in a rectangular box. We use the figures of merit defined in Schrijver
et al. (2006) and Metcalf et al. (2008) to quantify the degree of agreement between the analytical
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Table 6.1 Metrics for the NLFFF extrapolations from the Low & Lou solution.

Grid resolution3. Boundaryb Cvec Ccs 1 -En 1 - e/ellc

Az = 2Ax = 2Ay A 0.9987 0.9889 0.9166 0.8671 1.0020

B 0.9966 0.9488 0.8090 0.5133 0.9932

Az = Ax = Ay A 0.9998 0.9995 0.9775 0.9712 1.0085

B 0.9967 0.9238 0.8204 0.5781 0.9886

Az = \Ax = \Ay A 0.9997 0.9986 0.9702 0.9583 1.0051

B 0.9962 0.9317 0.8413 0.6674 0.9833

Az - \Ax = -Ay A 0.9998 0.9966 0.9747 0.9597 1.0065

B 0.9950 0.9519 0.8517 0.7238 0.9683

Notes.

a Optimization codes with different grid resolutions.

b A: ail the six boundaries are specified; B: only the bottom boundary is specified.
The latéral and top boundaries are specified by the potential field extrapolated from

the bottom boundary.

c Energy contained in the NLFFF normalized to that in the Low & Lou solution.

magnetic field B and the extrapolated b. The vector corrélation metric is defined as

_ Xlj ^

the Cauchy-Schwartz metric:

ccs = T y L = Iy
Cb M ^ B, b, M ^

cos 6j

the normalized vector error metric:

En =
Ei Ibi ~ B,

E iB

the mean vector error metric:

1 y- I bj ~
M ^ B

(6.4)

(6.5)

(6.6)

(6.7)

Here, Bt = |B^| and bi = |bj|. The summations run over ail the points i in the volume of

interest, M is the total number of points, and 0$ is the angle between the analytical and the

extrapolated fields at point i. If the two vector fields are identical, then Cvec = 1 and Ccs = 1;

CVec = 0 and Ccs = 0 if Bj JL b* at each point. Unlike the vector corrélation and Cauchy-

Schwarz metrics, En — 0 and Em = 0 if the two vector fields are perfectly matched each other.

For an consistent comparison with the other metrics, we list 1 — En and 1 — Em in Table 6.1,

so that ail the metrics reach unity if the two vector fields are identical.
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Table 6.2 Metrics for NLFFF extrapolations from the observation data.

Grid resolutiona E/Epoth (CW sin#)c <i/ii)d

A2: = 2Aa: = 2Ay 1.41 0.28 4.5 x 10-3

5»<1IIH<II<1 1.36 0.28 4.9 x 10~3

A2 = \Ax = |Ay 1.30 0.28 5.2 x 10~3

Az = \Ax = \Ay 1.25 0.26 5.6 x 10~3

Notes.

a Optimization codes with different grid resolutions.

b Energy contained in the NLFFF referred to that in the potential
field.

c Current-weighted average of the sine of the angle between the elec-

tric current density and the magnetic field (CW sin 9) = 6>i,

where sin 9i =

d Unsigned averages of the fractional flux change |/*| = |(V •
B)i|/(6J5i/Ax). Ail the metrics are calculated in the selected vol
ume in Figure 6.4(a).

With the analytical solutions, we can specify the boundary condition for ail the six surfaces

in the optimization algorithm, and the initial condition is specified by the potential field ex-

trapolated from the bottom boundary. Table 6.1 shows the metrics, together with the energy

comparisons. If ail the six boundaries are specified, the analytical nonlinear force-free fields

can be recovered to a very good degree, except the field obtained by the code with the worst

resolution (Az = 2Ax = 2Ay), which bears relatively larger normalized vector error (En) and

mean vector error (Em).

Table 6.1 also gives the results with only the bottom boundary being specified (The “B”

cases for the boundary). The latéral and top boundaries are given by the potential field extrap-

olated from the bottom boundary, and the weighting function is used for the latéral and top

boundaries, which is described in detail in Wiegelmann (2004). We use 80 x 80 x 72 grids

for the extrapolations of Low & Lou solution, and 8 grids are used for the buffer layer of the

weighting function, which is adopted as a cosine profile decreasing to zéro. In this case, finer

resolution in z gives smaller normalized vector error (En) and mean vector error (Em), but

not necessarily better for the vector corrélation metric (Cvec) and the Cauchy-Schwartz metric

(Ces)-

We apply the four codes to the vector magnetic fields observed by THEMIS/MTR. The

bottom boundary is preprocessed (Wiegelmann et al. 2006b) on the original field of view of

THEMIS/MTR. Extrapolation results with different grid resolutions are displayed in Figure 6.7.

The codes with higher grid resolutions cannot recover the flux rope up to the same physical

height, but only the same grid points as shown in Figure 6.7. Table 6.2 shows that the metrics

of the NLFFF extrapolated by the four codes do not differ from each other to much.

We décomposé the magnetic field components in a local reference frame of the flux rope

and study their distributions for ail the grid resolutions in Figure 6.8. We find that Bv (it is a

horizontal component that is orthogonal to the axis of the flux rope) always changes its sign
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Figure 6.7 Extrapolation results with different grid resolutions in the ^-direction. The resolution on the

bottom boundary always keeps the same. (a, b) A2 = 2Az = 2Ay. (c, d) A2: = Ax = Ay. (e, f)

A2: = ±Ax = \Ay. (g, h) A2: = \Ax = \Ay.
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Figure 6.8 Distributions of Bp (square), Bv (triangle), and Bz (asterisk) along the height at the point 2

(Figure 6.4(a)). Bp and Bv are the horizontal components, parallel and orthogonal to the axis of the flux
rope, respectively. Different panels show the results obtained with the codes of different grid resolutions.

when it crosses the defined axis, which indicates the existence of twisted field lines of a flux

rope. Two cases with grid resolution of Az — 2Ax — 2Ay and A2 = Ax = Ay give similar

heights of the flux rope axis. However, as we hâve already seen in Figure 6.7, the other two

codes (Az = \Ax = \Ay, and Az = \Ax = \Ay) cannot résolve the flux rope with more
grid points.

The existence of the flux rope is further confirmed by the extrapolations with the four codes

of different grid resolutions along the height. However, we cannot get more grid points to

résolve the flux rope along height when the resolution is increased. We think this problem is

caused by the boundary conditions. First, we do not hâve data on the full boundaries, such

as the latéral and top surfaces for a box, which are specified by a potential field extrapolation

instead. Secondly, as a prior requirement for the preprocessing, the bottom boundary should be
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Twist of Sample Field Lines

Figure 6.9 Twist numbers of the flux rope computed by extrapolation results with different grid res

olutions in the ^-direction. The resolution on the bottom boundary always keeps the same. (a)

Az = Ax = Ay. (b) Az = |Ax = -Ay. (c) Az = \Ax — \Ay.

well isolated and flux balanced, which is not fulfilled due to the limitation of the field of view

in the observation. Appropriate preprocessing of boundary conditions is crucial for a crédible

extrapolation.

Finally, we calculate the twist of the flux rope for three extrapolation results with different

resolutions as shown in Figure 6.9. The sample field fines that are used to détermine the axis and

the average twist are selected in a similar way that has been described in detail in Section 6.3.1.

The only différence is the size of the vertical surface, which is used to eut a section of the

flux rope. They are 2" x 2", 2" x 1", and 2" x 0.5" corresponding to the extrapolations with

^-résolutions of Az = Ax = Ay, Az — |Ax = |Ay, and Az = |Ax = - Ay, respectively.
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We always use 80 x 80 grid points to résolve these surfaces and to compute the sample field

fines. The first two cases (Az = Ax = Ay and Az = \Ax — \Ay) give close twists (1.8
and 1.9 tums, respectively) of the flux rope, but the third one gives relatively smaller value of

« 1.5 tums.

6.4 Discussion and Conclusions

We investigated the possible rôles of idéal MHD flux rope instabilities in a confined érup

tion, using magnetic field extrapolations obtained from photospheric data taken shortly before

the event. The flux rope présent in the NLFFF extrapolation had a twist of about 1.8 turns,

comparable to threshold values of the Kl found in numerical simulations. The decay index of

the external magnetic field stayed below the TI threshold found in numerical simulations up to

heights of « 140" in the area where the erupting stmcture ascended.

These results indicate the following. First, the éruption was triggered, and initially driven,

by the KL This is supported by the observed rope-like shape of the erupting structure and by its

writhing motion. Second, the rising flux rope did not reach a height at which the TI could hâve

been triggered, and therefore did not evolve into a CME. This is supported by the observed

confinement of the erupting stmcture to the low corona. Our results thus support the Kl and TI

models, but do, of course, not rule out other physical éruption mechanisms which would need

to be tested separately.

However, the results presented here should be taken with some caution. First, the instability

thresholds are not unique, but fie within certain ranges and can hence vary from event to event.

Second, direct measurements of the relevant quantifies (flux rope twist and decay index of the

external field) are still not available, so that one has to use model approximations of the mag

netic field, which are not fully refiable (e.g., DeRosa et al. 2009). For example, in the NLFFF

extrapolation used here, the lack of flux-balanced boundary data poses difficulties for the opti-

mization method. As a conséquence, the physical élévation of flux rope field fines is different

for different vertical grid resolutions, such that the rope is always resolved by only about five

grid points in height. Therefore, we computed the flux rope twist for different resolutions, and

always found a value close to the one presented here. We plan to address this problem in a

future study, including a comparison with a different extrapolation method.

Despite such limitations, we believe that studies like the one presented here are essential

to better constrain the large number of theoretical éruption models, since they confront these

models with observations in a quantitative way. Given the continuous advance of observational

capabilities and coronal magnetic field modelling, they can be expected to contribute to solve

the long-standing problem of how solar éruptions are triggered and driven.
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Chapter VII Magnetic Topology and Magnetic Helicity: an
Introduction and Case Studies

7.1 Introduction

The term “topology” is borrowed from mathematics, which is strictly defined as the un-

changed spatial properties that are preserved under smooth deformations of objects, such as

stretching but without tearing or gluing. For the topology of magnetic field, it generally refers

to spatial relationships of magnetic field fines (the field fine mapping) and structures constitut-

ing of some particular field fines, which aie determined by the separatrix or quasi-separatrix

structures. In the following sections, the magnetic topology specifically refers to the magnetic

topology skeleton including the éléments of magnetic null points, magnetic flux ropes, quasi-

separatrix layers (QSLs), and other structures or entities of magnetic field fines. We are in

particular interested of the magnetic topology because it détermines the morphology and phys-

ical mechanism of various solar active phenomena, for instance, the tether-cutting model of

flares with highly sheared arcades in Chapter 3, the chirality of filament barbs with magnetic

field configuration and helicity in Chapter 5, the mechanism of a filament éruption and a flux

rope in Chapter 6. We will fuither study the relationship between magnetic topology and other

solar activities, such as coronal bright points, solar flare footpoints, and flare ribbons in this

Chapter.

Magnetic topology has paiticularly a close relationship with magnetic reconnection. In the

presence of magnetic null points, three classes of magnetic reconnection could occur, i.e., the

spine reconnection, the fan reconnection, and the separator reconnection (Priest & Titov 1996).

The différence of the three types of magnetic reconnection fies in the different boundary con

ditions on the surface that encloses a null point. If one sets a cylindrical surface around a null

point with its axis along the spine, the boundary condition of velocities can be assigned either

on the side surface or on the two ends of the cylinder. In the case of spine reconnection, the

boundary motions are assigned on the side, where magnetic reconnection drives jets approxi-

mately along the spine. In the case of fan reconnection, the boundary motions are assigned on

the two ends. Thus, the field fines on the fan rotate around the spine axis. Finally, the separa

tor reconnection involves at least two null points. However, magnetic reconnection could also

occur in the absence of null points. Priest & Démoulin (1995) proposed that magnetic recon

nection may also occur at QSLs, where the field fine linkage changes drastically given a small

displacement perpendicular to the field fine. The différence between séparatrices and QSLs is

that the mapping of field fines is discontinuous at the former, while it is continuous at the latter

but with a steep gradient of field fine linkage.

Magnetic flux ropes play an important rôle in models of solar active phenomena including

flares, filaments/prominences, and CMEs. They are also an indispensable ingrédient of mag

netic topology, since they are always accompanied with highly twisted and sheared field fines.

There are more and more évidences showing that magnetic reconnection could also occur in the

leading edge of an erupting flux rope, in addition to the classical current sheet tracing behind

and stretched by it, both from observations (Ji et al. 2003; Wang et al. 2009; Huang et al. 2011)
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and from numerical simulations (Amari et al. 2003; Roussev et al. 2003; Torok & Kliem 2005).

Especially, Wang et al. (2009) found that brightenings always appear at the two far footpoints of

erupting filaments with the Extreme-ultraviolet Imaging Telescope (EIT; Delaboudinière et al.

1995) on board the Solar and Heliospheric Observatory (SOHO) in régions of the quiescent

Sun. This finding motivâtes us to study erupting flux ropes in active régions and check if any

brightening appears at their footpoints. Another motivation is that the relationship between

hard X-ray (HXR) footpoints of a flare and the flare ribbons is still not clear. Therefore, we

study the rôle played by a flux rope in these problems.

Magnetic helicity measures the topological complexity of field fines quantitadvely. If a

magnetic configuration is divided into a collection of magnetic flux ropes, then the helicity

anses from the linkage and knotting of the flux ropes, as well as the internai field fine structure,

such as twist and kinking (Berger 1998). Magnetic helicity injection and energy injection can

be infeiTed from magnetic field and velocity field observations in the photosphère. Theory and

techniques to measure the magnetic helicity and the velocity field hâve been developed in the

past years. Pariat et al. (2005) proposed a new expression Gq for the flux density of magnetic

helicity, which reduces the fake polarities produced by the old expression Ga by an order

of magnitude. Various optical flow techniques hâve been proposed and tested with analytical

velocity field models and MHD simulations (Kusano et al. 2002; Welsch et al. 2004, 2007;

Longcope 2004; Georgoulis & LaBonte 2006; Schuck 2006, 2008; Chae & Sakurai 2008).

However, it is not easy to estimate the reliability of these calculations when they are applied

to observations, since we do not hâve any standard reference. Therefore, we cross-check the

helicity injection and the energy injection in a fast evolving active région with two methods,

i.e., one from the magnetic field and the velocity field in the photosphère and the other from the

nonlinear force-free field (NLFFF) extrapolation.

7.2 Magnetic Topology and Solar Activities

7.2.1 Magnetic Null Points and Coronal Bright Points

Zhang et al. (2011) carried out a multi-wavelength study of two neighboring coronal bright

points near the center of the solar disk observed by the X-ray Telescope (XRT) on board Hin-

ode and the Extrême Ultraviolet Imager (EUVI) on board one of the twin Solar TErrestrial

RElations Observatory (STEREO) satellites. The authors found that there are two components

in the soft X-ray (SXR) light curves, i.e., one is the quasi-periodic flashes accompanied by

SXR jets and the other is the long-lived brightenings. They concluded that the flashes and the

SXR jets are caused by the impulsive magnetic reconnection at the null point, whereas the mild

brightenings are due to the fan reconnection on the separatrix surface.

To understand the 3D magnetic topology associated with the coronal bright points, we re-

construct the coronal magnetic field with the potential field model, which assumes that the

plasma f3 (the ratio of plasma pressure to the magnetic pressure) in the corona is small, and that

there is no electric current. Since the coronal bright points are small scale phenomena and there

are no active régions associated with them, the potential field could be a good approximation

for the magnetic configuration. We use the Green’s function method to extrapolate the potential

field, which requires the longitudinal magnetic field in the photosphère as the boundary condi

tion (Chiu & Hilton 1977). The first part (00:00-00:24 UT) of the line-of-sight magnetograms
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Figure 7.1 (a) Top view and (b) side view of the magnetic topology of the coronal bright points at 01:01

UT on 2007 March 16. Spine and fan surface are illustrated with blue and green lines. The bottom side

of the box is reverse-colored ALmesh filter image observed by Hinode/XKY at 01:00 UT overlapped

with contours of the line-of-sight magnetic fields. The positive polarities, négative polarities, and neutral
lines are labelled with black solid, white dashed, and black dash-dotted curves.

are obtained from Big Bear Solar Observatory (GONG/BB) and the second (00:32-05:00 UT)

from Learmonth (GONG/LE). Both instruments for the observations of magnetic fields hâve a

cadence of 10 minutes and spatial resolution of 2.5". Throughout the observations, the coro

nal bright points were very close to the solar disk center; therefore, we take the line-of-sight

component as the longitudinal one without correcting the projection effect.

The coalignment between GONG/BB and GONG/LE images is performed with the help of

MDI line-of-sight magnetograms via the cross corrélation method. Likewise, the coalignment

between XRT and EUVI images is conducted both directly and indirectly with the help of EIT

Fe xil 195 Â intensity maps. The offsets between EIT and MDI images are obtained by compar-
ing the positions of the solar limbs (Guo et al. 2009). Our motivation of indirect coalignments

is to testify the results of direct coalignments. The différence of the results are within the spatial

resolution of the instruments. The offsets derived in the direct way are adopted in the following

study. The line-of-sight magnetograms are overlaid with the XRT images in Figure 7.1, where

we find that the négative polarities and associated coronal bright points are enclosed by the

polarity inversion line. It implies the existence of null points in the corona above the polarities.

In order to calculate the position of null points, we adopt the routine developed by Pascal

Démoulin1 to find the solution of the System of nonlinear équations, Bi(x,y,z) = 0 (i =
x, y, z), by a modification of the Powell hybrid method. If the équations above are satisfied, the

roots give the positions of the null points where ail the components of the magnetic field vanish.

The magnetic field in the vicinity of a null point can be expressed as the Taylor expansion. The

linear term, i.e. B = J r, of the Taylor expansion describes the first order structure of a null

point, where J is the Jacobian matrix of the magnetic field with éléments J\j — dBi/dxj and
r is the position vector (x, y: z)T centered at the null point. The eigenvalues of the Jacobian

'http://www.lesia.obspm.fr/solaire/fromage/
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Figure 7.2 (a) X-ray flux from the GOES 12 satellite showing the Ml.l flare on 2005 May 27. Dashed
and dash-dotted lines indicate two peaks of the X-ray flux, (b) Corrected X-ray light curve obtained

by RHESSI. The peaks at different energy bands started at around 12:35, 12:40, and 12:44 UT are

instrumental artifacts caused by removing the thicker attenuator before the detectors.

matrix are computed by the eigenvalue équation. The divergence-free condition implies that

the sum of the three eigenvalues vanishes (Ai + À2 + A3 = 0). Let us assume that Ai and A2

hâve the same sign, which is opposite to that of A3. The two eigenvectors associated with Ai

and A2 détermine the surface of the fan separatrix, while the single eigenvector associated with

A3 détermines the local direction of the spine. These eigenvectors do not hâve to be orthogonal,

but they are always linearly independent. Pamell et al. (1996) showed that if there exists a

nonzero component of the electric current perpendicular to the spine, the fan plane would be

inclined with the spine. In our study in this chapter, however, the magnetic field is current-free.

Therefore, the three eigenvectors are orthogonal to each other, like the cases in Mandrini et al.

(2006) and Démoulin (2007).

7.2.2 Flux Rope and Hard X-ray Footpoints

Figure 7.2(a) displays the SXR flux obtained by Geostationary Orbiting Environmental

Satellites (GOES) 12 showing the Ml.l flare that peaked at ~ 12:30 UT on 2005 May 27. The

HXR count rates measured by Ramaty High Energy Solar Spectroscopic hnager (RHESSI; Lin

et al. 2002b) at higher energy bands (i.e., 25.0-50.0 keV) reached their peaks at ~ 12:28 UT

as shown in Figure 7.2(b), about 2 minutes earlier than the peaks at the SXR bands. Such

a time évolution behavior is due to the Neupeit effect, i.e., the intégral of the non-thermal
fluxes coincides with the thermal fluxes. We hâve checked the time dérivative of the GOES

flux at 1.0-8.0 Â and the RHESSI flux curve at 25.0-50.0 keV. Their peaks coincide with each
other very well, which justifies the Neupeit effect. We fit the spectra with thermal and non-

thermal components in fifteen 20-second accumulation intervals from 12:25:20-12:30:20 UT.

It is found that the spectral indices in the non-thermal component display a typical soft-hard-

soft évolution.

114



Chapter VII Magnetic Topology and Magnetic Helicity: an Introduction and Case Studies

Reconstructed RHESSI Image with the Clean Method
c i—11

' 2:z6:20 - 12:26:40 UT

6.0 - 12.0 *eV

-50

£ -100
u

o

> 150

-200

0|

-50

2:27:20 - 12:27:40 UT

6.0 - 12.0 xeV

2:26:20 - 12:26:40 UT I '2:26:20 - 12:26:40 UT

2.0 - 25.0 keV I 25.0 •• 50.0 keV

12:27:20 - 12:27:40 UT

12.0 - 25.0 keV

•2:27:20 - 12:27:40 UT

25.0 - 50.0 keV

SI -ioo

>- -150

-200

0|

-50

'2:28:20 - 12:25:40 UT

6.0 - 12.0 keV

2:28:20 - 12:28:40 UT

2.0 - 25.0 keV

12:28:20 - 12:28:40 UT

25.0 — 50.0 keV

-100

> -150

-200

-150 -100 -50 0

X (arcsec)

50 -150 -100 -50 0

X (arcsec)

50 -150 -100 -50 0

X (arcsec)

50

Figure 7.3 X-ray images reconstructed from RHESSI observations in three energy bands (6.0-12.0, 12.0-

25.0, and 25.0-50.0 keV) and three time intervals close to the peak of the Ml.l flare on 2005 May 27.
The color code in each column has the same flux scale, but the scales within each row are different. Six

detectors (3F-8F) are selected to reconstruct the images. The white boxes in the middle row enclose the
régions in which the photon flux is integrated.

115



Chapter VII Magnetic Topology and Magnetic Helicity: an Introduction and Case Studies

We plot the X-ray images reconstructed from RHESSI observations in three energy bands

(6.0-12.0, 12.0-25.0, and 25.0-50.0 keV) and three time intervals around the peak of the Ml.l

flare in Figure 7.3. The figure shows that only the eastem footpoint was présent at ail the three

energy bands one minute before and after the middle time except the energy band of 6.0-12.0

keV at 12:28:20-12:28:40 UT; however, at the middle time, both footpoints appeared. In each

of the three energy bands, the eastern and the western footpoints display different évolution

behaviors in flux. The flux of the eastern footpoint increases monotonically in ail the three

energy bands with time, while the flux of the western footpoint increases monotonically only

in the energy band of 6.0-12.0 keV. The latter first increases and then decreases in the other

two energy bands. Especially in the time interval of 12:27:20-12:27:40 UT, there is a clear

différence between the non-thermal spectral indices at the two footpoints, since in the lower

energy band (6.0-12.0 keV) the flux at the eastem footpoint is larger than that at the western

one, but the situation is reversed in the higher energy band (25.0-50.0 keV).

To give a quantitative measurement of the non-thermal spectra at each footpoint, the photon

fluxes are integrated for subregions enclosed by the boxes as shown in the middle row of Fig

ure 7.3 for different time intervals and energy bands. We use 20-second accumulation intervals

and 11 energy bands between 10 and 120 keV. We find that the flux versus energy relationship

can be well fitted by a power law within fifteen time intervals from 12:25:20-12:30:20 UT for

the eastern footpoint; but for the western footpoint, it can only be fitted within six time intervals

between 12:26:40-12:28:40 UT. The non-thermal spectra for both the eastem and the western

footpoints exhibit a soft-hard-soft évolution around the peak of the flare. If we assume that the

photon flux has a power law form, F(E) ~ E~5, the power law index ô reaches the smallest
value of 3.9 in the time interval of 12:26:40-12:27:00 UT for the eastern footpoint, and of 3.6

in the time interval of 12:27:20-12:27:40 UT for the western footpoint. Therefore, the HXR

spectra become the hardest at different times for different footpoints. In addition, the energy

spectrum of the eastem footpoint is much softer than that of the western footpoint at ail the
time intervals.

In order to check if the two HXR sources are conjugate footpoints of a flare, we compare

the RHESSI observation with the TRACE 1600 Â image at the peak time of the Ml.l flare.
The two images hâve to be coaligned with each other to compare their features. Because

RHESSI observes the full disk, the coordinates of the observed targets can be computed via the

comparison of the positions of the solar limbs. The accuracy is within the spatial resolution

of RHESSI observations, which is 7" for images reconstructed from the six detectors 3F-8F.

The TRACE image can be coaligned with the MDI line-of-sight magnetic field by comparing

the positions of the flare ribbons with the intersection of QSLs and the photosphère. The

coalignment accuracy is estimated to be about 2", which is roughly the spatial resolution of

MDI; by comparison, TRACE has a much higher spatial resolution of 0.5". Since MDI observes

the full disk, the coordinates of MDI observations can be precisely determined. Finally, the

RHESSI HXR image is coaligned with the TRACE 1600 Â image as shown in Figure 7.4.
Contours of the line-of-sight magnetic field, which were observed by THEMIS!MTR at 10:17

UT on 2005 May 27 and differentially rotated to 12:27 UT, are overlaid on the other two images.

Figure 7.4 shows that the two RHESSI HXR footpoints at 25.0-50.0 keV are located at

either end of a helical rope-like structure between them. The footpoint at 50.0-100.0 keV is

only présent at the western end. We hâve presented a sériés of figures and a movie of the

TRACE 1600 Â observation in Guo et al. (2010b) to show the évolution of the helical rope-like
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Figure 7.4 (a) TRACE 1600 Â image at the peak time of the Ml.l flare overlaid by the RHESSI hard X-
ray contours. The energy bands for the hard X-ray image are 25-50 and 50-100 keV, and the intégration

time interval is 12:27:20-12:27:40 UT. Solid, dashed, and dash-dotted lines dénoté respectively the

positive, négative polarities, and the polarity inversion line of the line-of-sight magnetic field observed by
THEMIS/MTR at 10:17 UT on 2005 May 27 and rotated differentially to 12:27 UT. (b) TRACE 1600 Â
flux integrated in the rectangular box as shown in panel (a). Dashed and dash-dotted lines indicate the

two peaks of the integrated flux.
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B: envelope field

(a) Eruption Onset

(b) Confined Eruption

Figure 7.5 Schematic picture of the onset and final stage of the confined éruption. The idea is based

on the tether-cutting model of Moore et al. (2001). This picture can be compared with the one for the

ejective éruption in Liu et al. (2007a).

structure. It is found that the rope-like structure displayed an ascending and helically deforming

évolution, which is a characteristic of the kink instability, thus indicating the existence of a

magnetic flux rope throughout the process of the flare. In addition, Guo et al. (2010d) reported

a magnetic flux rope in this active région about 2 hours before the peak of the flare by the

NLFFF extrapolation method (Wheatland et al. 2000; Wiegelmann 2004). The magnetic flux

rope corresponded to the eastern part of an Ha filament, whose western part was supposed to

be supported by sheared magnetic arcades. We summarize the full scénario with a schematic

picture in Figure 7.5, where both the éruption onset and the final confined éruption are depicted.

In the onset of the éruption as shown in Figure 7.5(a), the magnetic flux rope found by

the NLFFF model built a highly non-potential State with a twist number exceeding the one

suitable for the helical kink instability, which has been quantitatively analyzed in Guo et al.

(2010b). The helical kink instability is suggested to trigger and drive the éruption. In the same

paper, the authors also found that the final éruption was a confined one, i.e., the éruption of

the magnetic flux rope was constrained within the corona due to the large restoring force of the

overlying magnetic field as shown in Figure 7.5(b). After the peak of the confined éruption, the

magnetic flux rope suggested by the TRACE 1600 Â observation was much longer than that at
the éruption onset found by the NLFFF extrapolation. A magnetic reconnection might occur

between the magnetic flux rope and the sheared arcades to form a longer flux rope, as illustrated

by the reconnection of footpoints 2 and 3 in Figure 7.5(a), which facilitated the further éruption

and the reconnection in the main phase.

In order to find the evidence of the onset reconnection, it is better to check the HXR image

évolution. Unfortunately, there were no RHESSI data between 11:54-12:25 UT and there was
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no obvious evidence showing the onset reconnection at the center of the région in other time

intervals. A bump on the GOES flux curve at 12:15 UT shows an indirect evidence of energy

release (Figure 7.2(a)); however, we do not know where it cornes from. Only the TRACE 1600

Â observation covered this active région during the flare. From these observations we find that
there was no brightening at the location between footpoints 2 and 3 as shown in Figure 7.5(a)

before 12:00 UT. Next, we integrate the TRACE 1600 Â flux in the région surrounded by a box
as plotted in Figure 7.4(a). The selected box tracks the région where the magnetic flux rope

and the sheared arcades contact with each other and follows the solar rotation. The integrated

flux curve is in the time range of 12:00-13:00 UT. As shown in Figure 7.4(b), a small peak of

the flux appeared at 12:15 UT before the main peak of the integrated flux. Recall that at almost

the same time, GOES recorded a small bump in the SXR flux. The coincidence of the peak

time highly recommends that the SXR émission was generated in the same région as that of the

1600 Â band, implying further that magnetic reconnection possibly occurred at the center of the

région at 12:15 UT to form the finally erupted longer flux rope. Green et al. (2011) presented

a detailed study on the flux rope formation and éruption through flux cancellation in another

active région, where they showed the possibility that a flux rope can be formed by magnetic

reconnection before its éruption.

The cartoon in Figure 7.5 shows the effect of a flux rope in the process of a tether-cutting

model. The helical kink instability of a smaller flux rope triggered the éruption and it recon-

nected with the sheared arcades to form a larger flux rope, which facilitated further éruption.

This point is different from the previous tether-cutting model, where sheared arcades in the

core field reconnect and then erupt (Moore & Labonte 1980; Moore et al. 2001). The cartoon

also gives a clear view on the paths taken by coronal current Systems. The HXR footpoints ob-

served by RHESSI coincide with the footpoints of the magnetic flux rope indicated by TRACE

1600 Â observations. It implies that high energy électrons are preferably accelerated along the

magnetic flux rope, or, the path with concentrated current Systems.

7.2.3 Quasi-Separatrix Layers and Flare Ribbons

QSLs refer to thin irregular volumes where the mapping of field lines has a steep gradi

ent or a drastic change from one boundary to another for a given three dimensional magnetic

field. QSLs divide the magnetic field into different domains. But these domains may be con-

tinuously connected at some locations, which is different from séparatrices, where different

domains are totally topologically distinct. Démoulin et al. (1996) proposed a method to com-

pute the locations of QSLs. Given a three dimensional magnetic field in a volume, one inté

grâtes a field line from P(x, y, z) to both directions with a distance s on each side. Taking

two points (x', y', z') and (x", y", z") on both ends of the field line, a vector can be defined

as D(æ, y, z) = {Xi, X2, X3} = {x" - x', y" - yz" — z'}. The vector D(æ, y, z) changes
drastically in QSLs given a small displacement of point P(x,y,z). Thus, if the norm N is
defined as

(7.1)
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QSLs are field lines with N 1. In a practical numerical computation, we need to compute

every point P(x, y, z) in a volume, which is very time consuming. Therefore, Démoulin et al.

(1996) suggested to compute a fîxed number of points from a coarse grid to finer and finer

grids. The parameter s is determined either by a boundary or by the distance of a wave front in

the magnetic reconnection.

Equation (7.1) can be further simplified if one limits the positions of the two ends with more

restrictions. For instance, if they are fixed on the photosphère where z' — z" — 0, the partial

dérivatives of X3 to any coordinate equal zéro. If we further assume the field lines are line-tied

on the photosphère, the footpoints of a field line only dépend on x and y (but not z). Then, the

partial dérivatives of Xi (z = 1,2,3) to z are zéro and Equation (7.1) is reduced to

N± = N(x±,y±) = (7.2)

where {X^, Y^} — —x±,y^ — y±) (Priest & Démoulin 1995). Titov et al. (2002) pointed
out that N+ does not always equal to N_ for the same field line, which are computed at different

footpoints, (æ+, y+) and (æ_, y_), respectively. They proposed the squashing degree Q as the

measure of field line mapping, and

Ni
Â7

Nl

ÂT (7.3)

where A+ and A_ aie the déterminants of two Jacobian matrices V+ and T>_, respectively.

These two matrices locally represent the linear mapping from the plane tangent to the photo

sphère at one footpoint of a field line to the other, and are expressed as

and

V+ =

V_ =

dX_ dX_ \

dx+ dy+
dY_ dY_

\ dx+ dy+ /

( dX+ dX+ \

dx_ dy-

9Y+ dY+

V dx- dy- /

(7.4)

(7.5)

respectively. Due to the conservation of magnetic flux in a flux tube, A+ and A_ can be

expressed as the normal magnetic field at two footpoints of the field line. Assuming Bn+ —

Bn(x+,y+, 0) and 5n_ = Bn(z_, y_, 0), then |A+| = \Bn+/Bn-\and |A_| = \Bn_/Bn+\.

We finally dérivé the following expression for the squashing degree Q as

Q =
Ni

Bn+/Bn

Ni

Bn-/Bn+1
(7.6)

The advantage to define the squashing degree Q instead of the norm N is that it is symmetric
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Figure 7.6 Potential field extrapolation using MDI line-of-sight magnetogram observed at 11:11 UT on
2005 May 27. The flux rope is extrapolated by the nonlinear force-free field model with the vector

magnetic fields observed by THEMIS/MTR at 10:17 UT on 2005 May 27. The field lines of the flux

rope are overlaid with the potential field after rotating the coordinates to the MDI observation time.

in computation at both footpoints of a field line. QSLs are defined as those field lines with

Q > 2.

In order to compute QSLs, we construct a three dimensional magnetic field with the poten

tial field model using the line-of-sight magnetic field observed by MDI (Figure 7.6). The active

région was observed at 11:11 UT on 2005 May 27. We hâve analyzed this active région by

the nonlinear force-free field model using the vector magnetic field obtained by THEMIS!MTR

and multi-wavelength observations, such as Ha, UV, and X-rays. The field lines of the flux

rope obtained by the nonlinear force-free field model are overlaid with the potential field to

show both the large and small scales of the magnetic field structure. Yet, we hâve not tried to

construct a consistent model incorporating both the nonlinear force-free field and the potential

field here. Only selected field lines from both models are overlaid on the same figure for illus

tration. As shown in Figure 7.6(a), the Ml.l flare occurred in the southem active région, which
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TRACE 1600 27-May—2005 12:14:04.333 UT TRACE 1600 27-May-2005 12:14:04.333 UT

Figure 7.7 (a) TRACE 1600 Â image at 12:14 UT overlaid with potential field lines at 11:11 UT, whose
positions hâve been rotated to that of the TRACE observation time. (b) The same TRACE image as

panel (a) overlaid with the intersection of QSLs with the photosphère. The QSLs are calculated with the

potential field extrapolated with the MDI line-of-sight magnetogram at 11:11 UT.

is connected to the northem one by the transequatorial magnetic loops. The field lines on either

side of those plotted transequatorial loops hâve a drastic change in their linkages if one travels

through this thin layer, which will be shown to be exactly the QSLs. From Figure 7.6(b) and

(c), we find that the région with highly twisted field lines is relatively small compared to the

région covered with the potential field lines rooted in the QSLs.

A TRACE 1600 Â image at 12:14 UT, when the flare ribbons clearly appear, is overlaid
with the potential field lines that are rotated to the TRACE observation time as shown in Fig

ure 7.7(a). The TRACE observation time is selected when the first reconnection occurred as

being identified in Section 7.2.2. Compared to Figure 7.6, we find that the UV brightening

generated by magnetic reconnection appears at both the flux rope région and the two flare rib

bons. It highly suggests that the flux rope has risen to a sufficient height to reconnect with the

surrounding field lines, since it was relatively lower than the potential field lines that are rooted

on the flare ribbons. The intersection of computed QSLs and the photosphère is overlaid on the

TRACE 1600 Â image. The shape of the northwestern ribbon resembles part of the QSLs on
the photosphère very much, and the coincidence has been used to coalign the TRACE and MDI

images. We know that the TRACE 1600 Â is sensitive to températures in the range of (4.0-
10.0) xlO'5 K, which form in the température minimum région and chromosphère. But since

the layer is relatively thin compared to the height of the QSLs, the accuracy is good enough to

align the UV image with the QSLs on the photosphère.

The following conclusions can be deduced. First, this topology of QSLs on the photosphère

was relatively stable, since the line-of-sight magnetic field used to extrapolate the potential

field was observed at 11:11 UT, while the flare ribbons appeared at 12:14 UT. However, the

location of QSLs evolved rapidly with height in the corona, since field lines expanded in the

corona. Secondly, magnetic reconnection occurred in the upper atmosphère where the flux rope

interacted with the surrounding field lines. In this process, the flux rope rose for a long way to
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a high altitude and expanded during its éruption as indicated in the TRACE 1600 Â images. It
pushed the QSLs surrounding the flux rope, which are probably formed during the deformation

of the rope, to the pre-existing QSLs over it. The motion of the flare ribbons stopped at the

footpoints of the pre-existing QSLs. Finally, any constructed magnetic field model seems not

to deviate much from the linkage of the potential field as indicated by the good coincidence

of the flare ribbons and the QSLs on the photosphère. The nonlinear force-free field model

from the optimization method for the active région as derived in Chapter 5 conforms to the

requirement.

7.3 Magnetic Helicity

7.3.1 Theory of Magnetic Helicity and Magnetic Energy

The magnetic helicity of field B within a volume V bounded by a surface S is expressed as

Hc= JA • B dV, (7.7)

where the vector potential A satisfies

B = V x A. (7.8)

Equation (7.7) is gauge invariant only when the magnetic field is fully contained inside the

volume V, i.e., Bn = 0 at any point of S, where Bn is the normal component of the magnetic

field on the boundary. The relative magnetic helicity H, valid for any gauge, is defined as (Finn

& Antonsen 1985)

H = J(A + Ap) • (B - Bp) dV.
V

(7.9)

The time variation of H is derived as (Berger & Field 1984)

— = -2 J(Ap x E) dS — 2 J E • B dV + 2 / ^Ap dS,
5 V S

(7.10)

where Bp = V\k. Classically, the gauge and boundary condition are selected as follows:

(V x Ap) • n = B • n,

Ap • n = 0,
(7.11)

V • Ap = 0,

V x Ap = Bp,
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in the volume V. The second formula of Equation (7.11) implies that the last term on the

right hand side of Equation (7.10) vanishes. The unit vector n is normal to S and points to the

inner side of the volume. Using the Ohm’s law in résistive MHD with E = —v x B + J/a,

Equation (7.10) is further reduced to

dH

dt
2 J[(Ap • B)v - (Ap • v)B] • n dS - 2 J

s s

-(Ap x J)-ndS-2 J
v

-J B dV.
o

(7.13)

From Equation (7.13) we find that the relative helicity in the volume V changes according to

the helicity flux across the boundary surface and internai helicity dissipation in the volume. In

practice, we can dérivé a further simplified expression with the assumption of idéal condition

(the conductivity a approaches infinity) for the magnetic helicity flux through the photospheric

surface Sp by omitting the dissipation terms. The remaining helicity flux is split into two terms:

dH

d 11 -2 J(Ap • vt)Bn dS,
sp

dH

dt
+2 / (Ap • Bt)vn dS.

(7.14)

(7.15)

Equations (7.14) and (7.15) represent the shearing term and the advection term of the magnetic

helicity flux across the photosphère Sp, respectively.

The velocity of the footpoints of flux tubes (or the flux transport velocity), u, is defined as

(Démoulin & Berger 2003)

vn p
u = vt - —B*.

£>n

The magnetic helicity flux give by Equations (7.14) and (7.15) is reduced to

dH f

— = -2 I (Ap • u)Bn dS.
Sp

The integrand can be recognized as the helicity flux density,

Ga(x) = —2(AP • u)Bn.

(7.16)

(7.17)

(7.18)

Ga has been adopted to calculate the magnetic helicity flux distribution in active régions by

many authors (Chae 2001; Chae et al. 2001, 2004; Kusano et al. 2002, 2004; Moon et al.

2002a,b; Nindos & Zhang 2002; Nindos et al. 2003). However, Pariat et al. (2005) found that

Ga créâtes artificial polarities even with simple flows without magnetic helicity injection into

the corona. They proposed a new expression for the magnetic helicity flux

d0(r)
dt

BnB'n dS dS',
dH

dt
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where

d#(r)
dt J(txïH|[x (u (7.20)

where r = x — x7 represents the position vector pointing from x' to x. Equation (7.19) tells

us that the magnetic helicity changes due to the rotation between each pair of two infinitésimal

magnetic flux tubes (Berger 1984). The helicity flux density G$(pc) is then defined as

G0(x)
dû(r)

dt
B'n dS'. (7.21)

Pariat et al. (2005) found that Gq — 0 for the non-rotating motion of a single footpoint. For

two magnetic régions with opposite polarities, both Ga and Gq hâve two artificial polarities,

but Gq is lower by a factor of 10.

Following Schuck (2006), we could dérivé the magnetic energy change in a volume V

surrounded by a surface S. First, the dot product between the magnetic field and the magnetic

induction équation gives the time évolution of the magnetic energy density:

d B2

dt 2no
= —V • [(v x B) x B]

Mo Mo

V
J x B

a

J2
+ (v x B) • J .

G

(7.22)

The time évolution of the magnetic energy E is derived by the intégration of Equation (7.22)
in the volume V:

dE

dt

_ , _ N J x B
B x (v x B) H

J2
v • (J x B) + —

G

dV. (7.23)

Note that n points to the inner side of the volume. The first term on the right side of Equa

tion (7.23) represents the Poynting flux through the boundary surface S. The second term

represents the Poynting flux produced by the slippage (or “non-frozen-in”) of magnetic field

fines in the plasma on the surface. The third term is the work done by the magnetic field on the

plasma. And the fourth term is the Joule dissipation. Schuck (2006) pointed out that the energy

change cannot be accurately estimated if we do not know the energy conversion in the volume

indicated by the third and fourth terms in Equation (7.23). Only under the assumpdons that the

magnetic field is in a force-free (J x B = 0) and an idéal State (g approaches infinity), can the

energy change by the Poynting flux through the photospheric surface Sp be estimated as

rf = — / B x (v x B) • ô d (7.24)
dt Mo J V '

Sp

Equation (7.24) can be divided into two parts, i.e., the tangential part of the energy input in the

volume V from shearing or twisting motions, and the normal part of the energy input from the
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emergence of new fluxes. They are expressed as

dE

dt
f (Bt vt)Bn dS,

Mo J
sp

dE

df
B2tvn d S.

(7.25)

(7.26)

7.3.2 Velocities from Optical Flow Techniques

From Equations (7.17), (7.19), and (7.24), we find that it is necessary to measure the velocity

field in the photosphère in order to compute the helicity and energy injection. The velocity

field can be inferred from a sériés of magnetograms by the so-called optical flow techniques,

for instance, the local corrélation tracking (LCT) method. Using only the normal component of

magnetograms, LCT has been extensively applied to dérivé the photospheric velocity, uLct>

which is assumed to be the horizontal plasma velocity, vt (Chae 2001; Chae et al. 2001, 2004;

Moon et al. 2002a,b; Nindos & Zhang 2002; Nindos et al. 2003). The normal magnetograms

can be constructed from the line-of-sight magnetograms by assuming that ail magnetic fields

are vertical. LCT tries to maximize the corrélation coefficient between two images using a

prescribed window, which corresponds to

/(x, f2) = /[x - u0(f2 - fl), fl]- (7.27)

If the image intensity is différentiable, /(x, t) satisfies the advection équation in the following

~ + u0 • V/ = 0. (7.28)
ot

The normal component of the magnetic induction équation in the idéal condition is (Kusano

et al. 2002, 2004; Démoulin & Berger 2003; Welsch et al. 2004; Longcope 2004)

dBn

dt
+ Vt • (Bnvt - vnBt) = 0,

or

dBn

dt
+ Vt • (uBn) — 0,

(7.29)

where we hâve used the expression for the flux transport velocity defined by Equation (7.16).

Equation (7.29) governs the évolution of the magnetograms on the photosphère. Ail the newly

developed optical flow techniques hâve considered the induction équation, such as the inductive

local corrélation tracking method (ILCT; Welsch et al. 2004), the minimum energy fit method

(MEF; Longcope 2004), and the minimum structure reconstruction method (MSR; Georgoulis

& LaBonte 2006). Schuck (2005) pointed out that the magnetic induction équation is a conti-

nuity équation, and the LCT method is inconsistent with it. Therefore, an appropriate method

should start with the continuity Equation (7.29).

There aie two ambiguities in deriving the photospheric velocities from Equation (7.29).

First, the flux transport vector, which is defined as the product of the flux transport velocity and
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the normal magnetic field, can be decomposed to (Welsch et al. 2004; Longcope 2004)

uBn = Bnwt - vnBt = -(Vt0 + x ri). (7.30)

The scalar functions 0 and 0 are the inductive and electrostatic potentials. Only the inductive

potential 0 can be determined by Equation (7.29), while the electrostatic potential 0 could

be arbitrary functions. The velocity field cannot be determined uniquely without additional

assumptions. For example, Schuck (2005) assumed an affine velocity profile for the velocity

model in a small window, where the velocity is linearly dépendent on the local coordinates

around the central position:

u(x)
Uo

Vo
(7.31)

where (Uo, Vo) is the velocity at the central position, and Ux, Uy, Vx, and Vy are the com-
ponents of the first order spatial dérivatives of the velocities. With the affine velocity model,

the continuity équation has an analytical solution, thus the velocities can be determined via a

least-square method. This optical flow technique is termed as the differential affine velocity es-

timator (DAVE; Schuck 2006). DAVE not only removes the first ambiguity but also guarantees

that the dynamics of magnetograms is consistent with the continuity équation.

The second ambiguity is that the plasma velocity along a field line, vy, cannot be con-
strained only by the évolution of the normal magnetogram. The DAVE method has been ex-

tended for vector magnetograms (DAVE4VM; Schuck 2008). The plasma velocity is assumed

to be a three dimensional affine velocity profile:

( Uo ^ ( UX Uy \
u(x) = Vo + VX Vy

^ W0 ) \ Wx Wy j

(7.32)

Under such an assumption, the first and the second ambiguities are removed at the same time.

A vector velocity field including the component along a field line can be determined through a

time sequence of vector magnetograms.

7.3.3 Injected Helicity and Twist Change

Cheng et al. (2010) studied the évolution of the flare loops after the peak of an M8.6 flare

at 06:38 UT on 2005 January 15. On the same day an X2.6 flare peaked at 23:02 UT. Each

flare was accompanied by a CME. The authors found that the flare loops after the first flare

were accelerated again and became the envelope field of the second flare/CME éruption. Ail

the activities occurred in the active région NOAA 10720. The Digital Vector Magnetograph

(DVMG) at Big Bear Solar Observatory observed vector magnetic fields with a cadence of ~ 1

minute and a spatial resolution of ~ 0.6". The details of the data process can be found in Jing

et al. (2009). The 180° ambiguity of the transverse component of the vector magnetic field is

removed by the minimum energy method that minimizes the electric current density and the

magnetic field divergence simultaneously (Metcalf 1994; Metcalf et al. 2006). This state-of-art

automatic algorithm gives a satisfactory resolution of the 180° ambiguity, since the changes of
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Figure 7.8 (a) Top view and (b) edge-on view of the extrapolated 3D magnetic field configuration at

18:00 UT on 2005 January 15. Panels (c) and (d) are like (a) and (b), respectively, but for the time of

23:00 UT on 2005 January 15. In panels (a) and (c), the background image is the processed line-of-sight

magnetogram. Note that the scale in ^-direction is four times that in x- and y-directions; the smaller flux

rope in the northem branch in panels (a) and (c) are not plotted in panels (b) and (d).

the field directions are smooth and the field divergence is sufficiently small in the field of view

of DVMG.

We reconstruct the three-dimensional coronal magnetic field by the NLFFF model with

the optimization method (Wheatland et al. 2000; Wiegelmann 2004). The ambiguity-removed

vector magnetic fields hâve been preprocessed before inclusion in the extrapolation code. We

hâve obtained the three-dimensional extrapolation results at the time of 18:00, 18:27, 19:04,

19:30, 20:05, 20:38, 21:02, 21:33, 22:20, and 23:00 UT on 2005 January 15. Figure 7.8 shows

the selected field fines illustrating the flux rope at two moments (18:00 and 23:00 UT). The flux

rope rose with height, was stretched longer, and the twist number increased from 18:00 to 23:00

UT. The évolution of the flux rope is believed to be caused by the magnetic flux emergence from

below the photosphère, and twisting and shearing motions in the photosphère. The conclusions

were drawn by the visual observations, however, we will perform a quantitative measurement

of the velocity field and the twist number of the flux rope in the following.

We adopt the DAVE4VM method developed by Schuck (2008) to compute the vector ve

locity fields through a time sequence of magnetograms. With each pair of consecutive magne-

tograms, we compute the velocity field at the middle time. An averaged vector magnetic field

is also constructed by the same pair of magnetograms. The magnetic helicity flux, dH/dt, is

thus obtained by Equations (7.19) and (7.20). The injected magnetic helicity AH is evaluated
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Figure 7.9 Injected helicity AH (black line) versus the twist number (red line). See the text for details
for the calculation of both quantities.

by

At, (7.33)
t+\At

with AHto = 0, where to is a reference time. The time évolution of AH is plotted in Figure 7.9.

The twist of the flux rope is computed following the methodology presented in Chapter 6. First,

we assume that the axis of the flux rope is horizontal and along the polarity inversion line within

partial section of the rope. The axis is determined at each moment of the extrapolated magnetic

fields. Then 33 x 33 field lines are selected passing through the 16" x 16" cross section of

the flux rope. The twist of each field line is computed only when the length of this field line is

longer than that of the axis. The twist of the flux rope is estimated as the average of the twist

of ail the remaining field lines. The twist number of the flux rope at each moment is overlaid

on the injected helicity in Figure 7.9. It clearly shows the positive linear relationship between

them.

7.4 Summary

In this chapter, we give a brief introduction to the magnetic topology and the magnetic helic

ity. The magnetic topology describes the unchanged spatial properties under smooth deforma

tions of a magnetic field without magnetic reconnection. The magnetic helicity quantitatively

measures the shear and twist of field lines. Because magnetic helicity is conserved under most

circumstances in the solar atmosphère, it is used to constrain many physical processes, such

as magnetic reconnection and idéal MHD instabilities. We specifically study the relationships

between magnetic topology skeletons, such as magnetic null points, magnetic flux ropes, and

QSLs, and various active phenomena, such as coronal bright points, HXR footpoints that ap-

peared at the peak of a flare, and flare ribbons. We also study the relationship between the

d H

AHt+At = AHt + —
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injected helicity in an active région and the évolution of the twist of a flux rope.

In Section 7.2, we find that coronal bright points are associated with magnetic null points,

and conclude that coronal bright points may be caused by magnetic reconnection in the mag

netic topology skeletons, such as the spine reconnection and the fan reconnection. Next, we

study in detail the temporal évolution and the spatial distribution of HXR images and spectra,

and find that HXR footpoints at the peak of the M1.1 flare on 2005 May 27 were located at the

two footpoints of a magnetic flux rope. The flux rope has been analyzed by the NLFFF extrapo

lation and the TRACE 1600 Â observations. This finding implies that high energy électrons are
preferably accelerated along the magnetic flux rope. Finally, we find that the UV flare ribbon of

the M 1.1 flare coincided very well with the intersection of QSLs on the photosphère, which was

relatively stable during the impulsive energy release process. This may be explained by that

the footpoints of the field fines were line-tied to the photosphère and it did not evolve too much

during the éruption. There are mainly two QSLs during the éruption, one is the pre-existing

QSL and the other is the one that formed during the deformation of the flux rope, where the

primary magnetic reconnection occurred. The magnetic reconnection région was pushed close

to the pre-existing QSL. Compared to the magnetic reconnection in the flux rope, the one in the

pre-existing QSLs release less amount of and less energetic électrons, which may clarify why

the HXR footpoints are compact while flare ribbons are elongated.

In Section 7.3, we introduce the theory of magnetic helicity and optical flow techniques that

aim to dérivé velocity fields from a time sequence of magnetograms. Particularly, we apply

these techniques to study the relationship between the injected helicity from the photosphère

and the évolution of the twist of a flux rope. The velocity field and the helicity flux are derived

from the DAVE4VM (Schuck 2008) method and the newly proposed helicity flux density Gq

(Pariat et al. 2005), respectively. The twist number is calculated from a sériés of NLFFF ex

trapolations, where we find a flux rope existing throughout the time period. The twist number

changes linearly according to the injected helicity. Since the total magnetic helicity includes

the sum of the twist (which indicates the internai helicity) of a flux rope and the mutual helic-

ity between different flux ropes, the linear relationship between the twist and the total helicity

implies the same linear relationship between the mutual and the total helicities during the évo

lution of this active région. Still, we need more work to verify the conclusion, especially the

estimation of errors in the computation of injected helicity and twist numbers.
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8.1 Summary

The solar atmosphère is constituted of highly magnetized plasma. Magnetic fields play a

key rôle in understanding various activities and phenomena in the solar atmosphère, such as

flares, filaments and prominences, and coronal mass éjections. The magnetic fields cannot be

observed as routinely and accurately in the chromosphère and corona as that in the photosphère.

However, the magnetic fields are in a low (3 (the ratio between the gas pressure and the mag

netic pressure) environment in the upper chromosphère, the lower corona, and the transition

région between them. Therefore, a force-free field extrapolation provides another way to get

the magnetic fields in the upper solar atmosphère from the bottom boundary in the photosphère.

Especially, we hâve seen that various nonlinear force-free field extrapolation methods devel-

oped in the past years and vector magnetic fields obtained by sophisticated spectro-polarimeters

provide a totally new view on the solar magnetic fields and associated phenomena.

Using two inversion codes (UNNOFIT and MELANIE) based on the Milne-Eddington so

lar atmosphère model, we build and compare vector magnetic maps obtained by two spectro-

polarimeters, where one is the ground-based Télescope Héliographique pour l’Etude du Magné

tisme et des Instabilités Solaires/Multi-Raies (THEMIS/MTR) and the other is the space-borne

Hinode Solar Optical Telescope/Spectro-Polarimeter (SOT/SP). To this end, we adopt the ob

servation of a facular région within active région NOAA 10996 on 2008 May 23, and find

consistent results conceming the field strength, azimuth, and inclination distributions. Because

SOT/SP is free from the seeing effect and has a high spatial resolution, we are able to résolve

small magnetic polarities with sizes of 1" to 2", and we can detect strong horizontal magnetic

fields, which converge or diverge in négative or positive facular polarities. These findings sup

port models for the existence of small vertical flux tube bundles in faculae. A new method is

proposed to get the relative formation heights of the multi-lines observed by MTR assuming

the validity of a flux tube model for the faculae. We find that the Fe I 6302.5 Â line is formed
at a higher altitude than the Fe I 5250.2 Â line.

We study the three-dimensional magnetic field configuration of the two-ribbon flare on 2006

December 13 using the optimization method for nonlinear force-free field (NLFFF) extrapola

tion with the high spatial resolution observation of photospheric vector magnetic field in active

région NOAA 10930 obtained by Hinode SOT/SP. The magnetic topology can be described as a

highly sheared core field and a quasi-potential envelope arch field. The core field clearly shows

some dips supposed to sustain a filament. Free energy release in the flare, calculated by sub-

tracting the energy contained in the NLFFF and the corresponding potential field, is 2.4 x 1031
ergs, which is about 2% of the energy in the potential field before the flare. We also calculate

the shear angles, defined as the angles between the NLFFF and potential field. After the flare,

we find that these angles become larger at some particular sites in the lower atmosphère, while

they become significantly smaller in most places implying that the whole configuration gets

closer to the potential field. The Ca il H line images obtained with the Broadband Filter ïmager

(BFI) of the SOT and the 1600 Â images with the Transition Région and Coronal Explorer

{TRACE) show that the pre-flare heating occurs mainly in the core field. These results provide
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evidence in support of the tether-cutting model of solar flares.

We study the corrélation heights, which indicate the formation height of Extrême Ultravio

let (EUV) lines in the active région NOAA 10930 using observations from the EUV Imaging

Spectrometer (EIS) on board Hinode in addition to SOT/SP. Three subregions with different

characteristics are selected in the active région for this study. The results show that the forma

tion heights in different subregions vary with their different magnetic fields or velocity patterns.

After solving the line blending problem between the He il 256.32 Â and Si x 256.37 Â lines
by the double Gaussian curve fitting, we find that the transition région lies higher in a strong

magnetic area. In a pre-flare heating area there possibly exist multithermal loops as implied by

comparing the Doppler velocity with the magnetic field on the solar disk.

We compute the three-dimensional magnetic field of the active région NOAA 10767 in order

to study the magnetic configuration of active région filaments. The NLFFF model is adopted

to compute the magnetic field above the photosphère, where the vector magnetic field was

observed by THEMISIMTR on 2005 May 27. We propose a new method to remove the 180°

ambiguity of the transverse field. Next, we analyze the implications of the preprocessing of the

data by minimizing the total force and torque in the observed vector fields. This step provides

a consistent bottom boundary condition for the nonlinear force-free field model. Then, using

the optimization method to compute the coronal field, we find a magnetic flux rope along the

polaiity inversion line. The field strength in the center of the flux rope is about 700 gauss,

which is relatively large compared to previous reported values. The magnetic flux rope aligns

well with part of an Ha filament, while the total distribution of the magnetic dips coincides

with the whole Ha filament. This implies that the magnetic field structure in one section of the

filament is a flux rope, while the other is a sheared arcade. The arcade induced a left-bearing

filament in the magnetic field of négative helicity, which is opposite to the chirality of barbs

that a flux rope would induce in a magnetic field of the same helicity sign.

An M 1.1 flare occurred in the same active région NOAA 10767. TRACE observations of

the flux rope or filament éruption show a strong writhing motion of the erupting structure,

suggesting that the flux rope converted some of its twist into writhe during the éruption. After

calculating the twist of the pre-eruptive flux rope, we find that it is in very good agreement with

thresholds of the helical kink instability found in numerical simulations. We conclude that the

activation and rise of the flux rope were triggered and initially driven by the kink instability.

We also estimate the height distribution of the decay index of the extemal magnetic field before

the éruption with a potential field. The decay indices stay below the threshold for the torus

instability for a significant height range above the erupting flux rope. This provides a possible

explanation for the confinement of the éruption.

With three-dimensional magnetic fields, we further study the magnetic topology and helicity

injection associated with different solar activities. First, we find that magnetic null points hâve

a close relationship with coronal bright points. The magnetic topology around a null point is

described by the spine and fan. Magnetic reconnection in the spine and fan produces coronal

bright points. Secondly, since magnetic null points are not necessarily présent in ail magnetic

activities, we study the quasi-separatrix layer (QSL) associated with the Ml.l flare on 2005

May 27, and find that the ultraviolet flare ribbon of the flare coincides well with the intersection

between the QSL and the photosphère. The hard X-ray (HXR) sources at the peak of the

flare seem to coincide with the footpoints of the erupting helical structures, which indicates a
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high possibility that HXR sources are produced more efficiently in the flux rope. Finally, the

relationship between the twist number change of a flux rope and the helicity injection is studied.

They hâve a positive relationship with each other. Helicity injection by both horizontal, such

as twisting and shearing, and vertical motions, such as flux emergence, could increase the twist

and cause an éruption of a flux rope, which leads to the formation of CMEs.

8.2 Prospect

Three-dimensional magnetic field obtained by NLFFF extrapolations in spherical geometry

will be a very promising research topic in the coming years. When we apply the NLFFF extra

polation to any realistically observed active région, an apriori requirement is that the magnetic

field on the boundary is isolated. However, this requirement may not be satisfied in the real-

istic observation due to the limitation of the field of view such as SOT/SP aboard Hinode and

THEMIS/MTR. Therefore, it is necessary to extend the boundary condition to the full disk or

even the global surface of the Sun, such as the vector magnetic fields obtained by the Vector

Spectro-Magnetograph (VSM; Jones et al. 2002) of the Synoptic Optical Long-term Investi

gations of the Sun (SOLIS; Keller et al. 2003) or by the Helioseismic and Magnetic Imager

(HMI; Scherrer & HMI Team 2010) aboard SDO, or the synoptic magnetograms constructed

from these observations. The boundary condition in a larger field view will be easier to satisfy

the apriori requirement. In this case the spherical nature of the Sun must be considered, making

it necessary to develop the NLFFF procedures in spherical geometry. Furthermore, studies on

the magnetic field structures of larger-scale solar phenomena, such as the transequatorial mag

netic loops, large filaments in the quiescent Sun, and CMEs, also ask for NLFFF procedures in

spherical geometry.

A NLFFF procedure based on the optimization method in spherical geometry has been

implemented by Wiegelmann (2007). This procedure uses the vector magnetic fields in the

photosphère as the boundary condition, and the source surface potential field computed from

the normal components as the initial condition and as the boundary condition on the outer

radial boundary. Wiegelmann (2007) tested the procedure with the semi-analytical nonlinear

force-free field solution given by Low & Lou (1990), and found that the reference magnetic

field can be reconstmcted with high accuracy. Tadesse et al. (2009) further developed the

optimization procedure in spherical geometry, which can perforai the computation in a wedge-

shaped volume that is defined by six boundaries with r G [rmin, rmax], 6 G [0min,#max]>

and 0 G [0min> 0max]- They also developed a preprocessing procedure in spherical geometry

to minimize the magnetic force and torque of the photospheric vector magnetic fields to be

consistent with the force-free assumption. The aforementioned procedures hâve been applied

to real data to study the magnetic field configuration of active régions (Tadesse et al. 2011).

Another NLFFF procedure based on the optimization method in spherical geometry has been

implemented by J. McTieman in the FORTRAN language and released in the Solar Software

(SSW) package. We also note a new procedure in spherical geometry that aims to reconstruct

the global solar magnetic field (Contopoulos et al. 2011), where the authors claimed that the

magnetic field can be computed via only the normal magnetic field on the bottom boundary.

Another promising research topic is to combine observationally derived magnetic field con

figurations, velocity fields, and other physical quantifies with numerical simulations for MHD

or particle accélérations. We hâve obtained various magnetic configurations with the NLFFF
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extrapolation, such as magnetic arcades with dips along the field lines associated with fila

ments, magnetic flux ropes associated with HXR footpoints in a flare and/or associated with

filaments, and magnetic null points associated with coronal bright points. Xia et al. (2011)

modelled the formation of solar filaments based on the évaporation and condensation model,

where the plasma material is assumed to be channelled along the magnetic field lines. Thus, a

reconstructed three-dimensional magnetic field can be combined with this one-dimensional nu-

merical simulation of the radiative hydrodynamics to be compared with realistic observations.

For paiticle accélérations by electric fields, the magnetic field configurations obtained by

observations and extrapolations may provide an initial condition and background information.

Guo et al. (2010a) performed a numerical simulation on the proton and électron accélération

considering the convective electric field in the magnetic field with a magnetic null point. They

constructed self-consistent velocity, electric, and magnetic fields with an MHD simulation,

whose initial condition is given by an analytical potential field with a null point. The résistive

electric field in their simulated fields could be neglected; therefore, only convective electric

field was considered, where particles were accelerated due to break down of the magnetization

or magnetic gradient and curvature drift. Since the Larmor radii of protons are larger than that

of électrons, they are more easily de-magnetized and accelerated than électrons. Based on the

aforementioned studies, the magnetic field configurations obtained by us can be extended in

various ways. For example, we could use the potential field with null points obtained with

our extrapolation (Chapter 7) as an initial condition to the MHD simulation and further study

the génération of electric currents and paiticle accélérations in such a configuration (e.g., Pariat

et al. 2009; Masson et al. 2009; Santos et al. 2011). Additionally, we could simulate the particle

accélération due to résistive electric field in the magnetic flux rope obtained by the NLFFF

(Chapter 5). Still, there are further problems, such as the détermination of the anomalous

resistivity.

It will be a promising research field to combine observationally derived magnetic and veloc

ity fields with data-driven MHD simulations to reproduce the solar active phenomena. Most of

the présent MHD simulations adopt artificially prescribed boundary conditions. More realistic

simulations may incorporate real data observed on those boundaries. One obstacle among oth-

ers in applying the observed data as the boundaries of MHD simulations, is that how to dérivé

a velocity field consistent with the évolution of the magnetic field on the boundaries, since sim

ulations require exact consistency between those fields and MHD équations. Various optical

flow techniques consistent with the induction équation from a time sequence of photospheric

magnetograms hâve been proposed (e.g. Welsch et al. 2004; Longcope 2004; Schuck 2005,

2008). We hâve given a brief introduction on the optical flow techniques in Section 7.3.2.

Finally, it is worth devoting our attention to observations of magnetic fields in the upper

solar atmosphère. As we hâve introduced in Section 1.1.5 of Chapter 1, various optical and in-

frared spectral lines hâve been applied to measure magnetic fields in the chromosphère and the

corona. Since these spectral lines are formed in non-local thermodynamic equilibrium (NLTE)

or optically thin plasma, it is necessary to develop advanced inversion codes. These applica

tions together with NLFFF extrapolations would open new Windows on the three-dimensional

magnetic fields in the solar atmosphère.
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