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ABSTRACT

Following our recent work on Type II supernovae (SNe), we present a set of 1D nonlocal thermodynamic equilibrium radiative
transfer calculations for nebular-phase Type Ibc SNe starting from state-of-the-art explosion models with detailed nucleosynthesis.
Our grid of progenitor models is derived from He stars that were subsequently evolved under the influence of wind mass loss. These
He stars, which most likely form through binary mass exchange, synthesize less oxygen than their single-star counterparts with the
same zero-age main sequence (ZAMS) mass. This reduction is greater in He-star models evolved with an enhanced mass loss rate.
We obtain a wide range of spectral properties at 200 d. In models from He stars with an initial mass >6 M, the [O1] 116300, 6364 is
of a comparable or greater strength than [CaIl] 417291, 7323 — the strength of [0 1] 116300, 6364 increases with the He-star initial
mass. In contrast, models from lower mass He stars exhibit a weak [O 1] 44 6300, 6364, strong [Ca11] 147291, 7323, and also strong
N1I lines and Fe Il emission below 5500 A. The ejecta density, which is modulated by the ejecta mass, the explosion energy, and
clumping, has a critical impact on gas ionization, line cooling, and spectral properties. We note that Fe I dominates the emission
below 5500 A and is stronger at earlier nebular epochs. It ebbs as the SN ages, while the fractional flux in [O 1] 416300, 6364 and
[Ca1] 217291, 7323 increases with a similar rate as the ejecta recombine. Although the results depend on the adopted wind mass
loss rate and pre-SN mass, we find that He-stars of 6-8 M, initially (ZAMS mass of 23-28 M) match the properties of standard SNe
Ibc adequately. This finding agrees with the offset in progenitor masses inferred from the environments of SNe Ibc relative to SNe II.
Our results for less massive He stars are more perplexing since the predicted spectra are not seen in nature. They may be missed by

current surveys or associated with Type Ibn SNe in which interaction power dominates over decay power.

Key words. radiative transfer — stars: evolution — supernovae: general — binaries: general

1. Introduction

Recent developments with the nonlocal thermodynamic
equilibrium (non-LTE) radiative transfer code CMFGEN
(Hillier & Dessart 2012) have led to a better numerical
stability in the steady-state solver and a more suitable treatment
of chemical mixing in core-collapse supernova (SN) ejecta
(Dessart & Hillier 2020a,b). Following our previous work
(Dessart et al. 2021) on the nebular-phase properties of Type 11
SNe arising from the explosion of stars that evolved in isolation
at solar metallicity and died as red supergiants (Sukhbold et al.
2016), here, we undertake a study of a similar nature based
on the He-star explosion models of Ertl et al. (2020), with the
pre-SN evolution described in Woosley (2019). The underlying
assumption is that such He stars initially formed from the
prompt removal of the H-rich envelope through binary mass
exchange, probably as the star first expanded following the igni-
tion of hydrogen burning in a shell (case B mass transfer). This
scenario is thought to be responsible for most of the observed

* Tables A.3—A.23 are only available at the CDS via anonymous ftp
to cdsarc.u-strasbg.fr (130.79.128.5) or via http://cdsarc.
u-strasbg.fr/viz-bin/cat/J/A+A/656/A61

Type Ibc SNe and is thus distinct from the single-star evolution
that may produce most of the observed SNe II. This study thus
complements our previous work on SN II (Dessart et al. 2021)
by documenting the nebular-phase properties of a large grid of
Type Ibc models from Ertl et al. (2020).

The properties of core-collapse SNe at nebular times are
complex, but offer the potential to constrain some important
characteristics of the progenitor star and its explosion (see, for
example, Fransson & Chevalier 1989; Jerkstrand 2017). These
characteristics include the yields from intermediate mass ele-
ments (e.g., O or Ca) and iron group elements (for exam-
ple the initial abundance of 56Ni, or more rarely stable Ni;
Jerkstrand et al. 2015b), the geometry of the inner ejecta
(Mazzali et al. 2001; Maeda et al. 2006, 2008; Modjaz et al.
2008; Taubenberger et al. 2009; Milisavljevic et al. 2010), the
formation of dust and molecules (Kotak et al. 2005, 2006;
Rho et al. 2018, 2021), or the late-time source of power for the
ejecta (see for example the peculiar nebular phase spectral prop-
erties of SN 2016gkg; Kuncarayakti et al. 2020). By combining
the analysis of both photospheric-phase and nebular-phase prop-
erties, one can build a more consistent picture of core-collapse
SNe, which can provide important constraints for massive star
evolution and explosion.
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Previous modeling of nebular-phase spectra of Type Ibc
SNe! has been limited to a few nearby objects for which good
quality photometry and spectra could be obtained until late
times. The study of the Type IIb SNe 1993J, 2008ax, and
2011dh by Jerkstrand et al. (2015a) provided a wealth of infor-
mation on their spectral properties (including non-LTE pro-
cesses, line formation, molecule formation etc), the progenitor
stars, and their explosion physics. The progenitor models for
that study were however taken from the single-star explosion
models of Woosley & Heger (2007) and subsequently trimmed
to retain only the innermost layer of the H-rich envelope.
This approach is not suitable for SNe Ibc for which the com-
bined effects of binary-mass transfer and Wolf-Rayet wind mass
loss appear essential (Podsiadlowski et al. 1992; Eldridge et al.
2008; Yoon et al. 2010; Yoon 2017; Woosley 2019; Dessart et al.
2020).

This study is thus devoted to modeling the nebular-phase
properties for the large set of explosion models presented by
Ertl et al. (2020) and based on the He-star evolution models of
Woosley (2019). In the next section, we present our numeri-
cal setup, summarizing how the pre-SN evolution, the explo-
sion phase, and the radiative transfer calculations are treated.
Section 3 presents the general properties of the progenitor star
and explosion models we study. Section 4 describes the spec-
tral properties of the He-star explosion models evolved with
the nominal mass loss rate. Section 5 focuses on three rep-
resentative models for lower, intermediate, and higher He-star
masses. Section 6 takes a side step and compares the properties
of a SN Ib and a SN II at a post-explosion time when the SN
luminosity is comparable. Section 7 explores the strong impact
that ejecta density has on SN radiation properties, in particu-
lar as obtained through the introduction of clumping or through
variations in explosion energy. Section 8 studies the impact
of pre-SN mass loss rate on the resulting SNe Ibc. Section 9
relaxes the assumption of local positron trapping to gauge the
importance of their contribution to SN Ibc spectra and lumi-
nosity. While all simulations so far were done at 200d after
the explosion, Sect. 10 describes the evolution until late times
for few of our models. Section 11 searches for the signatures
of HeT lines in the nebular phase spectra of our He-star explo-
sion models, and in particular how these vary with SN type.
Section 12 presents a succinct comparison to a few well observed
SNe Ibc (including a couple of SNe IIb). Finally, we present
our conclusions in Sect. 13. Supplementary tables and figures
are provided in the appendix to complement the information
given in the main text. All model outputs are publicly available
online?.

2. Numerical setup
2.1. He-star models: progenitor evolution

The pre-SN evolution of the stars studied here has been dis-
cussed in Woosley (2019) and Ertl et al. (2020) and their models
are employed without revision (some remapping is performed
before doing the radiative-transfer calculation — see Sect. 2.4).
To summarize, helium stars, consisting of helium plus a con-
centration of heavier isotopes reflecting the result of hydrogen
burning in a massive star with solar metallicity, were evolved,
including the effect of mass loss by winds to the pre-SN stage.
The initial helium star mass was assumed to reflect the mass of

' The sample includes Type IIb since they are very similar to SNe Ib,
especially at nebular times, and very different from SNe II at all epochs.
2 https://zenodo.org/record/5532535
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the helium core at the time of central helium ignition in stars
with variable main sequence mass. No main sequence evolu-
tion or binary mass exchange was calculated. The loss of the
envelope was regarded as instantaneous, and the relevant main
sequence mass was inferred by inspection of previously exist-
ing grids of single star evolution evaluated at helium ignition.
Once helium burning ignited, mass loss was included using the
prescription of Yoon (2017), which is itself an amalgamation of
Hainich et al. (2014) and Tramper et al. (2016). Because these
rates are uncertain and possibly underestimated, we also con-
sidered cases with multipliers of 1.5 and 2 times the base rate
of Yoon (2017). Uncertainties in whether the envelope was lost
precisely at helium ignition or a lot before or after is absorbed
into uncertainties in the mass loss rate. Stars are expected to fre-
quently lose their envelopes at this time because it is at this point
that the star expands from a compact main sequence star to a
supergiant.

Because of their isolation from an overlying hydrogen enve-
lope, these helium stars did not increase in mass as they burned
helium, but instead shrank due to mass loss by winds. The final
pre-SN mass was thus substantially smaller than it would have
been if the helium core evolved as part of a single isolated
star. For example, evolved with the same code and physics, the
helium core mass for a 15 M, single star is 4.3 M, when the star
explodes, but the same star with its envelope removed at helium
ignition and subject to mass loss by winds has a pre-SN mass
of only 2.4 M, (Woosley 2019). These differences in masses
translate into different structures at explosion time, as typified
for example by their core compactness and different composi-
tions. The other major difference is that the models were not
artificially exploded using pistons. Rather, as explained in the
next section, the explosion is triggered by the deposition of neu-
trino energy, which was treated using a 1D neutrino transport
model.

2.2. He-star models: explosion phase

The explosion modeling of the He stars was performed in spher-
ical symmetry with the P-HOTB code (see Ertl et al. 2016, 2020;
Sukhbold et al. 2016). In order to mimic the basic effects of ther-
mal energy deposition over an extended period of several sec-
onds by the neutrino-driven mechanism, an approximate, gray
treatment of neutrino transport in combination with a time-
dependent model for the neutrino emission of the newly formed
neutron star was employed. The parameters of this neutrino
“engine” were calibrated by the requirement that the observa-
tionally determined explosion energies and *°Ni yields of the
Crab SN and of SN 1987A could be reproduced for progeni-
tors in the mass ranges (around 9—10 M, and 15-20 M, respec-
tively) of these two well-studied SNe.

The application of this neutrino engine led to a progenitor-
dependent explosion behavior with differences in the mass cut,
explosion energy, and compact remnant (neutron star or black
hole) mass. The P-HOTB simulations were performed with a
nuclear network constrained to a small set of species (the 13 a-
nuclei, neutrons, protons, and a “tracer nucleus” (hereafter “Tr”)
that represents neutron-rich nuclei where Y, < 0.49). Therefore
the SN results from P-HOTB were used to guide postprocess-
ing calculations of the explosions with the Kepler code, which
employs a large network and thus allows to capture the details
of the nucleosynthesis consistent with the progenitor evolution.
The chemical composition of the ejecta could thus be deter-
mined accurately to facilitate the spectral modeling in the study
reported here.


https://zenodo.org/record/5532535
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Table 1. Ejecta model properties from Ertl et al. (2020) — see also Tables A.1 and A.2.

Model MpreSN Mej Ekin Vm 4HC 1ZC 14N 16O 24Mg 283i 4OCEI 56Ni¢:0 Msh Vmux,S"Ni
(Mo] [Mo]l  [foe] [kms™'] [Mo]l [Mol [Mo] [Mo] [Mo] [Mo] [Mo] [Mo] [Mo]  [kms']
he2p6 2.15 0.79 0.13 4134 0.71 0.02 4.78(-3)  2.28(-2) 1.58(=3)  3.35(=3) 2.40(-4) 1.22(-2) 0.29 2697
he2p9 2.37 0.93 0.37 6336 0.77 0.04 5.15(=3)  5.03(=2)  3.82(-3) 1.01(=2)  5.62(-4) 2.32(-2) 0.38 4353
he3p3 2.67 120 055 6777 0.84 006 621(=3) 151(=1) 175(=2) 2.76(=2) 1.00(=3) 4.00(=2) 043 3712
he3p5 2.81 1.27 0.41 5704 0.87 0.07 6.31(=3) 1.72(-1) 1.60(=2)  2.13(=2) 7.34(-4) 2.92(-2) 0.49 3121
hedp0 3.16 162 063 6272 092 010  646(=3) 3.10(=1) 298(=2) 4.70(=2) 1.35(=3) 445(=2)  0.82 3974
he4pSL 3.49 1.89 0.54 5348 0.95 0.13 6.55(=3)  4.29(-1) 4.00(-2) 4.90(-2) 1.73(-3)  8.22(-2) 1.14 3532
hedp5 3.49 1.89 1.17 7884 0.95 0.13 6.52(=3)  4.19(-1) 3.73(=2) 6.14(-2) 2.40(-3) 8.59(-2) 1.14 5588
hedpsH 3.49 1.89 244 11400 097 012  638(=3) 3.96(~1) 3.55(-2) 7.86(=2) 3.33(=3) 9.03(-2) 1.14 8369
he5p0 3.81 221 1.51 8286 0.97 0.15 6.60(=3)  592(-1) 520(-2) 5.55(-2) 2.26(-3) 9.77(-2) 1.43 6164
he6p0 4.44 2.82 1.10 6269 0.95 0.25 6.20(=3)  9.74(-1) 1.01(=1)  5.88(=2)  2.12(=3) 7.04(-2) 2.16 4990
he7p0 5.04 333 138 6456 090 039  5.42(-3) 1.29 LO7(-1)  947(-2) 3.42(-3) L02(-1) 2.77 5356
he8p0 5.63 3.95 0.71 4251 0.84 0.49 5.17(=3) 1.71 1.10(=1)  4.89(=2) 2.00(-3)  5.46(-2) 3.40 3435
hel12p0 7.24 5.32 0.81 3911 0.23 1.00 1.42(-4) 3.03 8.73(-2)  7.41(=2) 3.42(-3) 7.90(-2) 3.60 2531
he5p0x1p5 3.43 1.85 1.59 9299 0.86 0.16 6.18(=3)  4.22(-1) 3.27(=2) 6.34(=2) 2.74(-3) 1L.11(=1) 1.12 6758
he6pOx1p3 3.96 232 157 8237 0.83 027  568(=3) 6.80(-1) 476(-2) 631(=2) 3.03(-3) 123(-1) 125 5787
he8p0x1p5 4.92 3.26 1.49 6776 0.64 0.56 6.14(-4) 1.28 9.73(=2)  6.75(=2)  2.74(-3) 1.06(-1) 2.05 5096
he9pOx1p5 4.87 3.13 1.03 5743 0.26 0.62 1.55(=5) 1.49 9.36(-2)  8.39(-2)  3.58(-3) 1.21(-1) 2.07 4222
he10pOx1p5 4.96 3.20 1.22 6192 0.18 0.67 1.20(-5) 1.65 9.07(=2)  8.89(-=2)  3.56(-3)  9.92(-2) 2.00 4465
hel1pOx1p5 5.19 3.44 1.11 5705 0.20 0.76 4.24(-5) 1.78 7.16(=2)  6.26(-2)  2.72(=3)  4.26(-2) 2.13 4015
hel2pOxlps  5.43 371 097 5132 023 079  5.00(=5) 1.89 748(=2)  722(=2) 325(-3) 8.80(=2)  2.36 3561
he13p0Ox1p5 5.64 3.99 1.31 5736 0.24 0.82 7.19(=-5) 2.04 7.38(-2) 8.26(-2) 3.78(-3) 1.28(=1) 2.60 4179
he10p0x2p0 3.98 222 1.23 7446 0.15 0.57 5.53(=6)  9.31(=1) 552(-2) 692(-2) 2.94(-3) 1.16(-1) 1.29 5233

Notes. The table columns correspond to the preSN mass, the ejecta mass, the ejecta kinetic energy (1 foe = 10°' erg), the mean expansion
rate V,, = [2E\n/M,;, the cumulative yields of “He, '>C, N, 160, Mg, 2Si, “°Ca, and *°Ni prior to decay. The last two columns give the
Lagrangian mass My, adopted for the shell shuffling (see Sect. 2.3), as well as the ejecta velocity that bounds 99% of the total *°Ni mass in the
corresponding model (this value corresponds roughly to the velocity at the Lagrangian mass Mg,). All *°Ni masses used here were taken from the
Kepler approximation to the P-HOTB neutrino simulation, and are between the best guess (**Ni+*“Tr”) and generous upper bounds (3/4x(**Ni +

“Tr’+ a)) defined by Ertl et al. (2020, see also Table A.2).

2.3. Preparation of models for radiative-transfer simulations
using CMFGEN

In this paper we discuss a large grid of radiative-transfer calcula-
tions based on explosion models of solar-metallicity nonrotating
He-stars evolved with the nominal pre-SN wind mass loss rate
(no suffix; model he2p6 corresponds to the He-star model with
an initial mass of 2.6 M, etc). Additional models with the mass
loss rate enhanced by 50% (suffix x1p5) and 100% (suffix x2p0)
are also considered. For the standard mass loss case, we consider
He-star masses of 2.6, 2.9, 3.3, 3.5,4.0,4.5,5.0, 6.0, 7.0, 8.0, and
12.0 M, with fewer models at higher mass because they are in
tension with observed properties of SNe Ic (they have residual
surface He and a large ejecta mass).

The grid with a 50% enhanced mass loss rate does not cover
the low mass end where the influence of wind mass loss is
negligible. Instead, the grid covers with a 1 M increment the
range of He-star masses between 5 and 13 M. These ejecta
models have similar properties to those computed and discussed
in the study of Dessart et al. (2020). In particular, they yield
SN spectra that reproduce satisfactorily the dichotomy between
SNe Ib and SNe Ic. Finally, for the 100% enhanced mass loss
rate, we only consider a He-star progenitor of 10 M, (model
he10p0x2p0).

The ejecta models described in the previous section (a sum-
mary of ejecta properties is provided in Tables 1 and A.1) are
evolved until 1d after explosion, at a time when homologous
expansion is essentially established. To prepare the ejecta mod-
els for CMFGEN, we select only the ejecta layers with a velocity
greater than 50kms~! (this trims any fallback material; how-
ever, in most explosion models, the minimum ejecta veloc-
ity is several 100kms™" up to ~1000kms~!) and lower than
about 20000kms~! (the exact value depends on the explosion

energy, but it is chosen so that the outer ejecta regions are
optically thin in both the continuum and lines). A full discus-
sion of the approach, its merits and its weaknesses, is provided
in Dessart & Hillier (2020b).

For most models a large nuclear network was used to com-
pute the progenitor evolution and the explosion. Not all mod-
els used the same number of isotopes although in all cases
the network was much larger than needed to capture the abun-
dance of the elements important for the radiative transfer cal-
culations presented here. Most models used about 450 isotopes
which was sufficient to include all nontrivial nuclear flows up to
about A = 90. Some models included more isotopes during the
explosion.

All °Ni masses used here were taken from the Kepler
approximation to the P-HOTB neutrino simulation, and are
between the best guess (**Ni+*“Tr”) and generous upper bounds
(3/4x(°Ni + “Tr’+ a)) defined by Ertl et al. (2020). Our °Ni
masses are thus compatible with the neutrino-powered explo-
sions, but perhaps slightly on the high side (see additional details
in Table A.2).

As the radiative transfer is primarily controlled by the most
abundant species, and isotopic effects are small, we sum over all
isotopes (see Table 2) and only include the following species:
He, C, N, O, Ne, Na, Mg, Si, S, Ar, K, Ca, Sc, Ti, Cr, Fe, Co,
and Ni in our radiative transfer calculations. We allow for the
radioactive decay of *°Co and °Ni, which are treated individ-
ually. More unstable isotopes could be allowed to decay, but
this is either not necessary at one year post explosion (e.g.,
for *4Ti; Jerkstrand et al. 2011), or secondary because of their
low abundance (e.g., 5TNi is about 20 times less abundant than
6Ni in these explosion models). Treating underabundant unsta-
ble isotopes as stable has little impact on the composition at late
times.
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Table 2. Adopted species and model atoms.

Species Model atoms

He (*He and “He) He1 (40,51), He11 (13,30)
C ("°Cto 8C) C1(14,26), C11 (14,26)

N ("IN to 2'N) N1 (44,104), N1I (23,41)
0 (0 to 220) 01(30,77), 011 (30,111)

Ne (®Ne to 26Ne)
Na (""Na to 3'Na)
Mg (**Mg to 3*Mg)
Si (3Si to 37Si)

S (¥’S to S)

Ar (C'Ar to #Ar)

NeT (70,139), Ne1r (22,91)
Nar (22,71)

Mg1 (39,122), Mg 11 (22,65)
Si1(100,187), Sin (31,59)
S1(106,322), STI (56,324)
Ar1(56,110), Arii (134,415)

K (K to >'K) K1(25,44)

Sc (*°Sc to 7*Sc) Sc1(26,72), Sc1I (38,85)

Ca (3Cato %2Ca) Cal(76,98), Call (21,77)

Ti (°Ti to *°Ti) Ti1n (37,152), Ti (33,206)

Cr (*3Cr to 2Cr) Cr11 (28,196), CriiI (30,145)
Fe (*"Fe to °’Fe) Fel (413,1142), Fe11 (275, 827)

Fen (83, 698)
Co11 (44,162), Co1 (33,220)
Ni1 (27,177), Ni1 (20,107)

Co (*8Co to °Co) @
Ni (°!Ni to *Ni) @

Notes. The left column gives the range of isotopes considered when
determining the abundance for each species treated in our CMFGEN cal-
culations. The right column lists the atoms and ions treated in the radia-
tive transfer (the parenthesis gives the number of super-levels followed
by the corresponding number of full levels; see Hillier & Miller 1998
for discussion). V3°Co is treated as a separate species, but uses the same
Co atomic data and model atoms. 36N is treated as a separate species,
but uses the same Ni atomic data and model atoms.

For each model, we identify all shells that have a distinct
composition. There is more than one way to do this since some
shells do not have a clear boundary, and some show internal com-
position gradients. For example, the He mass fraction shows a
steady rise as we progress outward in the O/C shell of model
he8p0. Some species may be abundant in consecutive shells,
such as Ca in the Fe/He and the Si/S shells. The main shells are
designated by their dominant species and are typically Fe/He,
Si/S, O/Si, O/Ne/Mg, O/C, He/C, and He/N. In some cases, the
He/C shell is also O-rich and so one may designate this shell as
He/C/O.

The Fe/He and the Si/S shells are the product of explosive
nucleosynthesis so their mass depends on the progenitor struc-
ture and on the explosion energy, which in nature, is also deter-
mined by the progenitor structure. When the explosion energy
is high, the O/Si shell composition may also be altered. In these
regions, the composition profile after shock passage is very dif-
ferent from that in the corresponding convective shell of the
progenitor. While convection within a shell tends to make the
composition uniform, the shock leaves behind a composition
gradient, so that °Ni, Si, Ca, etc. drop in abundance as we
progress outward. Consequently, *°Ni is abundant in the Fe/He
shell but it is also present in the Si/S shell. Similarly, the Si abun-
dance continuously drops through the O/Si shell. By contrast,
the O, Ne, and Mg composition profiles are nearly constant in
the O/Ne/Mg shell (which is essentially unaffected by explosive
nucleosynthesis).

The average mass fractions for the main elements composing
each of the main shells are provided in Tables A.3—-A.23. The
typical shell compositions are as follows:
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He/N shell: Composed of He (98%) and N (1%) primarily.

He/C shell: Composed of He (30 to 80%), C (10 to 40%), with
O present but typically less abundant than 10%.

O/C shell: Composed of O (50 to 60%) and C (30 to 40%), with
traces of He and Ne.

O/Ne/Mg shell: Composed of O (50 to 65%), Ne (~30%), and
Mg (5 to 15%), with Na (~0.5%) well above the solar metal-
licity value. Other abundances also differ from solar — Co is
more than an order of magnitude above solar, the Ni abun-
dance has been increased by roughly a factor of five, the
Ca abundance is nearly a factor of two below solar, and
the Fe abundance is also (slightly) below solar. In contrast
to some of the higher-mass progenitors of Sukhbold et al.
(2016), there is no sign of a merging of the Si shell with
the O shell in any of these models.

O/Si shell: Composed of O (~70%), Si (~15%), S (few percent),
Mg (few percent), and the Ca abundance is well above solar
(mass fraction of about 0.0005).

Si/S shell: Composed of Si (about 45 to 55%), S (~25%), with a
few percent of Ar and Ca. The Si/S shell also contains some
6Ni initially and thus is composed of about 10% Fe at late
times.

Fe/He shell: Composed of Fe (45 to 60%; the S0Fe isotope dom-
inates and arises from *°Ni and Co decay), 3Co (about
10% at 200d, as a result of the partial decay of *°Co into
30Fe), He (15 to 25%), with about 5-10% of **Ni (i.e., stable
nickel), and about 0.5% of Ca.

Having identified the main shells, we can proceed with the shuf-
fling of shells of distinct composition (Dessart & Hillier 2020b).
We first choose the Lagrangian mass (M) that bounds the shuf-
fling. As the choice of My, is uncertain, we have used two
options for setting My,. Tests show that they yield similar spec-
tra (not shown). By default, we shuffle all shells interior to the
outermost shell. For SNe Ib progenitors this is the He/N shell,
while for SNe Ic progenitors it is the He/C, He/C/O, or O/C shell
(Dessart et al. 2020). The other option was to limit the shuffling
of shells interior to the outermost two shells, which essentially
means limiting the shuffling to the Fe/He, Si/S and the O-rich
shells®. Our approaches mean that macroscopic mixing occurs
over 30-85% of the ejecta mass, leaving the outermost ejecta
layers intact. In reality, the assumption of spherical symmetry
is perhaps a greater limitation, in the sense that mixing may be
very strong in some directions and weak in others.

With My, thus specified, we first force a uniform composi-
tion in all the main shells within My,. We then split each of the
main identified shells in three equal-mass parts and shuffle these
truncated parts. This choice places a significant mass of *°Ni at
large velocities. As y-rays deposit their energy over an extended
ejecta volume, we have found that the specific shell arrangement
has little impact on the outcome (see Dessart & Hillier 2020b).
A more profound problem may be the use of 1D smooth ejecta
density structure produced in 1D explosion models. This ignores
the action of multidimensional fluid instabilities and the possi-
bility of material compression.

The left column of Figs. 1, A.1 and A.2 give the unmixed
undecayed composition profile versus Lagrangian mass at 1d
for those explosion models in Ertl et al. (2020) that are based
on the He-star progenitors evolved with the nominal mass loss
rate (Woosley 2019). The right column in Fig. 1 shows the
shell structure and abundances after we have performed the shell

3 We have performed tests for this alternative but find that the impact
is small, and mostly limited to lower-mass progenitors with a massive
He-rich shell. This exploration is not shown in this paper.



L. Dessart et al.: SNe Ibc at nebular times

hed nl4 —— mg24 ca40 he3p3
016 si28  —— ni56

101}

cl12

-20

—_
i
—_
—_
a1

_
9
N

_
S)

V [10° kms™1]

=
2
[

Mass Fraction

—_
9
IS

—_
9
Q1

_
i
N

cad0 hel5p0
— ni56

nl4 —— mg24
si28

101}
100

ol6

N
o

p— p—
(en) (e)
Lo
—_ —_
o (6]
V [10° kms™]

_
9
QG

Mass Fraction

—_
9
IS

-
-
-
-

=
2
U1

—_
N
N

1.0 15 2.0
m[Mep]

nl4 —— mg24 cas0 he8p0
ol6 si28 = ni56

=

—

Mass Fraction

.
.
~
199N

PR
-
-
-

—6 .
10 00 05

15 20 25 30 35

m [Mg]

1.0

—— He

C'a 'he3p3 ]
Fe

N =—— Mg
Si

c — O

Mass fraction

08 1.0

N-—— Mg — Ca  he5p0 ]

Si Fe

He
cC — O

101}
109}

= =
o ()
b L

_
b
QG

Mass fraction

—_
2
IS

—_
2
U1

-6
10 0.0

2.0

1.0 15

0.5 .
m [Me)]

N v o hedpo]

Si Fe

r —— He
cC — O

—_
[en)
—

—_

[en)
[=}

>

>

—_
)
—_

[
= 3
[ )

Mass fraction

—

—_
T
'

10-°

—6 .
10 00 05

15 20 25 30 35
m [Me]

1.0

Fig. 1. Original and mixed composition profiles for three He-star explosion models. Left column: chemical composition versus Lagrangian mass
in the original, unmixed he3p3, he5p0, and he8p0 ejecta models of Ertl et al. (2020) at 1d (the original mass fraction is shown for 3Ni) — ejecta
properties are summarized in Table 1. The shaded areas denote dominant shells, of a given composition, that are used in the shuffling procedure.
Right column: corresponding ejecta at 200 d in which the main progenitor shells have been shuffied in mass space within the Lagrangian mass cut
My, = 0.43,1.43, and 3.40 M, (details on the shuffling procedure are given in the appendix of Dessart & Hillier 2020b). In the right column, the
mass fractions shown are obtained by summing over all isotopes associated with a given element (see Sect. 2.3 and Table 2 for details). The x-axis
covers the same range in each row and the y-axis covers the same range in all panels.

shuffling in models he3p3, he5p0, and he8p0. For complete-
ness, we provide the composition of each dominant shell in the
unmixed ejecta in Tables A.3—A.13 for He-star progenitor mod-
els with the nominal mass loss rate, Tables A.14—A.22 for He-
star progenitor models with a 50% enhanced mass loss rate,
and Table A.23 for the only model treated here with a 100%
enhanced mass loss.

2.4. Radiative transfer calculations with CMFGEN

Having prepared the shuffled-shell structure for a wide set of
He-star explosion models, we remap all models onto a grid with
350 radial points. From the inner ejecta layers up to My,, we use
a uniform grid in velocity (or radius) with 300 points. Above
Mg, we allocate 50 points equally spaced in velocity but on a
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logarithmic scale. All simulations are performed at a SN age of
200 d after explosion unless otherwise stated (see Sect. 10).

The radiative transfer performed with CMFGEN
(Hillier & Miller 1998; Hillier & Dessart 2012) is carried
out with the approach described in Dessart & Hillier (2020a).
As we assume steady state (except in Sect. 10) a calculation
at any epoch can be performed without any knowledge of the
previous evolution. This permits a much broader exploration,
allowing various ejecta properties to be varied. We assume that
the only source of power in those explosions at nebular times is
the decay of *Ni and °Co and treat nonthermal processes as
per normal (Dessart et al. 2012; Li et al. 2012). For simplicity,
we compute the nonlocal energy deposition by solving the gray
radiative transfer equation for y-rays with the gray absorption
opacity set to 0.06 Y, cm? g~!, where Y, is the electron fraction.
All simulations assume that positrons deposit their power at
the site of emission, except for the study presented in Sect. 9.
The model atoms included and the number of levels used are
listed in Table 2. The numbers in parentheses correspond to the
number of super levels and full levels employed (for details on
the treatment of super levels, see Hillier & Miller 1998).

3. General properties

Figure 2 shows the variation of kinetic energy, ejecta mass,
mean ejecta expansion rate, S6Ni mass, O-shell mass, and He-
shell mass when the initial mass of the He-star is varied. The
explosion energy and mass cut were obtained for each model
using a 1D parametrized calculation of neutrino transport as dis-
cussed in Ertl et al. (2020). While 1D, the model, which has
been calibrated against the Crab supernova and SN 1987A, fol-
lows the complex interplay between neutrino luminosity from
the protoneutron star and the infalling material from the pro-
genitor mantle. For the lower mass progenitors such as model
he2p6, calibration to the Crab and realistic 10 M, single star
simulations implies a low explosion energy of only ~10° erg.
However, as the mass of the supernova progenitor is increased,
the explosion energy increases until saturating at a maximum of
about 2 x 10! erg. Since the binding energy increases monoton-
ically with mass, the asymptotic ejecta kinetic energy ultimately
reaches a maximum of 1.5 x 103! erg for model he7p0, and then
decreases for more massive models. The scatter overlaid onto
this general trend results from the idiosyncrasies of each model.
It should be noted that while results are plotted versus the ini-
tial He-star mass (which is also contained in the model name),
the explosion properties and nucleosynthesis are really most sen-
sitive to the pre-SN mass. The relation between the two depends
on the uncertain rate of wind-driven mass loss after the envelope
is presumably stripped in a binary. Tables and analytic expres-
sions relating pre-SN mass to initial He-star mass for these mod-
els have been given by Woosley (2019) and Ertl et al. (2020).
For the models evolved with the nominal mass loss rate, the
ejecta mass ranges from 0.79 to 5.32 M. He-star models evolved
with a 50% boost in the mass loss rate give explosions with an
ejecta mass 20 to 30% lower. Model he10p0x2p0 evolved with
a 100% boost to the mass loss rate yields an ejecta mass that is
an additional 30% lower than its he10pOx1p5 counterpart. These
reductions in ejecta mass imply a greater expansion rate for the
same ejecta kinetic energy. They also have implications for the
SN type since additional wind stripping can lead to the loss of
the outer He-rich material. Models he8pOx1p5-he9pOx1p5 (i.e.,
from progenitors evolved with a 50% boost to the mass loss
rate) agree better with the transition mass that separates SNe Ib
and Ic (Dessart et al. 2020). With the nominal mass loss rate, all
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Fig. 2. Sample of ejecta properties for our grid of He-star explosion
models. Illustration of the ejecta properties for the explosion models
based on He stars evolved with the nominal mass loss rate (filled dots),
a 50% enhanced mass loss rate (stars), and a 100% enhanced mass loss
rate (diamond; only model he10p0x2p0 corresponds to this case). From
top to bottom, we show the ejecta kinetic energy E\j,, the ejecta mass
M, the mean expansion rate V,,, the S6Ni mass, the mass of the O-rich
shell (loosely defined by all locations having an O mass fraction greater
than 0.1), and the mass of the He-rich shell that accounts for all the mass
above the O-rich shell.

ejecta models retain a He/N shell in their outermost layers, where
He has a >90% mass fraction, and may therefore be in tension
with the observed dichotomy between SNe Ib and SNe Ic (i.e.,
the nominal wind mass loss rate is not as compatible with the
inferred Ib-Ic transition).

The mean ejecta expansion rate, V,,, ranges from 4000 to
9000 kms~!, with some scatter resulting from the scatter in
Eyin and M. A higher mass loss rate leads to progenitors
that explode with a higher energy per mass, and therefore a
higher mean ejecta expansion rate, but the size of the changes
are far from uniform. Compare, for example, the model pair
he12p0/he12p0x1p5 and he8p0/he8p0x1p5 in Fig. 2.

The *°Ni yield ranges from 0.01 (model he2p6) to 0.11 M,
(model he8p0) for models with the nominal pre-SN mass loss
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rates. With the 50% boost in pre-SN mass loss rates, there is a
systematic shift to higher *Ni production, with a maximum of
0.13 M, for model hel3p0x1p5.

The bottom two panels of Fig. 2 show the systematic increase
(decrease) of the O-rich (He-rich) shell mass with increasing ini-
tial He-star mass. This variation in O-shell mass is qualitatively
similar to that seen in Type II SN progenitors (see, for exam-
ple, Woosley et al. 2002), while the variation in He-shell mass
reflects in part the increasing wind stripping for higher He-star
masses. When the pre-SN mass loss rate is boosted (i.e., for a
fixed He-star initial mass), the greatest impact is on the O-shell
mass while the He-shell is weakly affected. However, the com-
position of the He-rich shell also differs. For example, in model
he8p0, the outer He-rich shell is a 0.5 M, He/N shell, while in
model he8p0Ox1p5, the entire region above the O-rich shell is a
He/C shell of 0.66 M, with a sizable O abundance, and N is
present only in a thin outer layer of 0.15 M. Thus, one needs
to interpret this He-shell mass with caution since the simplis-
tic criterion for distinguishing one shell from another can be
ambiguous.

An interesting property of He-star models is the moderate
O yield even for high initial mass. This happens because mass
loss by winds shrinks the He-star mass even after the envelope
has been removed while in single stars the He core continues to
grow due to hydrogen shell burning. To compare with the O yield
of single stars that die as red supergiants, we use Egs. (4) and (5)
of Woosley (2019) to estimate the ZAMS mass for all He-star
models in this study (see also Table 1 in Ertl et al. 2020). The
top panel of Fig. 3 shows the O yield versus ZAMS mass for
the He-star progenitor models of Woosley (2019) used in this
study, which produce SNe Ibc, and for the single-star progenitor
models of Sukhbold et al. (2016), which produce SNe II-Plateau.
Evidently, there is a large offset, which is greater in He-star mod-
els evolved with a greater mass loss rate. He-star model he2p9,
which corresponds to a ZAMS mass of about 15 M produces
only 0.05 My of O while its single star counterpart of 15 M
on the ZAMS produces about 0.76-1.0 M, (models s14.5 and
s15.2). Similarly, He-star model he8p0, which corresponds to a
ZAMS mass of about 28 M, produces 1.71 Mg (nominal mass
loss rate) or 1.28 My (50% enhanced mass loss rate), while a
single-star of 28 M on the ZAMS produces about 4 M, of O.
This implies that a given O yield inferred from a nebular spec-
trum in a SN Ibc translates into a much larger ZAMS mass
than when that same O yield is inferred in a SN II (assuming
it evolved as a single star). This is also a warning for the reader:
when we discuss a He-star model, say he8p0, that model should
not be evaluated relative to the properties of a single star that
died with a He core of 8 M.

To make the comparison clearer and more physically con-
sistent, we show in the bottom panel of Fig. 3 the same model
results plotted instead as a function of pre-SN mass (for the He-
star models) or He-core mass at core collapse (for single stars).
That the diverse models now collapse into almost a single line
shows that the spread in the top panel results mainly from pre-
SN mass loss and not explosion physics, which is similar for
stars with the same progenitor mass. The mass of oxygen that
can be ejected is clearly limited by the mass of the ejecta. Plot-
ting this way greatly reduces the dispersion between SN Ibc and
SN II-P as shown in the top panel of Fig. 3.

For clarity and completeness detailed information on the
models is given in the appendix. In Table 1, we provide the
model composition, the pre-SN mass, the ejecta mass, the explo-
sion energy, and the mean expansion velocity and the ejecta
velocity that bounds 99% of the *°Ni mass for each model. The
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Fig. 3. Oxygen yields for He-star as well as for single-star H-rich explo-
sion models. Top: comparison of the O yield for the ejecta arising from
the He-star progenitor models (which implicitly assume an evolution
in a binary system; the same set of models as in Fig. 2 is shown) and
for those arising from the single-star models of Sukhbold et al. (2016,
shown as filled red stars), which all reach core collapse with a residual
H-rich envelope. The O yield for a given ZAMS mass is much lower for
the He-star progenitors of SNe Ibc than for the red-supergiant progeni-
tors of SNe II. Bottom: same as top, but now shown versus the pre-SN
mass for He-star models and the final He-core mass for the single-star
models.

mass of each shell is provided in Table A.1 while Tables A.3—
A.23 give the elemental composition of all main shells in all
progenitor models.

4. Spectral properties of the He-star explosions
with the nominal pre-SN mass loss rate

Figure 4 shows the optical spectra for the whole set of He-star
explosions with the nominal pre-SN mass loss. Particularly evi-
dent in the figure is the changing line widths (arising from differ-
ences in the ejecta masses and explosion energies), the varying
importance of the Fe forest shortward of 5500 A, and the chang-
ing fluxes (and relative fluxes) in the [O1] 416300, 6364 and
[Cam] 247291, 7323 forbidden lines. Measurements of the vari-
ous powers and line fluxes are shown in Fig. 5. Table A.24 gives
the fraction of the total decay power emitted that is absorbed, and
the fractional power absorbed by each shell for all models. The
photometric properties of the models are provided in Table A.25.

For this model set the bolometric luminosity increases with
initial mass (panel a of Fig. 5) because of two factors. The
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Fig. 4. Montage of spectra for the set of explosion models at 200d after explosion (each spectrum is normalized so that the maximum flux
is unity). There are strong variations in the iron forest between 4000 and 5500 A, and in the strength of [N1I] 416548, 6583, [N1I] 15755,
[O1] 226300, 6364, [Cal1] 427291, 7323 and Call A1 8498—-8662. The models are based on the He-star progenitors evolved with the nominal

mass loss rate (Woosley 2019; Ertl et al. 2020).

faintness at the low mass end is caused by the low °Ni mass
(e.g., it is only 0.012 My in model he2p6 compared to 0.10 M
in model he7p0). The other critical factor is the variation in y-ray
trapping efficiency, which is only 10-30% for models he2p6 to
he7p0, and rises to 55% (76%) in model he8p0 (he12p0).

The optical luminosity, here defined as the luminosity falling
between 3500 and 9500 A, represents about 78 + 2% of the
bolometric luminosity in all models more massive initially than
he3p3. In lower mass models, this fraction is lower by up to 10%.
This constancy occurs despite the large disparity in optical spec-
tra, especially in the strength of Fe emission in the blue part of

A61, page 8 of 38

the spectrum. At the low mass end, models tend to be bluer, with
non-negligible emission down to 3000 A. By contrast, the cooler,
more recombined ejecta model he8p0 has little flux shortward of
3500 A.

The eleven models from the ab initio explosions may be
grouped in different ways. We place them into three groups:

— he3p3-like: These have a broad [N11] 116548, 6583 which
forms in the He-shell, and is only conspicuous in the He-star
explosion models he2p6 to heSp0 — it is present in he6p0 and
he7p0, but very weak. These models also have significant
emission shortward of 5500 A, mainly due to Fe. Identifying
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the [N 11] 11 6548, 6583 line at nebular times is unambiguous
evidence that the progenitor was He rich. Failure to observe
that line, however, is not proof that the progenitor is He defi-
cient (none of our models are He free), since the progenitor
may have a He/C shell (with O present at various levels).
he5p0-like: The broad [NI1I] 216548, 6583 doublet is not
readily identified, and [Ca11] 2117291, 7323 line strength is
greater than, or similar to, that of the [O1] 416300, 6364,
which is significantly blended with [N 1I] A4 6548, 6583. A
significant fraction of the flux is emitted in the Fe forest
shortward of 5500 A.
he8p0-like: The [O1] A4 6300, 6364 doublet is the strongest
spectral feature, and the iron forest has weakened (in a rel-
ative sense). The flux in [O 1] 416300, 6364 shows a clear
trend of increasing strength with increasing He-star initial
mass. It dominates the he8p0 and he12p0 spectra because of
the large O-rich shell mass and the low O ionization of the
O-rich material.
In Sect. 5 we examine various properties, including line identi-
fication and formation, shell cooling, and ionization effects, for
the three representative classes using models he3p3, he5p0, and
he8p0.

In contrast to [O1I] 416300, 6364, [Call] 41417291, 7323 is
not a very useful diagnostic of the progenitor or explosion

properties (compare panels h and i in Fig. 5). This line forms
in the Fe/He and Si/S shells, which are both formed during the
explosion and share very similar properties (mass, composition,
ionization) across the whole set of models. This line is also badly
blended with [NiIl] 47378 which contributes a significant part
of its strength in several models (see Fig. 6).

We do find, however, that the Call near-infrared triplet fol-
lows a gradual strengthening from model he2p6 to he12p0 (panel
jin Fig. 5). This triplet cannot form in the He-rich layers because
Ca is Ca®* in these regions. Instead, it forms in the Fe/He, Si/S
and O-rich shells. Since the He-rich shell dominates the ejecta
mass in lower mass models, the Call triplet is weak in these
models. As the initial mass is increased, the triplet can form
over an increasing fraction of the ejecta. It is the strongest in
models he8p0 and hel2p0 because of the lower ionization of
the O-rich material, where Ca is a mixture of Ca* and Ca>*.
This Call near-infrared triplet emission occurs despite the fac-
tor of ~1000 difference in the Ca mass fraction between the
O-rich material and the Fe/He and Si/S shells (see, for example,
Table A.12 for model he8p0). As illustrated in Sect. 12, our mod-
els have no difficulty in explaining the observed triplet fluxes,
and hence triplet emission from the He-shell is not needed.

As readily apparent from Fig. 4, Fe emission extending from
around 4000 to 5500 A is a characteristic of all the models at

A61, page 9 of 38



A&A 656, A61 (2021)

Hel
N1

Na 1]
Mg1
Call

Fenn
Fe 1111
Co1l
Ni 11
Ni 111

F) [Normalized]

A E:ﬂﬁumA;;A_
00 9000

T 6000 7000 80
Wavelength [A]

Hel
N1

Nal
Mg11
Call

Fenl
Fe 111
Co1i]
Ni1n
Ni 111

F) [Normalized]

8000

Wavelength [A]

he8p0 /

F) [Normalized]

800 9000

N
7000
Wavelength [A]

5000 6000

Fig. 6. Illustration of the flux contribution of individual ions to the total
flux (thick black line) for models he3p3, he5p0, and he8p0. The individ-
ual contributions account for all bound-bound transitions of a specific
ion but ignores the influence of line transitions in other ions. Thus, it
accounts only for optical-depth effects intrinsic to that ion. For the plot-
ting, we avoid overlap of these flux contributions by showing the cumu-
lative flux contributions, starting with those due to Hel, then to NI,
etc. This stacking implies that at a given wavelength, the contribution is
given by the height separating consecutive colors. This also helps to dis-
tinguish similar colors. In numerous spectral regions, the total flux lies
below the cumulative flux from the depicted ions, which indicates that
photons emitted by one species are being absorbed by another species.

200 d. Typically, Fe emission arises from all shells (see Sect. 5).
It is an important coolant for He-rich material because He is a
weak coolant, and also because of the relatively high temperature
and ionization in the He-rich zones — in the low mass model
Fe can be particularly important because a larger fraction of the
power is absorbed in the He shell. Further, because of its rich
line spectrum in the UV, Fe can also reprocess radiation from
deeper layers. For example, C1I is an important coolant in shells
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Table 3. Salient properties of the reference models discussed in
Sect. 5.

Model

Quantity Unit he3p3 he5p0 he8p0
M, (M) 1.2 2.21 3.95
Eyin (10°" erg) 0.55 1.51 0.71
Vi (kms™h) 6777 8286 4251
M(He) (M) 0.84 0.97 0.84
M(O) (M) 0.15 0.59 1.71
M(°°Ni) (M) 0.04 0.098  0.055
f(He-sh) 30% 16% 2%
f(O-sh) 32% 47% 80%
f(Si-sh) 20% 8% 6%
f(Fe-sh) 19% 29% 12%
Spositron 21% 21% 6%
Sabs 15% 15% 55%
Lol (10ergs™) 138 3.32 6.97
\% (mag) -11.88 -12.81 -13.56

rich in C but, due to Fe absorption, emitted line photons do not
escape the ejecta.

Iron can also be an important coolant for the O-rich mate-
rial owing to the partial ionization of O. The stark difference
in Fe emission between models he4p0 and he4p5, which have
very similar yields, is caused by the partial ionization of O (O
is nearly O%) in the O-rich shell. This higher ionization results
from the greater ejecta expansion rate of model he4p5 relative
to he4p0 (this also holds for models he4p5/he5p0 relative to
he3p5/he4p0).

5. Results for representative models for lower,
intermediate, and higher He-star masses

The progenitor mass is probably the most important property one
wishes to infer from observation, and in this section we discuss
its influence on nebular spectra. Nebular spectra are strongly
influenced by variations in explosion energy, ejecta mass, chem-
ical yields, and non-LTE processes, and these are all affected
by progenitor mass. As most spectral changes occur slowly with
mass, and for the reasons outlined in the previous section, we
have chosen three models (he3p3, he5p0, he8p0) to discuss the
causes and physics underlying the changes. A brief summary of
these models is provided in Table 3.

At 200d, the fraction of y-rays absorbed plays a crucial role
in setting the luminosity of the ejecta. Of these three models,
he&p0 is the most luminous, and this occurs primarily because it
has the largest ejecta mass, and consequently it absorbs a larger
fraction (55%) of the decay energy. In the other two models, only
15% of the decay energy is absorbed. Model he8p0 also has the
lowest average expansion velocity, and this gives rise to narrower
line widths during the nebular phase.

From Table 3 we see that a given shell (e.g., the He shell)
absorbs different amounts of energy, and this will be reflected in
the nebular spectrum. An obvious factor influencing the energy
absorbed is the shell mass, but equally important is the loca-
tion of the shell relative to the *°Ni (and other shells). In model
he3p3, for example, He represents 70% of the ejecta mass and
receives 30% of the total decay power absorbed. By contrast, in
model he8p0, He is 15% of the ejecta mass but only accounts for
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Fig. 7. llustration of the contribution from Fe (primarily FeI and Fe 11;
thick line) in the total spectrum (thin line) of model he8p0 at 200 d after
explosion.

2% of the absorbed energy — in this model most of the energy is
absorbed in the O shell.

In our models we assume that the positron energy is
deposited locally, and hence in the Fe/He and Si/S shells. Due
to y-ray escape, positron deposition is more important in lower
mass ejecta, and more important at later times. In principle, the
increasing importance of the power absorbed in the Fe/He and
Si/S shells, relative to other shells, should allow the assumption
of local deposition to be tested. Alternatively, one should see a
change in the luminosity decline rate as positrons become the
dominant energy source. However ionization changes, and their
influence on line emission and on the fraction of energy emitted
in the optical, will make such a test difficult (see Sect. 9).

Since the mass of O is a strong function of the progenitor
mass (see Table 1, Figs. 2 and 3) it has long been realized that
[0O1] 116300, 6364 is potentially an important diagnostic of the
progenitor mass. As expected, as the O mass increases, so does
the power absorbed in the O shell. In going from model he3p3
to he8p0 the mass of the O shell increases by a factor of 11,
while the fraction of power absorbed in the shell increases by
a factor of 2.5. More importantly, we see a dramatic change in
the ratio of power absorbed in the oxygen shell relative to other
shells. For the same models, the ratio f(O-sh)/f(Fe-sh) increases
by a factor of four while the ratio f(O-sh)/f(He-sh) increases by
almost a factor of 40. Thus if [O1] A1 6300, 6364 is the domi-
nant coolant, its strength relative to other features can be used to
diagnose the O yield and hence progenitor mass. Unfortunately,
the [O1] 41 6300, 6364 is not always the dominant coolant in the
O shell (see Tables A.26—A.28), which affects the robustness of
this diagnostic for inferring the progenitor mass.

Figure 6 shows the spectrum (for our three representative
models) arising from a given species with each curve corre-
sponding to the species contribution summed with the last curve
previously plotted (i.e., a cumulative spectrum). Thus the contri-
bution of each ion as a function of wavelength is given by the
height separation between consecutive curves. In the absence of
optical depth effects®, the last curve plotted would correspond to
the total flux. While there are similarities between the three sets
of spectra, there are also important differences.

4 Optical depth effects for each species are taken into account when
we compute its spectrum. However, bound-bound processes in other
species are not taken into account.

The most striking feature of the illustrated spectra is their
complexity below 5500 A. While the emission in this region
is primarily due to Fe, three ionization stages (I, II, and III)
contribute. He1, MgI and Call can also make contributions,
although only in he8p0 can a feature be identified as having sig-
nificant contributions from either Mg1 and CaIl. Mg emission
becomes more prominent as the SN ages (Sect. 10). As the black
line lies below the cumulative spectrum, blanketing effects (i.e.,
the absorption of radiation by lines and its subsequent emission
at other wavelengths) are very important in this spectral region.
While blending is less severe longward of 5500 A, it cannot be
ignored.

In all three models, the strongest OI line is due to
[0O1] 216300, 6364, and its prominence increases with increas-
ing ejecta mass. In the two lowest models it is severely contam-
inated on the red side, primarily by [N II] A1 6548, 6583 and Fe
emission. Two other OT lines are seen in the plots ([O1] 15577
and O1447771-7775), but even in model he8p0, the lines have
other significant contributors. This blending limits the usefulness
of the [O1] 215577 line as a temperature diagnostic.

[NT1I] contributes in the he3p3 and he5p0 models at 5755
and 6548-6583 A. It is more prevalent in the he3p3 model since
a higher fraction of the decay power emitted is absorbed in the
He shell. Conversely, [N1I] is essentially absent in the he8p0
model because very little energy is absorbed by the He shell. We
identify moderate contributions from HeT to the spectrum (e.g.,
at 5875 and 7065 A) although all are blended. Similar to NI,
He1 features are very weak in the he8p0O model. The strongest
He feature is at 10830 A (Sect. 11).

The models also predict the presence of NaI A4 5896, 5890
—indeed it is a relatively clean spectral feature in all three mod-
els. Call lines are limited in the optical to [Ca11] 417291, 7323
and the near-infrared triplet. We can also identify [Fe ITT] 1 4658,
[Com] 29342, [Nim] 217378 and [NimI] A7889. Fel is respon-
sible for three broad emission bumps, one of which over-
laps with [O1] 116300, 6364 and mimics the presence of
[N1I] 11 6548, 6583.

As readily apparent from Fig. 6 the Fe emission, relative to
that of [O1] 416300, 6364 and the [Ca1l] 417291, 7323 dou-
blet is much less prominent in model he8p0. We also see that
in he8p0, [Fe1] is responsible for the broad weak components at
the base of [O1] 2116300, 6364 and [Call] 4117291, 7323.

In the he8p0 model it seems that most of the Fell emis-
sion is absorbed by FeT line blanketing since the emergent spec-
trum closely follows the FelI-only spectrum. If we recompute
the spectrum by accounting only for FeT and Fe 11 bound-bound
transitions, we obtain a spectrum that follows closely the total
model spectrum except for missing a few strong features asso-
ciated with O1, NaIl, and Ca1r (Fig. 7). Furthermore, this Fe-
only spectrum is very different from the sum of the individual
contributions from Fe I and Fe I (Fig. 6), which indicates optical
depth effects. Some of the blanketed radiation in the blue escapes
beyond 6000 A.

In addition to the amount of energy absorbed, two other key
factors influencing the line emission from a given shell are its
composition, and its ionization state. As an example we primar-
ily discuss the he3p3 model. Similar discussions can be provided
for the other models although the details differ. They change
because the densities of the shells are different, and because
of the complex and nonlinear processes that depend on com-
position, heating rate, and temperature. The dominant coolants,
and how they change, is also highly dependent on the atomic
properties.

A61, page 11 of 38



A&A 656,

A61 (2021)

O ===

Fe —— [ @aepovol

Cax20

= He — O —— Fe
N === Ca --- Ni |]

— [O1] 16364

[Ni1] A 7378
08 [N1]A 6548 —— [Fel]A 4658
0.6k — [CaulA7291 - -- Fen5169 A
M
0.4}
0.2}
0.0

V [1000 kms~1]

—— He O === Cax20 Fe —— L’dkpéuﬂl
Y smmmmn e ssEasmasea= . , ) m— He —— O Fe
1] . . S —
-~ v " emmm== ] N === Ca --- Ni]

—— [O1] 16364 [Ni1] A 7378
—— [N1]JA6548 —— [Fell]A4658
—— [Can]A7291 - -~ Fel5169A

————

20 5.0

V [1000 kms~1]

Fig. 8. Illustration of ejecta and radiation properties for the shuffled-shell models he3p3 and he8p0. From the upper to the lower panels, we show
the profiles versus velocity for the mass fraction of He, O, Ca, and Fe (including the volume integral of the decay power absorbed normalized to
unity; dashed line), their ionization state (zero for neutral, one for once ionized, etc.; we also include N and Ni), and the formation regions for

[O1] 16364, [N1I] 16548, [Call] 27291, [NilI] 17378, [Fe1I1] 14658,

and Fe11 45169. The latter shows how the emission varies with velocity

in a selection of lines. For better visibility, this emission ¢ is normalized so that its maximum is set to unity (and the quantity is then named &).
Quantitatively, the line equivalent width EW is related to & through the relation EW = f &édlogV.

Figure 8 illustrates how the ionization state and line emission
(for a few selected lines) vary with velocity, and how these are
connected to composition. Throughout the outer regions (He/N
and He/C shells), He is neutral, N is once ionized, and Fe is
twice ionized. In the O-rich regions, O is primarily O* (with
some O*) while Fe is primarily Fe* (with some Fe’*). In Fe-
rich regions, Fe (and similarly for Ni) is a mix of Fe* and
Fe* (Ni* and Ni%*). Throughout the ejecta, Ca is mostly Ca**
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apz;rt from the Si/S shell locations where it is a mix of Ca* and
Ca™*.

The high ionization in the He-rich shell (i.e., He/N and He/C)
explains the strong N1I and FeIll cooling and the negligible
contribution from Call. Indeed, [N 11] 26548 and [Fe 111] 1 4658
form in those regions. The latter forms also in the Fe/He shell,
together with [NiII] A 7378. Because Ca® is only present in the
Si/S region, [Ca1I] 17291 only forms in that region. We find that
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Fig. 9. Illustration of the spatial regions (here shown in velocity space) contributing to the emergent flux in the he3p3 model. The grayscale
image shows the observer’s frame flux contribution dF,y/dV (the map maximum is saturated at 20% of the true maximum to bias against the
strong emission lines and better reveal the origin of the weaker emission) versus wavelength and ejecta velocity. The panel at /eft connects these
emission contributions to ejecta shells and the decay-power deposition profile (dashed line) on the same velocity scale. The upper panel shows the

corresponding (scaled) flux F, integrated over all ejecta velocities.

[0O1] 16364 forms throughout the O-rich shell, despite the par-
tial ionization of O. Finally, Fer 415169 forms throughout the
Fe/He, Si/S, and O-rich shells where Fe* is abundant, but not in
the outer He-rich shells where Fe?* dominates. Hence, Fe II cool-
ing operates in all metal-rich regions (i.e., non He-rich) and is
therefore not tied exclusively to the *°Fe produced by the decay
of 3Ni and >°Co.

The origin of the observed line emission for model he3p3
is shown in Fig. 9. As the plot indicates the last interac-
tion point of an escaping photon, the plots are affected by
scattering (due to electron scattering and line scattering) and
as such do not show the original emission site of all escap-
ing photons. From the figure it is apparent that only a few
lines form in the O-rich shell (primarily NaT1A45896,5890
and [O1] 416300, 6364) and the He-rich shell (primarily
[N11] 116548, 6583 and [Fe 1] 14658), while many lines from
Fe, Co, and Ni arise from the Fe/He and Si/S shell. An additional
strong line from the Si/S shell is the [Ca11] 447291, 7323 dou-
blet, which also forms at a low level in the O-rich shell and in the
He/C shell.

To further understand the origin of the line emission we
selected one location in each of the main shells identified in
the unmixed ejecta, namely the He/N, He/C, He/C/O (similar
to the He/C shell but with some O), O/C, O/Ne/Mg, O/Si, Si/S,
and Fe/He shells. At these locations we determined the five main
cooling processes that balance decay heating, and these are pro-
vided for the three models in Tables A.26, A.27, and A.28.
Because the composition (other factors also intervene) varies
drastically between shells, the coolants are shell-dependent. The
coolants are also model dependent — primarily because of density
and ionization differences. The common theme though is that the
cooling processes are nearly exclusively collisional excitation

(followed by radiative de-excitation) and nonthermal excitation
(followed by photoionization and recombination, or followed by
radiative de-excitation).

The tables in the Appendix provide the dominant coolants
only at one epoch — in general the dominant coolant will be
epoch-dependent. We further stress that the coolants can be
very dependent on impurity species. As extensively discussed by
Dessart & Hillier (2020a) (see also Fransson & Chevalier 1989
and Dessart et al. 2021), a relatively small amount of Ca mixed
into O-rich regions can dramatically weaken the cooling by
[O1] 116300, 6364.

Rather than discuss each shell separately we provide only a
very broad, and generalized, overview below. The tables pro-
vided in the appendix should be consulted for greater detail.
In all three models, the He/N shell, with a representative tem-
perature of ~10000 K, cools through N 1I collisional processes,
He 1 nonthermal excitation, or Fe 1T collisional processes. N and
Fe are once and twice ionized, respectively (see Fig. 8). The
He/C shell, with a representative temperature of ~6500 K, cools
through C11 collisional excitation as well as HeI nonthermal
excitation. The He/C/O shell is similar, with an additional con-
tribution from Mg II collisional excitation.

In the O/C, O/Ne/Mg, and O/Si shells, Mg1I collisional exci-
tation tends to be the dominant coolant with O1 collisional exci-
tation ranking second. The O-rich shells are cooler than the
He-rich shells, with a temperature of ~5000K in he3p3, and
~4700K in he8p0. Because of the lower ionization of O in
he8p0, OT is the dominant coolant in the O/C and O/Ne/Mg
shells.

The Si/S and the Fe/He shells cool primarily through Fell,
Cail, Co1l, and NilIl collisional excitation, with the dominant
process being shell- and model-dependent. For example, Fe11
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Fig. 10. Comparison of optical and near-infrared spectra of the Type II SN model s15p2 at 350d (Dessart et al. 2021) and the Type Ib model
he6p0 at 200 d (present work). Some line identifications are indicated but should be interpreted with caution since apart from the strongest features
(which are often line multiplets), most spectral features are blends of many transitions. The strongest Balmer and Paschen lines are present only

in the SN II model and are labeled in red.

is the dominant coolant for he3p3 while Call is dominant for
he8p0. The stronger coolants in these shells lead to temperatures
less than 4000 K. The similarity of the coolants in these last two
shells arises from their similar composition, mostly because the
composition mixture in both results from explosive nucleosyn-
thesis (the Fe/He is more biased toward Fe group elements, but
Ca is abundant in the Fe/He shell and Fe is abundant in the Si/S
shell).

6. Salient differences between nebular spectra of
Type Il and Type Ibc supernovae

Since this study on SNe Ibc follows a recent study on SNe II
(with a very similar modeling approach for the pre-SN evolu-
tion, the explosion phase, and the radiative transfer at nebu-
lar epochs), it is instructive to compare the ejecta and radia-
tive properties resulting from a red-supergiant star explosion
and an He-star explosion. For this comparison, we select the
Type II SN model s15p2 at 350d (Dessart et al. 2021) and the
Type Ib model he6p0 at 200 d. The models have a similar Ey;y,
%Ni mass and metal yields. However, they have very different
ejecta masses because the s15p2 progenitor has a massive H-
rich shell while the he6p0 model arises from a H-free, He-star
progenitor. Specifically, models s15p2 (he6p0) are characterized
by Exin = 0.8 x 10°' (1.1 x 10°")erg, M¢; = 10.95(2.82) Mo,
M(H) = 5.24(0.0) M, M(O) = 1.0(0.97) My, and M(**Ni) =
0.063 (0.070) M. Despite the similar O yield, the He-star model
corresponds to a ZAMS mass of 23.3 Mg, much greater than the
SN II ZAMS mass of 15.2 M, (see also discussion in Sect. 3
and Fig. 3). This offset in ZAMS mass for the same O yield has
important implications, for example when the explosion sites of
SNe II and Ibc are compared and the SN progenitor masses are
inferred.
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Having the same Ey;, within 25% but a factor of about four
difference in M.j means that the SN Ib ejecta expands twice
as fast as the SN II counterpart. Although both models have a
similar °Ni mass, the SN Ib model is much fainter at nebular
epochs because of the enhanced y-ray escape. To compensate
for this in the spectral comparison we choose an age of 350 d for
the Type II SN (12% of y-rays escape; total power absorbed of
3.5 x 10¥ ergs™!) and 200d for the Ibc (74% of y-rays escape;
total power absorbed of 4.2 x 10* erg s™1).

Apart from the H-line emission in the Type II spectrum, the
spectra are quite similar (Fig. 10). In this comparison the Fe
emission from 4000 to 5500 A is stronger in the SN Ib but this,
in part, is caused by the adopted comparison epochs. Because we
chose epochs when the absorbed decay power is the same more
energy is absorbed in the Fe/C/He layers of the SN Ib model
(since, it does not have a H layer) than in the same layers of the
SN II model. The [O1] or [Ca1I] are also stronger in the SN Ib.
This is more difficult to see in Fig. 10 because the OT and Call
profiles are broader.

The flux ratio of the [0I1]A216300, 6364 and
[Ca1r] 247291, 7323 doublets is comparable in both mod-
els, which may be coincidental, although both models have a
similar O-rich shell mass (set by pre-SN composition) and a
similar Si-rich shell mass (set by explosive nucleosynthesis).
Nar1i45896,5890 is present in both models, but it is much
broader in the faster expanding SN Ib model.

This illustration helps to see that SN Ib (and by extension
SN Ic) and SN II nebular spectra share many similarities, and
the physics controlling nebular-phase spectra applies to both. We
thus anticipate that the main differences between SNe Ibc and
SNe II, apart from the presence or absence of H T lines, will pri-
marily be the result of the faster ejecta expansion in Ibc’s which
leads to lower densities, enhanced y-ray escape, and broader
spectral lines. In Type II SNe, the radiation emitted by deeper,
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metal-rich shells is also strongly reprocessed by the outer H-
rich layers (see for example Sect. 4 of Dessart & Hillier 2020a)
— this reprocessing in the outer ejecta (for example in the He-rich
shells) is either weak or absent in SNe Ibc.

7. Sensitivity to the ejecta density structure

In this section, we perform exploratory calculations to assess the
sensitivity of our results to variations in ejecta density, either
caused by clumping or modulations in ejecta kinetic energy.
We either assume that clumping is uniform throughout the
ejecta (Sect. 7.1) or present exclusively within the O-rich shell
(Sect. 7.2). We also check the impact of variations in explosion
energy in otherwise smooth ejecta (Sect. 7.3). To go beyond such
explorations will require using more realistic 3D explosion cal-
culations as initial conditions for the radiative-transfer calcula-
tions (e.g., those of Gabler et al. 2021).

7.1. Uniform clumping throughout the ejecta

Following the method of Dessart et al. (2018, 2021), we test the
impact of clumping on the predicted radiation and gas prop-
erties of He-star explosion models. Starting from a converged
model with a smooth density structure, we recalculate the radia-
tive transfer solution by adopting a uniform volume filling factor
for the material of 50% (corresponding to a density compression
of two) or 20% (a density compression of five).

Figure 11 is a duplication of Fig. 4 but now overplot-
ting the two clumped counterparts for each model between
he2p6 and hel2p0. In all cases, the introduction of this uni-
form clumping leads to a reduction of the Fe line emission
below about 5500 A. The reduction is greatest in models that
were originally (i.e., without clumping) more ionized (for exam-
ple, model he5p0 relative to he8p0). In the low ionization mod-
els he8p0 and hel2p0, clumping has the effect of boosting
the NaIA45896,5890 and the [MgI1] 44571 lines, partially at
the expense of [O1] 116300, 6364. This shift in line strength
is driven in part by the reduction of CII and MgII cooling,
which dominate in the O-rich zones in the smooth ejecta mod-
els (see Tables A.26-A.31). The ionization potentials of Na
and Mg are lower than that of O, and in models he8p0 and
hel12p0 they remain singly ionized even when O is dominantly
neutral®. Thus the boosts in density, which enhances recombina-
tion, boosts their neutral abundance. In the other, lighter mod-
els, enhanced clumping generally leads to a strengthening of
[O1] 4116300, 6364 as well as [Call] 117291, 7323.

Since our treatment of clumping does not alter the total decay
power absorbed nor its spatial distribution, the total emergent
flux is preserved but its distribution in wavelength is altered.
Although the decay power absorbed in a given shell sets the limit
for the maximum flux in a line, the relative strengths of nebular
lines emitted from a given shell is dependent on the ionization
state and temperature. Density-squared processes are boosted
with the introduction of clumping, leading to enhanced recombi-
nation, and hence a decrease in the ionization. This can favor the
appearance of collisionally excited lines such as [MgI1] 14571
while weakening others (e.g., those due to Fe 111). Clumping will
have the strongest influence on emitted line fluxes in those shells
where a species contributing to the cooling is in a mixed ioniza-
tion state (e.g., when N(O°")/N(O'*) ~1).

5 The ionization energies of Na, Mg, and O are 5.14eV, 7.65¢eV, and
13.62 eV respectively.

Figure 12 illustrates the ionization stage of the main coolants
in the He-rich, O-rich, Si-rich, and Fe-rich shells for the smooth
density case and for the two clumped cases. As is readily appar-
ent, in the O-rich shell, clumping shifts the dominant ionization
stage from O'* to 0%, potentially boosting the importance of
[O1] 116300, 6364 as a coolant. We see similar ionization shifts
in the Si-rich and Fe-rich shells. In both these shells, for exam-
ple, the dominant ionization state of Ca shifts from Ca>* to Ca™,
and this will, in general, boost the emission in the Call lines.
However the boost is very model-dependent — the increase in
the [Ca1r] 447291, 7323 flux is small in he4p0, and much larger
in he4p5 and he5p0. In model he4p0, unlike models he4p5 and
he5p0, Ca* was already (or very close to being) the dominant
ionization stage in the smooth ejecta.

7.2. Uniform clumping limited to O-rich material

A uniform clumping throughout the ejecta is not expected on
theoretical grounds. In the outer regions, unless the ejecta inter-
acts with some dense material (which occurs in interacting SNe),
there should not be any physical process to compress the gas. So,
clumping in the outer ejecta is unlikely. In addition, clumping
of the Fe/He and Si/S shells may not be justified because these
regions should be heated by radioactive decay (more so for the
Fe/He shell). This is the so-called bubble effect, which should
lead to a rarefaction of that material (Woosley 1988; Herant et al.
1992; Basko 1994). Hence, one would expect the clumping in
SNe Ibc to be present, if at all, in the O-rich shell.

We therefore repeated the radiative transfer calculations
based on the explosion of He-star progenitors evolved with the
nominal pre-SN mass loss rate (omitting he8p0 and hel2p0,
which hardly changed with the introduction of a uniform clump-
ing; see previous section) but with clumping limited to regions
richin O (i.e., all ejecta locations with an O mass fraction greater
than 0.3 and an He mass fraction less than 0.1).

Clumping limited to the O-rich shell has a smaller impact
than a uniform clumping (Fig. 13). This emphasizes the impor-
tance of the Fe/He and Si/S shells in shaping the optical spec-
trum of these models. With O-shell clumping only, the influence
in this model set is to enhance [OI] A1 6300, 6364 (and in a few
models, [Mg1] 14571 too), which occurs at the expense of the
extended Fe IT emission that falls between 4000 and 5500 A. So,
a flux offset is clearly seen in [O1] A4 6300, 6364 but hardly
discerned below 5500 A. The underlying change is really the
reduction in Mgl and C1I cooling for the O-rich material (see
Tables A.26-A.31).

7.3. Variations in ejecta kinetic energy
7.3.1. Simple velocity scaling

Variations in explosion energy for a given ejecta mass and pro-
genitor composition will lead to a diversity in ejecta density. A
larger explosion energy implies a larger expansion rate which,
in turn, implies a lower mean density of the ejected material. In
reality, the shift in density is not just a global scaling, but rather
a change in the whole density profile. Furthermore, variations in
energy will modulate the explosive nucleosynthesis.

To help distinguish between the various effects we first con-
sider models in which the total decay power emitted and the
composition remain unchanged, delaying a more consistent anal-
ysis to the next section. We recalculated the he2p6 to hel2p0
model grid (nominal pre-SN mass loss rate) but scaled the veloc-
ity up or down by a factor of two. In practice, we scaled the
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Fig. 11. Influence of clumping on the spectral properties of our He-star explosion models. We show the same, unclumped models as in Fig. 4
(black), and overplot the clumped counterparts that use a 50% (blue) and 20% (red) volume filling factor. Each triad of models uses the same
normalization, chosen so that the first model in the triad (shown in black) has a maximum flux of unity within the wavelength range depicted. (See

discussion in Sect. 7.1.)

energy up (down) when the model had a lower (higher) ejecta
kinetic energy than the “adjacent” models of comparable mass.
To increase Eyj, by a factor of 2, we scaled the velocity by a
factor of V2. Since we did not want to change the SN age, we
updated the radius as given by homologous expansion. Finally,
we scale the density so that pR3, or the total mass, is unchanged.

While a decrease in ejecta kinetic energy leads to a gen-
eral increase in ejecta density, the impact is more complex than
obtained with clumping, which leaves the radial column den-
sity unchanged. Clumping does not alter the deposition pro-
file of y-rays, and for constant ionization, it does not alter the
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electron-scattering optical depth of the ejecta. By contrast, vary-
ing the ejecta kinetic energy varies the radial column density,
and hence modifies the ejecta optical depth for both y-rays and
low energy photons. Hence, in addition to a flux redistribution in
wavelength, we expect a change in luminosity.

Figure 14 shows a comparison of optical spectra for the He-
star explosion models with the nominal pre-SN mass loss rate,
and their counterpart at twice or half the ejecta kinetic energy.
In all cases, the higher energy ejecta is fainter because of the
enhanced y-ray escape. The spectral changes, which reflect com-
plicated processes, are both wavelength and model-dependent.
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Fig. 12. Illustration of the ionization of important elements in the He-
rich, O-rich, Si-rich, and Fe-rich shells for the models shown in Fig. 11
(the same color coding is used to differentiate the volume filling factors:
black for 100%, blue for 50%, and red for 20%). Different symbols
correspond to different elements. The smaller the volume filling factor,
the smaller the species ionization. In some cases, clumping causes only
a marginal reduction (as for the He shell), but in others the effect is
strong (for example, for O in the O-rich shell).

While greater power deposited in a given shell will lead to a gen-
eral enhancement in line strengths, some individual lines may
weaken because of changes in ionization (and temperature).

For the most massive ejecta, belonging to he12p0, increasing
Exin quenches the lines that form in the O-rich shell. This change
is driven by the reduced y-ray trapping (56 rather than 76%) and
a small rise in ionization. The same holds for model he8p0. In
hel12p0 [Ca1] 1417291, 7323 does not change, while CaIl near-
infrared triplet shows substantial changes. The latter is stronger
in the model with the lower kinetic energy, and this is true for all
the test models.

For models hed4p5 to he7p0, the reduction in Ey,
increases the model luminosity (greater y-ray trapping), with
a slight reduction in line widths (e.g., clearly seen for

[0O1] 216300, 6364 in the scaled variant of model he5p0). There
are also numerous alterations to the line strengths; just a few
will be discussed. The [O1] 416300, 6364 strength relative to
[Ca1r] 447291, 7323 may increase (e.g., model he7p0; more
power goes to the O-rich shell while the enhanced density
decreases slightly the O ionization despite the enhanced heat-
ing). The Caml near-infrared triplet is also boosted, probably
because of an increase in optical depth. Finally, for the lighter
models, the variations in Ey;, in a given model are comparable
to differences between models (the scaled he2p9 looks similar to
the original, unscaled he2p6 model).

Overall, this exercise suggests that the ejecta kinetic energy
can strongly alter the radiative properties of He-star explosions,
in contrast to red-supergiant explosions where it was found to
have little impact (see Dessart et al. 2021). This sensitivity arises
because of the change in the y-ray mean free path, which modu-
lates the decay power absorbed (and thus the luminosity), as well
as the change in ionization.

7.3.2. Physically consistent models with half and twice the
Eyin of model he4p5

In this section, we analyze the influence of a different explosion
energy on the radiation and ejecta properties for a He-star pro-
genitor. Using the progenitor model corresponding to he4p5, we
recalculate the explosion with Kepler and prescribe an explosion
energy that yields either half (he4pSL) or twice (he4p5H) the
nominal value for model he4p5. The explosion phase, includ-
ing nuclear burning, is treated consistently. All three models are
therefore physically consistent, unlike the scaled models dis-
cussed in the preceding section. The model characteristics are
given in Table 1.

Going from model he4p5SL, to he4pS, and hedpSH the Ey,
increases from 0.54, to 1.17, and 2.44 x 10°! erg. This increase
in energy is associated with an increase in yields from explo-
sive nucleosynthesis (i.e., an increase in the mass of the explo-
sively produced Fe/He and Si/S shells). In the same order, the
%Ni mass increases from 0.0822, to 0.0859, to 0.0903 M, and
the mass of Si increases from 0.049, to 0.0614, to 0.0786 M.
Such small variations in yields will be hard to discern. More
significant is the drop in the fractional decay power absorbed
from 28.0, to 14.5, and 8.4% from model he4pSL, to he4p5, and
hed4p5SH.

Figure 15 compares the optical and near-infrared spectra for
models he4pSL, he4pS, and he4pSH. The spectral morphology
is analogous in all three models, with enhanced Doppler broad-
ening and line overlap in the higher energy models. Ejecta ion-
ization increases for O and Mg as the energy is increased, lead-
ing to a weakening of the OT and MgI lines. Some lines, such
as Mg11.183 um even disappear in model he4pSH. Because of
the complicated variations in ionization, the ratio of line fluxes
such as [O1] 2116300, 6364 and [CaIl] 217291, 7323 are not
preserved when varying the Ey,, despite the very similar metal
yields. This emphasizes the importance of constraining the den-
sity structure in velocity space when inferring the yields from
SNe Ibc. Because of the complicated 3D structure of core-
collapse SNe, this is difficult to achieve and suggests some inher-
ent uncertainty in abundance estimates from SNe Ibc.

8. Impact of pre-SN mass loss

In this section, we discuss the impact of the adopted wind mass
loss of He-star progenitors. So far in this paper, we have focused
on results for the progenitors from Ertl et al. (2020) evolved with
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Fig. 13. Spectral comparison between the standard unclumped model set and the clumped counterpart in which we enforced a uniform volume
filling factor of 20% only in the ejecta layers that are O rich (i.e., those layers corresponding to the O/Si, O/Ne/Mg, and O/C shells in the
progenitor). The significance of the changes varies from model to model, but typically we see enhancements in [O 1] A2 6300, 6364, [Mg1] 14571,
Ca1r A18498—-8662, and to a lesser extent in [CaIr] A4 7291, 7323 and Na1 A4 5896, 5890, and a small reduction in the Fe flux. Models he8p0 and

he12p0 are omitted.

the nominal mass loss rate. One potential tension of these models
with observations is that, over the whole mass range considered,
some residual He (i.e., He associated with the He/N shell where
it has a >90% mass fraction) remains in the outer ejecta, even in
model hel2p0. This is problematic for explaining SNe Ic since
significant mixing of *Ni should lead to the production of HeT
lines and the classification as Type Ib. The He-star progenitors of
Dessart et al. (2020), which were produced with a greater wind
mass loss, reproduce the dichotomy between Type Ib and Type
Ic SNe. In these models, the classification as Type Ib is robustly
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associated with the survival of the He/N shell where the He mass
fraction exceeds 95%. The dichotomy between SNe Ib and Ic
occurs for He-star initial masses around 9 M. The models from
Dessart et al. (2020) match closely the properties of the models
from Woosley (2019) that were evolved with a 50% enhance-
ment to the nominal wind mass loss rate. It is therefore inter-
esting to consider the nebular-phase properties of such models
(x1p5 series).

Since pre-SN wind mass loss has only a weak effect in
lower mass He stars, we consider He-star models with a 50%
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Fig. 14. Same as Fig. 4, but now showing the unclumped models (black) and a counterpart at twice or half the ejecta kinetic energy (blue). Since
the °Ni mass is the same for each pair of models, and since each pair of models has been normalized by the same factor (its value is such that the
maximum flux of the first model in each pair is unity), the offset in absolute fluxes reflects the difference in the energy absorbed by the ejecta.

enhanced mass loss rate with initial masses between 5 and
13 M, but now spaced every 1 M (model he7pOx1p5 was dis-
carded due to convergence issues with the radiative transfer).
Models up to he9pOx1pS (which resembles closely model “he9”
from Dessart et al. 2020) are of Type Ib, and those with a higher
initial mass are of Type Ic. Compared to models calculated with a
nominal mass loss rate and the same initial mass (i.e., he9pOx1p5
vs. he9p0), these ejecta are typically 10-20% more energetic,
contain more “°Ni, but their mass is 15 to 30% lower. Progeni-
tors initially more massive than 9 M no longer possess a He/N
shell; they have a He/C or He/C/O outer shell. These objects
would be classified as carbon-rich Wolf-Rayet stars (Crowther

2007). They also have a lower O abundance for the same initial
mass (e.g., 1.89 My in model he12p0x1p5 compared to 3.03 M
in model he12p0). A summary of ejecta properties is provided in
Table 1 and illustrated in Fig. 2.

Because of their greater expansion rate, SNe in the x1p5
series suffer greater y-ray leakage relative to the models with the
nominal mass loss rate. For example, model he8pOx1p5 absorbs
only 26% of the total decay power emitted (compared to 55%
in model he8p0), which is representative of the offset for the
whole sequence. This leads to a lower bolometric luminosity at
the 10% level (this small offset arises because of the larger *Ni
mass of models in the x1p5 series), with moderate differences
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Fig. 15. Comparison of normalized optical and near-infrared spectra for model he4p5 and two variants with a lower (he4pSL) and a higher
(he4p5H) ejecta kinetic energy. To cancel the offset in model luminosity, the spectra are normalized at 6330 A in the optical and at 1.083 um in the
near-infrared. As readily apparent, the change in ejecta kinetic energy has caused a quantitative change in the spectra — a change in kinetic energy
does not simply alter the luminosity and line widths. All three models correspond to a SN age of 200d.

in absolute magnitudes (see Table A.25). The relative fraction of
the total decay power absorbed that goes to the O-rich shell is
comparable in both sets. This is because the O-rich shell mass
relative to the total ejecta mass is within about 10% in both
sets.

We find that the ejecta ionization is systematically higher
in the x1p5 model series, whatever the shell considered, that is
O-rich, Si-rich, or Fe-rich. In the O-rich shell, the mean O ioniza-
tion level is 0.93 (0.83) in model heSp0x1p5 (he5p0), 0.89 (0.57)
in model he6pOx1p5 (he6p0), 0.69 (0.30) in model he8pOx1p5
(he8p0), and 0.50 (0.23) in model hel12p0x1p5 (hel2p0). Since
the [O1] 416300, 6364 doublet is a strong coolant for the O-rich
material only if O is neutral or almost neutral, we can anticipate
that the O-rich material will cool in a large part through Felr
emission.

Figure 16 shows a comparison of optical spectra between
He-star explosions based on progenitors evolved with the nom-
inal wind mass loss and those with a 50% enhancement. For all
initial masses for which there is a model in each set (masses 5,
6, 8, and 12 My,), the models from the x1p5 set show a weaker
[01] 416300, 6364 and a stronger flux shortward of 5500 A
that is associated with the FeIl emission (the same is seen
when comparing model hel0p0x2p0 and helOpOx1p5). As dis-
cussed earlier, this is associated with the greater ionization in the
O-rich zones, which tend to cool through FeII emission rather
than [O1] 416300, 6364 (or lines from Nal or MgI). This is
also intricately related to the changes in CII and Mgl cool-
ing within the O-rich zones, as also observed in the clumped
models (Sect. 7.1 and Tables A.26—A.31). [Ca11] 4117291, 7323,
which tends to form in the Fe/He and Si/S shells, is similar
in both sets of models. So, the ratio of [O1] 116300, 6364 to
[Cam] 417291, 7323 is lower in the x1p5 set for the same ini-
tial mass. The main limiting factor for the [O 1] A1 6300, 6364
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line strength is not the slightly lower O abundance, but the
greater ionization of the O-rich material (as was obtained in
some models of the x1p0 set). The model with the strongest
[01] 2416300, 6364 in the x1p5 set is model hellpOx1p5,
while model hel3pOx1p5 is analogous to helOpOx1p5 or
he9pOx1p5.

As discussed in Sect. 7.3, the ejecta kinetic energy and mass
(or the density profile in velocity space) are critical ingredients
for determining the radiative properties of SNe Ibc. Figure 17
illustrates this point further by showing the impact of clump-
ing within the O-rich shell for the x1p5 series. The impact
is analogous to that obtained for the x1p0 series (see Fig. 13
and Sect. 7.2). In model hellpOx1p5, which has the low-
est ejecta ionization of the whole x1p5 set, clumping of the
O-rich material enhances the recombination of Na and Mg and
boosts the Na1A15896,5890 and [MgI1] 14571 at the expense
of [O1] 4116300, 6364.

9. The positron contribution to the SN luminosity

Many efforts have been devoted to identifying the birth of
positron escape from SN ejecta. Late-time observations of ther-
monuclear explosions suggest that positrons escape from SN
Ia ejecta after a few hundred days (Milne et al. 1999, 2001,
2004). This result is, however, uncertain because of the dif-
ficulty of inferring the bolometric luminosity of SNe at such
late times and because of the uncertain decaying isotope at the
origin of the SN luminosity, such as the relative importance
of the >'Ni decay chain relative to that of 3Ni (Graur et al. 2016,
2020).

In Type Ibc SNe, similar observations are generally lack-
ing. The challenge to identify a change of slope inherent to
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Fig. 16. Optical spectra for explosions based on He-star progenitors evolved with a 50% enhanced mass loss rate (blue), together with their
counterparts with a nominal mass loss rate (black). In this stack, the spectra of models with the same He-star initial mass are normalized by the
same factor (its value is such that the maximum flux of the “x1p5” model is unity).

positron trapping® is compromised by the potential power con-
tribution from ejecta interaction with a pre-SN wind. The sys-
tematically lower °Ni yields also imply a low SN luminosity
which can then be weakly contrasted with the light contamina-
tion from the young star cluster hosting the SN (see, for exam-
ple, Kuncarayakti et al. 2018). While these shortcomings affect

6 The bolometric luminosity should drop faster than 1 mag per 100d
as y-rays increasingly leak from the ejecta, until a time is reached when
the luminosity is powered primarily by positrons. At such times, the
SN luminosity should follow a drop of 1 mag per 100d, and be about
3% of the expected power for full y-ray and positron trapping. In this
context, an upturn in the bolometric light curve at late times is expected
(Milne et al. 1999).

all such photometric methods, an alternate approach would be to
search for spectral lines that are powered in part from positrons.

The nonlocal energy deposition of positrons should start
much earlier than their escape from the ejecta. In other words,
even for full positron trapping within the ejecta (i.e., no escape
to infinity), a significant fraction of positrons could leak from the
35Ni-rich regions where they are first emitted. This is particularly
true in core-collapse SNe because of their “shrapnel” distribution
of Ni. While the positron mean free path may be much smaller
than the SN radius and prevent an escape to infinity, it may be
large enough to allow positrons to step into a nearby clump rich
in O or He. For the material that absorbs this positron, the gain
in power would be small relative to the contribution from y-rays.
But the loss for the *°Ni-rich material could be significant.
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Fig. 17. Same as Fig. 4, but now showing models evolved with a 50% enhanced mass loss rate, together with their counterparts in which the O-rich
material is given a volume filling factor of 20%. In this stack, the spectra of models with the same He-star initial mass are normalized by the same
factor (its value is such that the maximum flux of the unclumped model is unity).

Figure 18 shows the fraction of the decay power absorbed
in the ejecta, as well as the fraction of that power that is due
to positrons (absorbed locally) in the x1p0, x1p5, and x2p0
model series, and at 200 d after explosion. In the absence of any
y-ray escape (i.e., full trapping of both y-rays and positrons),
positrons represent 3% of the total decay power absorbed (or
emitted in this case; Junde et al. 2011). With y-ray escape, this
fraction grows and reaches a maximum of 100% (i.e., the ejecta
is entirely powered by positrons) if all y-rays escape. Figure 18
indicates that lower mass ejecta models (lighter than he5p0
or he5p0x1p5) trap only about 20% of the total decay power
emitted, and consequently the fraction of that power due to
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positrons is large and in the range 15 to 30%. Higher mass mod-
els trap more efficiently the y-rays, so that the contribution from
positrons is lower and about 10%. Model he12p0 absorbs 76%
of the total decay power, and positrons contribute only 4% to the
bolometric luminosity.

We can go further and test the influence of positrons on
the spectral properties. With the assumption of local deposi-
tion, positrons can only influence the regions initially rich in
6Ni, primarily the Fe/He shell, and the Si/S shell at a smaller
level. To assess the impact that nonlocal energy deposition
of positrons would have, we adopt the extreme postulate in
which positrons are subject to the same opacity as y-rays (local
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Fig. 18. Variation of the decay power absorbed in the ejecta (upper
panel) and the fraction of that power that arises from positrons (assumed
here to be absorbed locally; lower panel) for the models in the x1p0,
x1p5, and x2p0 series.

deposition of positron power is equivalent to assuming an infinite
opacity). In practice, positrons are subject to a variety of anni-
hilation processes, likely dominated by interaction with bound
electrons (see, for example, the discussion in Milne et al. 1999).
For transport in a spherically-symmetric ejecta, a representative
material opacity to positrons of about 10cm? g~! is used. Our
choice of a lower effective opacity applies heuristically to a com-
plex, shrapnel-like distribution of °Ni, with a short path length
between ®Ni-rich material and for example O-rich material.

Figure 19 shows that the strongest impact on spectral prop-
erties occurs in lower mass ejecta where the positron contribu-
tion to the luminosity is significant, although one can see that
in all models the main effect is to reduce the Fell emission
shortward of 5500 A. This reduction is sizable in models he2p9,
he3p3, hedp5, and he5p0. In addition, lines that form exclu-
sively in the Fe/He shell, such as [Ni11] 47378, [NiI] A 7889,
and [Co 1] 2 5889, are visibly quenched.

Identifying the nonlocal energy deposition of positrons from
observed spectra is challenging. The global offset in FeIT emis-
sion in the blue part of the optical range can also arise from a
higher ionization of the O-rich material. Furthermore, the mate-
rial from Fe/He may be more spread in space, producing a
broad and weak emission from [NiIll] 17378 or [Nilll] 17889
that would be hard to discern. Line overlap is also an issue,
challenging the determination of the relative contributions of
[Corr] 25889 and Na1445896,5890 to the feature at 5900 A.
Since *Ni is expected to be localized in isolated blobs or
clumps in some neutrino-driven explosions (Gabler et al. 2021),
the acquisition of multiepoch high resolution spectra could help
diagnose the birth of positron escape in SNe Ibc.

10. Evolution until late times

As the ejecta age, the escape fraction of y-rays increases, the
relative contribution from positrons increases, and the ejecta
density and electron-scattering optical depth drop. All have

the potential to alter the observed spectrum. Therefore, in this
section, we extend our results from 200 to 428 d for models
he5p0, he6p0, and he8p0. Starting from the results of the steady-
state calculation at 200 d, we compute the time-dependent radia-
tive transfer at consecutive epochs, each step in time being set
to 10% of the current SN age. We use the same grid in velocity
space at all epochs to avoid additional interpolations of time-
dependent terms in the moment equations and preserve the same
resolution of the various shells. We also assume a local energy
deposition for positrons.

Figure 20 illustrates the evolution from 200 to 428 d of the
fraction of decay power absorbed in the ejecta, fyps, the fraction
of that power that arises from positrons, fuesitron, and the frac-
tion of the total decay power absorbed by the Fe-rich and O-rich
shells. As expected, y-ray increased leakage is seen in all models
— this is simply due to the optical depth which scales as 2. How-
ever, we assume positrons are locally absorbed, and this leads
to a “flattening ” in the variation of f,s with time. If positrons
remain trapped, fyps Will approach 0.03. Unfortunately the flat-
tening may be hard to diagnose, since it applies to the power
radiated over the entire electromagnetic spectrum (excluding y-
rays and X-rays), whereas observations at late times are typically
limited to the optical.

The fraction of the decay power absorbed that is collected
by the Fe-rich shell increases with time, weakly in model he8p0
because of the greater y-ray trapping, but strongly in model
he5p0 where the positron contribution is larger and grows sig-
nificantly with time. In contrast, the fraction collected by the O-
rich shell drops significantly in models he5p0 and he6p0, while
it remains nearly constant in model he8p0 owing to the more
efficient trapping of y-rays.

The spectral evolution from 200 to 428 d after explosion is
shown in Fig. 21 for model he6p0. The evolution for models
he5p0 and he8p0 is qualitatively similar since the same physi-
cal processes are at work. We see the considerable strengthen-
ing of a few features (in a relative sense since the bolometric
luminosity continuously drops), while the emission shortward
of 5500 A and associated with Fell ebbs. The strong feature
around 6300 A is due exclusively to [O1] 416300, 6364, with
the shoulder on the red side arising from [N 11] 116548, 6583
(with a narrow and weak feature associated with [NiIl] 16667).
The other strong feature around 7300 A is primarily due to
[Ca1r] 117291, 7323 but also to [NiIl] A7378. The flux ratio
of the [O1] 4116300, 6364 doublet to the [Call] 117291, 7323
doublet is roughly constant over time. Na114 5896, 5890 is the
only contributor to the 5900 A feature. [Mg1] 14571 is clearly
seen but overlaps with a forest of lines due to FeTl and Fell
(which cause both absorption and emission). The features around
7700 A are due in equal parts to K1447665, 7699 and to the
O1 triplet at 7774 A. The emission around 8500 A is due to
both FelI emission and the Call near-infrared triplet, and fur-
ther to the red there are weaker features due to [CI] 29850
and [Co11] 1.019 um. In the near-infrared, the strongest feature
is He11.083 um, with the presence of isolated and relatively
strong lines associated with [Nilr] 1.939 ym, [NilII] 6.634 ym
and [Ne11] 12.81 um.

Ignoring the global reduction in the model luminosity, this
spectral evolution reflects primarily the drop in ionization in all
ejecta shells except the outermost He-rich zones when present.
This recombination is weak for Fe (which is primarily Fe* in
the Si/S and O-rich shells), but significant for O, Mg and Ca. At
428d, O is nearly neutral in the O-rich shell and collisional exci-
tation of OT becomes the main coolant. Mg becomes only
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Fig. 19. Same as Fig. 4, but now showing models with (black) and without (blue) local deposition of positron power. For the latter, we adopt the
same opacity for positrons as for y-rays. In this stacking, the spectra of models with the same He-star initial mass are normalized by the same factor
(its value is such that the maximum flux of the model with local positron trapping is unity). The flux offset resulting from these two assumptions is
stronger in models with the greater y-ray escape fraction (i.e., those models with the highest expansion rate, which are typically those with lower

initial masses).

partially ionized, which explains the
[Mg1] 14571. Ca is once ionized in the Si/S shell.

11. Hel and [N1] lines

HeT and [N 1] lines represent important signatures since they
may be used to constrain the SN type and the composition of
the progenitor star. The standard procedure is to determine the
SN type at discovery, or at least as early as possible during the
photospheric phase. It is nonetheless of interest to check whether
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strengthening of one can still distinguish a Type Ib from a Type Ic at nebular

times.

Helium may be present but not sufficiently abundant or suf-
ficiently excited by high-energy electrons to produce HeT lines.
In the optical, the overlap of He 15875 A with NaT1.14 5896, 5890
complicates the direct identification of that important HeT line.
In that case, one may look for Hel lines in the near infrared.
An alternative is to try to identify N lines since N is the
most abundant metal species in the He/N shell. The pres-
ence of that shell in the progenitor implies a SN of Type Ib
(Dessart et al. 2020). As discussed in the preceding sections, the



L. Dessart et al.: SNe Ibc at nebular times

0.6 — T T T T
o) -5
05l o he5p0 ]
° he6p0
0.4} o ]
» o)
é 0.3 o e o . -
02r ¢ o . o -
*
01" * o+ o« L ¢ @ o s
0.0 - - - -
0.6 —
0.5} . N *
- 0.4F * i
g * ®
2 0.3}f X X A4 .
2 * o ¢
= 0.2} * . ¢ -
(o ¢ o © ]
0.1 o o ° e 0 C
0.0 L
0.5 =
* *
0.4} * i
E«b, 03F, * R ® 'S
g
0.2} o ¢ ]
oo ¢
o1le. o o, o o O O © ©
0.9
0.8t o @) o Q 0 © ° o o -
0.7} -
< 0.6} ]
¢ ® o o
o5k, ® e 0 & o ]
To4f L ]
0.3} * * .
02k - : - -
200 250 300 350 400
Time [d]

Fig. 20. Evolution of the decay power absorbed in the ejecta, the
fraction of that power that arises from positrons (assumed here to be
absorbed locally), and the fraction of the total decay power absorbed by
the Fe-rich and O-rich shells in models he5p0 (blue star), he6p0 (red
diamond), and he8p0 (yellow filled circle).

[N11] 116548, 6583 doublet forms through collisional processes
but HeT lines, including those at 10830 A and 20581 A, are non-
thermally excited. Therefore, the sensitivity of these lines to the
N and He abundances is very different.

Figure 22 shows three spectral regions hosting strong tran-
sitions from Hel, N1II, Fel, and FeII lines for a restricted set
of models from the x1p0 series (the selection avoids duplica-
tions). In the optical, the He 15875 A line is present in the lower
mass models up to he4p5, but it is typically weak and badly
blended with Na1115896, 5890. Instead, [N 11] 1 5754.6 and the
[N11] 116548, 6583 doublet can be used a a diagnostic for the
presence of a He/N shell — they are strong and less blended up
to model he4pS. In models he6p0, he8p0, and hel12p0 these He I
and NI lines are very weak. Although the [O1] 116300, 6364

doublet in models he8p0 and hel2p0 still exhibits a red shoul-
der, it is primarily due to FeI.

The He 110830 A line is present in all selected models (mid-
dle panel of Fig. 22), even in hel12p0 that lacks a He/N shell.
Hence, He 110830 A can form either in the He/N shell (in Type
Ib SN models that have such a shell) or in the He/C/O shell (in
Type Ic models, which are characterized by the lack of a He/N
shell). The He 120581 A line is present in all models up to he6p0,
but vanishingly weak in models he8p0 and hel2p0. Hence, this
latter line is a good near-infrared discriminant between Type Ib
and Type Ic SNe, as found in photospheric-phase models (see,
for example, Sect. 5 in Dessart et al. 2015).

12. Comparison to observations

The goal of this study was to generate observables in the neb-
ular phase for ab initio He-star explosion models. In a previous
study based on the red-supergiant star explosion simulations of
Sukhbold et al. (2016), we demonstrated that a similar approach
yielded a satisfactory agreement to the observations of low-
luminosity and standard-luminosity Type II SNe (Dessart et al.
2021). The task is however more difficult for SNe Ibc because
much uncertainty remains concerning their progenitors and their
evolution (for example, relative to wind mass loss). Binary star
evolution seems a prerequisite for the production of moder-
ate mass ejecta, either He-rich or He-poor (Podsiadlowski et al.
1992; Nomoto et al. 1995; Woosley et al. 1995; Yoon et al.
2010; Langer 2012), and can explain the dichotomy between
SNe Ib and Ic (Yoon 2017; Dessart et al. 2020). The contribu-
tion of single and more massive Wolf-Rayet stars to observed
SNe Ibc may be marginal. One such example may be SN 2009;f
(Valenti et al. 2011) which can be explained by single-star
evolution, although there is still the possibility that it arose
from an interacting binary. Few conclusive identifications of
their progenitors (or progenitor systems) have been made, and
only robustly for SNe IIb (e.g., SN 1993] — Aldering et al.
1994, Van Dyk et al. 2002, Maund et al. 2004; SN2011dh —
Van Dyk et al. 2013, Folatelli et al. 2014).

The progenitors used in the present study result from He-
stars that evolve in isolation (although binary mass exchange
is thought to cause stripping of the H-envelope to produce the
He star). There is no consideration for binary mass exchange in
the course of their evolution until core-collapse. Thus Case BB
mass transfer’, which can produce ultra-stripped Type Ic progen-
itors (Nomoto et al. 1994; Dewi et al. 2002; Dewi & Pols 2003;
Tauris et al. 2013), is not considered. Our grid of models covers
He stars with masses extending from 2.6 to 12.0 M, with the
corresponding ejecta masses ranging from 0.8 to 5.3 M.

Low mass models, with He-rich ejecta, have not yet been
unambiguously associated with SNe Ib. Instead, only our He-
star models above about 4 M, initially seem to reflect the
observed nebular-phase properties of SNe Ib and Ic (see next
sections). The nondetection of faint SNe Ib powered by a low
6Ni mass (at the level of 0.001 M, inferred in low-energy SNe
II; Pastorello et al. 2004; Spiro et al. 2014; Lisakov et al. 2018)
may be an observational bias. The SN would be too faint and
fast evolving to be identified in the midst of massive luminous
stars. Another possibility is that such SNe Ib undergo nuclear
flashes that lead to the He-shell ejection before exploding (see

7 Case BB mass transfer applies to a star in a binary system that under-
goes a first phase of mass transfer after the ignition of a hydrogen burn-
ing shell source and a further mass transfer after the ignition of a helium
burning shell source; see discussion in Langer (2012).
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Fig. 21. Sequence of time-dependent radiative transfer calculations for ejecta model he6p0 from 200 to 428 d after explosion. To cancel the drop
in luminosity, due to both the exponential decrease in decay power emitted and the enhanced y-ray escape with time, we normalize all spectra at
6330 A in the optical (this wavelength corresponds roughly to the peak of [O1] 116300, 6364) and at 1.083 wm in the near-infrared. Other ways to
normalize are possible but this choice shows the near constancy of the flux ratio of the [O 1] 24 6300, 6364 and [CaI1] 117291, 7323 doublets and
the progressive drop in Fe emission below 5500 A.
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Fig. 22. Montage of spectra for models he2p6, he3p3, he4p5, he6p0, he8p0, and he12p0 at 200 d showing the wavelength region around 6300 A
(left), around 10 800 A (middle), and around 20 000 A (right). In all plots, we overplot the emission associated with bound-bound transitions from
He1, N1, Fel, and Fell. The same species set and color coding is used even when some species or ions do not contribute flux to the selected
spectral region.

for example Woosley 2019). Such a configuration would produce
H-deficient interacting SNe. There is indeed a sizable population
of such Type Ibn SNe (e.g., SN 2006jc; Pastorello et al. 2007) in
which the interaction power dominates at all times, hence com-
patible with a low °Ni mass and a dominance of He in the com-
position.
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For the comparison to observations, we have selected a few
SNe IIb, Ib, and Ic with high-quality optical spectra around 200 d
after the inferred time of explosion. Many objects for which
good data exist around the time of bolometric maximum have no
data at late times, or the available data are of a quality unsuitable
for a fruitful model comparison. Our selection includes the Type
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Table 4. Characteristics of the Type IIb, Ib, and Ic SNe sample used for comparison to our models at 200 d.

SN Type D u fexpl E(B-V) z 50Nj References
[Mpc] [mag] MID[d] [mag] [Mo]
SN 1993J IIb 3.63 27.80 49074.0 0.08 —-0.00015 0.09 J15, L94, MO0, R94, R96, W94
SN 2011dh IIb 7.8 2946 55713.0 0.07 0.00164 0.075 El4,J15
SN 2007C Ib 25.0 31.99  54096.0 0.47 0.00561 0.06-0.16 D11, P16, M20
SN 2004aw Ic 68.2 34.17 53073.0 0.37 0.0160 0.15-0.30 D20, M17, TO6
SN 2007gr Ic 9.3 29.84 54325.5 0.09 0.0017 0.076 HO7
SN 2013ge Ic 237 31.87 56604.0 0.07 0.00436 0.109 D16, P16

References. D11: Drout et al. (2011); D16: Drout et al. (2016); D20: Dessart et al. (2020); E14: Ergon et al. (2014); HO7: Hunter et al. (2009); J15:
Jerkstrand et al. (2015a); L94: Lewis et al. (1994); M0O: Matheson et al. (2000); M17: Mazzali et al. (2017); M20: Meza & Anderson (2020); P16:
Prentice et al. (2016); R94: Richmond et al. (1994); R96: Richmond et al. (1996); T06: Taubenberger et al. (2006); W94: Woosley et al. (1994).

IIb SNe 1993J and 201 1dh even though our model grid is limited
to He-stars initially. This is acceptable since the presence of H
in the outer ejecta may only lead to a broad boxy Ha at such late
times. We include the Type Ib SN 2007C, and the Type Ic SNe
2004aw, 2007gr, and 2013ge. A description of their characteris-
tics and the associated references are given in Table 4. The goal
here is to provide a basic compatibility check with a restricted
sample of observations.

We have performed many simulations in this study, using the
x1p0, x1p5, and x2p0 series, and variants of these with differ-
ent forms of clumping or scaled velocity. As our simulations
retain some level of arbitrariness, and since we only compare
to the data at a single epoch we do not aim to find the model that
yields the best match to a given observation. Instead, we wish to
find the parameter space that yields a satisfactory agreement for
each SN. The *°Ni mass for our set of models clusters around
0.05-0.1 M, and is thus in the ballpark of the values inferred for
most of the selected SNe. One exception is SN 2004aw, which is
overenergetic and likely asymmetric (Taubenberger et al. 2006).
Consequently, the amount of Ni at low velocity and power-
ing the light curve at late times may be much smaller than that
estimated from phases near bolometric maximum (Dessart et al.
2017).

As discussed in the preceding sections, the Fe emission
between 4100 and 5500 A arises largely from the Fe present in
the O-rich shell with an abundance below solar. Only a fraction
of that emission arises from the Fe, produced from the decay
of °Ni and *°Co nuclei, in the Fe/He shell. In other words, the
strength of the Fe emission is poorly correlated with the °Ni
mass produced during the explosion. Any mismatch of this Fe
emission between models and observations is therefore unlikely
to arise from an offset in °Ni mass but is more likely to arise
from an inadequate ionization in the O-rich shell (possibly aris-
ing from an inadequate description of the density of this emitting
material because of clumping, etc.). It might also indicate a dif-
ferent metallicity for the progenitor.

12.1. SN 1993J

Figure 23 presents a comparison of SN 1993] at 209d after
the explosion with the model he7p0 at 200d that assumes a
50% volume filling factor. The model reproduces satisfactorily
the Fe emission in the blue part of the optical, the strength
of [01] 116300, 6364, and the Call near-infrared triplet. The
[Cam] 447291, 7323 doublet is overestimated, which may in
part be due to an overestimate of the contribution from
[Ni1r] A 7378. The model also overestimates NaI A1 5896, 5890,
which could arise from a slight underestimate of the ionization
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Fig. 23. Comparison of the observations of SN 1993J at 209 d with the
He-star explosion model he7p0 at 200 d with a uniform volume filling
factor of 50%. Model and observation are normalized at 6900 A. No
Ha contribution is included in the model, so that the red shoulder of the
[O1] 226300, 6364 doublet is primarily due to [N 1] 11 6548, 6583.

in the O-rich shell. The red shoulder of the [O1] 2416300, 6364
line is due to [N II] A1 6548, 6583 and Fe emission in the model,
while in observations some contribution from Ha, omitted in the
model, could be present.

Jerkstrand et al. (2015a) presented a comparison between the
283 d observation of SN 1993J and a Type II SN model from the
explosion of a single-star of 17 M on the main sequence but
excluding most of the H-rich layers. Their model overestimates
[0O1] 216300, 6364 but agrees otherwise with the observations
at a level that is comparable to our fit. An important distinction
is that their model corresponds to a trimmed Type II SN model,
scaled to match the observed spectral line widths of SN 1993],
while our model is not tuned (with the exception for clumping,
which is also used by Jerkstrand et al. 2015a).

Our he7p0 model, which most likely results from binary evo-
lution, is H deficient, and corresponds to a star of 25.7 My on
the ZAMS (Woosley 2019). It produces the same O yield (i.e.,
1.3 M) as the single star model of 17 M on the ZAMS used
by Jerkstrand. The pre-SN mass of model he7p0 was 5.04 M,
and the explosion energy 1.38 x 10! erg. The 17 M model of
Woosley & Heger (2007) used by Jerkstrand had a helium core
mass of 5.02 M, and an explosion energy of 1.2 x 10°' erg.
One expects the explosion outcome, including the nucleosynthe-
sis, to be similar if the hydrogen envelope is almost completely
removed from the 17 M, model before the shock passes through.

Inferences from pre-explosion imaging indicate that the pro-
genitor of SN 1993J was a G8I-KS5I supergiant, and most likely
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Fig. 24. Left: comparison of the observations of SN 2011dh at 202 d with the He-star explosion model he4p0 at 200 d with a uniform volume filling
factor of 50%. Right: same as left, but now using the he5Sp0 model but scaled down in Ey;, and 5Ni mass, and excluding bound-bound transitions

from NiII. Model and observation are normalized at 7000 A.
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Fig. 25. Comparison between the observations of SN2007C at 175d
and the model he6p0 at 200 d with a uniform volume filling factor of
50%. Model and observation are normalized at 7000 A.

double (Aldering et al. 1994). The companion star was likely
detected by HST post-explosion imaging, and is likely to be
an early B supergiant (Maund et al. 2004). Lacking a suitable
binary model, it might be more suitable to invoke a 17 M, pro-
genitor, which is also more in line with previous inferences from
light curve modeling (see, for example, Blinnikov et al. 1998;
Woosley et al. 1994), and the binary model (15 and 14 M) pro-
posed by Maund et al. (2004). Lower mass progenitors (e.g., a
ZAMS mass of 13 M) are inconsistent with the nebular-phase
properties. In our grid of models, the [O1] 146300, 6364 line
flux is stronger than [Call] 147291, 7323 (i.e., as observed in
SN 1993J) only for He-star masses above about 8 M, — less
massive models exhibit weak [O1] 116300, 6364 and strong
[Cal] 2117291, 7323 emission.

12.2. SN2011dh

The left panel of Fig. 24 shows a comparison between the
observations of Type IIb SN2011dh at 202d and the model
he4p0 at 200d with a uniform volume filling factor of 50%.
This model reproduces relatively well the Fe Il emission in the
blue part of the spectrum, the Na1145896, 5890 doublet line,
the strength and shape of [O1] 416300, 6364, and the strong
bump at 6500 A which we associate with [N1I] 211 6548, 6583.
The [Calr] 117291, 7323 line is however overestimated and
too broad, and the O17774 A triplet and the CalI near-infrared
triplet are underestimated.
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Fig. 26. Comparison between the Type Ic SN 2004aw at 250 d with the
model he8p0 at 200 d. Model and observation are normalized at 6300 A.

The overestimate of the [Call]A17291, 7323 doublet
strength and width may be due to a combination of an
overestimate in the expansion rate and the contribution from
[Ni1] A7378. To further explore this object, and to test the sen-
sitivity of our results to ejecta properties, we recalculated the
model he5p0 but scaled down the ejecta kinetic energy by a fac-
tor of 2.0 and the °Ni mass by a factor of 2.62. In practice,
we turn this excess °Ni into *®Ni to preserve the normalization
of mass fractions to unity. The reduction in *Ni mass together
with the greater y-ray trapping efficiency keeps the luminosity
the same as the unscaled model. However, the abundance of sta-
ble Ni is boosted, so that lines of Ni become much stronger in the
model. Hence, in the right panel of Fig. 24, we show the scaled
he5p0 model with Nill bound-bound transitions switched off.
The resulting model yields a satisfactory match to the observa-
tions of SN2011dh at 202d. The [Ca1] 417291, 7323 doublet
is now well-fitted, in both strength and width. The 017774 A
triplet line is also predicted, arising from the greater ejecta den-
sity. A major complexity in modeling SNe Ibc is that a different
ejecta kinetic energy leads to different densities, which affects
numerous properties (density squared processes, optical depth
to y-rays and low-energy photons, etc.). Despite these shortcom-
ings, a low- to moderate-mass He-star model seems suitable to
explain the properties of SNe 2011dh, in agreement with previ-
ous inferences (see, for example, Bersten et al. 2012, Ergon et al.
2015, Jerkstrand et al. 2015a).
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Fig. 27. Left: comparison between the Type Ic SN 2007gr at 182.5d with the model he8p0 at 200 d. Right: comparison between SN 2013ge at
171 d and the scaled he8p0 model at 200 d. Model and observation are normalized at 5400 A.

12.3. SN2007C

Figure 25 shows a comparison between the observations of the
Type Ib SN 2007C at 175 d after the explosion and model he6p0
at 200d with a uniform volume filling factor of 50%. Most
lines are reproduced satisfactorily, in particular the near equal
strength between [O 1] A4 6300, 6364 and [Ca11] 117291, 7323,
the sizable Fe emission in the blue part of the optical, the
[Mg1] 14571 line and NaI A4 5896, 5890. Not well matched are
the O17774 A triplet and the Ca I near-infrared triplet. Further-
more, the observations exhibit a blueshift of the peak emis-
sion for [MgI] 14571 and [Ca1I] 447291, 7323 (by about 700
to 1000 km s~!, respectively), while the model predicts a central
peak at the rest wavelength. Such wavelength shifts are notorious
in SNe Ibc (Taubenberger et al. 2009; Milisavljevic et al. 2010),
and may require the presence of asymmetry or dust attenuation.
Both effects are ignored in the present work.

12.4. SN 2004aw

Figure 26 presents a comparison between the Type Ic
SN 2004aw at 250 d with the model he8p0 at 200 d. The data is
of poor quality but this is a good example where a model without
any tuning (no clumping, etc.) yields a satisfactory match to an
observation (despite the time offset of 50d). The model repro-
duces [Mg1] 14571, [O1] 146300, 6364, [Ca11] A1 7291, 7323,
and the Call near-infrared triplet, but it overpredicts the
[O1]5577.3 A and Na1.aa 5896, 5890. SN 2004aw is overener-
getic and likely asymmetric (Taubenberger et al. 2006), so this
comparison to model he8p0, which is both underenergetic and
spherical, may be questionable. However, it demonstrates that
energetic SNe Ic are probably systematically asymmetric, so that
the material emitting at late times is both slow and dense (as in
an underenergetic explosion) and has little to do with the high
velocity material that contributed at the time of bolometric max-
imum (Dessart et al. 2017). Similar conclusions were reached by
Mazzali et al. (2017).

12.5. SN2007gr and SN 2013ge

The left panel of Fig. 27 presents a comparison between the
Type Ic SN2007gr at 182.5d with the model he8p0 at 200d.
This is the same model used for SN 2004aw. The right panel of
Fig. 27 presents a comparison between the Type Ic SN 2013ge
at 182.5d with the model he8p0 at 200d but now scaled up
in Ey;, by a factor of two. The optical spectra of SNe 2007gr

and 2013ge are very similar, and two models (he8p0, and the
scaled he8p0) yield a similar result. Both models underestimate
the width of most lines, in particular the presence of emission or
absorption at the largest velocities (e.g., for Na1145896, 5890
in SN 2007gr), while the offset to the blue of emission peaks
(e.g., [MgI] 14571) is not predicted by our models. A similar
blueshift is observed in SN 2007C (see Sect. 12.3).

Thus all three SNe Ic we have discussed require a higher
mass model in order to explain the stronger [O 1] 116300, 6364
relative to [Call] 447291, 7323. Conversely, model he7p0 and
lower mass models are suitable for explaining objects in which
[Ca1r] 447291, 7323 is at least as strong as [O 1] A4 6300, 6364.
This trend confirms the accepted notion than SNe Ic arise
from more massive progenitors than SNe Ib and IIb (e.g.,
Anderson et al. 2015; Aramyanetal. 2016; Maund 2018),
although this result from nebular phase spectral modeling
is subject to significant uncertainties associated with the
adopted ejecta structure, the clumping, and the formation of
molecules.

13. Conclusions

We have presented nebular-phase non-LTE steady-state and
time-dependent radiative transfer calculations with CMFGEN
based on the He-star explosion models of Ertl et al. (2020).
These ejecta result from ab initio 1D neutrino-driven explosions
calibrated according to a prescribed “explosion engine”. They
utilize the He-star models of Woosley (2019) that were first
evolved to the onset of core collapse. We consider several sets
of progenitors evolved with the nominal mass loss rate (x1p0
series), and variants in which the mass loss rate is enhanced
by 50% (x1p5 series) and by 100% (only one model done for
a 10 My progenitor He-star). To handle macroscopic mixing
without introducing microscopic mixing, we implement the
shuffled-shell technique of Dessart & Hillier (2020b), limiting
the shuffling to regions interior to the outermost dominant shell
(i.e., the He/N shell in Type Ib SN models and the He/C or
He/C/O shell in Type Ic SN models). Limiting the shuffling to
within the CO core yields similar results.

Relative to a standard-energy Type II SN, the main differ-
ences in nebular-phase spectra of a standard-energy SN Ibc arise
from the higher ejecta expansion rate and the lack of a mas-
sive H-rich ejecta layer that reprocesses the radiation emitted
from the metal-rich regions. The decay power absorbed by the
ejecta is very sensitive to the ejecta dynamics and structure, and
not just to the *°Ni mass produced in the explosion. Because
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of their higher expansion rate and lower density, SN Ibc ejecta
are typically more ionized than SN II ejecta. Consequently,
the SN Ibc radiation is more sensitive to the ejecta density
structure, the expansion rate, clumping, and probably molecules
(which may form, and at earlier times than in SNe II (Rho et al.
2021); see, however, the case of SN 2012au for a counterexam-
ple (Pandey et al. 2021)). In this paper, we have investigated a
few of these effects but much remains to be explored. An impor-
tant caveat is that our approach is 1D — departures from spherical
symmetry, which will modify the density and the species’ distri-
bution, can strongly affect the radiation from SNe Ibc.

Our selection of models covers initial He-star masses span-
ning the range from 2.6 to 13 M, that, depending on the
adopted pre-SN mass loss recipe, give rise to ejecta masses
between 0.79 and 5.32 M. They exhibit a wide variety of
nebular phase properties at 200d after the explosion. Pro-
genitors with a residual He-rich shell (i.e., the He/N shell),
that would be unambiguously classified as a Type Ib, yield
optical spectra with strong emission below 5500A due to
Fell, a relatively strong and broad [N1I] 11 6548, 6583 arising
from the outer ejecta, and [Calr] 417291, 7323 stronger than
[O1] 2116300, 6364. The relatively low O yield limits the max-
imum possible [O1] 116300, 6364 line flux, however, in our
models another limiting factor is the overionization of O in
the O-rich shell for all the lower mass ejecta. Clumping of the
O-rich material can boost the [O 1] A2 6300, 6364 line strength,
but it remains weaker than [CaIl] 117291, 7323 in all He-star
models with an initial mass below ~6 M. Explosions of pre-
SN stars with masses 3.15 M, to 4.45 M, which correspond for
the fiducial mass loss rate to He stars with initial masses 4.0 to
6.0 M, are broadly compatible with the nebular-phase spectra of
some SNe IIb and Ib such as 2011dh and 2007C. Helium stars
with these masses correspond to ZAMS masses in the range 18—
23 M.

We find no observational counterparts at nebular times for
our lighter models (i.e., initial He-star masses below 4 M; pre-
SN masses below 3.15 M), which may be an observational bias
(such objects are not detected and we have a too small sam-
ple of nebular-phase spectra for SNe Ib). From a theoretical
point of view, there is no reason to expect a lack of SNe Ib
with a ®Ni mass of order 0.001 My when many such coun-
terparts are found in the population of low-luminosity SNe II
(Pastorello et al. 2004). An alternative is that such low-mass
He stars undergo nuclear flashes in the final phases of evolu-
tion prior to core collapse (see discussion in Woosley 2019)
and contribute to the population of SNe Ibn such as SN 2006jc
(Pastorello et al. 2007). Each scenario may occur in nature.

As the initial He-star mass increases above 6 M (pre-
SN mass of 4.45M;), the O yields and M, increase, but
the FEy;, levels off or even decreases. In those models, the
[01] 116300, 6364 is of comparable strength or stronger
than [Call] 417291, 7323, the Fe Il emission below 5500 A is
weaker, and the optical spectrum closely resembles observed
SNe Ic such as SNe 2007gr and 2013ge.

Variations in expansion rate affect the width of lines, which
are primarily Doppler broadened, but the main impact of
variations in Ey, is to modulate the ejecta density and its ion-
ization, in particular in the O-rich zones. When O has a low ion-
ization, [O1] 116300, 6364 is the main coolant for that region in
our present simulations. If the O ionization drops to zero (i.e.,
O is neutral), this tends to boost the strength of [MgI1] 14571
and NaTI A4 5896, 5890. If the O ionization is raised (with a mix-
ture of neutral O and O%), the [O1] 116300, 6364 weakens and
the Fe IT emission below 5500 A strengthens. Reducing the Eyjy,
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introducing clumping in the O-rich zones, or adopting a larger
SN age leads to a relative strengthening of [O 1] 416300, 6364.
The spectral consequences of modulations in Ey;, are difficult to
anticipate since they alter both the ejecta density (which affects
density-squared processes, critical densities, optical depth, etc.)
and the total decay power absorbed (since it affects the y-ray
mean free path).

Although there is considerable scatter in the radiation
properties of our nominal mass loss SN models at 200d,
three classes emerge. For initial He masses less than 6 M,
the [O1] 416300, 6364 is systematically weaker than the
[Ca1r] 117291, 7323, while for masses =7 M, emission in
[O1] 116300, 6364 dominates that in [Call] 41417291, 7323. At
intermediate masses (6 to 7 My) the [O1] 116300, 6364 and
[Ca1r] 247291, 7323 emission are comparable. Unfortunately,
the [O1] 216300, 6364 is highly sensitive to the O ionization
in the O-rich shell, and consequently the connection between
the [O 1] 416300, 6364 line strength and O yield is complicated.
Variations in pre-explosion mass loss, ejecta clumping, and the
energetic properties of the SN, can significantly influence the
[0O1] 216300, 6364 line strength.

We surmise that the density structure of our 1D explosion
models is likely responsible for some of the disagreements with
observations. Spherical explosion models cannot predict clump-
ing, and they yield a density structure that differs significantly
from the predictions of 3D explosions. Angular averages are
unlikely to be suitable alternatives because much of the radia-
tive transfer depends on nonlinear processes. While this matters
little for the nebular phase properties of SNe II (i.e., because O
is nearly neutral in the O-rich shell in most SNe II; Dessart et al.
2021), this shortcoming is a major concern in SNe Ibc.

We generally assumed that positrons are absorbed where
they are emitted. Relaxing this assumption by assigning the same
mean-free path to positrons and y rays (which is an extreme pos-
tulate) leads to a reduction of the emission from the Fe/He shell,
causing a reduction of the FeII emission in the range 4100 to
5500 A. Some specific lines forming exclusively in the Fe/He
shell are also affected, such as [Fe I11] 14658 A, [Co 111] 2 5889,
[Ni1] A7378, or [Nilll] A 7889. Because the material from the
Fe/He shell may be distributed throughout a large ejecta volume,
the associated weak emission from these lines may be spread
in velocity space (and thus in wavelength) and therefore hard to
identify in observations.

An important limitation to our simulations is the neglect of
molecular cooling, especially in view of the often partial ioniza-
tion of O in the O-rich shell. Indeed, the formation of CO in the
O/C shell and of SiO in the O/Si shell is expected to alter the
ionization and temperature of the corresponding material. While
it would take away some of the available power for the O-rich
material, it could also significantly affect some line emissions
through a change in ionization and temperature. Observations of
many well observed SNe Ibc suggest that molecule formation
may take place soon after bolometric maximum, sometimes as
soon as the ejecta turns optically thin. Molecule formation has
been reported, for example, for SN 2007gr (Hunter et al. 2009),
SN 2011dh (Ergon et al. 2015), SN2013ge (Drout et al. 2016),
and SN 20200i (Rho et al. 2021). The importance of molecular
cooling is well known (Liljegren et al. 2020). CO molecule for-
mation is, however, not systematic (Pandey et al. 2021).

Our He-star models, likely arising from binary mass
exchange, are evolved with wind mass loss (which directly peels
off the outer layers, reduces the total mass, and shrinks the size
of the burning core). Their metal composition at stellar death,
just before core collapse, is comparable to the cores of single
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stars of much lower mass on the ZAMS. For example, model
he6p0 corresponds to a ZAMS mass of 23.3 M, but has roughly
the same O yield as a single 15.2 M, star from Sukhbold et al.
(2016) that dies with a massive H-rich envelope and produces a
SN II-P. One should thus be cautious when comparing He-star
models (directly affected by wind mass loss) with the “He-core”
of single progenitor stars leading to SNe II (which are hardly
affected, and if so only indirectly, by red-supergiant mass loss).
The assumption of prompt removal of the H-rich envelope at
helium ignition in our He-star progenitor models is certainly too
simplistic to explain all manner of supernovae in stripped stars. It
is in tension, for example, with the Type IIb SN progenitors that
are notorious for having residual H at the time of their explo-
sion (which testifies that wind mass loss never affected directly
the H-deficient layers). Presumably in these systems, the binary
properties were such that the mass exchange happened very late
and/or was ineflicient. Nevertheless, assuming full loss of the
envelope at the time the star first becomes a supergiant seems
a reasonable approximation for forming a common SN Ibc. The
approximation is partly justified because the predictions it makes
for remnant masses, explosion energies, ejecta masses, and light
curves are in good accord with observations (Ertl et al. 2020;
Woosley et al. 2021). Considerable uncertainty is also subsumed
into the poorly known mass loss rate.

He-star models have a more modest metal yield at the time
of core collapse relative to single star models with the same
ZAMS mass. We find, however, that the nebular phase proper-
ties of the SN Ibc they produce often suggest similar O yields as
SNe II. Hence, the inference of a similar O yield from a nebular-
phase spectrum in a SN II and a SN Ibc would indicate a larger
ZAMS mass for the latter. This offset may explain the associ-
ation of SNe Ibc with higher mass progenitors (Anderson et al.
2015; Kuncarayakti et al. 2018; Maund 2018).

One class of nebular observations that our models dis-
agree with is those showing strong [MgI] 14571 emission. An
example of such a supernova is the Type Ic SN 2002ap (e.g.,
Taubenberger et al. 2009). In SN 2002ap, [Mg1] 14571 can be
readily identified in the spectrum at day 130 (post explosion),
and becomes more prominent with time as the Fe forest dis-
appears (Mazzali et al. 2002). Its peak intensity is second only
to [O1] 116300, 6364 at this and later times. The early promi-
nence of [MgI] 14571 in SN 2002ap may be due to its high
Exin /M., which fosters a lower density faster expanding ejecta —
SN 2002ap was classified by Kinugasa et al. (2002) as a hyper-
nova. This idea is consistent with the evolution of [Mg1] 14571
in our time-dependent models in which [Mg1] 14571 is much
more distinct/prominent at 482d than at 200d. It is also con-
sistent with the spectral evolution seen for SN 2011dh - at
328d its central intensity rivals that of [O1] 416300, 6364 and
[Cam]) 247291, 7323 (Shivvers et al. 2013) — this can be con-
trasted with its strength at 202d as shown in Fig. 24. Since
the models used here would have great difficulty developing
greater kinetic energies in a neutrino-powered paradigm, this
rapid expansion may be yet another indicator of a nonstandard
central engine for these sorts of events.

The wide diversity of spectral properties from our grid of
spherical He-star explosion models contrasts with the relative
uniformity of observed properties of SNe Ibc at nebular times.
This could actually be an indicator of as yet unexplored diver-
sity in nature. Much of the diversity in models arises because
of changes in ionization that result from changes in the den-
sity structure, even for constant nucleosynthetic yields. Numer-
ous models, in particular those with lower initial He-star masses,
show a larger ionization and stronger flux in the blue part of the

optical range than observed. The subset of these ejecta that are
also characterized by a low ejecta mass, low kinetic energy, and
low ®Ni mass, are probably missed by current surveys so the
disagreement with the existing dataset may be an observational
bias.

We find that most observations (here limited to few of the
best observed SNe Ibc) can be explained by using only a few
of our He-star explosion models (between models he4p0 and
he8p0), though often with an adjustment to the density struc-
ture (e.g., by introducing clumping or scaling the kinetic energy).
There is much degeneracy relative to yields when the ionization
conditions are similar: this is seen for models he8p0 and he12p0,
which have nearly identical spectra although model he12p0 has
nearly twice as much O than model he8p0. This degeneracy
is illustrated in observations by the similarity of nebular phase
spectra from GRB/SNe Ic and super-luminous SNe Ic, which are
thought to arise from different explosion mechanisms and prob-
ably different progenitors (Jerkstrand et al. 2017; Dessart 2019),
or from the Type IIb SN 1993]J and the Type Ic SN 2013ge (see
Sects. 12.1 and 12.5). Some process must be at work in nature
to produce the degeneracy of nebular-phase spectra of SNe Ibc.
We can speculate that the observed degeneracy in SN Ibc nebu-
lar phase spectra arises from the fact that at late times we probe
the inner dense clumped O-rich (and likely asymmetric) ejecta,
while the more complex composition and density distribution
affect the outer ejecta and can only be probed during the pho-
tospheric phase. Understanding this degeneracy requires further
work.

Based on their observed luminosity, typical SNe Ibc are
sometimes inferred to produce more *°Ni than SNe II-Plateau
(Droutetal. 2011; Lymanetal. 2016; Prentice etal. 2016;
Anderson 2019; Meza & Anderson 2020), though this is not true
of the models. While this offset seems real, it is exacerbated by
the absence of SNe Ibc with a low Y°Ni mass, a potential overes-
timate of the reddening, and the potential bridging between SNe
Ibc and SN Ic broad-lined and GRB/SNe (in which a different
mechanism of explosion is at work, likely tied to fast progenitor-
core rotation). Indeed, ab initio explosion models of SNe Ibc
suggest a maximum *°Ni mass production of about 0.15 My, and
a maximum explosion energy of about 2 x 10! erg (Ertl et al.
2020). Although much needed, inferring the explosion energy of
an observed SN Ibc is difficult because there is a degeneracy in
light curve and spectra with Ey;, /M. (see Sect. 6 of Dessart et al.
2020). Furthermore, determining the original *Ni mass syn-
thesized in SNe Ibc from observations at late times is difficult
because of the incomplete y-ray trapping (also influenced by
asymmetry, and perhaps by clumping and inhomogeneities) and
because a fraction of the Fe emission at late times arises from
the primordial Fe rather than from the decayed **Ni and *°Co
(for example, the Fe in the O-rich shell, as well as in the He-rich
shell in SNe Ib, is primordial). So, it is hard to infer the original
5Ni mass from either the photometry or the spectra, although it
would be useful to know how far off such inferences would be.
This deserves a careful study of its own.

Future work will be devoted to improving the physical real-
ism of our simulations, and to performing multiepoch studies.
We first need to implement molecular cooling in the ejecta, par-
ticularly for dominant molecules such as CO and SiO. Perform-
ing multiepoch simulations is also crucial, since a model consis-
tent at one epoch may not by consistent at another epoch, and
this will lead to insights into deficiencies in both the models and
ejecta structure.

Another effort will be to base the calculations on a realis-
tic density structure for the ejecta, as obtained in 3D explosion
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simulations (see, for example, the results for the Type IIb SN
that led to Cas A; Wongwathanarat et al. 2017). Such models
will also allow for a more physical treatment of mixing, in par-
ticular for *°Ni. They will also enable a treatment of aspheric-
ity and in particular the assessment of the impact of large scale
asymmetry on the nebular phase properties. There is indeed
evidence from the observed skewness of emission line pro-
files that even standard-energy SN Ibc ejecta are asymmetric
(Taubenberger et al. 2009; Milisavljevic et al. 2010). Alternate
power sources and asymmetry will also allow for a descrip-
tion of exceptional late time properties, for example with
the hybrid line profile morphology observed in SN 2016gkg
(Kuncarayakti et al. 2020). Our study suggests that metal yields
are just one component influencing the nebular-phase properties
of SNe Ibc, and that a proper characterization of these events
requires a global and physically-consistent modeling of their
complex ejecta structure.
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Appendix A: Additional information on initial ejecta

Mass Fraction Mass Fraction
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properties used for the radiative transfer
calculations.
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Fig. A.1. Chemical composition versus Lagrangian mass in the he2p6 he2p9, he3p5, he4p0, he4p5, and he6p0 from Ertl et al. (2020) at 200d (the
original mass fraction is shown for 3Ni) — ejecta properties are summarized in Table 1. Models he3p3, he5p0, and he8p0 are shown in Fig. 1. The
shaded areas denote dominant shells, of a given composition, that are used in the shuffling procedure.
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Fig. A.2. Same as Fig. A.1, but now for models he7p0 and he12p0.

Table A.1. Additional ejecta model properties from Ertl et al. (2020) to complement those given in Table 1.

Model Exin M, He-sh O-sh Sish  %Ni-sh SONi  X(Hew:  X(“Ca)y;  X(Niy;  X(*Ca)y  X(*°Ca)y.
[10°" erg] [Mo] [Mo] [Mo] [Mo] [Mo] [Mo]

he2p6 134(-1)  791¢-1)  729-1) 397(2) 177(-3) 2.03(-2) 122(:2)  2.03(-1)  5.79(-3) 732(:2)  5.54(-5) 7.01(-5)
he2p9 372¢-1)  931(-1) 8.01¢1) 829(-2) 9.63(:3) 375(-2) 2.32(-2) 223(-1)  8.32(-3) 378(2)  2.56(-5) 6.85(-5)
he3p3 548¢-1)  1.2000)  8.64(-1) 250(-1) 237(-2) 634(-2) 4.00(-2)  1.84(-1)  7.58(-3) 554(-2)  3.02(-5) 6.95(-5)
he3ps 410¢-1)  127(0)  8.80(-1) 321(-1) 1.95(-2) 451(-2) 292(-2) 2.07¢-1)  5.66(-3) 519(-2)  3.40(-5) 7.03(-5)
he4p0 6.33-1)  1.6200)  9.26(-1) S577(-1)  4.53(2) T.06(-2) 445(2)  1.94¢-1)  8.49(-3) 473(-2)  3.71(-5) 7.00(-5)
hedps 1.17(0) 1.89(0)  9.49(-1)  7.55(-1)  6.00(-2) 128G-1) 859(-2)  1.84(-1)  6.66(-3) 462(-2)  3.33(-5) 6.83(-5)
heSp0 L510)  221(0)  9.95¢-1)  1.020) 5.06(2) 147¢-1) 9.77(-2)  1.99-1)  4.80(-3) 504(-2)  4.00(-5) 6.99(-5)
he6p0 1.1000)  2.820)  1.06(0)  1.61(0) 4.69(-2) 1.06(-1) 7.04(-2)  2.14(-1)  5.14(-3) 456(-2)  4.11(-5) 7.02(-5)
he7p0 138(0)  3.33(0)  6.66(-1)  243(0)  7.55(2) 147¢-1)  1.02(-1)  181(-1)  7.51(-3) 269(-2)  5.62(-5) 7.06(-5)
he8p0 7.10¢-1)  3.95(0)  6.11(-1)  321(0) 378(-2) 8.65(-2) 5.46(-2)  2.10¢-1)  9.01(-3) 3.83(:2)  4.07(-5) 7.07(-5)
hel2pd  8.10¢-1)  532(0) 128(-6)  5.150)  6.19(-2)  LIS¢-1)  7.90(-2)  1.77(-1) 1.03(-2) 202(2)  6.25(-5) 6.88(-5)

Notes: The columns give the ejecta kinetic energy, the ejecta mass, the mass of the He-rich shell, the O-rich shell, the Si-rich shell, and the
3Ni-rich shell, and the *Ni mass. The subsequent columns give the average mass fraction of several isotopes in different shells (due to space
constraints, O stands for O-rich shell, Ni for the *°Ni-rich shell etc).

Table A.2. Explosion properties for the models evolved with the nominal mass loss rate.

Mue;  Exin SONjj “Tr” a SONi+ “Tr’/2  Ni+ “Tr”  0.75% (°Ni+“Tr’+a) This work
[Mo]  [foe] [Mo] [Mo] [Ms] [Ms] [Mo] [Ms] [Mo]
2.6 0.15 0.0033 0.0047 0.0160 0.0057 0.0080 0.0180 0.0122
2.9 0.38 0.0082 0.0098 0.0291 0.0131 0.0180 0.0353 0.0232
3.3 0.59 0.0182 0.0167 0.0380 0.0266 0.0349 0.0547 0.0400
3.5 0.42 0.0167 0.0091 0.0279 0.0212 0.0258 0.0403 0.0292
4.0 0.65 0.0285 0.0166 0.0365 0.0368 0.0451 0.0612 0.0445
4.5 1.28 0.0337 0.0368 0.0609 0.0521 0.0705 0.0986 0.0859
5.0 1.50 0.0366 0.0436 0.0693 0.0584 0.0802 0.1121 0.0977
6.0 1.07 0.0273 0.0307 0.0538 0.0427 0.0580 0.0839 0.0704
7.0 1.37 0.0497 0.0383 0.0637 0.0688 0.0880 0.1138 0.102
8.0 0.70 0.0244 0.0192 0.0378 0.0340 0.0436 0.0611 0.0546
120 0.81 0.0559 0.0152 0.0344 0.0635 0.0711 0.0791 0.0790

Notes. The table gives the results of the explosion calculations with P~-HOTB and presented in Ertl et al. (2020). In our work, the *Ni masses were
taken from the Kepler approximation to the P-HOTB neutrino simulation. Ni +*“Tr/2 is a realistic lower bound, **Ni +“Tr” is a reasonable upper
bound, and 0.75x (**Ni +“Tr’+a) is a generous upper bound. Our values (rightmost column) lie between the lower and generous upper bounds.
Only the 4.0 M, He-star model is below the reasonable upper bound. Ertl et al. (2020) and Woosley et al. (2021) used the generous upper bounds
for their light curve analysis, so our values are consistent with theirs.

A61, page 34 of 38



L. Dessart et al.: SNe Ibc at nebular times

Table A.24. Summary of important fractional powers that characterize our He-star explosion models computed with CMFGEN.

Model f(He‘Sh) f(O‘Sh) f(SI‘Sh) f(FC—Sh) fpositron fabs
he2p6 0.71 0.12 0.14 0.03 0.17  0.19
he2p9 0.52 0.15 0.28 0.06 0.28 0.11
he3p3 0.30 0.32 0.20 0.19 0.21 0.15
he3p5 0.33 0.38 0.23 0.06 0.16  0.20
he4p0 0.25 0.47 0.20 0.08 0.16  0.19
hedp5 0.22 0.41 0.12 0.26 0.21 0.15
he5p0 0.16 0.47 0.08 0.29 0.21 0.15
he6p0 0.16 0.58 0.09 0.17 0.12  0.26
he7p0 0.03 0.70 0.08 0.20 0.11 0.27
he8p0 0.02 0.80 0.06 0.12 0.06  0.55
he12p0 0.00 0.81 0.09 0.10 0.04 0.76
he5p0x1p5 0.09 0.44 0.11 0.36 0.28  0.11
he6pOx1p5 0.06 0.57 0.07 0.30 0.20 0.16
he8pOx1p5 0.03 0.71 0.08 0.19 0.12  0.26
he9p0x1p5 0.00 0.73 0.08 0.19 0.09 034
helOpOx1p5  0.00 0.74 0.08 0.18 0.10 031
hellpOx1p5 0.00 0.85 0.11 0.03 0.09 0.34
hel12p0x1p5 0.00 0.78 0.09 0.14 0.07 046
he13pO0x1p5 0.00 0.73 0.08 0.18 0.08 040
he10p0x2p0 0.00 0.64 0.11 0.25 0.17  0.18

Notes: Fractional decay powers absorbed in the He-rich shell, the O-rich shell, the Si-rich shell, the Fe-rich shell, and then the fractional decay
power absorbed that arises from positrons, and finally the fraction of the total decay power emitted that is absorbed in the ejecta. The SN age is
200 d. The models are he2p6 to hel2p0 (nominal mass loss rate; x1p0 series), he5pOx1p5 to hel3pOx1p5 (50% enhancement in mass loss rate;
x1p5 series), and model he10p0x2p0 (100% enhancement in mass loss rate; x2p0 series).

Table A.25. Powers and magnitudes for our He-star explosion models computed with CMFGEN.

Model ﬁlbs ng] LUVOIR U B |4 R 1 J H K
[10¥ergs™']  [mag] [mag] [mag] [mag] [mag] [mag] [mag] [mag]
he2p6 0.19 043 0.41 -993  -10.18 -10.51 -10.62 -10.60 -9.73 -10.28 -10.84
he2p9 0.11  0.56 0.52 -10.07 -10.53 -10.83 -10.88 -1097 -994 -10.75 -10.81
he3p3 0.15 1.38 1.31 -1091 -11.53 -11.88 -11.95 -12.18 ~-11.12 -11.72 -11.59
he3p5 020 1.17 1.10  -10.61 -11.15 -11.62 -1197 -12.16 -11.20 -11.59 -11.51
hedp0 0.19 1.64 1.53 -10.81 -11.44 -1194 -1243 -12.64 -11.62 -11.94 -11.85
he4p5 0.15 293 274 -11.81 -1242 -1271 -12.69 -1296 -1191 -12.44 -12.41
he5p0 0.15 3.32 3.04 -1198 -1253 -12.81 -12.82 -13.07 -12.03 -12.54 -12.57
he6p0 026 4.21 3.98 -12.15  -12.63 -13.09 -1341 -13.44 -12.69 -1297 -12.96
he7p0 027 6.53 6.26 -12.68 -13.17 -13.62 -13.85 -13.92 -13.18 -1345 -13.37
he8p0 055 6.97 6.74  -11.90 -12.59 -13.56 -14.27 -1434 -13.84 -14.07 -13.74
he12p0 0.76 1281 1247 -1232 -13.05 -1421 -1495 -15.07 -14.74 -1496 -14.60

he5pOx1pS  0.11 291 2.67 -11.80  -12.47 -12.69 -12.54 -1292 -11.75 -12.40 -12.27
he6pOx1p5S  0.16  4.39 4.13 -12.33  -1290 -13.21 -13.03 -13.30 -12.36 -12.89 -12.74
he8pOx1p5S  0.26  5.96 5.68 -12.68 -13.08 -13.54 -13.70 -13.77 -13.04 -13.35 -13.26
he9pOx1pS  0.34  9.18 8.91 -13.13  -13.49 -14.02 -1423 -1442 -13.67 -13.98 -13.72
helOpOx1p5 0.31 7.23 6.98 -12.84  -13.20 -13.74 -14.06 -14.14 -13.37 -13.66 -13.38
hellpOx1p5 0.34 2.84 270  -1094 -11.57 -1249 -13.53 -13.28 -1248 -12.60 -12.29
hel2pOx1p5 0.46 9.63 9.38 -12.92  -1332 -14.03 -1451 -1457 -1395 -1420 -13.93
hel3pOx1p5 040 11.78 1145 -13.39 -13.72 -1430 -14.60 -14.68 -1398 -1424 -14.12
helOpOx2p0  0.18  4.98 470  -12.51 -13.02 -13.35 -13.24 -13.60 -12.62 -13.11 -12.87

Notes: Fractional decay power absorbed, bolometric luminosity, UVOIR luminosity (accounts for the radiation falling between 1000 A and
2.5 um), and optical and NIR absolute magnitudes at 200d for the explosion models he2p6 to hel2p0 (standard mass loss rate; x1p0 series),
heSp0x1p5 to hel3p0x1p5 (50% enhancement in mass loss rate; x1p5 series), and model he10p0x2p0 (100% enhancement in mass loss rate; x2p0
series).
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Table A.26. Summary of the main coolants in the ejecta model he3p3.

| He/N | He/C/O | O/Ne/Mg | Si/S |
V =5077km s~ V =4411kms™! V =4073km s7! V =3661kms~!
T =10322K T =6208K T =4865K T =4344K
N1 COL (34.8%) C1 COL (63.6%) Mgi COL (59.7%) | Ferr COL (21.9%)
HeINT (22.8%) HeINT (14.0%) O1COL (16.1%) Canr COL (18.6%)
Felr COL (20.9%) | Mgl COL (6.6%) Ne 11 COL (8.3%) Co1ll COL (14.8%)
C1 COL (5.9%) O1 COL (5.5%) OINT (7.9%) Nint COL (14.4%)
O1 COL (4.5%) CII NT (4.8%) OINT (3.1%) Fe1t COL (9.5%)
Total cooling: 88.8% | Total cooling: 94.4% | Total cooling: 95.0% | Total cooling: 79.2%
He/C O/C O/Si Fe/He
V = 4440km s V =4132kms! V =3867kms! V =3646km s~!
T =6363K T =5298K T =4960K T =4417K
C1 COL (65.3%) Mg COL (45.3%) | Mg COL (60.6%) | Felr COL (23.5%)
He1NT (15.8%) O1COL (22.0%) O1COL (11.2%) Ni1t COL (16.9%)
O1 COL (5.5%) C1 COL (10.3%) O NT (9.5%) Coll COL (15.1%)
CINT (4.0%) O NT (6.2%) NeIll COL (7.6%) Fe1r COL (12.6%)
Mg COL (3.4%) CI NT (5.3%) OI1NT (2.4%) Ca11 COL (10.9%)
Total cooling: 94.0% | Total cooling: 89.1% | Total cooling: 91.2% | Total cooling: 79.0%

Notes: A representative location is chosen in each dominant shell. The coolants are widely different between shells in part because of the distinct
compositions. For each shell, we list the top five coolants (as percentage of the total decay power absorbed at that location), and give the cumulative
cooling power associated (usually ~90% of the total).

Table A.27. Summary of main coolants in the dominant shells of ejecta model heSp0.

He/N He/C/O O/Ne/Mg Si/S

V =8207km ™! V =7620km s V =7135km s7! V =6140km s~!

T =11389K T =6762K T =5107K T =3986K

N1 COL (31.3%) C1 COL (62.1%) Mg COL (49.1%)  Call COL (41.5%)
Fe1t COL (20.7%)  HelINT (13.7%) Ne 11 COL (24.3%) Con1 COL (12.2%)
He1NT (18.2%) O1 COL (10.8%) O1COL (9.4%) Fe1r COL (12.2%)
O COL (9.6%) Ne1 COL (3.4%) OnNT (7.8%) Ninr COL (11.5%)
C11 COL (8.2%) CINT (3.2%) CI NT (2.4%) SinNT (5.1%)
Total cooling: 88.0%  Total cooling: 93.2%  Total cooling: 93.0%  Total cooling: 82.4%
He/C o/C O/Si Fe/He

V =7722km ! V =7340km s7! V =6319km 7! V=6115kms!

T =6834K T =5851K T =5268K T =4285K

C11 COL (63.5%) C1 COL (31.3%) Mgu COL (51.2%)  Fen COL (21.3%)
He1NT (14.2%) Mgu COL (19.5%) O1COL (12.3%) Nint COL (19.2%)
O11 COL (9.7%) O1COL (18.2%) OINT (10.2%) CoIl COL (15.0%)
Ne11 COL (3.4%) O1 COL (10.8%) Ne 11 COL (7.3%) Ca11 COL (13.6%)
Cu NT (3.0%) CIINT (6.3%) S11 COL (5.5%) Fe1t COL (10.4%)

Total cooling: 93.8%

Total cooling: 86.2%

Total cooling: 86.6%

Total cooling: 79.5%
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Table A.28. Summary of the main coolants in the dominant shells of ejecta model he8p0.

He/N O/C O/Si Fe/He

V =6146km s~! V =4929km s7! V =3467km s~! V =3390km s!

T =8789K T =4551K T =4718K T =3826K

N1 COL (35.5%) O1COL (64.0%) Mg COL (37.9%)  Call COL (35.0%)
HeINT (29.9%) CI NT (8.0%) O1COL (24.9%) Fe1t COL (21.4%)
Fem COL (20.6%)  OINT (7.2%) OINT (10.1%) Co11 COL (15.9%)
S1 COL (3.4%) Mg COL (5.4%) OINT (7.1%) Nint COL (13.3%)
He1 COL (2.6%) C11 COL (4.9%) Ca11 COL (5.1%) HeINT (11.5%)
Total cooling: 91.9%  Total cooling: 89.4%  Total cooling: 85.1%  Total cooling: 97.2%
He/C/O O/Ne/Mg Si/S

V =5737kms! V = 4660 km s~ V =3410km s

T =5811K T =4392K T =3655K

C11 COL (48.9%) OI1COL (38.9%) Canr COL (53.0%)

He1NT (20.7%) Mgu COL (27.0%)  Feut COL (14.2%)

o1 COL (7.9%) NeIr COL (10.4%) CoIl COL (13.0%)

Mg COL (6.1%) OINT (8.1%) Nir COL (10.2%)

CuNT (4.4%) O NT (5.7%) He1NT (7.3%)

Total cooling: 88.0%

Total cooling: 90.2%

Total cooling: 97.7%

Table A.29. Summary of the main coolants in the dominant shells of ejecta model he3p3 in which we enforced a uniform volume filling factor of

20%.

He/N He/C/O O/Ne/Mg Si/S

V =5077km s~! V =4411kms~! V =4073km s~! V =3661km s~!
T =8739K T =5262K T =4359K T =3533K
HeINT (36.6%) Mg1 COL (38.3%) Mg COL (48.5%)  Can COL (46.2%)
N11 COL (25.8%) C1 COL (35.9%) O1COL (23.2%) Fe11 COL (15.2%)
Femn COL (17.2%) He1NT (20.2%) OINT (9.2%) Ni1t COL (13.7%)
C1 COL (4.8%) CI NT (6.3%) Mg1 COL (4.2%) Co11 COL (12.4%)
He1 COL (4.1%) O1COL (2.9%) O NT (4.2%) He1NT (5.4%)
Total cooling: 88.5%  Total cooling: 103.6%  Total cooling: 89.3%  Total cooling: 92.9%
He/C o/C O/Si Fe/He

V =4440km s~ V =4132kms™' V =3867kms' V =3646km s

T =5492K T =4638K T =4335K T =3615K

C1 COL (45.7%) Mg11 COL (35.2%) Mg COL (36.0%)  Ca1r COL (36.3%)
Mg 11 COL (29.6%) O1COL (33.7%) O1COL (17.4%) Fe11 COL (18.5%)
HeINT (23.1%) OINT (7.4%) Mg1 COL (15.5%) Nint COL (16.3%)
Cu NT (5.3%) CuNT (7.3%) O1NT (8.9%) Co11 COL (13.6%)

OnNT (1.5%)
Total cooling: 105.3%

C1 COL (5.9%)
Total cooling: 89.5%

O NT (6.1%)
Total cooling: 83.8%

HeINT (7.3%)
Total cooling: 92.0%
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Table A.30. Summary of the main coolants in the dominant shells of ejecta model he5p0 in which we enforced a uniform volume filling factor of

20%.

A&A 656, A61 (2021)

He/N He/C/O O/Ne/Mg Si/S

V =8207kms! V =7620km s V =7135kms! V =6140km s7!
T =9352K T =5937K T =4518K T =3356K
HeINT (32.1%) C1 COL (54.3%) Mgu COL (40.3%)  Call COL (65.7%)
N1 COL (23.2%) He 1 NT (22.0%) O1COL (25.1%) Ninn COL (11.0%)
Fe 1t COL (18.8%) Mg COL (9.3%) Ne1r COL (12.0%) Co1t COL (9.6%)
C11 COL (6.2%) O1 COL (4.9%) OINT (6.0%) Fent COL (8.1%)
O1 COL (5.6%) CuNT (4.5%) O NT (5.1%) SinNT (7.1%)
Total cooling: 85.8%  Total cooling: 94.9%  Total cooling: 88.5%  Total cooling: 101.5%
He/C O/C O/Si Fe/He

V =7722kms! V =7340km s~ V =6319km s V=6115kms
T =6043K T =4917K T =4576K T =3559K

C11 COL (59.3%) O1COL (47.4%) Mgu COL (35.0%) Can COL (40.8%)
He1NT (22.9%) C1 COL (14.0%) O1COL (23.3%) Nilt COL (17.5%)
O1 COL (4.9%) Mg COL (12.6%)  Can COL (8.2%) Fe1t COL (16.5%)
CINT (4.3%) CuNT (8.7%) OINT (8.1%) Co11 COL (13.6%)

Mg 11 COL (4.2%)
Total cooling: 95.5%

OINT (5.0%)
Total cooling: 87.7%

O NT (7.1%)
Total cooling: 81.8%

HeINT (7.3%)
Total cooling: 95.6%

Table A.31. Summary of the main coolants in the dominant shells of ejecta model he8p0 in which we enforced a uniform volume filling factor of

20%.
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He/N o/C O/Si Fe/He

V =6146km s~! V =4929km s~! V =3467km s~! V =3390km s~!
T =7489K T =4041K T =4127K T =3364K
HelNT (44.0%) O1COL (46.4%) Mg1 COL (20.5%) Fe1 COL (24.3%)
N11 COL (24.5%) C1COL (14.9%) OINT (18.9%) Ca11 COL (22.4%)
Fem COL (17.7%)  OINT (11.0%) Mg COL (17.7%)  HeINT (17.1%)
He1 COL (3.7%) CUNT (7.4%) O1COL (17.0%) CoIl COL (11.4%)
S1 COL (3.3%) Ca11 COL (4.3%) Ca1nt COL (11.1%) Nint COL (8.3%)
Total cooling: 93.1%  Total cooling: 84.1%  Total cooling: 85.2%  Total cooling: 83.5%
He/C/O O/Ne/Mg Si/S

V=5737Tkms™' V =4660km s™! V =3410km s

T =4914K T =3898K T =3284K

HeINT (27.4%) O1COL (31.1%) Ca11 COL (35.8%)

C1 COL (23.4%) Mg1 COL (15.7%) Fe1 COL (11.7%)

O1COL (22.2%) Mgu COL (14.9%)  He1NT (10.8%)

Ca11 COL (5.6%) OINT (14.5%) Co11 COL (9.7%)

CI NT (5.5%) Ne1nt COL (5.5%) Nint COL (7.0%)

Total cooling: 84.2%

Total cooling: 81.7%

Total cooling: 75.1%
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