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ABSTRACT

Context. The evolution of massive stars is not fully understood. Several physical processes affect their life and death, with major
consequences on the progenitors of core-collapse supernovae, long-soft gamma-ray bursts, and compact-object mergers leading to
gravitational wave emission.
Aims. In this context, our aim is to make the prediction of stellar evolution easily comparable to observations. To this end, we de-
veloped an approach called “spectroscopic evolution” in which we predict the spectral appearance of massive stars through their
evolution. The final goal is to constrain the physical processes governing the evolution of the most massive stars. In particular, we
want to test the effects of metallicity.
Methods. Following our initial study, which focused on solar metallicity, we investigated the low Z regime. We chose two representa-
tive metallicities: 1/5 and 1/30 Z�. We computed single-star evolutionary tracks with the code STAREVOL for stars with initial masses
between 15 and 150 M�. We did not include rotation, and focused on the main sequence (MS) and the earliest post-MS evolution. We
subsequently computed atmosphere models and synthetic spectra along those tracks. We assigned a spectral type and luminosity class
to each synthetic spectrum as if it were an observed spectrum.
Results. We predict that the most massive stars all start their evolution as O2 dwarfs at sub-solar metallicities contrary to solar metal-
licity calculations and observations. The fraction of lifetime spent in the O2V phase increases at lower metallicity. The distribution
of dwarfs and giants we predict in the SMC accurately reproduces the observations. Supergiants appear at slightly higher effective
temperatures than we predict. More massive stars enter the giant and supergiant phases closer to the zero-age main sequence, but not
as close as for solar metallicity. This is due to the reduced stellar winds at lower metallicity. Our models with masses higher than
∼60 M� should appear as O and B stars, whereas these objects are not observed, confirming a trend reported in the recent literature.
At Z = 1/30 Z�, dwarfs cover a wider fraction of the MS and giants and supergiants appear at lower effective temperatures than
at Z = 1/5 Z�. The UV spectra of these low-metallicity stars have only weak P Cygni profiles. He ii 1640 sometimes shows a net
emission in the most massive models, with an equivalent width reaching ∼1.2 Å. For both sets of metallicities, we provide synthetic
spectroscopy in the wavelength range 4500−8000 Å. This range will be covered by the instruments HARMONI and MOSAICS on
the Extremely Large Telescope and will be relevant to identify hot massive stars in Local Group galaxies with low extinction. We
suggest the use of the ratio of He i 7065 to He ii 5412 as a diagnostic for spectral type. Using archival spectroscopic data and our
synthetic spectroscopy, we show that this ratio does not depend on metallicity. Finally, we discuss the ionizing fluxes of our models.
The relation between the hydrogen ionizing flux per unit area versus effective temperature depends only weakly on metallicity. The
ratios of He i and He ii to H ionizing fluxes both depend on metallicity, although in a slightly different way.
Conclusions. We make our synthetic spectra and spectral energy distributions available to the community.
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1. Introduction

Understanding the evolution and final fate of massive stars is
of primordial importance now that observations of core-collapse
supernovae, long-soft gamma-ray bursts (LGRBs), and compact-
object mergers are becoming almost routine. However, many
uncertainties still hamper unambiguous predictions from evolu-
tionary models (e.g., Martins & Palacios 2013). Although mass
loss (Chiosi & Maeder 1986) and rotation (Maeder & Meynet
2000) have long been recognized as key drivers of stellar evo-
lution, other processes significantly affect the way massive stars

? Pollux database is also available at the CDS via anonymous ftp
to cdsarc.u-strasbg.fr (130.79.128.5) or via http://cdsarc.
u-strasbg.fr/viz-bin/cat/J/A+A/645/A67

evolve. Magnetism, which is present at the surface of a minority
of OB stars (Grunhut et al. 2017), may strongly impact the out-
come of their evolution (Keszthelyi et al. 2019). An uncertain
but potentially large fraction of massive stars have a companion
that will modify the properties of the star compared to isolation
(e.g., Moe & Di Stefano 2013; Kobulnicky et al. 2014; de Mink
et al. 2013; Mahy et al. 2020).

Metallicity is another major driver of the evolution of mas-
sive stars. It modifies opacities and therefore the internal struc-
ture of stars. As a result, massive metal-poor stars are usually
hotter and more compact (Maeder & Meynet 2001). The result-
ing steeper gradients are predicted to enhance the effects of rota-
tion on stellar evolution (Maeder & Meynet 2000), although
direct observational confirmation is still lacking. At lower metal-
licity, radiatively driven winds are weaker (Vink et al. 2001;
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Mokiem et al. 2007a), meaning that the effects of mass loss are
reduced. The binary fraction at low metallicity is not well
constrained: Moe & Di Stefano (2013) find no differences
between the Magellanic Clouds and the Galaxy, while Dorn-
Wallenstein & Levesque (2018) report a possible decrease of
the binary fraction at lower metallicity among high-mass stars,
in contrast to what is observed for low-mass stars (Raghavan
et al. 2010). Stanway et al. (2020) studied how the uncertainties
in binary parameters affect the global predictions of population-
synthesis models. These latter authors concluded that varying the
binary properties for high-mass stars leads to variations that do
not exceed those caused by metallicity. The metallicity effects
on rotation and mass loss also impact the occurrence of LGRBs.
Japelj et al. (2018) and Palmerio et al. (2019) show that low
metallicity is favored for LGRBs, and there is a metallicity
threshold above which they are seldom observed (Vergani et al.
2015; Perley et al. 2016). Metallicity therefore appears to be a
major ingredient of massive star evolution.

In the present paper, we discuss the role of metallicity in the
spectroscopic appearance of massive stars on and close to the
main sequence (MS). This extends the work we presented in
Martins & Palacios (2017) in which we described our method
to produce spectroscopic sequences along evolutionary tracks.
This method consists in computing atmosphere models and syn-
thetic spectra at dedicated points sampling an evolutionary track,
and was pioneered by Schaerer et al. (1996) and recently revis-
ited by us and Groh et al. (2013, 2014). Götberg et al. (2017,
2018) used a similar approach to investigate the ionizing proper-
ties of stars stripped of their envelope in binary systems. These
latter authors found that such objects emit a large number of ion-
izing photons, equivalent to Wolf-Rayet stars. Kubátová et al.
(2019) looked at the spectral appearance of stars undergoing
quasi-chemically homogeneous evolution (Maeder 1987; Yoon
et al. 2006), focusing on metal-poor objects (Z = 1/50 Z�), for
this type of evolution seems to be more easily achieved at that
metallicity (e.g., Brott et al. 2011). Kubátová et al. (2019) con-
cluded that for most of their evolution, which proceeds directly
leftward of the zero age main sequence (ZAMS), stars show only
absorption lines in their synthetic spectra, therefore appearing as
early-type O stars. In the present work, similarly to Martins &
Palacios (2017), we focus on the MS and early post-MS evo-
lution because these phases are the least affected by uncertain-
ties (see Martins & Palacios 2013). Our goal is to predict the
spectral properties of stars at low metallicity, to compare them
with observational data, and ultimately to provide constraints
on stellar evolution. To this end, we selected two representa-
tive metallicities: 1/5 Z� and 1/30 Z�. The former is the classi-
cal value of the Small Magellanic Cloud (SMC), and the latter
is on the low side of the distribution of metallicities in Local
Group dwarf galaxies (McConnachie et al. 2005; Ross et al.
2015). These two values of metallicity should therefore reason-
ably bracket the metal content of most stars that will be observed
individually in the Local Group with next-generation telescopes
such as the Extremely Large Telescope (ELT). In preparation for
these future observations, we make predictions on the spectral
appearance of hot massive stars in these metal-poor environ-
ments. We also provide classification criteria suitable for the ELT
instruments.

In Sect. 2 we describe our method. We present our spectro-
scopic sequences in Sect. 3, where we also define a new spectral
type diagnostic. We present the ionizing properties of our mod-
els in Sect. 4. In this section we also discuss He ii 1640 emission
that is present in some of our models. Finally, we conclude in
Sect. 5.

2. Method

2.1. Evolutionary models and synthetic spectra

We computed evolutionary models for massive stars with the
code STAREVOL (Decressin et al. 2009; Amard et al. 2016).
We assumed an Eddington grey atmosphere as outer bound-
ary condition to the stellar structure equations. We used the
Asplund et al. (2009) solar chemical composition as a refer-
ence, with Z� = 0.0134. A calibration of the solar model with
the present input physics leads to an initial helium mass frac-
tion Y = 0.2689 at solar metallicity. We used the corresponding
constant slope ∆Y/∆Z = 1.60 (with the primordial abundance
Y0 = 0.2463 based on WMAP-SBBN by Coc et al. 2004) to com-
pute the initial helium mass fraction at Z = 2.69 × 10−3 = 1/5 Z�
and Z = 4.48 × 10−4 = 1/30 Z�, and to scale all the abundances
accordingly. The OPAL opacities used for these models comply
to this scaled distribution of nuclides. We did not include specific
α-element enhancement in our models. We described the con-
vective instability using the mixing-length theory with αMLT =
1.6304, and we use the Schwarzschild instability criterion to
define the boundaries of convective regions. We added a step
overshoot at the convective core edge and adopt αov = 0.1Hp,
with Hp being the pressure scale height. We used the thermonu-
clear reaction rates from the NACRE II compilation (Xu et al.
2013a) for mass number A < 16, and the ones from the NACRE
compilation (Angulo et al. 1999) for more massive nuclei up to
Ne. The proton captures on nuclei more massive than Ne are
from Longland et al. (2010) or Iliadis et al. (2001). The network
was generated via the NetGen server (Xu et al. 2013b).

We used the mass-loss-rate prescriptions of Vink et al.
(2001), who account for the metallicity scaling of mass-loss rates
(see also Mokiem et al. 2007a). In order to account for the effect
of clumping in the wind (Fullerton 2011), the obtained mass-loss
rates were divided by a factor of three (Cohen et al. 2014). This
reduction is consistent with the revision of theoretical mass-loss
rates proposed by Lucy (2010), Krtička & Kubát (2017), and
Björklund et al. (2021).

Along each evolutionary sequence, we selected points for
which we computed an atmosphere model and the associated
synthetic spectrum with the code CMFGEN (Hillier & Miller
1998). CMFGEN solves the radiative transfer and statistical
equilibrium equations under non-LTE conditions using a super-
level approach. The temperature structure is set from the con-
straint of radiative equilibrium. A spherical geometry is adopted
to account for stellar winds. The input velocity structure is a
combination of a quasi-static equilibrium solution below the
sonic point and a β-velocity law above it (i.e., v = v∞×(1−R/r)β,
where v∞ is the maximal velocity at the top of the atmosphere
and R is the stellar radius). We adopted v∞ = 3.0× vesc as in
Martins & Palacios (2017)1. This value is consistent with both
observations (Garcia et al. 2014) and theoretical predictions
(Björklund et al. 2021) in which v∞/vesc is in the ranges 1.0−6.0
and 2.5−5.5, respectively. We note that the observational study
of Garcia et al. (2014) shows a correlation between terminal
velocity and metallicity (see also Leitherer et al. 1992), but
no clear trend can be seen between the very scattered ratio
v∞/vesc and metallicity. The velocity structure below the sonic

1 We note that in the calculation of the mass-loss rates we use the
recipe of Vink et al. (2001) which incorporates a ratio v∞/vesc of 2.6.
This is slightly different from the value of 3.0 we use for the calculation
of the synthetic spectra, but the difference is minimal: adopting 3.0 in
the Vink formula would change the mass-loss rate by 0.08 dex, which is
negligible.
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Fig. 1. Hertzsprung-Russell diagram for the Z = 1/30 Z� (black lines
and filled squares) and SMC (dot-dashed blue lines and open circles)
cases. Lines are the STAREVOL evolutionary tracks. Symbols are the
points at which an atmosphere model and synthetic spectrum have been
computed.

point is iterated a few times during the atmosphere model cal-
culation, taking the radiative force resulting from the radiation
field and level populations into account. The density structure
follows from the velocity structure and mass conservation equa-
tion. The models include the following elements: H, He, C, N,
O, Ne, Mg, Si, S, Ar, Ca, Fe, and Ni. A total of about 7100
atomic levels2 and nearly 170 000 atomic transitions are taken
into account. Once the atmosphere model is converged, a formal
solution of the radiative transfer equation is performed and leads
to the synthetic spectrum in the wavelength range 10 Å–50 µm.
In that process, a depth-variable microturbulent velocity varying
from 10 km s−1 at the bottom of the photosphere to 10% of the
terminal velocity at the top of the atmosphere is adopted.

Figure 1 shows the Hertzsprung-Russell diagram at the two
selected metallicities. The optical spectra and spectral energy
distributions (SEDs) are distributed through the POLLUX3

database (Palacios et al. 2010). The parameters adopted for their
computations are listed in Tables A.1 and A.2.

2.2. Spectral classification

Once the synthetic spectra were calculated, we performed a
spectral classification as if they were results of observations. We
followed the method presented by Martins & Palacios (2017)
with some slight adjustments. Our process can be summarized
as follows:

– Spectral type: The main classification criterion for O stars
is the relative strength of He i 4471 and He ii 4542 as proposed
by Conti & Alschuler (1971) and quantified by Mathys (1988).
For each spectrum, we therefore computed the equivalent width
(EW) of both lines and calculated the logarithm of their ratio. A
spectral type was assigned according to the Mathys scheme. For

2 A super-level approach is used in CMFGEN calculations. The
∼7100 levels are grouped in about 1800 super-levels.
3 http://pollux.oreme.org/

spectral types O9 to O9.7, we refined the classification using the
criteria defined by Sota et al. (2011) and quantified by Martins
(2018), namely EW(He i 4144)

EW(He ii 4200) and EW(He i 4388)
EW(He ii 4542) . For B stars, we esti-

mated the relative strength of Si iv 4089 and Si iii 4552. We used
the atlas of Walborn & Fitzpatrick (1990) to assign B-type sub-
classes. Finally, for the earliest O stars (O2 to O3.5) we relied
on the relative strength of N iii 4640 and N iv 4058 as defined by
Walborn et al. (2002).

– Luminosity class: For O stars earlier than O8.5, the strength
of He ii 4686 was the main classification criterion. We used the
quantitative scheme presented by Martins (2018) to assign lumi-
nosity classes. For stars with spectral type between O9 and O9.7,
we used the ratio EW(He ii 4686)

EW(He i 4713) defined by Sota et al. (2011) and
quantified by Martins (2018). For B stars, we relied mainly on
the morphology of Hγ which is broad in dwarfs and gets nar-
rower in giants and supergiants.

For both spectral type and luminosity class assignment we
discarded classification criteria based on the relative strengths of
Si to He lines because they are metallicity dependent and this
dependence is not quantified at metallicities different from solar.

For all stars, a final step in the classification process involved
a direct comparison with standard stars. The spectra of these
reference objects were retrieved from the GOSC catalog4 for O
stars and from the POLARBASE archive5 for B stars. The final
spectral classes and luminosity classes are given in Tables A.1
and A.2.

3. Spectroscopic sequences

In this section we discuss the spectroscopic sequences along the
evolutionary tracks that we obtained. We first describe general
trends before examining the two selected metallicities.

3.1. Example of spectroscopic sequences

We first describe full spectroscopic sequences for typical cases.
In Fig. 2 we show the optical spectra computed along the 60 M�
tracks. According to our computations, the star appears as a
O3−3.5 dwarf on the ZAMS and enters the post-MS evolution as
a late-O/early-B supergiant. This is valid for both the SMC and
one-thirtieth solar metallicities. The evolution of the He i 4471
to He ii 4542 line ratio – the main spectral type classification
criterion (Conti & Alschuler 1971) – is clearly seen. Figure 2
highlights the reduction of the metal lines at lower metallic-
ity: for Z = 1/30 Z�, silicon, nitrogen, and carbon lines are
weaker than for a SMC metallicity. When comparing to Fig. 6 of
Martins & Palacios (2017) which shows solar metallicity com-
putations, the effect is even more striking. This effect is magni-
fied in the ultraviolet range. Figure 3 shows the spectroscopic
sequences for the same 60 M� tracks, but between 1200 and
1900 Å. First, the strong P Cygni lines are severely reduced in the
one-thirtieth solar metallicity spectra. This is due to the reduc-
tion in both mass-loss rate and metal abundance. Second, the
iron photospheric lines are weaker in the lower metallicity spec-
tra. Figure 3 illustrates the change of iron ionization when Teff

varies: at early spectral types, and therefore high Teff , Fev lines
dominate the absorption spectrum around 1400 Å; at late spectral
types, it is Fe iv lines and even Fe iii lines in the coolest cases
that are stronger.

4 https://gosc.cab.inta-csic.es/
5 http://polarbase.irap.omp.eu/
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Fig. 2. Optical spectra of the sequence of models calculated along the 60 M� track at SMC (left) and one-thirtieth (right) metallicity from the
ZAMS at the top to the post-MS at the bottom. The main diagnostic lines are indicated at the bottom of the figure. The spectra have been degraded
to a spectral resolution of ∼2500, similar to that of the GOSS survey.

Fig. 3. Same as Fig. 2 but for the UV range. The spectra have been degraded to a spectral resolution of ∼16 000 typical of HST/COS FUV
observations.

Figures B.1 and B.2 show the optical and UV sequences fol-
lowed by a 20 M� star. Qualitatively, the trends are the same
as for the 60 M� star. Figure B.3 displays the sequences of the
60 M� stars in the K-band. At these wavelengths, the number
of lines is reduced and there are very few metallic lines. The
effects of metallicity are therefore difficult to identify. The C iv
lines around 2.06−2.08 µm almost disappear at Z = 1/30 Z�.
The N iii/O iii emission complex near 2.11 µm is also reduced.
These figures illustrate that the K-band is far from being an opti-
mal tool with which to constrain stellar parameters and surface
abundances, but importantly the figure also demonstrates that the

K-band cannot be used to reliably constrain metallicity effects in
OB stars.

3.2. Metallicity of the Small Magellanic Cloud

The left panel of Fig. 4 shows the distribution of spectral types in
the HR diagram at Z = 1/5 Z�. A given spectral type is encoun-
tered at slightly higher Teff for lower masses. This is caused by
the higher surface gravity. For instance, the first model of the
20 M� sequence is classified as O7.5. The same spectral type
is attributed to the sixth model of the 150 M� sequence. The
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Fig. 4. Distribution of spectral types across the HR diagram at SMC (left panel) and one-thirtieth solar (right panel) metallicity.

surface gravity in these models is 4.38 and 2.98, respectively. At
lower log g, a lower Teff is required to reach the same ionization,
and therefore the same spectral type (see Martins et al. 2002). In
the example given here, the Teff difference reaches 7000 K.

In Fig. 4 the upper left part of the HR diagram is populated
by stars earlier than O5. The number of such stars is higher than
at solar metallicity (see Fig. 7 of Martins & Palacios 2017). The
reason for this is mainly the shift of the ZAMS and evolution-
ary tracks towards higher Teff at lower metallicity (Maeder &
Meynet 2001). Higher Teff , and therefore earlier spectral types,
are therefore reached at lower metallicity.

In Fig. 5 we show the distribution of luminosity classes in
the HR diagram. This distribution at the metallicity of the SMC
is different from that obtained at solar metallicity (Martins &
Palacios 2017). One of the key predictions of the solar case is
that (super)giants may be found early on the MS. For instance,
the 100 M� track at solar metallicity is populated only by super-
giants (see Martins & Palacios 2017). For the SMC, giants and
supergiants appear later in the evolution. This is simply under-
stood as an effect of metallicity on stellar winds. As discussed
by Martins & Palacios (2017), most luminosity class diagnos-
tics are sensitive to wind density. As mass-loss rates and termi-
nal velocities are metallicity dependent (Leitherer et al. 1992;
Vink et al. 2001; Mokiem et al. 2007a), being weaker at lower
Z, a supergiant classification is reached only for later evolu-
tionary phases, where winds are stronger. In other words, two
stars with the same effective temperature and luminosity but
different metallicities will have the same position in the HR dia-
gram but will have different luminosity classes. For similar rea-
sons, Martins & Palacios (2017) showed that O2V stars were not
encountered at solar metallicity, as confirmed by observations.
For a star to have an O2 spectral type it needs to have a high
effective temperature, above 45 000 K. This is feasible for mas-
sive and luminous stars only. In the Galaxy, at high luminosities
the winds are strong enough to impact the main luminosity class
diagnostic line (He ii 4686). Consequently, all O2 stars are either
giants or supergiants. At the reduced metallicity of the SMC,
He ii 4686 is less filled with wind emission and a dwarf classifi-
cation is possible. From Table A.1, we see that O2V objects are

found in the early MS of the 150 M� track, and possibly also of
the 80 and 100 M� tracks (here the ZAMS models are classified
O2−3V). The O2V classification is confined to the most massive
stars but is not unexpected.

In Fig. 5 we also compare our predictions to the position
of observed SMC stars. According to our predictions, dwarfs
cover most of the MS range for masses up to 40 M�. Above
that mass, giants appear soon after the ZAMS and are found
over a large fraction of the MS. The observed distribution of
dwarfs is relatively well accounted for by our models (see top
right panel of Fig. 5). We note that there is a significant overlap
between observed dwarfs and giants making a more quantita-
tive comparison difficult. For instance, both luminosity classes
are encountered near the terminal-age main sequence (TAMS)
of the 20 M� track. The three 20 M� models immediately before,
at, and immediately after the TAMS have luminosity classes IV,
III−I, and IV, respectively (see Table A.1). This is globally con-
sistent with observations.

We predict supergiants only at or after the TAMS, except
for the 150 M� track where they appear in the second part of
the MS. Observations indicate that supergiants populate a hot-
ter region of the HRD on average. This mismatch may be due
to incorrect mass-loss rates in our computations that would
produce weaker wind-sensitive lines (see below). If real, this
phenomenon should also affect the position of giants (our predic-
tions should be located to the right of the observed giants). Given
the overlap between dwarfs and giants described above, we are
not able to see if the effect is present. In our models, we intro-
duce a mass-loss reduction by a factor of three due to clumping,
which is a standard value for Galactic stars (Cohen et al. 2014).
At the metallicity of the SMC, one may wonder whether this
factor is the same. If it was smaller, wind-sensitive lines, which
mostly scale with Ṁ/

√
f where f is the clumping factor6 would

6 We stress that theoretical predictions of mass-loss rates based on the
calculation of radiative driving may not depend on the clumping factor
– and therefore on its potential metallicity dependence – since clumping
is usually small at the base of the atmosphere where most of the driving
takes place (Sander et al. 2020).
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Fig. 5. Hertzsprung-Russell diagrams at Z = 1/5 Z� with the various luminosity classes indicated by symbols and colors. Top left panel: all
luminosity classes, top right (respectively bottom left and bottom right) panel: focuses on dwarfs (respectively on giants and supergiants). Small
open symbols are SMC stars analyzed by Mokiem et al. (2006), Bouret et al. (2013), Castro et al. (2018), Ramachandran et al. (2019) and Bouret
et al. (in prep.).

be slightly stronger than in our models. Marchenko et al. (2007)
concluded that there is no metallicity dependence of the clump-
ing properties but their conclusion is based on a small sample
of Wolf-Rayet stars. In addition these objects have winds that do
not behave exactly as those of OB stars (e.g., Sander et al. 2017).
Finally, rotation, which is not included in our evolutionary mod-
els, could slightly strengthen winds and affect luminosity class
determination. However, supergiants usually rotate slowly and
this effect should be negligible.

As highlighted by Ramachandran et al. (2019), whose data
are included in Fig. 5, there seems to be a quasi absence of
observed stars above 40 M�. Castro et al. (2018) indicated that
SMC stars were not observed above ∼40 M� in the classical

Hertzsprung-Russel diagram, but were found in the spectro-
scopic HR diagram (Langer & Kudritzki 2014), a modified dia-

gram where the luminosity L is replaced by T 4
eff

g
where g is

the surface gravity. Castro et al. (2018) attributed this differ-
ence to the so-called mass discrepancy problem, namely that
masses determined from the HR diagram are different from those
obtained from surface gravity (Herrero et al. 1992; Markova
et al. 2018). Dufton et al. (2019) focused on NGC 346 in
the SMC and again found no stars more massive than 40 M�
in their HRD. The absence of the most massive OB stars in
the SMC therefore seems to be confirmed by several indepen-
dent studies relying on different atmosphere and evolutionary
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Fig. 6. Ultra-violet spectra of the models of the Z = 1/5 Z� series
for which a spectral type O4V((f)) or O5V((f)) was attributed (see
Table A.1). The HST/COS spectrum of the O4−5V star AzV 388 in the
SMC, from Bouret et al. (2013), is inserted in red. The main lines are
indicated. The initial masses of the models are also given.

models. Since the distance to the SMC is well constrained, lumi-
nosities should be safely determined as well. Ramachandran
et al. (2019) concluded that stellar evolution above 40 M� in
the SMC must be different from what is predicted at higher
metallicity. These latter authors argued that quasi-chemically
homogeneous evolution may be at work. This peculiar evolu-
tion is expected for fast-rotating stars (Maeder 1987; Yoon et al.
2006): due to strong mixing, the opacity is reduced and the
effective temperature increases along the evolution, instead of
decreasing for normal MS stars. Consequently, stars evolve to
the left part of the HRD, directly after the ZAMS. There is
indeed evidence that at least some stars in the SMC follow this
path (Martins et al. 2009). These objects are classified as early
WNh stars; their effective temperatures are high and their chem-
ical composition is closer to that of OB stars than to that of
evolved Wolf-Rayet stars. These properties are consistent with
quasi-chemically homogeneous evolution. Bouret et al. (2003,
2013) also suggested such evolution for the giant MPG 355.
This giant is reported in the bottom left panel of Fig. 5 as the
open green square just right of the ZAMS at log L

L�
∼ 6.0. Its

high nitrogen content and its peculiar position may be consis-
tent with quasi-homogeneous evolution, although the measured
V sin i remains modest (120 km s−1, see also Rivero González
et al. 2012). Whether or not stellar evolution above ∼40 M� fol-
lows a peculiar path in the SMC is not established, but our study
indicates that this possibility should be further investigated. A
final, alternative possibility to explain the lack of stars more
massive than about 60 M� at SMC metallicity is a different star
formation process or at least different star formation conditions
compared to solar metallicity environments.

We conclude this section by commenting in general on the
behavior of optical and UV spectra. In Fig. 6 we illustrate that
stars displaying similar helium lines in the optical, and therefore
of similar spectral type, can have different UV spectra. Here, we
focus on the models of the Z = 1/5 Z� grid that have been clas-

sified as O4V((f)) or O5V((f)). These correspond to stars with
initial masses ranging from 40 to 60 M�. We see that despite
having similar spectral types, the strength of the wind features
increases with initial mass. More massive stars are also more
luminous and, as mass-loss rates are sensitive to luminosity (e.g.,
Björklund et al. 2021), this translates into stronger P Cygni
features. However the winds are not strong enough to cause
He ii 4686 to enter the regime of giants or supergiants and the
models remain classified as dwarfs. For a given mass, the lumi-
nosity effect is also observed as the star evolves off the ZAMS:
the C iv 1550 line is stronger in the 40 M� model classified as
O5V((f)), which is also more evolved and more luminous than
the 40 M� model classified as O4V((f)) (see Table A.1).

For comparison, and as a sanity check, we added the spec-
trum of the SMC star AzV 388 (O4−5V) in Fig. 6. The goal
is not to provide a fit of the observed spectrum but to assess
whether or not our models are broadly consistent with typi-
cal features observed in the SMC. The two strongest lines of
AzV 388 (Nv 1240 and C iv 1550) have intensities comparable
to our 40 M� model classified O5V((f)). Bouret et al. (2013)
determined Teff = 43 100 K and log L

L�
= 5.54 for AzV 388. These

properties are very similar to those of our O5V((f)) model
(Teff = 43 614 K and log L

L�
= 5.50, see Table A.1). The mor-

phology of UV spectra we predict is therefore broadly consis-
tent with what is observed in the SMC. The larger v∞ in our
model (3496 km s−1 versus 2100 km s−1 for AzV 388 according
to Bouret et al. 2013) explains the larger blueward extension of
the P Cygni profiles in our model.

3.3. One-thirtieth solar metallicity

We now turn to the Z = 1/30 Z� grid. Before discussing the pre-
dicted spectroscopic sequences, we first look at how our evolu-
tionary tracks compare with other computations in this recently
explored metallicity regime.

3.3.1. Comparison of evolutionary models

In this section we consider the tracks of Szécsi et al. (2015) and
Groh et al. (2019) which assume Z = 1/50 Z� and Z = 1/35 Z�
respectively. The comparisons for tracks with similar masses are
shown in Fig. 7. In general, we find good agreement between
all predictions. The Groh et al. and Szésci et al. tracks start at
slightly higher Teff than our models. This is easily explained
by the metallicity differences, with stars with less metals hav-
ing higher Teff . The tracks by Groh et al. (2019) are on average
0.02−0.03 dex more luminous. Additionally, they have very sim-
ilar shapes to our tracks, especially near the TAMS. The tracks
by Szécsi et al. (2015) are 0.03 to 0.12 dex more luminous than
ours. The difference is larger (smaller) for lower (higher) ini-
tial masses and is mainly attributed to the smaller metallicity.
Due to the very large core overshooting they adopt in their mod-
els (more than three times as large as the one adopted in this
work and in Groh et al. 2019) as commented in their paper, the
non-rotating models by Szécsi et al. (2015) reach the TAMS at
much lower effective temperature than our models. This can be
seen on their low mass tracks, which are interrupted before they
reach the short contracting phase translated into a hook at the
TAMS of classical models. For the 100 M� and 150 M� mod-
els, the Szecsi et al. models become underluminous compared to
ours near log Teff = 4.55, because they are still undergoing core
H burning while our models have switched to core He burning
and have undergone thermal readjustment at the end of core H
burning.
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Fig. 7. Comparison of evolutionary models without rotation at Z =
1/30 Z� (our calculations in black solid lines), Z = 1/35 Z� from Groh
et al. (2019) (blue dashed lines), and Z = 1/50 Z� from Szécsi et al.
(2015) (red dotted lines). Initial masses are indicated at the beginning of
each evolutionary sequence. For the Szécsi et al. (2015) 40 and 60 M�
tracks the actual values of the initial masses are respectively 39 and
59 M�.

Let us finally note the hooks in our 15 and 20 M� tracks
below log Teff ≈ 4.4. These correspond to the onset of core
helium burning and are a known feature of models with
very moderate overshooting and a core convection defined by
the Schwarzschild criterion (Sakashita et al. 1959; Iben 1966;
Kippenhahn et al. 2012).

3.3.2. Spectroscopic sequences at Z = 1/30 Z�

The right panel of Fig. 4 as well as Table A.2 reveal that, above
40 M�, stars at Z = 1/30 Z� spend almost the entire MS as
O2 to O6 stars, with a significant fraction of the MS spent in
the earliest spectral types (i.e., <O4.5). We predict that 100 and
150 M� stars spend a non-negligible part of their evolution as O2
stars. We therefore expect a large fraction of early-type O stars
in young massive clusters in this metallicity range. For compar-
ison, NGC 3603, one of the youngest and most massive cluster
in the Galaxy, has fifteen O3−O4 stars but no O2 star (Melena
et al. 2008). The reason for this is the higher effective tempera-
ture of lower metallicity stars (e.g., Mokiem et al. 2007b), and
their corresponding earlier spectral types. In our spectroscopic
sequences at Z = 1/30 Z� most of the O2 stars are dwarfs.

Kubátová et al. (2019) calculated theoretical spectra of
metal-poor stars (Z = 1/50 Z�) following quasi chemically homo-
geneous evolution. This type of evolution is different from the
one followed in our computations, because it requires that rota-
tional mixing be taken into account. However, the ZAMS mod-
els of Kubátová et al. (2019) can be compared to our results.
Kubátová et al. assign a spectral type O8.5−O9.5V to their
ZAMS 20 M� model, for which Teff = 38 018 K, log L

L�
= 4.68,

and log g= 4.35. These parameters are close to our 20 M� ZAMS
model (see Table A.2) which we classify as O7.5V((f)). The
slightly larger Teff and log g in our model easily explain the
small difference in spectral type. The 60 M� ZAMS model of

Fig. 8. Hertzsprung-Russell diagram at Z = 1/30 Z� with the various
luminosity classes indicated by symbols and colors.

Kubátová et al. (2019) has Teff = 54 954 K, log L
L�

= 5.75, and
log g= 4.39, again very similar to our corresponding 60 M�
model. We assign a O3−3.5V((f)) classification to our model,
while Kubátová et al. (2019) prefer <O4III. We therefore agree
on the spectral type but find a different luminosity class. The
latter is based in the strength of He ii 4686. As we use a mass-
loss rate that is about 0.5 dex smaller than that used by Kubátová
et al., we naturally predict a weaker He ii 4686 emission, which
explains the different luminosity classes. The global spectral
classification between both sets of models is therefore rela-
tively consistent, considering that different metallicities are used
(1/30 Z� for us, 1/50 Z� for Kubátová et al. 2019).

The distribution of luminosity classes in our predicted spec-
tra is shown in Fig. 8. Compared to the Galactic case (see
Martins & Palacios 2017), the match between MS and luminos-
ity class V is almost perfect up to M ∼ 60 M�. Giants populate
an increasingly large fraction of the MS at higher masses. At
a metallicity of 1/30 Z�, and below 60 M�, a dwarf luminosity
class is therefore quasi-equivalent to a MS evolutionary status.
For M = 15 M� we do not predict supergiants even in the early
phases of the post-MS evolution that we cover (they may appear
later on, at lower Teff). In our computations, supergiants are seen
only in the post-MS phase of stars more massive than 20 M�.

There is so far only one O star detected in a Z = 1/30 Z�
galaxy (Leo P, Evans et al. 2019). There are a few hot massive
stars detected in Local Group galaxies with metallicities between
that of the SMC and 1/10 Z� (Bresolin et al. 2007; Evans et al.
2007; Garcia & Herrero 2013; Hosek et al. 2014; Tramper et al.
2014; Camacho et al. 2016; Garcia 2018; Garcia et al. 2019). An
emblematic galaxy in the low-metallicity range is I Zw 18 (Z ∼
1/30−1/50 Z�, Izotov et al. 1999) in which Izotov et al. (1997)
reported the detection of Wolf-Rayet stars (see also Brown
et al. 2002). No OB star has yet been observed in I Zw 18 in
spite of strong nebular He ii 4686 emission (Kehrig et al. 2015)
which is difficult to reproduce with standard stellar sources (e.g.,
Schaerer et al. 2019). Comparison of the distribution of spec-
tral types and luminosity classes at Z = 1/30 Z� is therefore
not feasible at present. Garcia et al. (2017) showed in their
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Fig. 9. Spectra of the sequence of models
calculated along the 60 M� track at SMC
metallicity in the blue spectral range
of ELT/HARMONI and ELT/MOSAIC.
The main diagnostic lines are indi-
cated. The spectra have been degraded
to a spectral resolution of approxi-
mately 5000, which is typical of the
ELT instruments. A rotational velocity of
100 km s−1 has been considered for all
spectra.

Fig. 2 a HR diagram for stars in Local Group galaxies with
Z ∼ 1/5−1/10 Z�. The most massive objects are O stars with
masses ∼60 M�. The absence of more massive stars that, accord-
ing to our predictions, should appear as early-O type stars, may
be an observational bias. Alternatively, this absence may also
extend the results obtained in the SMC: the most massive OB
stars may be absent in these low-metallicity environments, for a
reason that remains unknown.

The right panels of Figs. 2 and 3 show the spectroscopic
sequences of the 60 M� models at Z = 1/30 Z� (see Figs. B.1
and B.2 for the 20 M� models). As previously noted, the line
strengths in the UV range are strongly reduced compared to the
SMC case. Most lines usually showing a P Cygni profile in OB
stars are almost entirely in absorption. For M = 60 M� only
Nv 1240 and C iv 1550 show a P Cygni profile in early/mid
O dwarfs and late-O/early-B supergiants, respectively. A sim-
ilar behavior is observed for the most massive star we study
(M = 150 M�, see Fig. B.4). For M = 20 M�, C iv 1550 is the
only line developing into a weak P Cygni profile. According to
the scaling of mass-loss rates with metallicity (Ṁ ∝ Z0.7−0.8, see
Vink et al. 2001; Mokiem et al. 2007a), these rates should be
approximately three to four times lower at Z = 1/30 Z� than
at SMC metallicity (1/5 Z�) and about 15 times lower than in
the Galaxy. Bouret et al. (2015) and Garcia et al. (2017) show
HST UV spectra of O stars in IC 1613, WLM, and Sextans A,
three Local Group galaxies with metallicities between 1/5 and
1/10 Z�. In IC 1613 and WLM (Z = 1/5 Z�), the P Cygni pro-
files are weak but still observable; their strength is comparable
to that of SMC stars (see Fig. 4 of Garcia et al. 2017). In the spec-
trum of the Sextans A O7.5III((f)) star presented by Garcia et al.

(2017), most wind-sensitive lines are in absorption. Other O stars
in Sextans A show the same behavior (M. Garcia, priv. comm.).
In view of the lower metallicity of Sextans A (Z = 1/10 Z�), this
is consistent with the expectation of the reduction of mass-loss
rates at lower metallicity.

3.4. Optical wavelength range of the ELT

Local Group dwarf galaxies are prime targets to hunt for
OB stars beyond the Magellanic Clouds (Camacho et al. 2016;
Garcia & Herrero 2013; Evans et al. 2019); most of them have
low metallicity (McConnachie et al. 2005). Current facilities
barely collect low-spectral-resolution and low-signal-to-noise-
ratio data for a few of their OB stars. The advent of the new
generation of ground-based ELTs assisted with sophisticated
adaptive-optics systems will likely lead to a breakthrough in
the detection of low-metallicity massive stars. In particular, two
instruments planned for the European ELT will have integral-
field units or multi-objects spectroscopic capabilities: HAR-
MONI and MOSAIC7. These instruments will have resolving
power of at least a few thousand and will have a wavelength
coverage from ∼4500 Å to the K-band. They will therefore not
entirely cover the classical optical range from which most of
the spectroscopic diagnostic lines have been defined (Conti &
Alschuler 1971; Walborn 1972; Mathys 1988; Sota et al. 2014;
Martins 2018).

In Figs. 9 and 10 we show our predicted spectra for 60 M�
stars at SMC and one-thirtieth solar metallicities. We focus on
7 http://www.eso.org/sci/facilities/eelt/
instrumentation/index.html
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Fig. 10. Same as Fig. 9 but for the Z =
1/30 Z� case.

the wavelength range 4500−8000 Å which will be probed by
HARMONI and MOSAIC. We selected this range for the fol-
lowing reasons: it contains a fair number of lines from different
elements; at these wavelengths, OB stars emit more flux than
in the near-infrared; Local Group dwarf galaxies have relatively
low extinction (Tramper et al. 2014; Garcia et al. 2019). We
therefore anticipate that it will be more efficient to detect and
characterize new OB stars in this wavelength range.

Figures 9 and 10 show that several He i and He ii lines are
present in the selected wavelength range. In particular, many
He ii lines from the n = 5 (ground-state principal quantum num-
ber equal to 5) series are visible. The change in ionization when
moving from the hottest O stars to B stars is clearly seen. For
instance, the He ii lines at 5412 Å and 7595 Å weaken when the
He i lines at 5876 Å and 7065 Å strengthen. Effective temper-
ature determinations based on spectral features observed with
ELT instruments should therefore be relatively straightforward
provided nebular lines do not produce too much contamina-
tion. Hβ, a classical indicator of surface gravity (Martins 2011;
Simón-Díaz 2020), is also available. At slightly longer wave-
lengths, between 8000 and 9000 Å (a range that will be covered
by HARMONI and MOSAIC but not shown here), the Paschen
series offers numerous hydrogen lines that are also sensitive to
log g (Negueruela et al. 2010). Surface gravity will therefore be
easily determined from ELT observations.

The wavelength considered in Figs. 9 and 10 contains a few
lines from carbon, nitrogen, and oxygen, but less than the bluer
part (3800−4500 Å). The strongest lines are C iv 5805−5812,
N iii 4640, and O iii 5592. At longer wavelengths, there are even
fewer CNO lines (see Fig. B.3 for the K-band). The determi-

nation of CNO abundances of OB stars will therefore be more
difficult than in the more classical optical and UV spectra where
tens of lines are available (e.g., Martins et al. 2015). Si iv 7718,
which is found next to C iv 7726, is a relatively strong line in the
earliest O stars that may turn useful for metallicity estimates.

Hα will be observed by ELT instruments. It is a classical
mass-loss-rate indicator because the photospheric component is
filled with wind emission (Repolust et al. 2004). However, below
about 10−7 M� yr−1 the wind contribution vanishes. Other hydro-
gen lines from the Paschen and Brackett series are present in the
JHK bands, but they are weaker than Hα. Since mass-loss rate
scales with metallicity (Vink et al. 2001; Mokiem et al. 2007a)
we anticipate that only upper limits on this parameter will be
obtained for all but the most luminous and evolved OB stars
in low-metallicity environments, unless complementary UV data
are acquired.

Based on the evolution of spectral lines seen in Figs. 9
and 10 we have identified a potential criterion for spectral clas-
sification in the wavelength range 4500−8000 Å that will be
covered by both HARMONI and MOSAIC. Helium lines are
the prime diagnostics of spectral types among O stars (Conti
& Alschuler 1971; Mathys 1988). We measured the EW of
various He i and He ii lines, computed their ratios, and plot-
ted them against the estimated spectral types. We did this for
the two sets of models (SMC and one-thirtieth solar metal-
licity). More specifically, we considered He i 4713, He i 4920,
He i 5876, He i 7065, He ii 4542, and He ii 5412. We find that
the ratio EW(He i 7065)/EW(He ii 5412) shows a monotonic and
relatively steep evolution through spectral types. In addition, the
two lines are not particularly close to the blue part of the spectral
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Fig. 11. Ratio of the EW of He i 7065 to He ii 5412 as a function of spectral type for the low-metallicity models calculated in the present study, the
solar metallicity models of Martins & Palacios (2017) and observations of Galactic stars collected from archives (open red circles – see text for
details). Left panel: all data points shown. When no unique spectral type was assigned to a model (e.g., O6−6.5) the average was used (i.e., O6.25).
Numbers above ten correspond to B stars (with ten being B0, and 10.5 being B0.5). Right panel: same as left panel but showing only the average
value of the EW ratio for each spectral type. In that panel the spectral types of the 1/5 Z� (1/30 Z�) models have been shifted by +0.03 (−0.03) for
clarity. We also considered only “official” spectral types, that is, we excluded for example 6.25 when a spectral type O6−6.5 was assigned to a
model.

range considered, where detectors may be less efficient. We show
the trends we obtained in Fig. 11. There is no difference among
the two metallicities: at a given spectral type, the EW ratios of
the two metallicities overlap (see right panel of Fig. 11). To fur-
ther investigate the potential of this indicator, we added our solar
metallicity models (from Martins & Palacios 2017). Again, the
EW ratios are similar to the lower metallicity models. A final
check was made by incorporating measurements from Galactic
stars: these are the red points in Fig. 11. We relied on archival
data from CFHT/ESPaDOnS, TBL/NARVAL, and ESO/FEROS.
The details of the data are given in Appendix C. The reduced
observed spectra were normalized and EWs were measured in
the same way as for the model spectra. We see that from spec-
tral types O5.5 to B0.5 the agreement between the observed EW
ratios and the model ratios is excellent. We note a small offset at
earlier spectral types (O3 to O5). This may be caused by several
factors: (1) the small number of observed spectra in that spectral
type range; (2) the use of additional criteria – namely nitrogen
lines – to refine spectral classification, particularly at O3, O3.5
and O4; and (3) the increasing weakness of He i 7065 in that
range and consequently the stronger impact of neighboring Si iv
and C iv lines, the modeling of which needs to be tested. We also
stress that at spectral type O5 a similar offset was observed in the
classical EW(He i 4471)/EW(He ii 4542) ratio shown in Fig. 1
of Martins (2018). In view of these results, we advocate the
ratio EW(He i 7065)/EW(He ii 5412) as a reliable spectral type
criterion in the wavelength range 4500−8000 Å, especially for
spectral types between O5.5 and B0.5. It can be used for classi-
fication of O and early-B stars in Local Group galaxies observed
with the ELT.

4. Ionizing properties and He ii1640 emission

In this section we describe the ionizing properties of our models
and study their dependence on metallicity. We also describe the

morphology of He ii 1640 in our models, a feature that depends
on the ionizing power of stars in star-forming galaxies.

4.1. Ionizing fluxes

Here we first discuss the hydrogen ionizing flux before turning
to the helium ionizing fluxes. All ionizing fluxes of our models
are given in Tables A.1 and A.2.

4.1.1. Hydrogen ionizing flux

In Fig. 12 we compare the ionizing fluxes per unit surface area –
q(H)8 – for three metallicities: solar, one-fifth solar, and one-
thirtieth solar (see top panel). At the highest Teff the relation
between log q(H) and Teff is very narrow. When Teff decreases, a
dispersion in log q(H) for a given Teff appears. This is explained
by the effect of surface gravity on SEDs (see detailed physics in
Abbott & Hummer 1985) and the wider range of surface grav-
ities covered by cooler models. Indeed, a look at Fig. 1 and
Tables A.1 and A.2 indicates that the hottest models correspond
to MS stars with high surface gravities, while lower Teff mod-
els can be either MS or post-MS models, with a wide range of
log g. Figure 12 does not reveal any strong metallicity depen-
dence of the relation between hydrogen ionizing fluxes (per unit
surface area) and effective temperature. At high Teff the (small)
dispersion of q(H) for a given Teff is larger than any variation of
q(H) with Z that may exist. At the lowest effective temperatures,
the lower limit of the q(H) values is the same for all metallici-
ties. The upper boundary of q(H) is located slightly higher at low
Z. We stress that because luminosities are higher at lower Z for
a given Teff (see Fig. 1), radii are also larger and consequently
Q(H) are higher (for a given Teff).

Figure 13 illustrates how the SED changes when the metal
content and mass-loss rate are modified, all other parameters

8 Where q(H) =
Q(H)
4π R2 with R the stellar radius.
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Fig. 12. H i ionizing fluxes per unit surface area as a function of effec-
tive temperature. Upper panel: ionizing fluxes for the two metallicities
considered in this work and our solar metallicity models (Martins &
Palacios 2017). Middle and bottom panel: 1/5 Z� and 1/30 Z� models,
respectively, which are compared to TLUSTY (Lanz & Hubeny 2003)
and PoWR (Hainich et al. 2019) models.

being kept constant. As discussed at length by Schaerer & de
Koter (1997) the variations in opacity and wind properties affect
the SED. An increase of the metal content from 1/30 Z� to 1/5 Z�

Fig. 13. Effect of metallicity on the SED. The initial model (red line) is
the fifth model of the 60 M� series at Z = 1/30 Z�. The blue line shows
the same model for which the metallicity has been changed to 1/5 Z�, all
other parameters being kept constant. In the model shown by the orange
line, in addition to metallicity, the mass-loss rate has been increased by
a factor 4.2 according to Ṁ ∝Z0.8. Finally, in the model shown in green,
the mass-loss rate has been reduced down to log Ṁ = −7.30. The H i,
He i, and He ii ionizing edges are indicated by vertical black lines.

strengthens the absorption due to lines. The consequence is a
reduction of the flux where the line density is the highest. This is
particularly visible in Fig. 13 between 250 and 400 Å. A stronger
opacity also affects the continua, especially the He ii continuum
below 228 Å. However, in the case illustrated in Fig. 13, we
also note that the redistribution of the flux from short to long
wavelengths (due to increased opacities and to ensure luminos-
ity conservation) takes place mainly below the hydrogen ion-
izing edge: the flux in the lowest metallicity model is higher
(smaller) than the flux in the Z = 1/5 Z� model below (above)
∼550 Å. But above 912 Å, both models have the same flux level.
Consequently, log q(H) is almost unchanged (24.15 vs. 24.17).
Figure 13 also reveals that variations in mass-loss rate for the
model investigated here have little effect on the hydrogen ioniz-
ing flux, whereas the He ii ionizing flux is affected (see following
section).

In the middle and bottom panels of Fig. 12 we compare our
hydrogen ionizing fluxes to the results of Lanz & Hubeny (2003)
obtained with the code TLUSTY and Hainich et al. (2019)
obtained with the code PoWR (Sander et al. 2015). For the lat-
ter we used the “moderate” mass-loss grid9 and we checked that
the choice of mass-loss rates does not impact the conclusions.
At high Teff the values of q(H) of the three sets of models are
all consistent within the dispersion. At lower Teff our predic-
tions have the same lower envelope as Hainich et al. (2019),
while the plane-parallel models of Lanz & Hubeny (2003) have
slightly lower fluxes. Our ionizing fluxes reach higher values
than the two other sets of models for a given Teff . These differ-
ences are readily explained by the wider range of log g covered
by our models. Taking Teff ∼ 27 000 K as a representative case,

9 Data have been collected at this address http://www.astro.
physik.uni-potsdam.de/PoWR/
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Fig. 14. Ratio of He i (left) or He ii (right) to H i ionizing fluxes as a function of effective temperature for the two metallicities considered in this
work. We have also added the models of Martins & Palacios (2017) at solar metallicity.

the grids of Lanz & Hubeny (2003) and Hainich et al. (2019) do
not include models with log g< 3.0 while we have a few mod-
els with log g∼ 2.7. The models of Lanz & Hubeny (2003) also
reach higher log g (up to 4.75) which explains the small differ-
ence in the minimum fluxes. The same conclusions are reached
at Z = 1/30 Z�. Different sets of models therefore agree well as
far as the hydrogen ionizing fluxes per unit area are concerned.

4.1.2. Helium ionizing fluxes

In this section we now focus on the ratios of helium to hydrogen
ionizing fluxes because they are a common way of quantifying
the hardness of a stellar spectrum. It is also a convenient way of
investigating the effects of metallicity on stellar SEDs.

Figure 14 shows the ratios of He i and He ii to H i ionizing
fluxes as a function of Teff for the two metallicities considered
in the present study. We have also added our results for the solar
metallicity calculations of Martins & Palacios (2017). The Q(HeI)

Q(H)
ratio displays a very well-defined sequence down to ∼35 000 K
for each metallicity. At lower temperatures, the ratios drop sig-
nificantly and the dispersion increases mainly because of the
strong reduction of the He i ionizing flux. The general trend of
the Q(HeII)

Q(H) is similar: a shallow reduction as Teff decreases down
to a temperature that depends on the metallicity (see below) fol-
lowed by a sharp drop. The dispersion at high Teff is larger than
that of the Q(HeI)

Q(H) ratio.
This latter ratio shows a weak but clear metallicity depen-

dence at Teff > 35 000 K in the sense that lower metallicity stars
have higher ratios. The difference between solar and one-thirtieth
solar metallicity reaches ∼0.2 dex at most. For Teff < 35 000 K,
the larger dispersion blurs any metallicity dependence that may
exist, although lower metallicity models reach on average higher
ratios (the upper envelope of the distribution of Z = 1/30 Z�
points is located above that of Z = 1/5 Z� and Z� ones). The
higher Q(HeI)

Q(H) ratio at lower metallicity is mainly explained by
the smaller effects of line blanketing when the metal content is
smaller. With reduced line opacities, and since in OB stars most

lines are found in the (extreme-)UV part of the spectrum, there
is less redistribution of flux from short to long wavelength (e.g.,
Martins et al. 2002). This effect is seen in Fig. 13 between 250
and 400 Å as explained before.

The metallicity dependence of the Q(HeII)
Q(H) ratio is of a differ-

ent nature. At high effective temperatures, the three sets of mod-
els have about the same ratios for a given Teff , given the rather
large dispersion. At low temperatures, more metal-poor mod-
els produce higher Q(HeII)

Q(H) ratios. At intermediate temperature,
the difference between the three metallicities considered is best
explained by a displacement of the Teff at which the Q(HeII)

Q(H) ratio
drops significantly. This “threshold Teff” as we refer to it in the
following is located at about 45 000 K for solar metallicity mod-
els, ∼35 000 K for Z = 1/5 Z�, and ∼31 000 K at Z = 1/30 Z�.
We return to an explanation of this behavior below.

Beforehand we compare in Fig. 15 our ionizing flux ratios
to the predictions of Hainich et al. (2019) for Z = 1/5 Z�.
The computations of these latter authors assume three sets of
mass-loss rates (low, moderate, and high according to their
nomenclature). We show them all in Fig. 15. We also add the
results of Lanz & Hubeny (2003). The general shape of the
Q(HeI)
Q(H) −Teff relation is the same in the three sets of computa-

tions: the main drop happens at about the same Teff . For the
highest temperatures, the ratios are the same in our study and
that of Lanz & Hubeny (2003). Between ∼35 000 and 50 000 K,
the models of Hainich et al. (2019) are smaller by ∼0.1 dex.
For the Q(HeII)

Q(H) ratio10, the high mass-loss-rate models of
Hainich et al. (2019) experience a drop at higher Teff than all
other computations (ours, and those of Hainich et al. with lower
mass-loss rates).

This behavior is similar to what we observe in the right
panel of Fig. 14: different threshold Teff at different metallici-
ties. The physical reason for this is an effect of mass-loss rates.

10 The He ii ionizing fluxes are not available for the models of Lanz &
Hubeny (2003) because these are plane-parallel models and wind effects
are important.
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Fig. 15. Same as Fig. 14 but for our SMC models (red filled triangles) and comparison models of Lanz & Hubeny (2003) (open orange circles)
and Hainich et al. (2019). For the latter, cyan crosses, blue squares, and purple stars correspond to low, intermediate, and high mass-loss rates,
respectively.

Gabler et al. (1989, 1992) and Schaerer & de Koter (1997) stud-
ied the effects of stellar winds on the He ii ionizing continuum.
We refer to these works for details on the physical processes. In
short, because of the velocity fields in accelerating winds, lines
(in particular resonance lines) are Doppler-shifted throughout
the atmosphere. They therefore absorb additional, shorter wave-
length photons compared to the static case, a process known
as desaturation. As a consequence, the lower level population
is pumped into the higher level. The ground level opacity is
reduced, leading to stronger continuum emission (Gabler et al.
1989). Schaerer & de Koter (1997) showed that this effect works
as long as the recombination of doubly ionized helium into He ii
is moderate. On the other hand, if recombinations are sufficiently
numerous, the He ii ground-state population becomes overpop-
ulated and the opacity increases, causing a strong reduction of
the He ii ionizing flux. Recombinations depend directly on the
wind density and are therefore more numerous for high mass-
loss rates.

The effects described immediately above are clearly seen in
Fig. 13. Let us now focus on the models at Z = 1/5 Z�. Starting
with the model with the smallest mass-loss rate (log Ṁ = −7.30),
an increase up to log Ṁ = −6.86 translates into more flux below
228 Å. This is the regime of desaturation. A subsequent increase
by another factor 4 (up to log Ṁ = −6.23) leads to a dras-
tic reduction in the flux shortward of 228 Å. With such a high
mass-loss rate, and therefore density, recombinations dominate
the physics of the He ii ionizing flux.

The right panel of Fig. 15 indicates that the PoWR models
with the highest mass-loss rates have the smallest Q(HeII)

Q(H) ratios, at
least below 45 000 K. This is fully consistent with the recombina-
tion effects. For the highest Teff the wind ionization is so high that
even for strong mass-loss rates the He ii ground-level population
remains small. We verified that the same behavior is observed in
our models. To this end, we ran new calculations for our solar
metallicity grid, reducing the mass-loss rates. For selected mod-
els with Teff between 35 000 and 43 000 K, we find that the Q(HeII)

Q(H)
is increased up to the level of the low-metallicity models when
mass-loss rates are reduced by a factor between 4 and 40. A

stronger reduction of mass-loss rate is required for lower Teff .
This is expected because at lower Teff the ionization is lower and a
stronger reduction of recombinations is required to have a small
ground-state opacity. As a sanity check we verified that in the
initial models, with low Q(HeII)

Q(H) ratios, He ii is the dominant ion
in the outer wind where the He ii continuum is formed (see also
Schmutz & Hamann 1986). In the models with lower mass-loss
rates that have higher Q(HeII)

Q(H) ratios, doubly ionized helium is the
dominant ion in that same region, confirming the smaller recom-
bination rates when mass-loss rates are reduced.

We conclude that our computations do show a significant
metallicity dependence of the Q(HeII)

Q(H) ratio. This dependence is
best described by the position of the threshold Teff at which the
sudden drop between high and low Q(HeII)

Q(H) ratios occurs. The
position of this threshold temperature is physically related to
mass-loss rates, as first demonstrated by Schmutz & Hamann
(1986). As mass-loss rates depend on Z (Vink et al. 2001;
Mokiem et al. 2007a), the Q(HeII)

Q(HI ratio also depends on metallic-
ity. He ii ionizing fluxes are therefore sensitive to prescriptions
of mass-loss rates used in evolutionary and atmosphere models.

4.2. He II 1640 emission

An interesting feature of our UV spectroscopic sequences is the
presence of Lyα and He ii 1640 emission in some of the models
with the highest masses (see last column of Tables A.1 and A.2).
Figure B.4 displays the most illustrative cases.

He ii 1640 emission is a peculiar feature of some young
massive clusters and star-forming galaxies both locally and at
high redshift. It can be relatively narrow, and therefore consid-
ered of nebular nature, or broader and produced by stars (e.g.,
Cassata et al. 2013). So far, the only stars known to pro-
duce significant He ii 1640 emission are Wolf-Rayet stars
(Brinchmann et al. 2008; Gräfener & Vink 2015; Crowther
2019). Nebular He ii emission requires ionizing photons with
wavelengths shorter than 228 Å. Possible sources for such
hard radiation are (in addition to Wolf-Rayet stars themselves)
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Fig. 16. HR diagram (Z = 1/5 Z�, left panel; Z = 1/30 Z�, right panel) showing the position of the models with He ii 1640 emission (absorption)
in black filled (open) squares.

population III stars (Schaerer 2003), massive stars undergo-
ing quasi-chemically homogeneous evolution (Kubátová et al.
2019), stripped binary stars (Götberg et al. 2017), X-ray binaries
(Schaerer et al. 2019), and radiative shocks (Allen et al. 2008).

Saxena et al. (2020) report EW values of ∼1−4 Å in a sam-
ple of He ii 1640-emitting galaxies at redshift 2.5−5.0 (see also
Steidel et al. 2016; Patrício et al. 2016). Slightly larger val-
ues (5 to 30 Å) are given by Nanayakkara et al. (2019) at red-
shifts from 2 to 4, while values lower than 1 Å are also reported
by Senchyna et al. (2017) in nearby galaxies. All these mea-
surements include both stellar and nebular contributions. The
integrated, mainly stellar He ii 1640 emission of R136 in the
LMC is 4.5 Å (Crowther et al. 2016; Crowther 2019). This value
is similar to other (super) star clusters in the Local Universe
(Chandar et al. 2004; Leitherer et al. 2018). For comparison, the
EW of our models with a net emission11 reaches a maximum
of ∼1.2 Å.

Gräfener & Vink (2015) studied very massive Wolf-Rayet
stars with metallicities down to 0.01 Z�. These latter authors
showed that such objects have significant He ii 1640 emission
that could explain observations in some super-star clusters
(Cassata et al. 2013; Wofford et al. 2014). Figure 16 shows the
location of our models with a net He ii 1640. At the metallic-
ity of the SMC, these are found above 80 M� and in the first
part of the MS. At Z = 1/30 Z� stellar He ii 1640 emission is
produced in stars more massive than 60 M� and these stars are
found mainly close to the TAMS, although their location extends
to earlier phases at higher masses. He ii 1640 emission appears
at ages between 0 and ∼2.5 Myr (Z = 1/5 Z�) and between
∼1.5 and ∼4 Myr (Z = 1/30 Z�). Compared to Gräfener &
Vink (2015), we therefore predict emission in lower mass stars,
which are likely more numerous in young star clusters. These
may therefore contribute to the integrated light of young stel-
lar populations. Nonetheless, we stress that our models always
have He ii 4686 in absorption. Consequently, if low-metallicity
stars appear as we predict, they cannot account for the emission

11 The corresponding Lyα emission is .2.5 Å.

Fig. 17. He ii 1640 profile of the model with the strongest emission.

in that line observed in a number of star-forming galaxies (e.g.,
Kehrig et al. 2015, 2018). The different location of He ii 1640
emission stars in the HRD at the two metallicities considered is
explained as follows. For Z = 1/5 Z� winds are stronger and
therefore very hot stars are more likely to show emission. Con-
versely, at higher metallicity there are more metallic lines on top
of the He ii 1640 profile (see Fig. 17). At the temperatures typ-
ical of the TAMS, these lines are more numerous than at the
ZAMS. At Z = 1/5 Z� they are strong enough to produce an
absorption that counter-balances the underlying He ii 1640 emis-
sion. Because of the effect of these metallic lines, EWs are on
average larger at lower metallicity (see Tables A.1 and A.2).
Additionally, at lower Z, winds are weaker and He ii 1640 does
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not develop an emission profile close to the ZAMS, where wind
densities are too small. He ii 1640 emission is therefore observed
closer to the ZAMS (TAMS) at higher (lower) metallicity.

Figure 17 shows a zoom on the He ii 1640 line of the model
with the strongest emission along the 150 M� sequence (Z =
1/30 Z�). The profile has relatively broad wings extending up to
±2000 km s−1. The central part is composed of a narrow com-
ponent (∼250 km s−1 wide) with two emission peaks separated
by a narrow absorption component. This narrow component is
likely affected by nebular emission when present in integrated
observations of stars and their surrounding nebula.

5. Conclusion

We present calculations of synthetic spectroscopy along evo-
lutionary tracks computed at one-fifth and one-thirtieth solar
metallicity. The models cover the MS and the early post-MS
phases. Stellar-evolution computations were performed with the
code STAREVOL, while atmosphere models and synthetic spec-
tra were calculated with the code CMFGEN. Our models cover
the mass range 15−150 M�. For each mass, we provide spectro-
scopic evolutionary sequences. This study extend our work at
solar metallicity presented in Martins & Palacios (2017).

Our spectroscopic sequences all start as O dwarfs (early,
intermediate, or late depending on initial mass) and end (in the
early post-MS) as B giants or supergiants. The most massive
stars are predicted to begin their evolution as O2V stars, contrary
to solar metallicity computations for which such stars are not
expected and not observed. The fraction of O2V stars increases
when metallicity decreases.

At the metallicity of the SMC (Z = 1/5 Z�) and below 60 M�
stars spend a large fraction of the MS as dwarfs (luminosity
class V) although the region near the TAMS is populated by
giants (luminosity class IV, III, and II). Above 60 M�, models
enter the giant phase early on the MS. Our predictions reproduce
the observed distribution of dwarfs and giants in the SMC rela-
tively well. For supergiants, the distribution we predict is located
at lower Teff than observed. We confirm results presented by
Castro et al. (2018) and Ramachandran et al. (2019), which
show that, from the HR diagram, there seems to be a lack of
stars more massive than ∼60 M� in the SMC. We predict that
stars with masses higher than 60 M� should be observed as O
and B stars with luminosities higher than 106 L�, but almost no
such star is reported in the literature. Whether this is an obser-
vational bias or an indication of either a peculiar evolution or a
quenching of the formation of the most massive stars in the SMC
is not clear.

At Z = 1/30 Z�, a larger fraction of the MS is spent in the
luminosity class V, even for the most massive models. Below
60 M�, the MS is populated only by luminosity class V objects.
The appearance of giants and supergiants is pushed to lower
Teff at low Z. This is caused by the reduced wind strength (see
Martins & Palacios 2017). This reduction in the strength of
wind-sensitive lines with metallicity is striking in the UV spec-
tra. At one-thirtieth solar metallicity, only weak P Cygni profiles
in Nv 1240 and C iv 1550 are sometimes observed.

We also present spectroscopic sequences in the wavelength
range 4500−8000 Å that will be covered by the instruments
HARMONI and MOSAICS on the ELT. Hot massive stars will
be best observed at these wavelengths in Local Group galaxies
with low extinction. We advocate the use of the ratio of He i 7065
to He ii 5412 as a new spectral class diagnostics. Using archival
high-resolution spectra and our synthetic spectra, we show that

this ratio is a robust criterion for spectral typing, and is indepen-
dent of metallicity.

We provide the ionizing fluxes of our models. The relation
between hydrogen-ionizing fluxes per unit area and Teff does
not depend on metallicity. On the contrary, we show that the
relations Q(HeI)

Q(H) versus Teff and Q(HeII)
Q(H) versus Teff both depend

on metallicity, although in a different way. Both relations show
a shallow decrease when Teff diminishes until a sharp drop at
a characteristic Teff . Below this latter point of characteristic
Teff , the ratios of ionizing fluxes decrease faster. For Q(HeI)

Q(H) , at
a given Teff , low-metallicity stars have higher ratios above the
drop encountered at ∼35 000 K. For Q(HeII)

Q(H) , it is the position of
the drop that is affected, being located at higher Teff for stars
with higher metallicity. This behavior is rooted in the metallicity
dependence of mass-loss rates.

Finally, we highlight that in some models for the most mas-
sive stars, we predict a net emission in He ii 1640, a feature
observed in some star-forming galaxies but difficult to repro-
duce in population synthesis models. The emission we predict
is stronger at lower metallicity, reaching a maximum EW of the
order of 1.2 Å. The line profile is composed of broad wings and
a narrow core and is present in a region of the HRD near the
ZAMS (TAMS) at Z = 1/5 Z� (Z = 1/30 Z�).

Our SEDs and synthetic spectra are made available to the
community through the POLLUX database.
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Krtička, J., & Kubát, J. 2017, A&A, 606, A31
Kubátová, B., Szécsi, D., Sander, A. A. C., et al. 2019, A&A, 623, A8
Langer, N., & Kudritzki, R. P. 2014, A&A, 564, A52
Lanz, T., & Hubeny, I. 2003, ApJS, 146, 417
Leitherer, C., Robert, C., & Drissen, L. 1992, ApJ, 401, 596
Leitherer, C., Byler, N., Lee, J. C., & Levesque, E. M. 2018, ApJ, 865, 55
Longland, R., Iliadis, C., Champagne, A. E., et al. 2010, Nucl. Phys. A, 841, 1
Lucy, L. B. 2010, A&A, 524, A41
Maeder, A. 1987, A&A, 178, 159
Maeder, A., & Meynet, G. 2000, ARA&A, 38, 143
Maeder, A., & Meynet, G. 2001, A&A, 373, 555
Mahy, L., Sana, H., Abdul-Masih, M., et al. 2020, A&A, 634, A118
Maíz Apellániz, J., Sota, A., Walborn, N. R., et al. 2011, in Highlights of Spanish

Astrophysics VI, eds. M. R. Zapatero Osorio, J. Gorgas, J. Maíz Apellániz,
J. R. Pardo, & A. Gil de Paz, 467

Maíz Apellániz, J., Sota, A., Morrell, N. I., et al. 2013, Massive Stars: From
alpha to Omega, 198

Marchenko, S. V., Foellmi, C., Moffat, A. F. J., et al. 2007, ApJ, 656, L77
Markova, N., Puls, J., & Langer, N. 2018, A&A, 613, A12
Martins, F. 2011, Bull. Soc. R. Sci. Liege, 80, 29
Martins, F. 2018, A&A, 616, A135
Martins, F., & Palacios, A. 2013, A&A, 560, A16
Martins, F., & Palacios, A. 2017, A&A, 598, A56
Martins, F., Schaerer, D., & Hillier, D. J. 2002, A&A, 382, 999
Martins, F., Hillier, D. J., Bouret, J. C., et al. 2009, A&A, 495, 257
Martins, F., Hervé, A., Bouret, J.-C., et al. 2015, A&A, 575, A34
Mathys, G. 1988, A&AS, 76, 427
McConnachie, A. W., Irwin, M. J., Ferguson, A. M. N., et al. 2005, MNRAS,

356, 979
Melena, N. W., Massey, P., Morrell, N. I., & Zangari, A. M. 2008, AJ, 135, 878
Moe, M., & Di Stefano, R. 2013, ApJ, 778, 95
Mokiem, M. R., de Koter, A., Evans, C. J., et al. 2006, A&A, 456, 1131
Mokiem, M. R., de Koter, A., Vink, J. S., et al. 2007a, A&A, 473, 603
Mokiem, M. R., de Koter, A., Evans, C. J., et al. 2007b, A&A, 465, 1003
Nanayakkara, T., Brinchmann, J., Boogaard, L., et al. 2019, A&A, 624, A89
Negueruela, I., Clark, J. S., & Ritchie, B. W. 2010, A&A, 516, A78
Palacios, A., Gebran, M., Josselin, E., et al. 2010, A&A, 516, A13
Palmerio, J. T., Vergani, S. D., Salvaterra, R., et al. 2019, A&A, 623, A26
Patrício, V., Richard, J., Verhamme, A., et al. 2016, MNRAS, 456, 4191
Perley, D. A., Tanvir, N. R., Hjorth, J., et al. 2016, ApJ, 817, 8
Petit, P., Louge, T., Théado, S., et al. 2014, PASP, 126, 469
Raghavan, D., McAlister, H. A., Henry, T. J., et al. 2010, ApJS, 190, 1
Ramachandran, V., Hamann, W. R., Oskinova, L. M., et al. 2019, A&A, 625,

A104
Repolust, T., Puls, J., & Herrero, A. 2004, A&A, 415, 349
Rivero González, J. G., Puls, J., Massey, P., & Najarro, F. 2012, A&A, 543, A95
Ross, T. L., Holtzman, J., Saha, A., & Anthony-Twarog, B. J. 2015, AJ, 149, 198
Sakashita, S., Ôno, Y., & Hayashi, C. 1959, Progr. Theor. Phys., 21, 315
Sander, A., Shenar, T., Hainich, R., et al. 2015, A&A, 577, A13
Sander, A. A. C., Hamann, W. R., Todt, H., Hainich, R., & Shenar, T. 2017,

A&A, 603, A86
Sander, A. A. C., Vink, J. S., & Hamann, W. R. 2020, MNRAS, 491, 4406
Saxena, A., Pentericci, L., Mirabelli, M., et al. 2020, A&A, 636, A47
Schaerer, D. 2003, A&A, 397, 527
Schaerer, D., & de Koter, A. 1997, A&A, 322, 598
Schaerer, D., de Koter, A., Schmutz, W., & Maeder, A. 1996, A&A, 310, 837
Schaerer, D., Fragos, T., & Izotov, Y. I. 2019, A&A, 622, L10
Schmutz, W., & Hamann, W. R. 1986, A&A, 166, L11
Senchyna, P., Stark, D. P., Vidal-García, A., et al. 2017, MNRAS, 472, 2608
Simón-Díaz, S. 2020, in Reviews in Frontiers of Modern Astrophysics; From

Space Debris to Cosmology, eds. P. Kabáth, D. Jones, & M. Skarka (Cham:
Springer International Publishing), 155

Sota, A., Maíz Apellániz, J., Walborn, N. R., et al. 2011, ApJS, 193, 24
Sota, A., Maíz Apellániz, J., Morrell, N. I., et al. 2014, ApJS, 211, 10
Stanway, E. R., Chrimes, A. A., Eldridge, J. J., & Stevance, H. F. 2020, MNRAS,

495, 4605
Steidel, C. C., Strom, A. L., Pettini, M., et al. 2016, ApJ, 826, 159
Szécsi, D., Langer, N., Yoon, S.-C., et al. 2015, A&A, 581, A15
Tramper, F., Sana, H., de Koter, A., Kaper, L., & Ramírez-Agudelo, O. H. 2014,

A&A, 572, A36
Vergani, S. D., Salvaterra, R., Japelj, J., et al. 2015, A&A, 581, A102
Vink, J. S., de Koter, A., & Lamers, H. J. G. L. M. 2001, A&A, 369, 574
Walborn, N. R. 1972, AJ, 77, 312
Walborn, N. R., & Fitzpatrick, E. L. 1990, PASP, 102, 379
Walborn, N. R., Howarth, I. D., Lennon, D. J., et al. 2002, AJ, 123, 2754
Wofford, A., Leitherer, C., Chandar, R., & Bouret, J.-C. 2014, ApJ, 781, 122
Xu, Y., Takahashi, K., Goriely, S., et al. 2013a, Nucl. Phys. A, 918, 61
Xu, Y., Goriely, S., Jorissen, A., Chen, G. L., & Arnould, M. 2013b, A&A, 549,

A106
Yoon, S. C., Langer, N., & Norman, C. 2006, A&A, 460, 199

A67, page 17 of 22

http://linker.aanda.org/10.1051/0004-6361/202039337/26
http://linker.aanda.org/10.1051/0004-6361/202039337/27
http://linker.aanda.org/10.1051/0004-6361/202039337/28
http://linker.aanda.org/10.1051/0004-6361/202039337/29
http://linker.aanda.org/10.1051/0004-6361/202039337/30
http://linker.aanda.org/10.1051/0004-6361/202039337/31
http://linker.aanda.org/10.1051/0004-6361/202039337/31
http://linker.aanda.org/10.1051/0004-6361/202039337/32
http://linker.aanda.org/10.1051/0004-6361/202039337/32
http://linker.aanda.org/10.1051/0004-6361/202039337/33
http://linker.aanda.org/10.1051/0004-6361/202039337/34
http://linker.aanda.org/10.1051/0004-6361/202039337/35
http://linker.aanda.org/10.1051/0004-6361/202039337/36
http://linker.aanda.org/10.1051/0004-6361/202039337/37
http://linker.aanda.org/10.1051/0004-6361/202039337/38
http://linker.aanda.org/10.1051/0004-6361/202039337/38
http://linker.aanda.org/10.1051/0004-6361/202039337/39
http://linker.aanda.org/10.1051/0004-6361/202039337/40
http://linker.aanda.org/10.1051/0004-6361/202039337/41
http://linker.aanda.org/10.1051/0004-6361/202039337/42
http://linker.aanda.org/10.1051/0004-6361/202039337/43
http://linker.aanda.org/10.1051/0004-6361/202039337/44
http://linker.aanda.org/10.1051/0004-6361/202039337/45
http://linker.aanda.org/10.1051/0004-6361/202039337/46
http://linker.aanda.org/10.1051/0004-6361/202039337/47
http://linker.aanda.org/10.1051/0004-6361/202039337/48
http://linker.aanda.org/10.1051/0004-6361/202039337/49
http://linker.aanda.org/10.1051/0004-6361/202039337/50
http://linker.aanda.org/10.1051/0004-6361/202039337/51
http://linker.aanda.org/10.1051/0004-6361/202039337/52
http://linker.aanda.org/10.1051/0004-6361/202039337/52
http://linker.aanda.org/10.1051/0004-6361/202039337/53
http://linker.aanda.org/10.1051/0004-6361/202039337/54
http://linker.aanda.org/10.1051/0004-6361/202039337/55
http://linker.aanda.org/10.1051/0004-6361/202039337/56
http://linker.aanda.org/10.1051/0004-6361/202039337/57
http://linker.aanda.org/10.1051/0004-6361/202039337/58
http://linker.aanda.org/10.1051/0004-6361/202039337/59
http://linker.aanda.org/10.1051/0004-6361/202039337/60
http://linker.aanda.org/10.1051/0004-6361/202039337/61
http://linker.aanda.org/10.1051/0004-6361/202039337/62
http://linker.aanda.org/10.1051/0004-6361/202039337/63
http://linker.aanda.org/10.1051/0004-6361/202039337/64
http://linker.aanda.org/10.1051/0004-6361/202039337/65
http://linker.aanda.org/10.1051/0004-6361/202039337/66
http://linker.aanda.org/10.1051/0004-6361/202039337/67
http://linker.aanda.org/10.1051/0004-6361/202039337/68
http://linker.aanda.org/10.1051/0004-6361/202039337/69
http://linker.aanda.org/10.1051/0004-6361/202039337/70
http://linker.aanda.org/10.1051/0004-6361/202039337/71
http://linker.aanda.org/10.1051/0004-6361/202039337/72
http://linker.aanda.org/10.1051/0004-6361/202039337/72
http://linker.aanda.org/10.1051/0004-6361/202039337/73
http://linker.aanda.org/10.1051/0004-6361/202039337/73
http://linker.aanda.org/10.1051/0004-6361/202039337/74
http://linker.aanda.org/10.1051/0004-6361/202039337/75
http://linker.aanda.org/10.1051/0004-6361/202039337/76
http://linker.aanda.org/10.1051/0004-6361/202039337/77
http://linker.aanda.org/10.1051/0004-6361/202039337/78
http://linker.aanda.org/10.1051/0004-6361/202039337/79
http://linker.aanda.org/10.1051/0004-6361/202039337/80
http://linker.aanda.org/10.1051/0004-6361/202039337/81
http://linker.aanda.org/10.1051/0004-6361/202039337/82
http://linker.aanda.org/10.1051/0004-6361/202039337/83
http://linker.aanda.org/10.1051/0004-6361/202039337/84
http://linker.aanda.org/10.1051/0004-6361/202039337/84
http://linker.aanda.org/10.1051/0004-6361/202039337/85
http://linker.aanda.org/10.1051/0004-6361/202039337/86
http://linker.aanda.org/10.1051/0004-6361/202039337/87
http://linker.aanda.org/10.1051/0004-6361/202039337/88
http://linker.aanda.org/10.1051/0004-6361/202039337/89
http://linker.aanda.org/10.1051/0004-6361/202039337/90
http://linker.aanda.org/10.1051/0004-6361/202039337/91
http://linker.aanda.org/10.1051/0004-6361/202039337/92
http://linker.aanda.org/10.1051/0004-6361/202039337/93
http://linker.aanda.org/10.1051/0004-6361/202039337/94
http://linker.aanda.org/10.1051/0004-6361/202039337/95
http://linker.aanda.org/10.1051/0004-6361/202039337/96
http://linker.aanda.org/10.1051/0004-6361/202039337/97
http://linker.aanda.org/10.1051/0004-6361/202039337/98
http://linker.aanda.org/10.1051/0004-6361/202039337/98
http://linker.aanda.org/10.1051/0004-6361/202039337/99
http://linker.aanda.org/10.1051/0004-6361/202039337/100
http://linker.aanda.org/10.1051/0004-6361/202039337/101
http://linker.aanda.org/10.1051/0004-6361/202039337/102
http://linker.aanda.org/10.1051/0004-6361/202039337/103
http://linker.aanda.org/10.1051/0004-6361/202039337/104
http://linker.aanda.org/10.1051/0004-6361/202039337/105
http://linker.aanda.org/10.1051/0004-6361/202039337/106
http://linker.aanda.org/10.1051/0004-6361/202039337/107
http://linker.aanda.org/10.1051/0004-6361/202039337/108
http://linker.aanda.org/10.1051/0004-6361/202039337/109
http://linker.aanda.org/10.1051/0004-6361/202039337/110
http://linker.aanda.org/10.1051/0004-6361/202039337/111
http://linker.aanda.org/10.1051/0004-6361/202039337/112
http://linker.aanda.org/10.1051/0004-6361/202039337/113
http://linker.aanda.org/10.1051/0004-6361/202039337/113
http://linker.aanda.org/10.1051/0004-6361/202039337/114
http://linker.aanda.org/10.1051/0004-6361/202039337/115
http://linker.aanda.org/10.1051/0004-6361/202039337/116
http://linker.aanda.org/10.1051/0004-6361/202039337/116
http://linker.aanda.org/10.1051/0004-6361/202039337/117
http://linker.aanda.org/10.1051/0004-6361/202039337/118
http://linker.aanda.org/10.1051/0004-6361/202039337/119
http://linker.aanda.org/10.1051/0004-6361/202039337/120
http://linker.aanda.org/10.1051/0004-6361/202039337/121
http://linker.aanda.org/10.1051/0004-6361/202039337/122
http://linker.aanda.org/10.1051/0004-6361/202039337/123
http://linker.aanda.org/10.1051/0004-6361/202039337/124
http://linker.aanda.org/10.1051/0004-6361/202039337/125
http://linker.aanda.org/10.1051/0004-6361/202039337/126
http://linker.aanda.org/10.1051/0004-6361/202039337/127
http://linker.aanda.org/10.1051/0004-6361/202039337/127
http://linker.aanda.org/10.1051/0004-6361/202039337/128


A&A 645, A67 (2021)

Appendix A: Stellar parameters, spectral
classification, and ionizing fluxes

In Tables A.1 and A.2 we gather the parameters adopted for
the computation of the synthetic spectra along the evolutionary

sequences. We also give the resulting spectral types and lumi-
nosity classes, as well as the H i, He i, and He ii ionizing fluxes.
Finally we provide the EW of He ii 1640.

Table A.1. Atmosphere model parameters (Teff , luminosity, surface gravity, mass-loss rate, wind terminal velocity), associated spectral types,
ionizing fluxes, and EW of He ii 1640 for the SMC metallicity grid.

M Teff log(L/L�) log g log Ṁ v∞ Spectral log Q(H) log Q(He i) log Q(He ii) EW(He ii 1640)
[M�] [K] [km s−1] type [s−1] [s−1] [s−1] [Å]

150 59406 6.38 4.28 −5.97 5272 O2V((f)) 50.24 49.88 46.82 −0.23
52909 6.45 4.01 −5.70 4408 O2III(f) 50.30 49.87 46.59 −0.85
45803 6.48 3.72 −5.55 3666 O2−3III−I 50.32 49.78 46.12 −0.86
39604 6.50 3.44 −5.52 3071 O3−3.5III−I 50.30 49.61 44.94 −0.51
34600 6.51 3.19 −5.59 2637 O5−5.5III 50.26 49.38 40.55 −0.09
30752 6.52 2.98 −5.72 2335 O7.5Ib 50.20 49.13 39.68 0.70
26738 6.53 2.73 −5.95 2016 O9.2−9.7Iaf 50.07 48.53 38.03 2.09
23377 6.54 2.52 −4.90 1781 B0Ia+ 49.71 47.03 39.40 3.35

100 55716 6.08 4.28 −6.31 4860 O2−3V((f)) 49.93 49.52 46.04 −0.02
48762 6.19 3.93 −5.96 3840 O3III(f) 50.03 49.53 45.89 −0.46
42887 6.22 3.67 −5.86 3266 O3.5−4III(f) 50.03 49.42 45.34 −0.25
37934 6.24 3.43 −5.86 2809 O5III(f) 50.00 49.24 40.75 0.21
32364 6.26 3.14 −5.96 2371 O7−7.5II 49.92 48.91 39.59 1.24
26545 6.28 2.77 −6.26 1891 O9.7Ia 49.71 47.68 36.77 2.76
30794 6.30 3.01 −5.95 2155 O7.5−8Ib 49.95 48.85 39.32 1.27
24478 6.32 2.60 −6.06 1697 B0Ia 49.67 46.97 35.67 2.77

80 53962 5.94 4.28 −6.46 4704 O2−3V((f)) 49.79 49.36 45.68 0.10
47914 6.06 3.95 −6.14 3759 O3III(f) 49.88 49.37 45.57 −0.21
42608 6.10 3.70 −6.04 3204 O3.5−4III(f) 49.89 49.27 45.08 −0.02
37557 6.12 3.46 −6.03 2782 O5.5IV−III 49.86 49.08 40.48 0.60
33422 6.14 3.24 −6.09 2437 O7III 49.79 48.82 39.59 1.46
29185 6.16 2.98 −6.24 2074 O9Ib 49.68 48.28 38.14 2.57
33504 6.18 3.20 −6.01 2337 O6.5−7III 49.86 48.90 39.76 1.07
27792 6.21 2.85 −6.17 1896 O9−9.5Ia 49.71 48.15 37.72 2.50
23756 6.22 2.56 −6.43 1592 B0Ia 49.43 46.36 35.03 2.88

60 51724 5.70 4.32 −6.80 4549 O3−3.5V((f)) 49.53 49.08 45.08 0.36
46496 5.84 3.99 −6.44 3658 O3.5III(f) 49.65 49.11 45.06 0.16
40591 5.90 3.69 −6.32 3030 O5V((f)) 49.66 48.98 44.41 0.53
35715 5.93 3.44 −6.32 2614 O6.5III(f) 49.61 48.74 39.83 1.36
31615 5.96 3.20 −6.40 2257 O8II 49.52 48.37 38.72 2.40
36582 5.98 3.43 −6.19 2559 O6III(f) 49.70 48.88 40.16 0.85
31282 6.01 3.12 −6.27 2104 O8II−Ib 49.61 48.48 38.88 2.00
27165 6.02 2.87 −6.48 1822 O9.5Iab 49.40 47.28 36.46 3.03
23086 6.03 2.58 −6.81 1542 B0.5−0.7Ia 48.85 45.66 33.70 3.11

40 47041 5.34 4.34 −7.31 4253 O4V((f)) 49.13 48.61 44.04 0.84
43614 5.50 4.04 −6.95 3496 O5V((f)) 49.26 48.67 44.13 0.79
39374 5.57 3.79 −6.82 2995 O5.5V((f)) 49.28 48.57 43.57 1.24
35589 5.61 3.58 −6.79 2648 O7V−IV 49.23 48.34 39.36 2.07
31810 5.65 3.34 −6.84 2277 O8.5III−II 49.12 47.81 37.99 3.07
35588 5.68 3.50 −6.64 2475 O6.5V((f)) 49.33 48.45 39.52 1.73
29637 5.73 3.14 −6.62 1995 O9−9.5I 49.14 47.46 37.09 3.17
25426 5.75 2.86 −6.96 1698 B0.5Ia 48.66 45.66 34.81 3.25
22721 5.76 2.56 −5.88 1312 B0.7−1Ia 48.46 45.47 32.79 3.01

30 43303 5.06 4.35 −7.75 4023 O5.5V((f)) 48.78 48.19 43.13 1.39
40652 5.23 4.07 −7.39 3383 O6V((f)) 48.92 48.26 43.18 1.53
36413 5.33 3.78 −7.24 2826 O7V((f)) 48.92 48.05 41.36 2.32
31334 5.40 3.45 −7.25 2320 O9III−II 48.75 47.11 37.07 3.39
34976 5.44 3.60 −7.04 2508 O7−7.5V((f))−III(f) 49.01 48.06 38.99 2.44
29752 5.49 3.27 −7.11 2060 O9.5III 48.75 46.73 36.41 3.33
25565 5.49 3.00 −7.36 1759 B0.7I 48.10 44.95 34.15 3.27
23007 5.50 2.81 −7.63 1579 B1−1.5Ia 47.38 43.78 32.35 3.00

20 37917 4.62 4.38 −8.53 3738 O7.5V((f)) 48.12 47.25 41.34 2.79
36039 4.78 4.13 −8.22 3210 O8V((f)) 48.22 47.19 41.29 3.04
32794 4.90 3.86 −8.07 2743 O9−9.5IV 48.14 46.48 37.77 3.38
29738 4.97 3.61 −8.05 2352 O9.7III−I 47.88 45.35 35.74 3.41
33001 5.01 3.75 −7.82 2545 O8.5−9IV 48.34 46.88 37.68 3.37
28987 5.04 3.50 −7.90 2206 B0III−Ib 47.89 45.23 35.28 3.41
25914 5.06 3.29 −8.07 1951 B0.7III−I 47.25 44.00 33.63 3.12
23164 5.07 3.08 −8.30 1722 B1Iab 46.52 42.90 32.35 2.75

15 33908 4.29 4.40 −9.20 3540 O9.7V−IV 47.45 45.73 39.36 3.27
32436 4.44 4.17 −8.92 3094 O9.7V−IV 47.48 45.40 38.25 3.30
29956 4.55 3.92 −8.79 2665 B0−0.5V 47.24 44.59 36.34 3.22
27427 4.63 3.69 −8.77 2331 B0.7V 46.86 43.76 34.99 3.00
30154 4.68 3.81 −8.51 2495 B0V 47.50 44.95 36.17 3.33
26269 4.71 3.53 −8.64 2108 B0.7V 46.74 43.44 34.18 2.94
23583 4.72 3.33 −8.86 1877 B1III 46.08 42.47 33.05 2.52
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Table A.2. Atmosphere model parameters (Teff , luminosity, surface gravity, mass-loss rate, wind terminal velocity), associated spectral types,
ionizing fluxes and EW of He ii 1640 for the Z = 1/30 Z� metallicity grid.

M Teff log(L/L�) log g log Ṁ v∞ Spectral log Q(H) log Q(He i) log Q(He ii) EW(He ii 1640)
[M�] [K] [km s−1] type [s−1] [s−1] [s−1] [Å]

150 63880 6.38 4.41 −6.71 5706 O2V((f)) 50.24 49.92 46.99 0.10
56234 6.47 4.09 −6.36 4567 O2V((f)) 50.33 49.95 46.58 −0.21
50008 6.50 3.85 −6.20 3913 O2V−III 50.36 49.90 46.13 −0.51
43551 6.53 3.59 −6.12 3343 O3−3.5III(f) 50.36 49.80 45.56 −0.81
38073 6.54 3.34 −6.13 2868 O4III(f) 50.33 49.66 45.04 −0.97
32362 6.56 3.05 −6.25 2428 O7−7.5III(f) 50.27 49.37 44.06 −0.84
37462 6.57 3.29 −6.08 2765 O4III−II 50.37 49.68 45.07 −1.14
30808 6.59 2.93 −6.22 2222 O7.5II−Ib 50.30 49.35 43.71 −1.16
26259 6.59 2.65 −6.38 1890 O9.5Ia 50.18 48.77 38.37 0.10
22831 6.60 2.40 −6.75 1628 O9.7−B0Ia+ 50.05 47.63 36.57 0.84

100 60690 6.11 4.41 −6.99 5264 O2V((f)) 49.96 49.62 46.11 0.17
55125 6.20 4.15 −6.70 4420 O2V((f)) 50.05 49.66 45.90 −0.05
49990 6.24 3.94 −6.54 3875 O2−3V((f)) 50.09 49.63 45.57 −0.25
43291 6.28 3.65 −6.43 3223 O3−4IV−III 50.09 49.53 45.08 −0.51
38447 6.30 3.43 −6.42 2832 O5.5IV−III 50.07 49.39 44.61 −0.57
35095 6.31 3.25 −6.46 2522 O6.5−7III(f) 50.04 49.25 44.24 −0.56
40708 6.33 3.49 −6.33 2872 O4III(f) 50.14 49.52 45.02 −0.78
32939 6.37 3.08 −6.38 2224 O7III 50.10 49.24 44.03 −0.90
29505 6.38 2.89 −6.50 1999 O8.5II 50.02 48.93 39.80 −0.36
26025 6.38 2.67 −6.72 1760 O9.7Ia 49.90 48.23 37.78 0.71
23362 6.38 2.48 −6.95 1576 B0−0.5Ia 49.71 46.64 35.57 1.21

80 58056 5.93 4.41 −7.22 5050 O2−3V((f)) 49.78 49.42 45.56 0.23
53526 6.05 4.16 −6.89 4284 O2−3V((f)) 49.89 49.48 45.46 0.02
47977 6.10 3.91 −6.70 3640 O3−3.5V((f)) 49.93 49.44 45.15 −0.20
42420 6.14 3.66 −6.62 3112 O4V−III 49.93 49.35 44.67 −0.37
36002 6.17 3.34 −6.63 2555 O6.5V−III 49.89 49.13 44.12 −0.38
38377 6.22 3.41 −6.48 2626 O5.5IV−III 49.99 49.31 44.55 −0.66
34666 6.22 3.23 −6.54 2363 O7IV−III 49.94 49.13 44.07 −0.53
30469 6.22 3.00 −6.63 2066 O8.5II 49.84 48.77 40.37 0.07
27043 6.23 2.79 −6.84 1830 O9.7Ia 49.71 48.02 37.71 0.54
22736 6.24 2.48 −7.21 1525 B0−0.5Ia 49.32 45.81 34.78 1.50

60 55241 5.70 4.44 −7.52 4891 O3−3.5V((f)) 49.53 49.15 44.91 0.34
50768 5.84 4.15 −7.14 4037 O3−3.5V((f)) 49.66 49.22 44.92 0.11
46172 5.90 3.93 −6.98 3519 O4V((f)) 49.70 49.19 44.61 −0.03
41427 5.94 3.70 −6.90 3046 O5.5V((f)) 49.70 49.10 44.24 −0.14
36834 5.98 3.45 −6.86 2604 O6.5IV−III 49.69 48.95 43.89 −0.15
44191 5.99 3.75 −6.76 3072 O3.5III(f) 49.81 49.26 44.75 −0.42
39182 6.02 3.51 −6.73 2644 O5.5IV 49.78 49.12 44.28 −0.40
33815 6.03 3.25 −6.80 2279 O7.5IV−III 49.69 48.82 43.52 −0.09
29662 6.05 3.00 −6.92 1958 O9.2II 49.60 48.34 38.79 0.78
27295 6.06 2.85 −7.05 1797 O9.7Iab/Ia 49.49 47.60 37.40 1.22
23110 6.08 2.54 −7.44 1485 B0.5Ia 49.09 45.58 34.84 1.59

40 50196 5.34 4.45 −8.00 4521 O4V((f)) 49.14 48.70 43.97 0.51
47355 5.49 4.20 −7.65 3856 O4−5V((f)) 49.28 48.80 44.01 0.33
43540 5.57 3.98 −7.47 3364 O5.5V((f)) 49.32 48.77 43.69 0.23
39801 5.61 3.78 −7.39 2979 O6V((f)) 49.32 48.68 43.43 0.21
36700 5.65 3.59 −7.35 2635 O7V((f)) 49.30 48.55 43.21 0.26
40555 5.69 3.73 −7.21 2839 O5.5−6IV−V((f)) 49.42 48.80 43.74 0.02
34683 5.73 3.42 −7.21 2357 O7.5IV−III 49.35 48.49 43.11 0.30
30737 5.74 3.20 −7.34 2075 O9.2II 49.21 47.91 39.99 1.22
27136 5.76 2.96 −7.52 1795 O9.7−B0Ia 48.97 46.36 36.37 1.66
23066 5.78 2.66 −7.87 1498 B0.7Ib 48.24 44.51 34.14 1.59

30 46315 5.06 4.47 −8.42 4317 O5.5V((f)) 48.80 48.33 43.89 0.72
43782 5.23 4.20 −8.04 3643 O5.5V((f)) 48.95 48.42 43.22 0.55
39538 5.33 3.93 −7.86 3096 O6.5V((f)) 48.99 48.34 43.08 0.49
35296 5.39 3.66 −7.79 2611 O7−7.5V((f)) 48.94 48.09 42.46 0.74
39570 5.45 3.80 −7.59 2807 O6−6.5V((f)) 49.14 48.50 43.26 0.27
35792 5.48 3.60 −7.57 2500 O7.5V−IV((f)) 49.08 48.27 42.84 0.48
30424 5.50 3.30 −7.72 2093 O9.5−9.7II 48.84 47.20 38.88 1.60
26689 5.53 3.04 −7.90 1795 B0Ib 48.52 45.55 35.86 1.76
22971 5.55 2.76 −8.22 1519 B1.5−2Ib/Ia 47.60 43.72 33.82 1.51

20 40545 4.63 4.49 −9.15 3972 O7.5V((f)) 48.23 47.61 42.30 1.02
38574 4.81 4.22 −8.78 3375 O8V((f)) 48.38 47.67 42.09 0.94
35447 4.91 3.98 −8.61 2938 O8.5V((f)) 48.36 47.40 41.24 1.22
32510 4.98 3.76 −8.56 2574 O9.5−9.7V−III 48.25 46.70 40.25 1.73
35580 5.02 3.87 −8.37 2727 O8.5V−III 48.52 47.61 41.86 1.03
31434 5.07 3.61 −8.38 2338 O9.7III−II 48.29 46.49 39.57 1.77
28161 5.08 3.41 −8.52 2084 B0.5III 47.78 44.76 36.23 1.77
25945 5.11 3.24 −8.68 1886 B1Ib 47.33 43.87 35.24 1.62
23210 5.16 2.99 −8.82 1617 B2Ib 46.85 42.89 33.86 1.35

15 36381 4.30 4.51 −9.77 3772 O9V 47.68 46.68 40.18 1.51
34967 4.46 4.28 −9.45 3290 O9−9.5V−IV 47.78 46.57 40.36 1.64
32381 4.57 4.03 −9.29 2831 B0V 47.65 45.66 39.15 1.84
30070 4.64 3.83 −9.25 2514 B0.5V 47.38 44.64 37.46 1.77
32846 4.69 3.94 −9.04 2674 O9.5−9.7III 47.90 46.27 39.89 1.79
28380 4.73 3.65 −9.12 2263 B0.5−0.7V−III 47.16 44.04 36.42 1.69
25443 4.74 3.45 −9.30 2020 B1.5III−Ib 46.58 42.91 34.83 1.37
22183 4.75 3.20 −9.61 1749 B2II 45.79 41.58 32.38 0.96
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Appendix B: Additional spectroscopic sequences

We show in Figs. B.1 and B.2 the optical spectra of the 20 M�
sequence. The UV spectra of the 150 M� models are visible in

Fig. B.4. Finally, Fig. B.3 displays the K-band spectra of the
60 M� models.

Fig. B.1. Optical spectra of the sequence of models calculated along the 20 M� track at SMC (left) and one-thirtieth solar (right) metallicity. The
main diagnostic lines are indicated at the bottom of the figure.

Fig. B.2. Ultra-violet spectra of the sequence of models calculated along the 20 M� track at SMC (left) and one-thirtieth solar (right) metallicity.
The main diagnostic lines are indicated at the bottom of the figure.
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Fig. B.3. Infrared K-band spectra of the sequence of models calculated along the 60 M� tracks at SMC (left panel) and one-thirtieth solar (right
panel) metallicity. The main diagnostic lines are indicated.

Fig. B.4. Ultraviolet spectra of the sequence of models calculated along
the 150 M� track at Z = 1/30 Z�.

Appendix C: Archival data

In Table C.1 we give information on the archival spectra we used
in Sect. 3.4. The data have been retrieved from the Polarbase
database12, (see Donati et al. 1997; Petit et al. 2014) and the ESO
phase 3 archive facility13. Spectral types are given according to
the GOSS catalog (Maíz Apellániz et al. 2011, 2013).

12 http://polarbase.irap.omp.eu/
13 http://archive.eso.org/wdb/wdb/adp/phase3_main/form
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Table C.1. Galactic stars for which spectra were collected from archives
to measure EWs.

Star Instrument Observation ST LC EW(5412) EW(7065)
date [Å] [Å]

HD 64568 FEROS 13/01/2016 O3 V 1.03 0.06
HD 93205 FEROS 03/05/2009 O3.5 V 1.00 0.09
HD 46223 ESPaDOnS 22/02/2008 O4 V 1.06 0.15
HD 96715 FEROS 25/12/2004 O4 V 1.09 0.16
HD 168076 FEROS 09/05/2006 O4 III 0.88 0.09
HD 93250 FEROS 20/09/2016 O4 III 1.07 0.08
HD 66811 ESPaDOnS 14/02/2012 O4 I 0.98 0.13
HD 164794 FEROS 22/09/2016 O4 V 1.05 0.13
HD 46150 ESPaDOnS 31/01/2012 O5 V 1.00 0.23
HD 319699 FEROS 22/03/2011 O5 V 1.04 0.28
HD 93843 FEROS 21/04/2007 O5 III 0.91 0.30
CPD 474963 FEROS 19/04/2007 O5 I 0.86 0.26
HD 93204 FEROS 24/12/2004 O5.5 V 1.02 0.41
HD 305525 ESPaDOnS 20/05/2012 O5.5 V 1.00 0.47
BD 164826 FEROS 05/04/2015 O5.5 I 0.91 0.21
HD 42088 ESPaDOnS 08/03/2010 O6 V 1.04 0.47
HD 303311 FEROS 08/03/2017 O6 V 1.05 0.41
HD 101190 ESPaDOnS 19/05/2005 O6 IV 0.72 0.57
HD 124314 ESPaDOnS 20/04/2007 O6 IV 0.94 0.60
HD 152233 ESPaDOnS 06/05/2004 O6 I 0.88 0.35
HD 199579 ESPaDOnS 15/10/2008 O6.5 V 0.93 0.49
HD 344784 NARVAL 07/11/2017 O6.5 V 0.89 0.41
HD 190864 ESPaDOnS 05/06/2014 O6.5 III 1.02 0.61
HD 157857 FEROS 20/04/2007 O6.5 II 0.99 0.65
HD 210839 ESPaDOnS 22/08/2005 O6.5 I 0.81 0.55
HD 150958 FEROS 21/04/2007 O6.5 I 0.75 0.34
HD 163758 FEROS 12/05/2006 O6.5 I 0.90 0.61
HD 47839 ESPaDOnS 03/02/2012 O7 V 0.77 0.46
HD 46485 ESPaDOnS 14/02/2012 O7 V 0.87 0.69
HD 36879 ESPaDOnS 06/09/2009 O7 V 0.93 0.65
HD 54662 ESPaDOnS 19/10/2010 O7 V 0.95 0.53
HD 91824 FEROS 24/12/2004 O7 V 0.87 0.50
HD 94963 FEROS 21/04/2007 O7 II 0.85 0.68
HD 151515 FEROS 26/06/2005 O7 II 0.80 0.61
HD 69464 FEROS 16/05/2011 O7 I 0.76 0.70
HD 53975 ESPaDOnS 09/01/2014 O7.5 V 0.81 0.65
HD 152590 FEROS 26/06/2005 O7.5 V 0.82 0.58
HD 124979 FEROS 20/05/2012 O7.5 IV 0.86 0.81
HD 34656 ESPaDOnS 11/11/2011 O7.5 II 0.90 0.80
HD 120521 FEROS 23/03/2011 O7.5 I 0.76 0.82
HD 192639 NARVAL 09/08/2012 O7.5 I 0.85 0.82
HD 188001 ESPaDOnS 23/07/2010 O7.5 I 0.81 0.78
HD 165246 FEROS 20/08/2006 O8 V 0.71 0.82
HD 97848 FEROS 02/05/2009 O8 V 0.66 0.70
HD 101191 FEROS 19/05/2005 O8 V 0.72 0.68
HD 94024 FEROS 15/05/2008 O8 IV 0.71 0.82
HD 36861 ESPaDOnS 17/10/2010 O8 III 0.78 0.74
HD 115455 FEROS 20/08/2006 O8 III 0.72 0.65
HD 319702 FEROS 15/05/2008 O8 III 0.68 0.72
HD 162978 ESPaDOnS 22/06/2012 O8 II 0.74 0.76
HD 96917 FEROS 21/04/2007 O8 I 0.63 0.80
HD 151804 FEROS 02/05/2004 O8 I 0.58 0.51
HD 14633 ESPaDOnS 09/10/2009 O8.5 V 0.70 0.79
HD 46966 ESPaDOnS 02/02/2012 O8.5 IV 0.67 0.61
HD 218195 ESPaDOnS 05/07/2011 O8.5 III 0.66 0.83
HD 153426 ESPaDOnS 04/07/2011 O8.5 III 0.57 0.66
HD 151003 FEROS 14/05/2008 O8.5 III 0.45 0.69
HD 207198 ESPaDOnS 26/07/2010 O8.5 II 0.60 0.88
HD 75211 FEROS 05/05/2009 O8.5 II 0.65 0.89
HD 125241 FEROS 20/05/2012 O8.5 I 0.59 0.86
HD 149404 FEROS 02/05/2005 O8.5 I 0.44 0.46
HD 112244 FEROS 02/05/2004 O8.5 I 0.52 0.79
HD 303492 FEROS 21/05/2012 O8.5 I 0.41 0.70
HD 214680 ESPaDOnS 22/06/2005 O9 V 0.66 0.69
HD 149452 FEROS 20/05/2012 O9 IV 0.70 0.91
HD 93028 FEROS 24/12/2004 O9 IV 0.58 0.56

Table C.1. continued.

Star Instrument Observation ST LC EW(5412) EW(7065)
date [Å] [Å]

HD 24431 ESPaDOnS 07/11/2011 O9 III 0.57 0.80
HD 93249 FEROS 02/05/2009 O9 III 0.45 0.67
HD 105627 FEROS 19/08/2013 O9 III 0.53 0.88
HD 207198 ESPaDOnS 26/07/2011 O9 II 0.60 0.89
HD 209975 ESPaDOnS 27/07/2011 O9 Ib 0.45 0.87
HD 30614 ESPaDOnS 02/01/2013 O9 Ia 0.43 0.85
HD 152249 FEROS 06/05/2004 O9 I 0.45 0.84
HD 173783 FEROS 03/05/2009 O9 I 0.52 0.94
HD 148546 FEROS 01/04/2008 O9 I 0.56 0.97
BD 661661 NARVAL 06/09/2015 O9.2 V 0.42 0.66
HD 76341 FEROS 24/12/2004 O9.2 IV 0.42 0.70
HD 96622 FEROS 20/05/2012 O9.2 IV 0.40 0.73
HD 90087 FEROS 04/05/2009 O9.2 III 0.47 0.95
HD 123008 FEROS 14/05/2008 O9.2 I 0.51 0.97
HD 154368 FEROS 02/05/2004 O9.2 I 0.42 0.84
HD 76968 FEROS 24/12/2004 O9.2 I 0.37 0.76
HD 46202 ESPaDOnS 02/02/2012 O9.5 V 0.49 0.63
HD 34078 ESPaDOnS 27/02/2010 O9.5 V 0.50 0.59
HD 227757 ESPaDOnS 26/07/2010 O9.5 V 0.52 0.59
HD 38666 FEROS 14/11/2003 O9.5 V 0.48 0.59
HD 206183 ESPaDOnS 23/07/2010 O9.5 IV/V 0.43 0.50
HD 166546 FEROS 14/05/2008 O9.5 IV 0.36 0.67
HD 93027 FEROS 02/05/2009 O9.5 IV 0.40 0.56
HD 163892 ESPaDOnS 29/06/2018 O9.5 IV 0.42 0.77
HD 123056 FEROS 03/05/2009 O9.5 IV 0.41 0.80
HD 167263 FEROS 22/04/2005 O9.5 III 0.41 0.79
HD 52266 FEROS 05/05/2009 O9.5 III 0.44 0.95
HD 152219 FEROS 09/05/2004 O9.5 III 0.36 0.77
HD 36486 ESPaDOnS 02/03/2016 O9.5 II 0.36 0.76
HD 188209 ESPaDOnS 20/06/2016 O9.5 I 0.41 0.86
HD 54879 ESPaDOnS 09/11/2014 O9.7 V 0.32 0.45
HD 207538 ESPaDOnS 30/07/2008 O9.7 IV 0.29 0.65
HD 152200 FEROS 09/05/2004 O9.7 IV 0.30 0.71
HD 189957 ESPaDOnS 16/10/2008 O9.7 III 0.33 0.69
HD 55879 ESPaDOnS 20/10/2008 O9.7 III 0.35 0.70
HD 154643 ESPaDOnS 02/07/2011 O9.7 III 0.28 0.74
HD 68450 FEROS 22/12/2004 O9.7 II 0.32 0.84
HD 154811 FEROS 25/06/2005 O9.7 Ib 0.28 0.78
HD 167264 FEROS 23/04/2005 O9.7 Iab 0.20 0.88
HD 75222 FEROS 24/12/2004 O9.7 Iab 0.34 0.67
HD 152003 FEROS 15/05/2008 O9.7 Iab 0.31 0.75
HD 195592 NARVAL 14/09/2007 O9.7 Ia 0.30 0.76
HD 105056 FEROS 02/05/2009 O9.7 Ia 0.28 0.38
HD 149438 ESPaDOnS 08/02/2006 B0 V 0.22 0.50
LS 864 FEROS 06/05/2012 B0 V 0.17 0.75
HD 190427 NARVAL 27/11/2006 B0 III 0.39 0.66
HD 48434 FEROS 07/01/2012 B0 III 0.16 0.88
HD 156134 FEROS 11/05/2003 B0 Ib 0.20 0.85
HD 164402 FEROS 22/04/2005 B0 Ib 0.16 0.76
HD 37128 ESPaDOnS 14/10/2008 B0 Ia 0.17 0.77
HD 167756 ESPaDOnS 18/06/2011 B0 Ia 0.17 0.78
HD 122879 FEROS 23/04/2005 B0 Ia 0.19 0.92
HD 36960 ESPaDOnS 19/08/2008 B0.5 V 0.08 0.49
HD 211880 NARVAL 10/11/2017 B0.5 V 0.14 0.43
HD 34816 FEROS 10/01/2007 B0.5 IV 0.09 0.50
HD 194092 NARVAL 13/10/2017 B0.5 III 0.06 0.44
HD 2619 NARVAL 07/11/2017 B0.5 III 0.10 0.55
HD 191396 NARVAL 11/10/2017 B0.5 II 0.08 0.66

Notes. The following information is given: star’s name, instrument, date
of observation, spectral type, luminosity class, EW of He ii 5412 and
EW of He ii 7065.
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