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ABSTRACT

Magnetic confinement of stellar winds leads to the formation of magnetospheres, which can be
sculpted into centrifugal magnetospheres (CMs) by rotational support of the corotating plasma.
The conditions required for the CMs of magnetic early B-type stars to yield detectable emission
in Ha — the principal diagnostic of these structures — are poorly constrained. A key reason is
that no detailed study of the magnetic and rotational evolution of this population has yet been
performed. Using newly determined rotational periods, modern magnetic measurements, and
atmospheric parameters determined via spectroscopic modelling, we have derived fundamental
parameters, dipolar oblique rotator models, and magnetospheric parameters for 56 early B-type
stars. Comparison to magnetic A- and O-type stars shows that the range of surface magnetic
field strength is essentially constant with stellar mass, but that the unsigned surface magnetic
flux increases with mass. Both the surface magnetic dipole strength and the total magnetic
flux decrease with stellar age, with the rate of flux decay apparently increasing with stellar
mass. We find tentative evidence that multipolar magnetic fields may decay more rapidly
than dipoles. Rotational periods increase with stellar age, as expected for a magnetic braking
scenario. Without exception, all stars with Ho emission originating in a CM are (1) rapid
rotators, (2) strongly magnetic, and (3) young, with the latter property consistent with the
observation that magnetic fields and rotation both decrease over time.

Key words: stars: chemically peculiar—stars: early-type —stars: evolution—stars: magnetic
field — stars: massive —stars: rotation.

between magnetic properties and rotational velocities, which are

1 INTRODUCTION both expected and observed for magnetic fields sustained by con-
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Approximately 10 per cent of massive stars possess strong surface
magnetic fields (Grunhut, Wade & MiMeS Collaboration 2012b;
Grunhut et al. 2017). These magnetic fields are generally believed
to be fossil fields, as there are no well-established correlations

* E-mail: mshultz@udel.edu
1 Annie Jump Cannon Fellow.

temporaneous dynamos in late-type stars with convective exteriors
(e.g. Donati & Landstreet 2009). Fossil fields are globally organized,
exhibit generally simple topologies (predominantly tilted dipoles),
are typically strong (of order 100s of G to 10kG), and are stable
over at least a time span of decades (e.g. Oksala et al. 2012; Shultz
et al. 2018a). These properties are again in contrast to those typical
of the dynamo fields of stars with convective envelopes, which
often exhibit tangled magnetic topologies (e.g. Donati et al. 2008b;
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Folsom et al. 2016), are generally weak (usually on the order of a
few G, although fully convective M dwarfs can reach kG strengths,
e.g. Kochukhov & Lavail 2017; Kochukhov & Shulyak 2019),
and exhibit frequent topological changes consistent with magnetic
activity cycles (e.g. Donati et al. 2008a; Mengel et al. 2016).

The evolution of the magnetic fields of cool stars is relatively
well understood. Young stars tend to have strong magnetic fields
generated by a combination of vigorous convection and rapid
rotation. Over time, magnetic braking due to torques arising from
the Poynting stresses of the circumstellar magnetic field slows
the star’s surface rotation (e.g. Weber & Davis 1967), leading to
a less energetic dynamo and, hence, a weaker surface magnetic
field (Folsom et al. 2016). In contrast, much remains unknown
regarding the evolution of fossil magnetic fields. Since the magnetic
field is not maintained by a dynamo, it is not directly related to
rotation. The surface magnetic field strength is usually expected
to decline due to magnetic flux conservation within the expanding
stellar atmosphere (e.g. Landstreet et al. 2007, 2008). On the other
hand, some magnetic interior models have predicted an increase
in the surface magnetic field over time (Braithwaite & Spruit
2004; Braithwaite & Nordlund 2006), and such an effect has been
reported by some observational studies (Kochukhov & Bagnulo
2006; Glagolevskij 2015). Other population surveys have instead
found that the surface magnetic field strength and the total magnetic
flux decline over time (Bagnulo et al. 2006; Landstreet et al. 2007,
2008). Sikora et al. (2019b) reported an evolutionary decline in
surface magnetic field strength consistent with constant magnetic
flux. Fossati et al. (2016) compared the occurrence frequency of
magnetic and non-magnetic stars across the upper main sequence
(MS), and inferred that magnetic flux decay occurs and that it may
accelerate with stellar mass. However, they were unable to find any
trend of decreasing magnetic flux with fractional MS age, as would
be expected in this scenario.

Like cool stars, magnetic hot stars lose angular momentum
due to magnetic spin-down (e.g. ud-Doula, Owocki & Townsend
2009; Petit et al. 2013), with the primary differences being that
magnetic hot stars spin-down much more rapidly due to their
much higher mass-loss rates, and that their surface magnetic fields
are not directly affected by spin-down. The expected deceleration
from this ‘magnetic braking’ is potentially observable, and period
change has indeed been directly measured in some cases (e.g.
HD 37776 and HD 37479; Mikulasek et al. 2008; Townsend et al.
2010). While HD 37479’s period is slowing down, consistent with
magnetic braking, spin-up has been observed in the cases of
HD 37776 and CU Vir, suggesting the picture is more complicated
than a simple monotonic decrease (Mikulasek et al. 2011, 2017).
Nevertheless, as the projected rotation velocities of magnetic hot
stars are systematically much lower than those of their non-magnetic
counterparts (e.g. Shultz et al. 2018a), it is clearly capable of
creating a population of magnetic stars that is statistically more
slowly rotating than non-magnetic stars, suggesting that magnetic
braking dominates the rotational evolution of magnetic hot stars
over the long run. Fossati et al. (2016) noted that the spin-down
ages of stars between about 5 and 15 M were systematically much
greater than their MS lifetimes, i.e. they are rotating even more
slowly than expected. They suggested that this discrepancy could
be explained if their magnetic fields were much stronger in the past.
Alternatively, they could have arrived at the zero-age main sequence
(ZAMS) already slowly rotating.

The magnetospheres that act as the interfaces through which
magnetic hot stars are spun-down are detectable across the elec-
tromagnetic spectrum, a phenomenon that has received extensive
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observational attention at various wavelengths: in X-rays (e.g.
Oskinova et al. 2011; Nazé et al. 2014), the ultraviolet (e.g. Brown
et al. 1987; Smith & Groote 2001; Neiner et al. 2003; Shore et al.
2004; Schnerr et al. 2008; Henrichs et al. 2013), at H« (e.g. Donati
et al. 2002; Townsend, Owocki & Groote 2005; Bohlender &
Monin 2011; Wade et al. 2011; Grunhut et al. 2012a; Sundqvist
et al. 2012; Rivinius et al. 2013b; Sikora et al. 2015, 2016; Wade
et al. 2015), in the near-infrared (Oksala et al. 2015b), and as both
coherent and incoherent emission at radio wavelengths (Drake et al.
1987; Linsky, Drake & Bastian 1992; Trigilio et al. 2000, 2008;
Leto et al. 2012; Chandra et al. 2015; Kurapati et al. 2017; Das,
Chandra & Wade 2018; Leto et al. 2017, 2018). Petit et al. (2013,
hereafter P13) showed that the presence or absence of H o emission
is predicted by the stellar mass-loss rate, and by whether or not the
star possesses a purely dynamical magnetosphere (DM), or also a
centrifugal magnetosphere (CM). DMs are detectable in Ha only
around stars with high mass-loss rates (i.e. O-type stars), because
their strong winds are able to fill their magnetospheres on similar
time-scales to emptying via gravitational infall (e.g. ud-Doula &
Owocki 2002; ud-Doula et al. 2013). In contrast, B-type stars, which
have much weaker winds, tend not to show emission if they possess
only a DM. However, if the star is rotating rapidly, corotation of the
plasma with the magnetic field leads to centrifugal support capable
of counterbalancing gravity, enabling the accumulation of plasma
over long time-scales (e.g. Townsend & Owocki 2005; ud-Doula,
Owocki & Townsend 2008).

An important limitation of previous population studies of mag-
netic hot stars has been that in many cases key parameters — surface
magnetic field strengths, rotation periods, and atmospheric and
fundamental parameters — have been poorly constrained, with only
limiting values available. As a consequence, P13 were unable to
determine the conditions required for the onset of Ho emission.
This may also possibly explain the inability of Fossati et al. (2016)
to unambiguously detect magnetic flux decay.

Shultz et al. (2018a, hereafter Paper I) used a large data
base of high-resolution spectropolarimetric time series, principally
collected by the Magnetism in Massive Stars (MiMeS; Wade
et al. 2016) and Binarity and Magnetic Interactions in various
classes of Stars (BinaMIcS; Alecian et al. 2015) Large Programs
(LPs), to obtain longitudinal magnetic field (B,) measurements and
thus determine rotational periods for the stars examined by P13.
Atmospheric parameters for these stars based upon spectroscopic
measurements and Gaia parallaxes were presented by Shultz et al.
(2019b, hereafter Paper II). In this work, we build upon the
empirical foundation established in Papers I and II to derive the
stellar, rotational, magnetic, and magnetospheric properties of the
sample, with the aim of clarifying the evolution of these parameters.
An overview of the sample stars and the data set is provided
in Section 2. The method used to determine stellar, magnetic,
and magnetospheric parameters is outlined in Section 3. Stellar
parameters are presented in Section 4.1, magnetic parameters in
Section 4.2, and magnetospheric parameters in Section 4.3. Their
evolution is examined in Section 5, the interpretations of the results
are discussed in Section 6, and conclusions are summarized in
Section 7.

2 SAMPLE AND OBSERVATIONS

The sample consists of all published magnetic MS stars with spectral
types between B5 and B0 and sufficient spectropolarimetric data to
confidentally assess their magnetic characteristics. The selection
criteria and properties of the sample were described in Paper I, and

MNRAS 490, 274-295 (2019)

€20z Re| gz uo sesn O1SI - SUND Aq £8£89GG//22/1/061/2I01HE/SBIUW/WOD"dNO"DIWSPEdE//:SA)Y WO} PEPEOJUMO(
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those of five additional stars were described in Paper II, with the
final sample consisting of 56 stars. The study is based primarily
upon an extensive data base of high-resolution ESPaDOnS, Narval,
and HARPSpol spectropolarimetry, also described in Papers I and
II. The majority of these data were acquired by the MiMeS and
BinaMIcS LPs (Alecian et al. 2015; Wade et al. 2016), with
additional data from the BRITEpol LP (Neiner et al. 2017a), as
well as various PI programs (see Papers I and II). Wade et al. (2016)
gave an overview of the reduction and analysis of ESPaDOnS,
Narval, and HARPSpol data. Five stars were primarily observed
with HARPSpol and FORS2 by the B-fields in OB stars (BOB;
Fossati etal. 2015; Scholler et al. 2017) LP at the European Southern
Observatory.

3 PARAMETER DETERMINATION

In order to ensure fully self-consistent stellar, rotational, magnetic,
and magnetospheric parameters, a Monte Carlo (MC) method was
developed that simultaneously accounts for all observables. A de-
tailed description of the algorithm is given in Appendix A (online).
Briefly, the algorithm takes as input all available measurements
(Tesr, logL, log g, vsini, Py, and (B;), as well as supplementary
prior constraints on age, mass, and rotational inclination; see Ap-
pendix B, online), and combines these with evolutionary models to
determine radii, masses, ages, surface rotational parameters, dipole
Oblique Rotator Models (ORMs), and the resulting stellar wind
and magnetospheric parameters. The algorithm takes rotational
properties as a prior, rejecting test points that imply physically
impossible rotational properties (i.e. supercritical rotation, or ro-
tation slower than vsini). It also rejects test points that lead to
large inconsistencies between observables (e.g. log g incompatible
with the observed value; age incompatible with cluster MS turn-off
ages). Test point rejection is probabilistic: test points are rejected if
their inferred parameters (log g, M., ) differ by more than 1o from
target values drawn from Gaussian distributions. This ensures that
the posterior probability distributions are approximately Gaussian.
The advantage of this algorithm is that it automatically accounts for
correlations in the uncertainties of derived parameters.

Ata minimum, stellar and rotational parameters were constrained
by Tefr, log L, log g, and vsin i, while the magnetic parameters were
constrained via sinusoidal fits to (B;) (the mean value By and the
semi-amplitude B;) and the measured value of (B;)max. In most
cases Py 1s also available as a key constraint. vsini, Pror, (B;)max»
and sinusoidal fitting parameters to (B,) were determined in Paper
I and references therein (with the exception of the five stars which
have been added since the publication of Paper I, for which the
parameters and references were collected in Paper II). T, log g,
and log L were given in Paper II and references therein.

Fundamental stellar and rotational parameters are given in Ta-
ble C1 (online), ORM parameters in Table C2 (online), and wind
and magnetospheric parameters in Table C3 (online).

3.1 Prior distributions

In most cases Gaussian distributions were used for the priors, with
centroids and standard deviations equal to the measured values and
the 1o error bars. The only exception is for the rotational axis
inclination #;,;. For most stars in the sample i;,; can be inferred
from Py, vsini, and R, (Section 3.3). In the special case when i,
cannot be rotationally constrained, i,y was drawn from a random
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distribution over 47 steradians,
P(ioy < ip) =1 —cosip, (1)

where P(iyo) is the probability that i, < iy. This a priori distribution
was used for HD 46328 and HD 66522 (extremely slow rotators for
which the measured vsin i is basically an upper limit), and HD 52089
(for which P, is unknown). P, is also unknown for HD 44743,
HD 58260, and HD 136504; however alternate constraints on i, are
available for these stars (see Appendix B3, online).

3.2 Evolutionary models

We adopted the solar metallicity evolutionary models calculated by
Ekstrom et al. (2012) and Brott et al. (2011), which make different
assumptions (regarding core overshooting, internal mixing, mass-
loss, etc.), leading to a more extended MS lifetime in the latter
case. As demonstrated by Martins & Palacios (2013) and Castro
et al. (2014), within the parameter range of interest neither set of
models precisely reproduces the width of the MS, with the Ekstrom
et al. models yielding a narrower MS and the Brott et al. models
a wider MS than observed. While Castro et al. (2014) found the
discrepancy to be larger in the case of the Ekstrom et al. models, it
should be kept in mind that Petermann et al. (2015) speculated that
magnetic suppression of core convection may lead to a narrower
MS for magnetic as compared to non-magnetic stars, with non-
magnetic stars presumably dominating both the Martins & Palacios
(2013) and the Castro et al. (2014) samples. Suppression of core
overshooting is supported by the asteroseismic analysis of the
magnetic pulsator HD 163472 conducted by Briquet et al. (2012),
who found that its core overshooting was much less than expected.
If core overshooting is in fact suppressed by strong internal
magnetic fields, the Ekstrom et al. MS width may indeed be more
appropriate.

In the case of the Ekstrom et al. models, for stars with rotation
periods in excess of about 6 d we adopted the non-rotating models.
We also utilized non-rotating models for HD 52089 and HD 58260,
which have unknown periods but sharp spectral lines. For all other
stars we utilized rotating models, which assume a uniform initial
rotational velocity vy, of 0.4 times the breakup velocity vy,.

In the case of the Brott et al. models, which sample the rotational
phase space more densely than the Ekstrom et al. models, for each
star we selected the models with v;,; closest to vsin .

In practice, neither set of models accounts for effects such
as mass-loss quenching due to magnetic confinement, magnetic
braking, or for the influence of fossil magnetic fields on the
internal rotational profile. Preliminary models including surface
magnetic braking have been presented by Meynet, Eggenberger &
Maeder (2011), but these assumed a constant surface magnetic field
strength. While fossil fields in realistic stellar atmospheres were
modelled by Duez & Mathis (2010), calculations of stellar evolution
incorporating their relaxed field structures were outside the scope
of their study. Potter, Chitre & Tout (2012) presented models of
magnetic braking for massive stars, however, they assumed a mass-
dependent radiative zone dynamo, rather than fossil magnetic fields.
Magnetic evolutionary models presented by Quentin & Tout (2018)
also assumed a dynamo mechanism, and were furthermore limited to
3 Mg, stars. Models including mass-loss quenching were developed
by Petit et al. (2017) and Georgy et al. (2017), although these
concerned stars more massive than those of the present sample.
Magnetic models incorporating magnetic braking and tidal effects
on stellar evolution were developed by Song et al. (2018), but they
concern very close magnetic binaries that are, again, more massive
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than any stars in the present sample (the majority of which are
furthermore single). An appropriate grid of models utilizing fossil
magnetic fields and self-consistently accounting for all effects is
still in development (Keszthelyi, Wade & Petit 2017a; Keszthelyi
et al. 2018, 2019).

Metallicity is a potentially complicating factor in determining
stellar ages from the Hertzsprung-Russell Diagram (HRD) (Bagnulo
et al. 2006; Landstreet et al. 2007). Due to surface abundance
peculiarities of up to several dex in the photospheres of chemically
peculiar (CP) stars, the bulk chemical composition of magnetic CP
stars (comprising the majority of the present sample) is almost
impossible to determine. However, metallicities measured in a
multitude of star-forming regions and open clusters by the Gaia
ESO survey, spanning about £1kpc of the Sun’s Galactocentric
distance, are consistent with an essentially flat radial abundance
gradient in the solar neighbourhood, with a mean and standard
deviation of [Fe/H] of 0.02 and 0.09, respectively (Spina et al.
2017). Stars within the 1kpc range of the survey are therefore
likely to have approximately solar bulk compositions. Only eight
stars in the present sample are more distant from the Sun than
1 kpc; however, given the almost flat abundance gradient reported
by Spina et al. (2017), their bulk compositions are unlikely to
differ significantly. We therefore feel confident in adopting solar
metallicity as a reasonable first approximation.

3.3 Rotational parameter determination

Assuming rigid rotation, the inclination i, of the rotational axis
from the line of sight can be determined from
v sini . .21 Ry

S —— =vsini——, 2)
Veq Prot

where v,q is the rotational velocity at the equator and R, is the
equatorial radius. In most cases R.q is practically identical to R,
however this sample contains some rapidly rotating stars for which
this is not be the case. We therefore calculated the rotational
oblateness explicitly as the ratio of the polar radius R, to the
equatorial radius R.q (Jeans 1928)

R 3Q2
L= /1- , 3)
Req 4Grmp

where Q2 is the angular frequency and p = M, /(47 RS /3) is the
mean stellar density. In practice this correction is negligible for all
but a few stars in our sample (e.g. HD 142184 and HD 182180).

Py and veq quantify the speed of rotation but do not give a sense
of its dynamical importance for a given star. For this we utilized
the dimensionless rotational parameter W = veq/Vorb, Where v is
the velocity necessary to maintain a circular Keplerian orbit at the
stellar surface (ud-Doula et al. 2008, equation 11).! Critical rotation
is given by W = 1, while a non-rotating star has W = 0. The physical
influence of rotation within the magnetosphere is measured by the
Kepler corotation radius Rx = W~23, the distance from a star at
which rotational and gravitational forces are in balance assuming
material moving in strict corotation with the stellar surface (ud-
Doula et al. 2008, equation 14).

Conversions between W and more commonly used expressions for the
critical rotation fraction (e.g. the ratio of the angular to the critical angular
velocity or of the equatorial to the critical equatorial velocity) are given by
Rivinius, Carciofi & Martayan (2013a).
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3.4 Oblique rotator model parameter determination

Dipolar ORMs consist of four parameters: Py, i, the obliquity
angle B of the magnetic dipole from the rotational axis, and the
surface polar strength of the magnetic dipole By. Assuming Py
is known and i, constrained, f and By can be determined by
solving Preston’s equations (Preston 1967) using harmonic fitting
parameters to the (B;) curve and the maximum strength of (B.).
Fitting parameters were defined in Paper I: By is the mean value of
the (B,) variation, and B is the semi-amplitude of the first harmonic.
iror and B are then related through the Preston r parameter

P |Bol — Bi
|Bol + B

Ccos (irot - ﬂ) ’

The r parameter is provided in Table C2.

Obtaining By also requires the limb-darkening coefficient, which
was obtained from the tabulated values calculated by Reeve &
Howarth (2016), where we used the B band as the closest to the
mean wavelength of the line lists used to extract LSD profiles from
ESPaDOnS/Narval spectra.

As noted in Paper I, 13 stars show evidence for contributions
to (B;) from higher multipoles of the surface magnetic field. In
most cases the amplitudes of the higher harmonic terms, reflecting
multipoles, are much smaller than the amplitude of the first
harmonic, describing the dipolar component; this suggests that
even in these stars, the surface magnetic field is dominated by
the dipole. This assumption is not always correct, as, depending on
geometry, some higher spherical harmonics can yield (B;) curves
dominated by the first harmonic; however, this possibility cannot
be adequately explored absent Zeeman Doppler Imaging (ZDI;
Piskunov & Kochukhov 2002). The contributions from higher order
multipoles fall off faster with distance from the star than those
from the dipolar component, and should thus be of negligible
importance to the radial extent of magnetic confinement and the
resulting spin-down time-scale. We therefore ignore the multipolar
components, and, for these stars, solve Preston’s equations using
only the amplitude of the first harmonic.

We utilized the observed value of (B,)m. to determine By.
For stars whose (B;) curves are well described by a first-order
sinusoid, (B;)max and By + B; are effectively identical. For stars
whose (B,) variations require multiple harmonics to reproduce,
By + B is likely to underestimate the maximum strength of the
surface magnetic field. In these cases the peak surface magnetic
field strength can really only be determined via ZDI. However,
the ‘twisted dipoles’ that are usually revealed by ZDI mapping
(e.g. Kochukhov, Shultz & Neiner 2019) typically have maximum
surface magnetic field strengths similar to those that would be
inferred from (B;)max- Using the observed value therefore avoids
too badly underestimating the surface field strength in these cases.
A good example is the topologically complex star HD 37776
(Kochukhov et al. 2011), for which By + B; = 0.54kG, but
(B;)max = 1.7kG.

Since sinusoidal fits to (B.) could not be derived when P,y is
unknown, in these cases By was approximated by the error bar-
weighted mean of (B.), and B; by the weighted standard deviation.
We chose to use the weighted standard deviation for By rather than
the difference between (B,)max and By in order to avoid outlier
bias, as the stars without known P, generally have relatively noisy
(B,) data sets. This strategy was adopted for HD 44743, HD 52089,
HD 58260, and HD 136504Aa and HD 136504 Ab.
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3.5 Magnetospheric parameter determination

The strength of magnetic confinement in the circumstellar environ-
ment is quantified by the dimensionless wind-magnetic confinement
parameter 1., which is the ratio of the energy density of the magnetic
field to the kinetic energy density of the wind (ud-Doula & Owocki
2002, equation 7). The physical extent of magnetic confinement,
given by the distance from the star within which the magnetic
field dominates the wind, is the Alfv’en radius R5. We determined
R4 using the approximate scaling with 7, given by equation (9)
from ud-Doula et al. (2008).

Magnetic confinement depends on the strength of the surface
magnetic field, the radius of the star, and the momentum of the stellar
wind. The net mass-loss rate is reduced within a magnetosphere
(ud-Doula & Owocki 2002; Bard & Townsend 2016; Petit et al.
2017). Magnetic channelling also breaks the spherical symmetry of
the wind (ud-Doula & Owocki 2002; Townsend & Owocki 2005;
ud-Doula et al. 2013), leading to substantial changes in resultant
emission-line morphology that can introduce considerable inaccu-
racies in measurements derived from spherically symmetric models
(P13). While progress is being made in developing non-spherically
symmetric models designed to measure M (e.g. Hennicker et al.
2018; David-Uraz et al. 2019), such measurements are unavailable
for the overwhelming majority of the sample. It is furthermore
worth emphasizing that 7, is defined by the value of M that the star
would be expected to have in the absence of magnetic confinement.
We therefore used theoretical mass-loss rates, i.e. the mass-loss
rate as it is predicted to be in the absence of a magnetic field
(ud-Doula & Owocki 2002). We emphasize that this magnetically
unconfined mass-loss rate, corresponding to the actual mass flux into
the magnetosphere, is the proper quantity with which to calculate
1. (ud-Doula & Owocki 2002).

We adopted two formalisms: the Vink, de Koter & Lamers (2001)
mass-loss recipe, which is a standard prescription for the mass-loss
rates of early-type stars, and the Krticka (2014) recipe, which is
based upon the NLTE calculations performed by Krticka & Kubdt
(2010). Unlike the Vink et al. mass-loss rates, which are extrapolated
from a relationship calibrated from measurements of the mass-loss
rates of O-type stars, the Krticka mass-loss rates were specifically
developed for B-type stars.

The Vink mass-loss rates were calculated using the IDL program
CAL_TOT.PRO,?> which takes as input the stellar metallicity Z/Z,
Tefr, log L, M., and optionally v.,. For simplicity, and as chemical
abundances are available for only a few stars, Z/Zs was taken
to be unity (i.e. solar metallicity) for all stars. vo, was left as a
free parameter, in which case CAL_TOT.PRO calculates it from the
escape velocity vese as Voo = flese, Where fis a scaling factor that
increases from f = 1.3 to f = 2.6 from the cool to the hot side of
the bistability jump, first predicted by Pauldrach & Puls (1990),
at T ~ 25kK (Vink et al. 2001). The Vink recipe also predicts
a decrease of approximately 1dex in M from the cool to the hot
side of the bistability jump, as a consequence of a change in the
line force due to recombination of iron lines. While investigation of
the UV P Cygni profiles of non-magnetic OB stars has established
good evidence that v, does indeed change at the bistability jump
(e.g. Lamers, Snow & Lindholm 1995), the change in M was later
found to be more gradual (e.g. Crowther, Lennon & Walborn 2006;
Markova & Puls 2008; Keszthelyi, Puls & Wade 2017b) and occurs
at a slightly lower Teg (Petrov, Vink & Grifener 2016; Vink 2018).

2Jorick Vink, private communication.
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As aconsequence we fixed the T, for the first and second bistability
jumps to 20 and 9 kK, respectively.

Krti¢ka mass-loss rates were calculated using equation (1) in
Krticka (2014), which depends solely upon Tes, and then scaled
according to the stellar radius.> Wind terminal velocities were
determined via interpolation through their table 2, according to
the star’s Teg.

Magnetic spin-down time-scales t; were determined from stellar,
wind, and magnetospheric parameters (ud-Doula et al. 2009, equa-
tion 20). t; is essentially the e-folding time-scale for the angular
momentum J, which corresponds to the surface angular rotational
frequency €2 given by the J/ = I<2 in the case of solid body rotation. 7
is thus sensitive to the star’s moment of inertia / = f M, R2, where
the factorf is obtained from the radius of gyration ryy, as f = rgzyr.
P13 assumed f'= 0.1 for simplicity; however, the stellar structure
models calculated by Claret (2004) give f = 0.06 across most of the
MS for the mass interval of interest. Strictly speaking this quantity
is age dependent, shrinking from about 0.08 at the ZAMS to 0.02
at the Terminal Age Main Sequence (TAMS) as the He core grows;
f=0.06 was chosen as the mean value for most models across the
MS. Adopting f = 0.6 rather than /= 0.1 decreases t; by a factor
of almost 2. Once 1y is known, the maximum spin-down age fs max
is then defined as the time necessary for the star to spin-down from
initially critical rotation (rotation parameter W = 1) to its present
value of W (P13, equation 14). An important caveat concerning s max
is that it assumes 7 to have been constant through time, which is
unlikely to be the case, as M, By, and rqyr are all expected to change
with time (Keszthelyi et al., submitted).

4 PARAMETER DISTRIBUTIONS

4.1 Stellar parameters

To explore the degree of systematic error introduced by the choice
of evolutionary models, the top four panels of Fig. 1 compare
the results obtained using the Brott et al. (2011) models to those
obtained from the Ekstrom et al. (2012) models. Masses, radii,
and ages are almost indistinguishable. However, there are several
stars for which the Brott et al. models yield systematically younger
fractional MS ages trams than the Ekstrom et al. models, an
expected result given that the Brott et al. models have a more
extended MS. Furthermore, using Brott et al. models, there are
no stars with tpams greater than about 0.8, whereas the Ekstrom
et al. models indicate that the entire MS is covered. The difference
in fractional age Attams obtained from the two sets of models
is investigated in more detail in the bottom two panels of Fig. 1.
While stars with M, > 10 Mg almost all have large Atpays, stars
showing large discrepancies are found at all masses. ATravs tends
to increase with TraMms; since the most massive stars in the sample
also tend to be in the second half of the MS, their evolutionary status
is the primary reason for the discrepancies in MS age amongst this
sub-sample. With the exception of these stars, there is a generally
good agreement between the values of Trams returned by the Brott
et al. and Ekstrom et al. models. This may at first seem surprising,
since there can be large differences between the two depending on
rotation, with the Ekstrom et al. MS narrowing with rotation while
the Brott et al. MS remains almost unchanged. However, as will be

3In fact, Krticka (2014) provided mass-loss rates for a range of surface
abundance parameters, as well; since these are not known for the majority
of the sample, solar abundances were assumed.
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Figure 1. Top four panels: stellar parameters determined using Brott et al.
(2011) evolutionary models as a function of parameters determined using
Ekstrom et al. (2012) models. Solid lines indicate x = y; dashed lines show
the mean formal uncertainties. Bottom two panels: the difference in fractional
MS age tTams determined using the two sets of models, as a function of
M, and taMms (both as determined from the Ekstrom et al. models). Dashed
lines show the mean uncertainties.

explored in Section 5.2, rapid rotators tend to be very young, i.e.
at an age at which different models return similar results. In the
following, Trams obtained from Ekstrom et al. models are shown;
when Brott et al. values modify the results in an important way, this
is discussed in the text.

Fig. 2 (left-hand panels) compares the radii and masses R, mc
and M, mc determined via the MC algorithm to values calculated
via standard methods. Classical radii R, j.ss Were determined using
the relation R, /Rg = \/ (Ly+/Lo)/(Tett/ Ter.0)* (where log (L,/L)
and T were given in Paper I, and 7. = 5.78 kK), but without
requiring consistency with log g or other constraints. Spectroscopic
masses M, gpoc Were determined from R, 15 and log g (from Paper
D) as M, spec/Mo = g(R*’ClaSS/R@)Z/G. In both cases uncertainties
were determined via error propagation. As is clear from Fig. 2, there
is a reasonable agreement between the MC and classical values:
the median of the ratio R, mc/Riclss 18 0.98, and the median of
M mc/M spec is 1.16, both close to 1. The respective rms values
of these ratios are 0.14 and 0.58, as compared to median relative
uncertainties o g/R,clas = 0.33 and o y/M, e = 0.32. As the
median difference between classical and MC values is very close to
the uncertainty in the classical values, this uncertainty is probably
the primary reason for the differences.

The right-hand panels of Fig. 2 demonstrate the improvement in
precision enabled by the MC method. Field stars typically see an
improvement in radius error to about half of the classical uncertainty,
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Figure 2. Left: Stellar radius (top) and mass (bottom) determined via the
MC method described in the text, as functions of the radius and mass
calculated directly from the photometric and spectroscopic measurements.
Solid lines indicate x = y; dashed lines show the median ratio, and dotted
lines the standard deviation in the ratio. Right: histograms of the ratios of
derived uncertainties for MC versus classical radii (top) and MC versus
spectroscopic masses (bottom).

while cluster stars are more precise by up to a factor of 10. In both
cases the precision in MC mass is up to about 10 times higher
than spectroscopic masses. There is no difference in mass precision
between cluster and field stars as age constraints have a negligible
effect on mass determination.

Fig. 3 shows cumulative distribution functions and histograms for
the fractional MS age t1ams and the stellar mass, with the sample
divided into cluster and field stars. Histogram uncertainties were
determined from the standard deviation in each bin after generating
histograms with identical bin sizes for 1000 synthetic data sets, with
the values of each data point varied randomly according to the 1o
error bars. The full sample is slightly biased towards less evolved
stars, with a K-S test significance versus an even distribution
between the ZAMS and the TAMS of 0.08; however, this is not
statistically significant. The age distributions of cluster and field
stars are clearly different (K-S test significance of 2 x 10~7), with
the cluster stars being systematically much less evolved than the
field stars. This is expected, since young stars should be found
close to where they were born.

The sample is neither volume limited nor brightness limited. The
apparent magnitude completeness of the MiMeS survey, from which
our sample is primarily drawn, drops below 50 per cent above V =
4, and is only about 5 per cent above V = 6 (Wade et al. 2016); the
median V magnitude of the present sample is 6.6. In spectral type,
the MiMeS survey is about 30 per cent complete at BO for stars with
V < 8, and drops to 10 percent completeness at BS in the same
magnitude range. Given these limitations, the mass distribution of
the sample is also of interest; this is shown in the right-hand panels
of Fig. 3. The sample is dominated by less massive stars, with about
50 percent of the sample having M, < 8 Mg, and a monotonic
decrease in incidence with increasing mass. This is more or less as
would be expected if our sample was a volume-limited survey, since
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Figure 3. Cumulative distributions (top) and histograms (bottom) for
fractional MS age tams (left) and mass M, (right), with the sample divided
into cluster and field stars. Histogram uncertainties were determined from
the standard deviation in each bin after generating histograms with identical
bin sizes for 1000 synthetic data sets, with the values of each data point
varied randomly according to the 1o error bars. Shaded regions around the
full cumulative distribution indicate uncertainties. In the top left panel, the
diagonal dot—dashed line indicates the expected cumulative distribution if
TTAMs is evenly distributed between the ZAMS and the TAMS.

less massive stars are more common than more massive stars. The
distributions of cluster and field stars in mass are similar, with a K-S
test significance of 0.06, although there are more lower mass sample
stars in clusters, but no very high mass (above 13 M) sample stars
in clusters.* Since there are only a handful of stars in this mass
range, this is likely a result of small-number statistics (and indeed,
some magnetic O-type stars are known cluster members, e.g. NGC
1624-2 and #' Ori C).

In Paper II, it was noted that coverage of the MS appeared to be
incomplete for the less massive stars in the sample (around 5 Mg).
Fig. 4 shows absolute and fractional ages as functions of stellar
mass. Cluster stars dominate the low-mass, young sub-sample. The
MS appears to be well covered between 7.5 and 9 Mg. Below
this range, there are no stars in the second half of the MS, as
expected from the results in Paper II. Above this range the sample
is dominated by older stars, likely because these stars are much
larger and brighter than their younger counterparts, as well as
relatively unobscured by nebular material. The most massive stars
—HD 46328, HD 63425, HD 66665, and HD 149438 — are all very
close to the same fractional MS age.

4.2 Oblique rotator models

4.2.1 Rotational inclinations and magnetic obliquities

As an initial validation of the accuracy of the derived values of
irot and B we compared them to one another, and calculated the

4In fact, HD 149438 is in a cluster, but is not considered a ‘cluster star’
for purposes of parameter determination as it is likely a blue straggler; see
Appendix B1, online. If it is included as a cluster star, the K-S significance
for the mass distributions of cluster versus field stars rises to 0.3.
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Figure 4. Age (top) and fractional MS age (bottom) as functions of stellar
mass. Note that the young, low-mass sub-sample is dominated by cluster
stars. The dashed lines demarcate the mass range within which coverage of
the MS is relatively complete.

Pearson’s Correlation Coefficient (PCC; Pearson 1895), which is
close to O for uncorrelated values, and close to £1 for highly
correlated values. No correlation of i, and B is expected, and
we find PCC ~0.08. No correlation of i, is expected with either
T1ams, My, or W, and indeed the PCCs of these parameters with
iror are below 0.1. We also find PCCs below 0.1 for 8 with, Ttams,
M., and W, indicating that f is also independent of mass, age, and
rotation within our sample.

Previous investigations of the distribution of i, have concluded
that it is compatible with a random distribution on a sphere (Abt
2001; Jackson & Jeftries 2010), the assumption that was used above
to set the inclinations of slow rotators for which vsini does not
provide any constraints (equation 1). The top left panel of Fig. 5
compares the inferred values of sini,y to the expected random
distribution. The observed distribution approximately follows a
random distribution, but is systematically offset from the expected
distribution due to a larger than predicted number of stars with sin 7
~ 0.5; above this value, the observed and expected distributions
are very similar. The K-S test probability that the predicted and
observed distributions are the same is about 0.02.

The left-hand panel of Fig. 5 also compares the distribution of
inclination angles found here to those reported in previous studies
of Ap/Bp stars by Landstreet & Mathys (2000, LMO00), Auriere
et al. (2007, A07), Hubrig et al. (2007, HO7), and Sikora et al.
(2019b, S19). The two-sample K-S test significances comparing
the B star inclinations to the previous studies are, respectively,
0.6, 0.1, 0.6, and 0.1, all compatible with belonging to the same
population. Comparison of the distributions from these studies to
the expected random distribution yields respective one-sample K—
S test significances of 0.2, 0.003, 0.1, and 0.06, suggesting that
only the AO7 sample is unambiguously inconsistent with a random
distribution. Combining all stars, the one-sample K-S significance
is 5 x 1075,

It should be noted that there is an unavoidable detection bias
for i ~ 0° and B ~ 90° and vice versa, as in this case (B.) is
always O for a dipole, and there is an exact symmetry of the line-
of-sight component of the magnetic field across the stellar disc and
therefore no crossover signature is expected in Stokes V. However,
the probability of small i, values is intrinsically very low, and
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Figure 5. Top Left: Comparison of the cumulative distribution of early
B-type star sini;y angles, to that from previous studies of Ap/Bp stars
(Landstreet & Mathys 2000, LMO0O; Auriere et al. 2007, A07; Hubrig,
North & Scholler 2007, HO7; and Sikora et al. 2019b, S19). Top Right:
as before, for obliquity angles sin 8. Bottom Left: comparison of sin ixo
distributions for vsini above and below the median value. Bottom Right:
comparison of sin 8 distributions for vsini above and below the median
value.

almost any orientation of B other than exactly perpendicular (or
parallel, if i = 90°) to the rotation axis would lead to a detectable
signature in Stokes V.

The cumulative distribution of sin 8, shown in the top right panel
of Fig. 5, suggests an excess of small (<40°) angles; above this value
the distribution is consistent with a random distribution. Comparing
previous studies to the B-type stars with the two-sample K-S test
yields significances between 0.7 and 0.9 for all samples but LMO0O,
which yields 7 x 1073, i.e. only the LMOO sample is clearly drawn
from a different population (although it should be kept in mind that
LMOO0 assumed that g is always smaller than i,). In all four cases,
the one-sample K-S test yields a higher significance level (between
0.1 and 0.2) versus a random distribution than is achieved for .
The LMOO distribution is clearly not random (the K-S significance
is 4 x 107%) but is different from the rest, with a very strong excess
below about S ~ 30°. The LMOO distribution is, however, composed
largely of very slowly rotating Ap stars, containing more stars with
long Py (of order 10d to ~ years) than the remaining samples
combined, and a principal conclusion of their study is that very
slowly rotating Ap stars tend to have aligned magnetic and rotational
axes. Combining all stars yields a one-sample K-S significance of
1073, but this is mostly an effect of the LM0O sample as, with those
stars excluded, the one-sample K-S significance increases to 0.005
i.e. much higher than the significance for i;o.

These results are curious, since i, is expected to be random, but
B is not, and yet the results formally imply the opposite. Comparing
iror and B yields a two-sample K-S probability of 0.02 of belonging
to the same distribution; combining all stars (but excluding the
LMOO0 sample) yields 1073, Therefore i, and B are probably not
both drawn from the same distribution, suggesting that if i,y is in
fact random g is not (or vice versa).

One possible explanation for the non-random distribution of 7 is
observational bias. Since Zeeman splitting is easier to detect in stars
with smaller vsin i, the MiMeS survey preferred stars with narrower
line profiles, which in general are likely to have smaller i,y than
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the overall population of early-type stars. To test this hypothesis
we divided the sample into stars with vsini above and below the
median value of 60kms~'. The sin i, and sin B distributions of
the two sub-samples are shown in the bottom panels of Fig. 5. The
slowly rotating sub-sample shows a clear excess of stars with small
iror, While the rapidly rotating sub-sample is much closer to the
expected distribution. This is consistent with the hypothesis that the
bias of the MiMeS survey towards more narrow-lined stars is the
reason for the excess of small values of i,,.. This should not have
affected the S19 study, which was volume limited. LM0O did not
determine i,y directly from R, and vsini (since the latter quantity
was comparable to measurement uncertainties for their long-period
stars), but rather assumed that i,,, was the larger of the two angles
inferred from the (B;) curve properties; their study should therefore
also be immune to such a bias. The HO7 study was largely based
on low-resolution spectropolarimetry, for which line width is a less
relevant issue, and should therefore also not be affected by this
bias. Of the four previous population studies, only A07 used high-
resolution data, for which a bias towards sharp-lined stars might be
expected; as noted above, the A07 i, distribution is the only one of
the four that is inconsistent with a random distribution.

The difference in sin 8 distributions between early B-type stars
with sharp versus broad lines is not statistically significant, consis-
tent with the expectation that i, and 8 are independent.

4.2.2 Dipolar magnetic field strengths

Surface magnetic field maps determined via ZDI are available for
four stars in our sample: HD 37479, HD 37776, HD 149438, and
HD 184927 (Kochukhov et al. 2011; Oksala et al. 2015a; Yakunin
et al. 2015; Kochukhov & Wade 2016). Comparing the published
ZDI maps to the By values determined here, only HD 37776
differs outside uncertainty, with By = 6 £ 0.5kG versus a peak
surface strength of 30kG via ZDI. HD 37776 has by far the most
complex magnetic topology of all the stars in this sample, and its
(B;) curve is dominated by the second and third harmonics. The
next most complex field belongs to HD 149438, for which ZDI
inversion determined a maximal surface magnetic field strength of
~0.6 kG, with a poloidal contribution to the total magnetic energy
of ~10 percent (Kochukhov & Wade 2016). Our result (By =
0.3170:11 KG) underestimates the surface magnetic field strength by
a factor of 2, and overestimates the poloidal strength by a factor
of 5. For both stars, using (B;)max from the harmonic fits (i.e.
|Bo| + |Bi1l), as supposed to the measured value, would lead to
even larger underestimates of the maximal surface magnetic field
strength. At any rate, By is not especially meaningful for either star.
In consequence, when examining the evolution of magnetic field
strength and flux (Section 5.1), we adopted the ZDI values.

Fig. 6 shows the cumulative distribution and histogram of the
surface magnetic field strength log By for the stars in this sample. A
lognormal fit, generated using the mean and standard deviation of
log B4 of 3.5 and 0.6, respectively, is shown in the top panel. The K-
S significance of the lognormal cumulative distribution compared
to the observed distribution is 0.5, suggesting that a lognormal
distribution is a reasonable fit to the data. This distribution predicts
a tail extending to 100 kG, which is not observed: there is a sharp
cutoff in the observed distribution at about 25 kG. This suggests an
upper limit on the surface strength of fossil fields in early B-type
stars.

The absence of magnetic fields above about 25kG is likely to
be real, as stronger magnetic fields are much easier to detect.
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Figure 6. Cumulative distributions (top) and histograms (bottom) of the
dipole magnetic field strengths Bq for early B-type stars, Ap/Bp stars, and
magnetic O-type stars. The grey shaded region in the top panel indicates the
1o uncertainty.

The distribution in Fig. 6 could be affected by a bias related to
the intrinsic difficulty of detecting weak magnetic fields. This is
particularly the case for rapidly rotating stars, as their large line
widths spread Stokes V over a larger number of pixels, bringing
the amplitude of the magnetic Zeeman signature closer to the noise
level. However, in their analysis of the MiMeS Survey, Wade et al.
(2016) found that the median sensitivity of the survey was around
Bq =300 G. This is about an order of magnitude below the median
value of By found here for the magnetic B-type stars, and only
10 percent of the present sample has By < 300G. This suggests
that if a very large fraction of massive stars have By on the order of
several hundred G, they should have been detected by the MiMeS
Survey, and that the relatively small number of stars with magnetic
fields in this range is probably not a result of observational bias.

Fig. 6 also shows the distributions for the magnetic O-type stars
and the Ap/Bp stars. We obtained the dipole magnetic field strengths
for the O-type stars from P13, with the exceptions of updated
values for HD 37743 and HD 108 (Blazere et al. 2015; Shultz &
Wade 2017), and the more recently discovered magnetic O-type
star HD 54879 (Castro et al. 2015). The Ap/Bp star values were
taken from LMOO, AO7, and S19. The K-S significance of the
present sample stars versus the Ap/Bp stars is 0.5, indicating they
come from the same parent distribution. The early B-type sample
includes marginally more stars with weak fields, and a slightly
higher fraction of stars with very strong fields, than the sample of
cooler Ap/Bp stars. However, this may represent an observational
bias: Ap/Bp stars typically possess ~kG surface magnetic fields,
while magnetic fields of the order of 0.1-1 G have been found in
normal A-type stars (e.g. Lignieres et al. 2009; Petit et al. 2010,
2011; Blazere, Neiner & Petit 2016). Including these stars would
likely reconcile the differences between the distributions at the
low end, however their inclusion may not be appropriate as it is
not clear that such fields have the same origin as classical fossil
fields.
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Figure 7. Comparison of Alfv’en radii (leff) and spin-down time-scales
(right) derived from Vink et al. (2001) and Krticka (2014) winds. Solid lines
show x = y; dashed lines show x = 0.5y (left) and x = 0.25y (right).

The K-S significance for the O-type stars versus the early
B-type stars or the Ap/Bp stars is 0.01 and 0.06, respectively,
consistent with belonging to the same parent distribution albeit
suggestive of a difference. While the extrema of the O-type star
By distribution extend to similar values, the most likely value (~1—
3kG) is systematically lower than for either the cooler Ap/Bp stars,
or the early B-type stars (between 4 and 10 kG). This may reflect an
incomplete characterization of the sample of magnetic O-type stars.
Many such systems have been found to be spectroscopic binaries,
leading to an increase in the inferred surface magnetic field strength
(e.g. ¢ Ori Aa and HD 148937; Blazere et al. 2015; Wade et al.
2019); By is still a lower limit for the extremely slow rotator HD 108
(Shultz & Wade 2017); and while magnetic fields have still not been
detected in the magellanic cloud Of?p stars (Walborn et al. 2015;
Bagnulo et al. 2017), preliminary models of their magnetospheric
variability suggest the mean By of this population to be about 7kG
(Munoz et al. 2018), consistent with that of the Galactic magnetic
AB stars.

4.3 Magnetospheric parameters

Mass-loss rates, wind terminal velocities, the wind magnetic con-
finement parameter 7,, and the Alfv’en radius R, are given in
Table C3. The tabulated values are those determined using Vink
et al. (2001) mass-loss. 7, is greater than unity for almost all stars
in the sample, and ranges up to 10° for some stars, therefore all are
predicted to possess magnetospheres. The only possible exception
is HD 52089, which due to its extremely weak magnetic field may
have n, < 1; however, the lower Krticka (2014) M yields n, > 1
for this star.

Fig. 7 compares R,y and t; calculated using the two wind
prescriptions. At the high-mass end, there is almost no difference
in Ry; towards lower masses, Krticka R, diverges from the Vink
predictions by a factor of up to about 2 (see dashed line) due to
the rapid decline in Krticka M towards low T.g. This is due to the
much greater T.s sensitivity of Krticka mass-loss, which converges
to Vink rates at high T,y but drops by up to about 2 dex near
15 kK. Amongst the lowest mass stars, 7j is generally longer by a
factor of about 4 (dashed line) when calculated using Krti¢ka wind
parameters, again due to the lower M intermediate mass stars tend
to have similar 7; since the two prescriptions give similar M and
Vo 1n this mass and T range (i.e. just after the bistability jump).

For the sake of simplicity, we have generally selected parameters
derived using Vink mass-loss rates for presentation, as the general
distribution of stars in e.g. the rotation-magnetic confinement
diagram (RMCD; Fig. 8) is not qualitatively different between the
two wind prescriptions.
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Figure 8. The rotation-magnetic confinement diagram (using Vink wind
parameters). Symbol size is proportional to the log luminosity log L. The
solid line divides dynamical magnetospheres (below) from centrifugal
magnetospheres (above). The dashed line shows Ry = 6 Rk; the dotted
line indicates Rk = 4.5 R,: almost all stars above these lines display Ho
emission.

4.3.1 Revisiting the rotation-confinement diagram

The RMCD using the Vink mass-loss recipe is shown in Fig. 8,
with H a-bright stars indicated by filled red symbols. Evaluations
of the H o emission status of individual stars were provided by P13
and references therein; those stars for which P13 did not have Ho
observations have all been subsequently examined, and references
are given in the caption of Table C3. The H«-bright stars are
concentrated in the upper right of the diagram, in the regime of
rapid rotation (small Rx) and strong magnetic confinement (large
R4). The only exception to this rule is HD 46328, which is located
in the bottom left of the diagram. This star’s H & emission properties
are consistent with an origin in a dynamical magnetosphere (Shultz
et al. 2017), in contrast to the stars in the upper right which all
display double-humped emission profiles consistent with an origin
ina CM.

It is clear from the RMCD that merely possessing a CM is an
insufficient condition for Ho emission. The diagonal solid line
indicates Ry = Rg: stars above this line are predicted to possess
a CM, and many of these have Hw in absorption. It is typically
the stars with log (Ra/Rkx) > 0.6 that are Ho bright (diagonal
dashed line). The majority of the emission-line stars also have
Rk < 4.5R, (horizontal dotted line). The Kepler radius sets the
minimum distance of the plasma accumulation surface from the star
(Townsend & Owocki 2005). Taken together, these results suggest
that there are at least two conditions necessary for Ho emission:
(1) Rx must be close to the star; (2) Ry must be sufficiently large to
enforce strict corotation of the plasma out to a much greater distance
than Rg.

The thresholds for Ho emission were set in order to exclude
as many stars without Ho emission as possible, however there
is some overlap at the borders between stars with and without
emission. The absorption-line stars in the region of overlap are
typically less luminous than the emission-line stars. This suggests
that there may be a third condition for emission: that the wind
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feeding rate be above a certain threshold. If true, this is suggestive
of a plasma leakage mechanism competing with mass loading, a
possibility suggested by P13 and developed further by Owocki &
Cranmer (2018). This is because, in a breakout scenario, CMs
should eventually fill regardless of M (P13). Since the wind plasma
feeding the magnetosphere is spread out over a larger surface area
with increasing distance from the star, the requirement that R be
close to the star for Ho to be detectable may also point to the
operation of a leakage mechanism.

5 EVOLUTION

5.1 Magnetic field evolution

5.1.1 Magnetic fields and mass

The middle left panel of Fig. 9 shows By as a function of stellar
mass for the Ap/Bp stars, the early B-type stars, and the magnetic
O-type stars. Stellar parameters for the A-type stars were obtained
from AO7 and S19, while those of the O-type stars are from the
same sources as were used for Fig. 6. The upper and lower extrema
of By are basically independent of mass.

We tested for correlations using linear regressions, PCCs, and
p values, where the latter give the probability that the PCC is not
a result of random statistical variation (p < 1 indicates a high
probability that there is a real variation). Uncertainties in linear
regressions and PCCs were derived using an MC methodology
intended to control for both random and systematic errors. 1000
synthetic data sets were generated. In each synthetic data set, one
point selected at random was removed; this tested for statistical
robustness against the influence of individual data points. Another
randomly selected point was shifted in both the x and y direction,
using a flat distribution normalized to the span of the full data
set; this tested for the influence of large systematic errors in the
parameters of individual data points. The remaining data points
were allowed to vary within Gaussian distributions normalized to
the standard error of each data point. The solid lines in Fig. 9 indicate
the mean best fit across all synthetic data sets; the light blue shaded
regions show the minimum and maximum fits, approximately
corresponding to 3¢ uncertainties.

While a linear fit to logBy versus log M, suggests a slight
downward trend, as might be expected from Fig. 6, the slope is
much less than the range of values found at any given mass, the PCC
is only —0.09 £ 0.06, and the p value is 0.51. There is therefore no
evidence from this exercise for a change in B4 with mass.

Since stellar radius increases with mass, an essentially unchang-
ing range of By means that the unsigned magnetic flux ® = ByR?2
must increase with mass. This is demonstrated in the bottom left
panel of Fig. 9. The PCC of log ® versus log M, is 0.47 + 0.05
(p = 0), and the slope is 0.91 % 0.07, indicative of a significant
positive relationship. While many stars with very low magnetic
flux could easily remain undetected, the increase in flux with
stellar mass is probably real: for an A-type star to have the same
magnetic flux as the ultrastrongly magnetized O-type star NGC
1624-2 (~ 104 GR%; Wade et al. 2012), it would need to possess
a surface magnetic field of ~400 kG; meanwhile the most strongly
magnetic Ap star, Babcock’s star, has a dipole strength of 34 kG
(Babcock 1960), an order of magnitude smaller. The top left panel
of Fig. 9 shows 2log R, versus log M.; the slope of this correlation,
1.04 £ 0.05, is almost identical within uncertainty to the slope of
log @ versus log M., verifying that the correlation in the latter is
purely a function of the former.
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Figure 9. Left-hand panels: Log radius (top), log surface dipole magnetic field strength (middle), and log unsigned magnetic flux (bottom) as functions of
stellar mass. Solid lines and shaded regions indicate linear fits and the maximal (approximately 30) uncertainties. Parameters for A and O-type stars were
obtained from A07, S19, and P13. Crosses in the top left corners indicate mean error bars. Middle and right-hand panels: log radius (top), log surface dipolar
magnetic field strength (middle), and log unsigned magnetic flux (bottom) as functions of stellar age (left) and fractional MS age (right). Symbol colour
indicates mass. Mean error bars are indicated by crosses in the top right corners. Solid lines and shaded regions indicate linear fits and uncertainties when the
whole data set is considered. Dashed lines indicate fits to mass bins of corresponding colour. Dot—dashed horizontal lines in the middle panels indicate the
median MiMeS survey dipole sensitivity (Wade et al. 2016). In the middle right panel, the thick purple curve shows an expected evolution of Bg assuming flux

conservation (see text).

5.1.2 Magnetic fields and time

Assuming that fossil fields are intrinsically static on the stellar
evolutionary time-scales, their surface strength should weaken over
time as a star expands, with the surface magnetic field declining
at a minimum as ~ R_2 due to conservation of magnetic flux.
While such an effect is not expected to be detectable in individual
stars, over a large enough sample it would be expected that By
should be systematically lower amongst older stars. log By is shown
as a function of log# and tams in the middle row, middle, and
right-hand panels of Fig. 9. The PCCs with respect to log# and
Trams are, respectively, —0.27 £+ 0.05 and —0.66 £ 0.05; the
slopes (given in Table 1) are also negative and significant at the 3o
level. The p values of these relationships (given in Table 1), which
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give the probability that the correlations are artefacts produced
by random sampling of an underlying random distribution, are
likewise well below the usual threshold of 0.05 for statistical
significance.

As a comparison to the decline in By expected due to flux
conservation, the middle right panel of Fig. 9 shows the evolution
of a 9 Mg Ekstrom et al. (2012) evolutionary model, starting from
the median By = 8 kG close to the ZAMS (i.e. for Tpapms < 0.2).
The relative change in radius across the MS varies insignificantly
within the mass range of interest here, and does not differ between
rotating and non-rotating models. The model predicts a very slow
decrease in By over the first half of the MS, accelerating towards
the end, with a net change of about —0.7 dex. For comparison, the
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Table 1. Linear regression slopes (top numbers) and p values (bottom
numbers) for magnetic field evolution for the full sample, and for various
sub-samples. Slopes in boldface indicate both a slope significance of at least
30 and a p value below 0.05.

Sample log t versus log By log ¢ versus log ®
TTAMS Vversus log By TTAMS Versus log @
All stars —0.38 £ 0.09 —0.38 £ 0.12
0.02 0.008
-13+01 —0.66 = 0.16
0.000 0.0005
Cluster stars —0.13 £0.11 —0.12£0.12
0.16 0.29
—0.49 £0.29 —0.07 £0.38
0.12 0.85
Field stars —0.14 £0.20 —-0.27£0.14
0.74 0.12
-1.4+03 —0.59 £0.29
0.0001 0.06
M, <7.5Mg —0.34 £ 0.16 —03=£0.2
0.04 0.11
-09+03 —0.7+0.2
0.002 0.03
7.5 <M, <9Mg —0.6 £0.25 —04=£0.2
0.03 0.1
-1.0+03 —0.7£0.3
0.02 0.1
M, > 9Mg —-05+£04 —04=£03
0.24 0.3
—-18+03 —-11£03
0.00001 0.0003

least-squares fit to the full data set yields a net change of —1.4 dex.
This suggests that flux is not conserved.

The upper middle and right-hand panels of Fig. 9 show 2log R,
versus log # and franms. Radius increases with time, although the fit to
2log R, for the full sample versus log 7 is not particularly meaningful
due to the dependence of radius on mass.

A less model-dependent test of flux change is illustrated in
the bottom middle and right-hand panels of Fig. 9, which show
log @ as a function of log r and trams. The PCCs are, respectively,
—0.30 £ 0.07 and —0.38 £ 0.09, with respective slopes of
—0.38 = 0.12 and —0.66 % 0.16. Once again the p values (Table 1)
are close to 0.

To check the robustness of these results, we divided the sample
into different sub-samples. Considering cluster stars alone, the PCC
of Trams versus logBy is —0.23 £ 0.12; logt versus log By is
—0.19 % 0.13; t1ams versus log @ gives —0.03 £ 0.14; and log ¢
versus log @ gives —0.15 £ 0.14. Slopes and p values are given in
Table 1, and are of similarly low statistical significance. Within
this sub-sample there is no compelling evidence of a decay of
magnetic flux. The results are broadly similar for field stars, with
respective PCCs of —0.57 £ 0.09, —0.17 £ 0.15, —0.29 £+ 0.13,
and —0.27 £ 0.10. Within the field star sub-sample, only 7
versus log By yields statistically significant results (see Table 1).
However, the cluster and field star sub-samples are heavily biased
towards young and old stars, respectively (Fig. 3), which make
them individually limited tests of evolutionary change. These sub-
samples furthermore group together stars with very different masses
and, hence, very different evolutionary time-scales.

We also divided the sample into three different mass bins: low
mass (M, < 7.5Mg), mid-mass (7.5 < M, <9 M), and high mass
(M, > 9My). These were chosen based on the identification of
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the mid-mass sample as containing the most complete sampling of
the MS (Fig. 4). Linear fits to the three sub-samples are indicated
with dashed lines in Fig. 9, where the colour corresponds to the
stellar mass. All three sub-samples show uniformly negative trends
in both log By and log ®. Unsurprisingly given the reduced sample
size, these trends generally fall below the threshold for statistical
significance (Table 1). The exceptions are: the low-mass sample for
log By versus log t; all sub-samples for log By versus tams; and the
high-mass sample for log ® versus tpayms. In all cases the low- and
mid-mass samples have similar slopes, while the high-mass sample
exhibits a steeper slope than either. For log 7 this might plausibly be
ascribed to the much shorter MS lifetimes of more massive stars;
this should not affect fractional age.

Turning to radius, the slopes of fits to the individual mass bins
relative to log ¢ are between (.15 and 0.3, and the slopes relative
to Trams range between 0.4 and 0.7. All are less steep than the
corresponding slope relative to By. This is further indication that
the decline in By over time is too rapid to be explained as purely a
function of flux conservation.

One cause for concern in the interpretation of these results is
that the mid-mass sample — which has the best sampling of the
MS, and also the narrowest range in mass — yields the lowest level
of statistical significance of the three mass bins. This is probably
because it is the smallest of the three samples (14 stars, as compared
to 25 in the low-mass sample and 17 in the high-mass sample). The
mid-mass bin is examined in more detail below in Section 6.2.

If Trams values from Brott et al. (2011) models are used instead,
the slopes in Table 1 are not changed outside the error bars. The
more compressed MS means that the slopes with Travs are a bit
steeper, particularly in the case of the high-mass stars, but also leads
to larger uncertainties and higher p values; however, the significance
of the majority of the slopes in Table 1 remains unchanged.

We conclude that the inferred decrease in magnetic flux with time
appears to be robust against random and systematic error (already
accounted for in the shaded regions in Fig. 9), and against sub-
division of the sample. This confirms the basic results of Landstreet
et al. (2007, 2008), extended to higher mass stars. There is also
evidence that flux decreases more rapidly for more massive stars, as
suggested by Fossati et al. (2016); this question will be considered
in more detail in Section 6.1.

5.2 Rotational evolution

Magnetic braking is expected to lead to rapid spin-down. Given this,
we expect that the most rapidly rotating stars should be systemat-
ically younger than the slowest rotators. Fig. 10 demonstrates that
this basic pattern appears to hold. The left-hand panels show the
rotation parameter W (which emphasizes rapid rotators) and log Py
(emphasizing slow rotators) as functions of trams. While there is
a spread of rotational properties at any given evolutionary stage,
extremely slow rotators (log Py, > 3) are all in the second half of
the MS, while in the first half of the MS there are no stars with
log P, much greater than 1. Conversely, the most rapidly rotating
stars (W > 0.4) are quite young, and the majority of the stars with
fractional ages ttams > 0.5 also have W < 0.2. The basic trend of
dramatically slowing rotation with increasing Ttams is unchanged
if values from Brott et al. (2011) models are used. As can be seen
in the top left panel, stars at the ZAMS have rotation parameters W
spanning almost the entire range between 0 and 0.5; the presence
of relatively slow rotators at the ZAMS could be consistent with
extremely slow rotators having evolved from such stars (but see
below).
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Figure 10. Rotation parameter W (top) and logarithmic rotation period
(bottom) as functions of fractional MS age tams (left) and log By (right).
TTAMS 18 not known for the magnetic O-type stars.

Magnetic braking should also be more rapid with increasing M
and increasing By. In Paper I we showed that O-type stars do
indeed have significantly longer rotational periods than magnetic
B-type stars, as expected (P13), whereas magnetic A-type stars
and B-type stars have similar distributions of P,,. The relation
of By to rotation is shown in the right-hand panels of Fig. 10.
We see that the most rapidly rotating stars have some of the
strongest magnetic fields, while the most slowly rotating stars
have surface fields of intermediate strength. While at first this
might seem counterintuitive, this makes sense if one recalls the
evidence that magnetic fields weaken with time (Fig. 9): since
very strong magnetic fields are seen only in young stars, these
will also tend to be rapid rotators. The stars that experience
the strongest spin-down will tend to be those with the initially
strongest magnetic fields, but over the time that it takes for their
rotation to become exceptionally slow, their magnetic fields will
weaken.

There are very few stars with very weak magnetic fields and
either very rapid or very slow rotation. The former may well be an
observational bias, since Zeeman signatures are inherently harder
to detect in broad-lined stars. It may also be due to destabilization
of fossil fields below a critical field strength in rapid rotators, as
suggested by Auriere et al. (2007). Such a bias does not affect slow
rotators; the absence of extremely slowly rotating, very weakly
magnetized stars is naturally explained by the dependence of the
spin-down time-scale on By.

In Fig. 10 we also compare these results to those for magnetic
A-type stars (from Sikora et al. 2019a,b, who provided masses,
radii, and fractional ages) and magnetic O-type stars (from P13,
with modifications as described in Section 4.2.2). Both A-type stars
and O-type stars show rotational behaviour that is qualitatively
similar to that of the B-type stars. While little can be said about the
young, rapidly rotating A-type stars (since the Sikora et al. sample
contains few very young stars), slowly rotating A-type stars are
all old. The most slowly rotating A- and O-type stars are not the
most strongly magnetic, but rather those with intermediate surface
magnetic fields; conversely, the most rapid rotators are relatively
strongly magnetized.
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Figure 11. 7op: histograms of the logarithmic ratio of age to fs max for Vink
(left) and Krticka (right) mass-loss rates. Bottom: log (t/ts, max) as a function
of stellar mass.

A similar distribution of By and P, was noted by Glagolevskij
(2011), who suggested it to be a consequence of dynamo activity
in pre-stellar cores which peaks in efficiency at a medium cloud
motion velocity; the increase in Py over time makes this hypothesis
unlikely, since in this case slow rotation would necessarily be
primordial.

The qualitative picture in Fig. 10 does not tell us whether P,y
is precisely as expected given the properties of the stars’ magnetic
fields and stellar winds. Fig. 11 shows the logarithmic ratio of the
stellar age ¢ to the maximum spin-down age fsmax for mass-loss
rates calculated using the Vink et al. (2001) and Krticka (2014)
prescriptions. Both mass-loss prescriptions result in differences of
up to about 2 dex. The Vink mass-loss rates result in ratios that are
approximately normally distributed about log (#/fs max) = 0, with a
standard deviation of 0.75 dex, while the Krti¢ka mass-loss rates
result in a systematic shift to log (#/fs max) = —0.6 £ 0.6, i.e. the
KrtiCka mass-loss rates generally yield # < fs max. In principle, this
is acceptable, however in some cases these differences are very
large. The bottom panels of Fig. 11 demonstrate that differences
between 7 and fs nax are not random. In both cases, the most massive
stars (M, > 11 Mg) have t < ts max. The Vink mass-loss rates also
yield 7 >> fsmax for less massive stars (M, < 11 Mg), while the
Krticka mass-loss rates largely resolve, or at least reduce, this
discrepancy. Thus, Krticka mass-loss rates yield spin-down ages
that are more consistent with the ages determined from isochrones
for less massive stars. Neither prescription is able to resolve the
large differences obtained for the most massive stars. One possible,
obvious interpretation of the result that 1 < fgm. for so many
stars in the sample is that these stars may have arrived at the
ZAMS already rotating slowly. This may seem plausible given
that there are some stars at the ZAMS with W already close to
0. However, in the case of HD 46328, the most slowly rotating star
in the sample, this scenario would require that an initial rotation
parameter log Wy = —3.2, corresponding to Py ~ 10? d, about 2
dex higher than is observed for any young star. Alternately, this
difference may be entirely illusory, as these fs max values assume a
constant 7.
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Figure 12. As Fig. 3, this time with the sample divided into stars with Ho
in emission and absorption.

5.3 Magnetospheric evolution: the life story of a typical
magnetic B-type star

Having explored the evolution of the magnetic and rotational
properties of magnetic early B-type stars, we now assemble these
components to provide an outline of magnetospheric evolution.
We have seen that stars with Hoe emission are both more rapidly
rotating and have more strongly magnetically confined winds
than stars without emission, consistent with an origin of their
emission in CMs. Rotational periods increase with fractional age,
an expected result of magnetic braking. Since magnetic braking
should efficiently spin-down the most rapidly rotating stars, stars
exhibiting H @ emission formed in CMs are expected to be young.

Fig. 12 repeats the analysis of Fig. 3, this time dividing the
sample into stars with (17 stars) and without (37 stars) Ha
emission. Stars with Ho in absorption approximately follow an
even distribution in trams (K-S significance of 0.46), and the
distribution in mass between the two sub-samples is nearly identical
(K-S significance of 0.71). However, the emission-line stars are
systematically younger than absorption-line stars (two-sample K—
S significance of 7 x 107°). Indeed, while only about 1/3 of the
overall sample displays H « emission, amongst the youngest cohort
(trams < 0.25), emission-line stars are a majority (15 in emission
versus 7 stars in absorption or 68 per cent in emission), while for
stars older than Trams = 0.25 absorption-line stars are in the great
majority (4 in emission versus 27 stars in absorption or 87 per cent
in absorption). None of the stars older than trams = 0.75 are in
emission. It is worth noting that the most evolved H o emission star
in the sample, HD 46328 (t1ams = 0.77 £ 0.05), is actually an
extremely slow rotator (P, > 30 yr) with an emission morphology
consistent with an origin in a dynamical magnetosphere (Shultz
etal. 2017), and its emission is thus unrelated to rotation. Removing
HD 46328 from the emission sample reduces the fraction of older
stars with emission to 10 per cent.

P13 used the dimensionless parameter log (Ra/Rg) to quantify
the size of a star’s CM. Stars with log (Ra/Rgx) > 0 formally
possess CMs; those with log (Ra/Rk) > 0.8 tend to display Ha
emission. GENEC models (Eggenberger et al. 2008) self-consistently
including mass-loss quenching and magnetic spin-down calculated
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Figure 13. Logarithmic ratio of Ra over Rk as a function of fractional MS
age. The solid line separates CMs (above) from DMs (below). The dashed
line shows the threshold for Ha emission. The dotted lines separate the
three eras of a typical star’s magnetospheric evolution (see text).

by Keszthelyi et al. (2019) showed that magnetic stars should in
general evolve from having CMs in their youth to DMs as they
approach the TAMS. Fig. 13 tests this prediction by showing
log (Ra/Rx) as a function of fractional age.

The typical star begins its life on the MS with a strong magnetic
field of about 8kG (see Fig. 9). It is also a rapid rotator, with
a rotation period on the order of 1d (Fig. 10). The combination
of strong magnetic wind confinement and rapid rotation provides
sufficient centrifugal support to the corotating circumstellar plasma
to form a large CM (Ry ~22R,, Rx ~3R,). All of the sample
stars in the first third of the MS have CMs, and a majority of
these have CMs detectable via H o emission. The exceptions either
possess small CMs (due to relatively slow rotation or weak magnetic
fields: HD 36982, HD 37058, HD 47777, HD 67621, HD 105382,
and HD 125823), or are low in mass (and therefore have weak
stellar winds: HD 35298, HD 36526, HD 130807, and HD 175362).

As the star ages its surface magnetic field weakens. As a result,
magnetic wind confinement also weakens, and Ry moves closer
to the star. By halfway through the MS, its surface magnetic field
strength has declined to about 3 kG, and Ry is about 10 R,.. The star
simultaneously sheds angular momentum, and its rotational period
is now on the order of a few days. Thus Rx moves further from the
star, to about 4 R,.. Referring to Fig. 13, the star still has a CM, but
the CM is now too small to be detectable in Ha.

By the final third of the MS the star’s surface magnetic field has
decreased to about 1 kG, while its rotational period has increased to
about 10d. As Rx ~8 R, is now greater than Ry ~5 R,, the star no
longer has a CM, and if its dynamical magnetosphere is detectable
at all in visible light it is only if the mass-loss rate is high enough to
fill its dynamical magnetosphere (which is the case, so far uniquely
among B stars, for HD 46328).

The basic picture described here does not change qualitatively
if fractional MS ages determined using Brott et al. (2011) models
are used instead. The main difference is that very few stars are
found in the final third of the MS; the overall trend of decreasing
log (Ra/Rk) over time remains unchanged, and it remains true that
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the first third of the MS is composed entirely of stars with CMs and
overwhelmingly of stars with H o emission.

6 DISCUSSION

6.1 Flux decay and mass

Thompson, Brown & Landstreet (1987) reported an increase in the
surface magnetic field strength of Ap/Bp stars with mass. This is
not supported by our results. Kochukhov & Bagnulo (2006, KB06)
found no correlation with surface magnetic field strength and mass,
but did find that magnetic flux increased with mass. Landstreet et al.
(2007, L07) also looked for trends in magnetic properties with mass.
They found slopes consistent with no change in surface magnetic
field strength, consistent with our results, but reported a possible
slight increase in & with mass, with slopes for their full sample of
0.5 £ 0.3 for log B versus log M, and 1.44 £ 0.26 for log ® versus
log M. While their results for smaller samples sub-divided by age
were more ambiguous than our own, in all cases they found a slight
increase in ® with M.,.

The increase in @ with M, raises the question of whether the
apparent increase in the decay rate of ® with increasing M, might
be an artefact. Detrending log ® using the linear fit in Fig. 9
does not change the slopes of the various sub-samples outside
of the uncertainties; for the full sample, it actually results in a
steeper and more statistically significant relationship versus 7rams
(—0.84 + 0.13, p = 1073). Therefore the temporal decay in &
cannot be due to the mass range of the sample.

In addition to the direct evidence for flux decay, the number of
magnetic stars declines with increasing fractional age (Fig. 3), an
observation compatible with the finding of Fossati et al. (2016)
that the incidence fraction of magnetic versus non-magnetic early-
type stars declines over time. Fossati et al. also found that this
evolutionary difference in incidence fraction is more pronounced
for more massive stars, which they interpreted as evidence that
magnetic flux decays more rapidly with increasing mass.

Direct investigation of the evolution of fossil magnetic fields
has been undertaken for several different samples. KB06 examined
Ap/Bp stars, using ages determined from HRD positions and using
the root-mean-square (B.) as a proxy to By. LO7 also used the
rms (B.), but limited their study to stars in open clusters in order
to maximize the precision of stellar ages for stars close to the
ZAMS. S19 examined a complete volume-limited sample of Ap
stars, obtaining precise measurements of By from high-resolution
spectropolarimetry. Fig. 14 shows, as functions of stellar mass, the
slopes found in these studies and in this work via linear regression of
log B and log ® versus log # and ttams. For the sake of completeness,
the slopes achieved using Brott et al. (2011) models are also shown;
as is clear, they do not change the results outside the uncertainties.

Below about 4 Mg, KB06, LO7, and S19 all agree that ®
is constant in time. Flux appears to decay only above 4Mg;
furthermore, the rate of flux decay appears to increase with mass.
The solid lines in Fig. 14 show constant B4 and ® with time; almost
all studies are consistent with a declining By, whereas only the
studies of low-mass stars are consistent with constant ®. The dotted,
dashed, and dot—dashed lines show three different linear fits to the
slopes. The dotted line shows the fit to all measurements. The dashed
line shows a fit to all measurements of samples with masses above
4 Mg. The dot—dashed line fits all measurements except the highest
mass sub-sample, which might plausibly be considered an outlier.
In all cases a negative slope is obtained i.e. the rate of change of By
and @ increases with M,. In the cases of dlog ®/dlog?, the slopes
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Figure 14. Linear regression slopes for Bq and @ versus 7 and ttams as
functions of stellar mass from this and previous works (see text). Horizontal
dashed lines indicate constant Bq or ® with time. Diagonal dashed lines show
linear fits to measurements above 4 M. The legend indicates the studies
from which the data were taken: Kochukhov & Bagnulo (2006, KB06),
Landstreet et al. (2007, L07), Sikora et al. (2019a, S19), and this work for
results obtained from Ekstrom et al. (2012, E12) and Brottet al. (2011, B11)
models. For clarity, error bars are omitted for the B11 slopes.

are all very shallow, and could be consistent with a constant rate
of flux decay with M,; however, a constant rate cannot provide a
good match to dlog ®/dlog Ttams, even with the highest mass bin
excluded.

The mass range of the lower mass sample in this work overlaps
with the upper mass range examined by LO7. We obtain compatible
results within uncertainty for log z, but steeper slopes versus Taums.
This is despite only partial overlap in the samples themselves: 10
stars with masses below 9 My appear in both the present sample
and the LO7 sample, as compared to 38 stars total in this sample
and 25 stars total in the LO7 sample with masses in this range.

An important difference between LO7 and this study is that the
former was based upon just a few (B,) measurements per star, many
of which were non-detections. In order to avoid biasing their results,
they added 200 G to the rms of all stars. Since By is at least 3.5
higher than (B, ) max, this is equivalent to assuming a minimum dipole
strength of 700 G. This study, which is based entirely on magnetic
detections and magnetic dipole strengths, contains 12 stars with
By <700 G, all of which have tams > 0.4. Thus, the LO7 results are
insensitive to the weakest magnetic fields in this population, which
are predominantly found at more advanced ages. If the LO7 slopes
are recalculated without the 200 G correction, the lowest mass sub-
sample in the LO7 study continues to be consistent with no flux
decay, but the middle (3 Mg < M, < 4Mg) and high (M, > 4 M)
samples yield steeper slopes: respectively about dlog ®/dlog ¢ ~
—0.5 (consistent with both S19 and this work) and dlog ®/dtrams
~ —0.7 (consistent with this work, but not with S19).

Another key point of comparison is age bias. As demonstrated in
Figs 3 and 4, while the present sample is biased towards young stars,
especially regarding cluster stars and stars with M, < 7.5 Mg, the
middle and high-mass sub-samples are relatively evenly distributed
across the MS. In contrast, the S19 sample is heavily biased towards
relatively old stars, while the LO7 sample is biased towards young
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stars, particularly in the highest mass bin for which the median
fractional MS age is about 0.1. Comparing the three samples to a flat
distribution via the one-sample K-S test, the present sample yields
the closest resemblance with a probability of 0.05, as compared
to 7 x 1073 for the LO7 sample and 0.006 for the S19 sample.
Looking only at the overlapping mass ranges of the LO7 sample and
this work increases the difference: 8 x 10~ for the L077 high-mass
sub-sample, and 0.4 for our mid-mass sample. Our high-mass sub-
sample yields a probability of 0.68 to belong to a flat distribution.
We conclude that this study provides a more even sampling of the
MS than previous works, and does so particularly within the mass
range in which flux decay becomes unambiguous.

We can use the slopes given in Table 1 to estimate the ZAMS
flux @, of the more evolved stars in the sample via log &y = log ®
— (dlog ®/dt1ams)TTams. For HD 46328, which has a very strong
magnetic field (B4 = 1.2kG) for its age (ttams = 0.69), log ® =
4.9 0.2, yielding log ®y = 5.8 &= 0.2. Accounting for the increase
of about a factor of 1.8 in R, from the ZAMS then leads to a surface
dipole strength on the ZAMS of about 30 kG, similar to that of the
most strongly magnetic stars in the sample. Conservation of flux
for this star would imply B4 ~ 4 kG on the ZAMS, which is still
compatible with the range of ZAMS By but on the low end: it would
be strange for one of the most strongly magnetic of the evolved
massive stars to have one of the weakest ZAMS fields. The same
analysis for HD 52089, which is the most evolved and also the most
weakly magnetic star in the sample, yields a ZAMS dipole strength
of about 8 kG, consistent with the typical magnetic field strengths
of the younger stars. By contrast, flux conservation would imply a
ZAMS field of about 1 kG for HD 52089; while not impossible, it is
worth noting that the weakest field amongst stars with tams < 0.1
is 1.8 kG (HD 36982). Excluding HD 36982 (which is technically
a Herbig Be star, and is therefore likely to still be contracting as
it approaches the ZAMS), the weakest field belongs to HD 142990
(4.9kG).

Extending the fits shown in Fig. 14 to higher masses enables us
to estimate how rapid flux decay should be for the magnetic O-type
stars. Over a mass interval of 30-60 Mg, we predict dlog ®/drrams
to range from —1.6 to —2.1, as compared to —1.1 + 0.3 for the
highest mass sample of B stars. Extending the investigation of flux
decay to the upper end of the MS is beyond the scope of this paper,
as for the magnetic O-type stars the effects of magnetic fields on
stellar evolution due to e.g. mass-loss quenching are expected to be
highly significant, and their evolutionary status cannot be accurately
investigated without evolutionary models taking these effects into
account. However, it is worth noting that this extrapolation predicts
that if a magnetic O-type star starts at the ZAMS with a field
strength equal to the mean ZAMS value for the B-type stars (8 kG),
then by 7rams = 0.5 its surface magnetic field strength would have
decreased to 700 G. Such a rapid decline would explain the lack of
magnetic O-type stars in the second half of the MS noted by Fossati
et al. (2016).

6.2 Flux decay and field strength

In their review of the phenomena associated with fossil magnetic
fields, Braithwaite & Spruit (2017) speculate on three possible
mechanisms to explain flux decay: (i) Ohmic decay; (ii) thermal
diffusion and magnetic buoyancy; and (iii) meridional circulation.
(1) seems unlikely, as the Ohmic decay time-scale increases slightly
in more massive stars, while the flux of such stars instead appears to
decay more quickly. In the case of (iii), flux decay should be more
rapid for more rapidly rotating stars. This scenario is inherently
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Figure 15. Magnetic flux versus time for stars with 7.5 Mg < M, <9Mg.
The dotted black line shows the least-squares linear fit; the solid red and
dashed blue lines indicate a possible magnetic field strength-dependent flux
decay scenario discussed in the text.

difficult to evaluate since, as seen in Section 5.2, magnetic braking
rapidly removes angular momentum: since both hypotheses predict
that evolved stars with slow rotation should have relatively strong
magnetic fields, it is not obvious how to disentangle them. In the
following we focus upon scenario (ii).

According to Braithwaite & Spruit (2017), the characteristic
decay time-scale expected for scenario (ii) goes as B~2, and should
therefore be negligible for stars with weak magnetic fields. In this
case, the lower range of magnetic flux should be approximately
constant, while the upper range falls. Fig. 15 shows the evolution
of @ for the mid-mass sample, which fully samples the MS and is
narrow enough in mass that differences in stellar structure should
be negligible. We see the opposite of the pattern predicted from
scenario (ii). The upper limit of ® appears to be approximately
constant (red line in Fig. 15), dropping by about 0.5 dex from early
to late stages. Conversely, the lower limit seems to decrease more
rapidly, by about 1 dex (dashed blue line).

A possible explanation may be that strong magnetic fields may
inhibit whatever mechanism is responsible for flux decay. Sundqvist
et al. (2013) demonstrated that inhibition of convection within sub-
surface Fe and He opacity bumps is a viable explanation for the lack
of macroturbulent broadening in the spectral lines of NGC 1624-2.
Grassitelli et al. (2015) have further shown that macroturbulence
very likely originates due to high-order pulsations excited by
turbulent convection within sub-surface convective zones. Paper
I presented evidence that the distribution of macroturbulent broad-
ening of the present sample is systematically much lower than that
of non-magnetic early B-type stars (although a clear dependence on
B was difficult to discern).’ Sub-surface convection zones increase
in size, strength, and proximity to the surface with increasing mass,
and are proposed to support convective dynamos (Cantiello et al.
2009; Cantiello & Braithwaite 2011). If envelope convection plays a
role in dissipating magnetic flux, these properties would be a natural
explanation for the apparent acceleration in the flux decay rate with
mass.

Another candidate mechanism may be interactions between the
extremely strong (~MG) dynamo fields that are expected within

5The conclusion that magnetic stars have systematically lower macroturbu-
lent velocities than non-magnetic stars is actually somewhat strengthened
with the discovery by Shultz et al. (2019a) that the magnetic field of
HD 37061 belongs to a previously unknown tertiary, which has a much lower
Umac than the primary previously believed to host the system’s magnetic field,
which in turn had the highest vy, in the sample as presented in Paper I.
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the convective cores of massive stars (Augustson, Brun & Toomre
2016) and the fossil fields within the radiative zone. The remnants of
core dynamo fields have been inferred within the radiative cores of
red giants descended from MS A stars (Fuller et al. 2015; Stello et al.
2016). As with sub-surface convection zones, the convective cores
of massive stars increase in mass fraction with stellar mass. Core
dynamo fields are predicted to be intensified to superequipartition
strength by interaction with fossil fields in radiative envelopes
(Featherstone et al. 2009); what effect, if any, core dynamos have
upon the strength of the radiative zone fossil field is unexplored
(although Featherstone et al. 2009 noted that the interaction should
change the 8 angle of the fossil field). Some speculations on this
topic were made by Braithwaite & Spruit (2017).

We emphasize that Fig. 15 is highly speculative, and a signifi-
cantly larger sample could reveal an entirely different picture. This
is especially true if there are stars close to the ZAMS with fields
much weaker or much stronger than the mean ZAMS field strength,
since in this case the overall change in flux could be consistent with
a constant rate of flux decay regardless of surface field strength.

6.3 Do complex magnetic fields decay more rapidly than
dipoles?

Braithwaite (2008) demonstrated that, as with magnetic dipoles,
non-axisymmetric magnetic configurations can be stable over evo-
lutionary time-scales within radiative zones; it was also indicated
that the characteristic evolutionary time-scales of axisymmetric and
non-axisymmetric field configurations may differ, with magnetic
dipoles appearing first, and more complex surface fields appearing
later.

In Paper I several stars were identified with detectable contri-
butions to their (B;) curves from higher order (quadrupolar or
octupolar) magnetic field components, i.e. with non-zero amplitudes
B, and/or B3 for the second and third harmonics. Anharmonic
(B;) curves are a well-known consequence of surface chemical
abundance inhomogeneities, but should affect primarily (B,) mea-
surements obtained from metallic lines (indeed, in Paper I this effect
was quantified and investigated in detail). H line (B,) measurements,
which were used for all stars for which anharmonic (B;) curves
were reported in Paper I, should not be affected by the presence
of chemical spots. Thus, non-zero values of B, and B; measured
from H line (B;) curves serve as semiquantitative measures of the
degree of departure of the large-scale field from a dipole. While
modelling complex surface magnetic fields in detail is outside the
scope of this paper, it is still possible to ask whether there are
any trends in the incidence of such fields with age. Fig. 16 shows
cumulative distributions and histograms of trams for stars with
and without detected higher order harmonic terms. The distribution
shows some evidence for stars with complex magnetic fields being
systematically younger than stars with dipolar fields: the median
fractional age of stars with complex magnetic fields is about 0.1,
while that of stars with dipolar fields is about 0.5. Furthermore, there
are no complex magnetic fields above trams = 0.6. However, the
two-sample K-S test probability for trams is only 0.1. Comparing
the histograms, the difference in distributions may be due simply
to the smaller number of stars with complex magnetic fields. Given
the generally weaker magnetic fields of the oldest stars, it is also
possible that complex magnetic fields at such ages exist, but simply
remain undetected. These results are unchanged using absolute age.

The bottom panels of Fig. 16 show the ratios of B, and B; to
the dipolar amplitude B; as functions of Trams. This gives an idea
of the relative importance of higher order terms in the (B;) curve.

z
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Figure 16. Left: Cumulative distributions (top) and histograms (middle) of
fractional MS age ttams for stars with and without detectable contributions
to their (B;) curves from multipolar surface magnetic fields. The bottom

panel shows the ratio of second- and third-harmonic amplitudes to the first-
harmonic amplitude, as a function of Ttams. Right: as the left, but for M,.

Both of the stars with multipole terms with higher amplitudes than
their dipolar terms (HD 36485 and HD 37776) are very young
(ttams < 0.1, £ < 10 Myr). HD 149438, which is known to have
a complex surface magnetic field, has ratios of B,/B; = 0.65 and
B;/B; = 0.39, i.e. the dipolar term is still the strongest according
to the crude criteria used here; its fractional age is about 0.5. The
majority of other stars with multipolar terms in their (B;) curve have
ratios around 20 per cent, and these appear at all ages. There is thus
an apparently rapid decline, by a factor of several, in the relative
contributions of first and higher order terms to (B;) curves.

Kochukhov et al. (2019) noted that extremely complex magnetic
fields have so far been seen only in the most massive stars that
have so far been mapped using ZDI. However, there are no stars
that have been mapped between about 4 and 7Mg. The right-
hand panels of Fig. 16 show the distributions with mass. There
is actually a slightly more significant difference in the sample
distributions with M, (K-S probability of 0.04) than with Trams,
with higher harmonics being more common close to the bottom
of the mass range. However, complex fields are seen across the
full mass range. However, the relative strength of higher harmonics
increases towards higher masses.

One possible objection to this analysis is that, as seen in Fig. 9,
the surface magnetic field strength declines over time, making more
complex magnetic fields intrinsically more difficult to detect in
older stars. However, the Stokes V signatures of quadrupoles are
not much lower in amplitude than those of dipoles. Furthermore,
as shown in Paper I (Fig. 16), numerous stars with (B,) curves
compatible with dipoles have been observed at levels of magnetic
precision comparable to, and in some cases exceeding, the relative
precision of stars in which the signatures of more complex fields
have been detected. Furthermore, since we are looking at the relative
contributions of higher order terms, and older stars have weaker
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Figure 17. Histograms of stellar ages, with field stars and cluster stars
divided into stars with and without H o emission.

magnetic fields, if anything the results for older stars should be
biased to larger relative contributions since these would be easier to
detect amongst stars with intrinsically weaker magnetic signatures.
That is, if the relative contribution of small-scale magnetic structure
to (B;) is constant with time, amongst older stars such contributions
should be detectable only when they are very large; this is the
opposite of what we see in Fig. 16.

6.4 Expanding the sample of H «-bright CM stars

The predominance at young ages of rapidly rotating, strongly mag-
netized stars displaying H o emission suggests that future searches
for such objects should focus on young stellar clusters. Indeed,
as demonstrated in Fig. 17, almost all of the known emission-line
stars are found in young clusters. Of the five field stars with Ha
emission, one is HD 46328 (which is predicted to have a DM). Of
the remaining four, two (HD 64740 and HD 176582) have very
weak emission (Shultz et al., in preparation; Bohlender & Monin
2011). HD 182180 is an extremely rapid rotator with amongst the
strongest emission lines ever detected (Rivinius et al. 2013b); it is
listed in the Catalogue of Runaway Stars by Tetzlaff, Neuhduser &
Hohle (2011), suggesting it was ejected from its birthplace. The
kinematics of the final H -bright field star, HD 345439, have not
been studied in detail.

One possible location for such an investigation may be & + x
Per (NGC 869 and 884), two clusters of approximately 13—14 Myr
ages (Currie et al. 2010). The clusters’ stellar populations extend up
to about B0 in spectral type, and the spectroscopic properties have
already been characterized (Currie et al. 2010; Marsh Boyer et al.
2012). The brightest stars in the cluster are just at the limit currently
attainable with high-resolution spectroscopy (V ~ 10); as such, a
limited magnetic survey of the top of the HRD is feasible, but has not
yet been carried out. Existing spectroscopic data should be searched
for signs of chemical peculiarity and CM-pattern emission. The age
of the clusters suggests that any magnetic B-type stars with CMs
may well have already spun-down; failure to detect CM emission
would validate the hypothesis that such emission is unique to very
young magnetic stars.
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Another tempting location is the 30 Dor star-forming region in
the Large Magellanic Cloud, which consists of multiple young open
clusters on the order of 10 Myr in age. 30 Dor contains over 400
B-type stars with spectral types BS5 and earlier, of which many
show H o emission (Evans et al. 2015). If 10 per cent of these stars
are magnetic, and 50 percent of the magnetic B-type stars show
H o emission, there could be an additional 20 stars with detectable
CMs waiting to be discovered in 30 Dor alone. Such a survey,
if successful, would more than double the number of such stars
known. This may be a somewhat conservative estimate: as Fig. 17
demonstrates, if clusters younger than 10Myr are considered,
75 per cent of the stars display H & emission, which would increase
the expected number of such stars in 30 Dor to 30. Interestingly,
Evans et al. (2015) noted that 30 stars show H« emission without
accompanying Fell emission; Fell is frequently in emission in
classical Be stars, but has never been seen in emission in CM
host stars. These objects should be examined more closely, looking
for signs of chemical peculiarity and comparing their emission
morphologies to the characteristics expected of CMs.

This work has concentrated on magnetic early B-type stars,
because it is in this range that CMs are most often detectable
in emission. There is one case of a relatively cool magnetic Bp
star, 36 Lyn, which does not show emission but is known to show
enhanced H« absorption due to eclipsing by its magnetospheric
plasma (Wade et al. 2006; Smith et al. 2006). 36 Lyn’s rotational
and stellar parameters were provided by Wade et al. (2006), from
which we can determine Ry = 4.4 R,.. Using Vink et al. (2001) mass-
loss rates determined from the stellar parameters, and adopting By
~ 3 kG from the ZDI map presented by Oksala et al. (2018), we find
Ra =31R, and log (Ra/Rx) = 0.84. 36 Lyn is therefore in the same
magnetospheric regime as the emission-line stars examined here,
strongly suggesting that its eclipses are a consequence of a CM.
This suggests that a similar phenomenon might be seen in other
cool Bp stars. It is worth noting that eclipses are only expected for a
relatively narrow range of i, and B (Townsend 2008), and 36 Lyn’s
ORM geometry (i ~ 60°, B ~ 80° Wade et al. 2006; Oksala et al.
2018) is in the ideal range. Furthermore, they are detectable only
during a brief segment of the rotational phase curve, when the
plasma is directly in front of the star; therefore excellent coverage
of the rotational phase curve with high-resolution spectroscopy is
essential. Emission, by contrast, is detectable almost independently
of geometry or rotational phase: we should therefore expect stars
showing only enhanced absorption due to eclipses to be relatively
rare. It is curious to note, however, that HD 175362 (for which
a very large ESPaDOnS data set with excellent phase coverage
is available) has similar rotational properties and ORM angles as
36 Lyn, but a much stronger magnetic field, yet shows no sign of
enhanced absorption in the core of its H « line.

6.5 Limitations and future steps

There are several fundamental limitations to this analysis.

First, the evolutionary models used to determine the ages of the
field stars do not include the effects of magnetic fields, which are
expected to include inhibition of mixing and, possibly, enforcement
of internal solid-body rotation. Therefore these results should also
be checked when reliable stellar evolutionary tracks and isochrones
accounting for magnetic effects are developed (e.g. Keszthelyi et al.
2018).

Second, the MS is not comprehensively sampled at the low-mass
(M, < 7.5Mp) end of our sample; future surveys should aim to fill
this gap.
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Third, the evaluation of observational biases in this sample
is hampered by the absence of a thorough analysis of existing
spectropolarimetric surveys of B-type stars in general. It would be
useful to know how the upper limits on the surface magnetic fields
of stars without detected Zeeman signatures change as a function
of spectral type, rotation, and age.

Fourth, younger stars tend to be more rapidly rotating. Rapid
rotators have broader spectral lines, making weaker magnetic fields
harder to detect. The apparent absence of very weak magnetic fields
amongst the youngest stars may therefore be a consequence of
observational bias. The dot—dashed lines in the middle panels of
Fig. 9 show the median dipole sensitivity of the MiMeS survey, as
evaluated from the median (B,) error bar (Wade et al. 2016). This is
about 1 dex lower than the dipole strength of the average star close to
the ZAMS, suggesting that if young stars with very weak magnetic
fields exist, they should have been detected. The 75 percent and
95 per cent dipole sensitivities of the MiMeS Survey are 1 and 3kG
(Wade et al. 2016), significantly below the inferred median value
of about 8 kG close to the ZAMS (although the 95 per cent value
overlaps with the lower tail of the ZAMS distribution). The MiMeS
survey sensitivity is a function of vsini (Wade et al. 2016; Grunhut
et al. 2017), which should decrease over time for non-magnetic
as well as magnetic stars: therefore the sensitivity of the MiMeS
survey in principle decreases for younger stars. However, given that
only a very small fraction of the MiMeS survey targets have dipole
sensitivities in the range of several kG, whereas the majority of
the survey targets are likely to be more rapidly rotating than the
magnetic B-type stars (Shultz et al. 2018a), it seems plausible that
the absence of very young stars with weak magnetic fields is real.
A rigorous answer to this question will require a precise evaluation
of the properties of the MiMeS B-star survey as a function of stellar
age.

Finally, the values of ® used here are something of an estimate,
as they are based on the assumption that surface magnetic fields are
appropriately described by a dipole. While this is likely reasonable
for the majority of stars, and approximately correct even for the
20 per cent of the sample showing some evidence of topological
complexity, it is certainly not correct for some stars, e.g. HD
37776 which has a highly complex surface magnetic field with
a maximum strength of 30kG (Kochukhov et al. 2011). Some
stars with (B;) curves consistent with a dipole show signs in
Stokes V diagnostics of significant contributions from higher order
components (e.g. Shultz et al. 2018b). A study utilizing ZDI
maps for a large sample of magnetic stars is required to obtain
a precise determination of the change in magnetic flux over time.
Such a study would also be able to more accurately explore the
question of whether magnetic complexity itself evolves, e.g. if
complex magnetic fields are less stable than dipoles. A related issue
deserving of attention is why some stars possess such complex
magnetic fields in the first place. HD 149438 and HD 61556 have
been suggested as potential merger products (Schneider et al.
2016), and both stars possess complex magnetic fields (Donati
et al. 2006; Shultz et al. 2015), especially HD 149438 which has
one of the most complex magnetic fields known amongst early-
type stars (Kochukhov & Wade 2016); might the same be true of
HD 377767

Having explored rotational and magnetic evolution on the MS,
the next logical step is to put these results in the context of the pre-
and post-MS evolution of magnetic massive stars. Alecian et al.
(2013a,b) have investigated the rotational properties of the magnetic
Herbig Ae/Be stars, finding them to be more slowly rotating than
non-magnetic Herbig stars; Glagolevskij (2015) presented evidence
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that surface magnetic fields are weaker on the pre-MS. These results
have been limited by the heavy extinction of most such objects; a
survey using the new IR spectropolarimeter SPIRou may be able to
significantly enlarge the size of this sample. On the other end of the
MS, Neiner et al. (2017b) and Martin et al. (2018) have detected
weak magnetic fields in several hot supergiants, a population which
remains largely unexplored.

Within the RMCD (Fig. 8), there is an overlap between the H «
emission and absorption regions, and the stars with and without
emission might be distinguishable by mass-loss rate rather than
by CM size alone. If so, this may be evidence for a steady-
state magnetospheric leakage mechanism (P13; Owocki & Cranmer
2018). A more conclusive test of this hypothesis can be provided via
a detailed spectroscopic analysis of the emission properties of these
stars, in the context of the stellar and magnetospheric parameters
determined here.

7 CONCLUSIONS

We utilized the rotational, magnetic, and atmospheric measurements
presented in Papers I and II, together with additional constraints
such as binary mass ratios, independent constraints on rotational
inclination angles, and cluster ages, to obtain self-consistent stellar,
rotational, magnetic, and magnetospheric properties for the mag-
netic early B-type stars. These were in turn used to perform the
first detailed examination of the magnetic and rotational evolution
of this population of magnetic stars. The fundamental conclusions
of this work are as follows:

(i) There is a systematic offset between the distribution of
rotational axis inclination angles i, and the expected random
distribution, which also affects some previous, comparable studies.
This appears to be an artefact of a bias towards sharp-lined stars.
The magnetic obliquity angle S is statistically consistent with a
random distribution.

(i1) The distribution of the dipolar magnetic field strengths By is
approximately lognormal, but with a cutoff at high values. Ap/Bp
stars and O-type stars have almost identical By distributions, and
there is no systematic change in B4 with mass. Magnetic flux @,
however, increases strongly with mass.

(iii)) Both By and @ decrease with time; the decrease in & is
especially pronounced for the most massive stars, which have the
highest @ of the full sample close to the ZAMS but the lowest ®
close to the TAMS. This suggests that flux decay occurs, and that
the rate is mass dependent.

(iv) There is a tentative indication that stars with initially weaker
surface magnetic fields may experience more rapid flux decay than
stars with initially stronger magnetic fields; if confirmed, this may
point to the mechanism responsible for flux decay.

(v) Magnetic topologies appear to simplify over time; this needs
to be confirmed using ZDI.

(vi) Rotation slows over time, which is qualitatively consistent
with magnetospheric braking. Indeed, magnetic braking appears to
be more efficient than predicted, leading to much longer rotational
periods than can currently be explained.

(vii) We have revisited the RMCD introduced by P13. There
is now very little ambiguity in the placement of H «-bright stars.
Without exception, all stars displaying H o emission consistent with
an origin in a CM have very strong magnetic fields (hence large
Alfv’en radii) and are rapid rotators (hence small Kepler radii).

(viii) H a-bright CM stars share a third property: they are all very
young. Indeed, H o emission is found amongst a majority (2/3) of
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the young stars, despite being seen in only about 1/3 of the total
sample. This youth is consistent with rapid rotation.

These conclusions can be assembled into an outline of the
biography of the typical magnetic early B-type star. It starts its
MS life with a very strong magnetic field (~8 kG), and very rapid
rotation; the resulting large CM is detectable in Ha. As it ages, its
surface magnetic field weakens due to the twin effects of its growing
radius, which reduces the surface flux density, and gradual decay of
its total magnetic flux. At the same time it loses angular momentum
via its magnetized wind. By middle age the CM remains but its H o
emission is gone. As it approaches the TAMS the CM disappears
entirely, with its magnetic field dropping to several hundred G and
its rotational period increasing to tens of days.

The youth of H ¢-bright CM stars immediately suggests that any
future survey attempting to find more such stars should focus on
young stellar clusters, where the overwhelming majority of these
stars are located.
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